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ABSTRACT

The common envelope (CE) interaction is a still poorly understood, yet criti-

cal phase of evolution in binary systems that is responsible for various astrophysical

classes and phenomena. In this thesis, we use various approaches and techniques to

investigate different aspects of this interaction, and compare our models to observa-

tions.

We start with a semi-empirical analysis of post-CE systems to predict the outcome

of a CE interaction. Using detailed stellar evolutionary models, we revise the α equa-

tion and calculate the ejection efficiency, α, both from observations and simulations

consistently. We find a possible anti-correlation between α and the secondary-to-

primary mass ratio, suggesting that the response of the donor star might be important

for the envelope ejection.

Secondly, we present a survey of three-dimensional hydrodynamical simulations

of the CE evolution using two different numerical techniques, and find very good

agreement overall. However, most of the envelope of the donor is still bound at the
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end of the simulations and the final orbital separations are larger than the ones of

young observed post-CE systems.

Despite these two investigations, questions remain about the nature of the extra

mechanism required to eject the envelope. In order to study the dynamical response of

the donor, we perform one-dimensional stellar evolution simulations of stars evolving

with mass loss rates from 10−3 up to a few M�/yr. For mass-losing giant stars, the

evolution is dynamical and not adiabatic, and we find no significant radius increase

in any case.

Finally, we investigate whether the substellar companions recently observed in

close orbits around evolved stars could have survived the CE interaction, and whether

they might have been more massive prior to their engulfment. Using an analytical pre-

scription for the disruption of gravitationally bound objects by ram pressure stripping,

we find that the Earth-mass planets around KIC 05807616 could be the remnants of

a Jovian-mass planet, and that the other substellar objects are unlikely to have lost

significant mass during the CE interaction.
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Chapter 1

Introduction

Unlike our Sun, a large fraction of stars in the Universe are found with at least one

stellar companion. The stars within these multiple systems may interact in various

ways, which will inevitably alter the evolution that they would have if they were iso-

lated. One of these interactions is the common envelope (CE) evolution during which

the two stars of a binary system find themselves embedded in a common extended

envelope.

Historically, the CE phase was introduced as an attempt to explain the formation

of cataclysmic variables, which are short-period systems that contain a white dwarf1

accreting matter from a main sequence star. The fundamental discovery regarding

the nature of cataclysmic variables was made by Walker (1954), who for the first time

probed binarity of a nova. It was in the early 1960’s that cataclysmic variables were

suggested to be binary systems (see, e.g., Kraft, 1962). However, a viable scenario

for the formation of these short-period systems with an evolved component was still

missing. A key discovery was the photometric detection of V 471‘Tau, a detached

binary composed by a 0.6 M� white dwarf and a 0.8 M� dwarf star with a 3 R� orbital

separation (Nelson & Young, 1970)2. J. P. Ostriker and B. Paczynski then introduced

the concept of CE evolution in order to explain the formation of cataclysmic variables.

Paczynski (1976) described this phase in his abstract as follows:

1A white dwarf is the remnant of a low- or intermediate mass star. We discuss this subject further
in Section 1.2.5.

2The most recent parameters for V 471‘Tau are M1 = 0.84 M�, M2 = 0.93 M� and a = 3.3 R�
(see Chapter 2).
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When a contact binary expands so much that the stellar surface moves

beyond the outer Lagrangian point, a common envelope binary is formed.

The suggestion is made that while the two dense stellar nuclei spiral to-

wards each other, the envelope expands and is eventually lost. Most of

the angular momentum is lost with the envelope, and therefore the final

orbital period may be orders of magnitude shorter than the initial period.

V 471 Tau could have formed from a binary with a ten year orbital pe-

riod. Most probably, cataclysmic variables are products of the evolution of

systems like V 471 Tau.

Since then, a significant amount of work on the CE interaction has been carried

out, in particular computationally (see, e.g., Taam et al., 1978; Bodenheimer & Taam,

1984; Sandquist et al., 1998; Ricker & Taam, 2008). For a review, see Taam &

Sandquist (2000). Indeed, a numerical approach is necessary for the study of the CE

evolution, as direct observations of this evolutionary phase are challenging due to the

short timescales involved (≈ a few years, see Chapter 3). However the recent eruption

of V1309 Scorpii might have been in response to a CE phase that led to the merger

of a contact binary (Tylenda et al., 2011). With the advent of wide, time-dependent

surveys, it is likely that such transient interactions will be observed routinely in the

near future.

1.1 Motivations

The CE evolution is now widely accepted as a mechanism required in the formation

of numerous astrophysical objects and phenomena. First of all, the CE interaction is

an essential ingredient for the formation of compact binaries, which contain at least

one evolved component and have orbital separations of a few solar radii. Types of

compact binaries include:

• cataclysmic variables: white dwarfs accreting material from main sequence

donors (Figure 1.1). These systems have orbital periods between 80 min and

≈ 6 hr. Their period evolve due to magnetic braking and gravitational radiation

(Knigge, 2011);

• symbiotic binaries: white dwarfs accreting from giant donors. Due to the large

radii of the giant donors, these systems are the interacting binaries with the



3

longest separations, and some of them show ellipsoidal variability (Miko lajewska,

2007);

• AM CVn binaries: systems similar to cataclysmic variables but with the white

dwarf accreting helium-rich material from a helium donor. They have extremely

short orbital periods ranging from 5 min to ≈ 1 hr (Solheim, 2010);

• double degenerate binaries: short-period systems composed of two white dwarfs

(Webbink, 1984).

These systems are believed to be all possible progenitors of Type Ia (Maoz & Man-

nucci, 2012) or Type .Ia (Bildsten et al., 2007) supernovae. The existence of such

systems for which the radius of the precursor of the evolved star was larger than

today’s orbital separation, suggests that they have gone through at least one CE

interaction.

Figure 1.1 Artistic view of a cataclysmic variable (left) and image of the ex-
tended hydrogen-alpha emission of GK Persei, also called Nova Persei 1901 (right).
Credits: http://www.optcorp.com (left) and Adam Block/Mount Lemmon SkyCen-
ter/University of Arizona (right).

More generally, the CE interaction will strongly impact all binary populations of

intermediate (e.g., Politano et al., 2010) or massive stars (e.g., Belczynski et al., 2008).

The CE interaction is expected to happen quite often: Sana et al. (2012) estimated

that ≈ 40% of all O-type stars would go through a CE phase. Results deduced from
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population synthesis studies are therefore highly dependent on the treatment of the

CE phase (Meng et al., 2011). For example, Yungelson et al. (1993) investigated

the formation of planetary nebulae (PNe) using population synthesis models and

showed how the period distribution of the different populations of binary nuclei of

PNe depends on the prescription used for the CE interaction. As we can see on

Figure 1.2, the peak of the orbital distribution of the different populations depends

strongly on the efficiency of the ejection. A deeper understanding of the physics of

the CE interaction is thus required in order to build more accurate models that can

be directly compared to observables, such as the Type Ia supernova birth rate.

The CE interaction is also believed to be responsible for the formation of peculiar

objects such as:

• subdwarf O/B (sdO/sdB) stars: extreme horizontal branch stars with very thin

hydrogen-rich envelopes. Although a single star scenario involving a late helium-

flash during the cooling of a carbon-oxygen white dwarf has been proposed

(Sweigart, 1997), the three preferred channels for the formation of sdB/sdO stars

require binary interactions: either a CE ejection, stable Roche lobe3 overflow

(RLOF) mass transfer, or the merger of two helium white dwarfs (Han et al.,

2002, 2003). Soker (1998) also proposed that even a CE interaction with a

planetary companion might create a sdB/sdO star. Results from population

synthesis suggest that the CE ejection channel is the main contributor and

produces populations with a mass distribution peaking at 0.46 M� (Han et al.,

2002, 2003). Observations are in good agreement with this results (Morales-

Rueda et al., 2004), and are consistent with a binary fraction ≈ 100% (Maxted

et al., 2001) with primarily F- to K-type companions (Girven et al., 2012).

• blue stragglers: main sequence stars that are bluer and/or brighter than the

main sequence turnoff in a cluster. Some are also found in the field, notably

through their low Li abundance (Ryan et al., 2000; Carney et al., 2004). Stellar

collision and/or mass transfer in a binary system are thought to be the formation

channels of these objects (Sills et al., 2009; Sills, 2010);

• γ-ray bursts: flashes of gamma rays that are among the most energetic phe-

nomena in the universe (≈ 1053 ergs), and almost always of extragalactic origin.

3In a binary system, the Roche lobe associated to a given star is the boundary beyond which
matter is not gravitationally bound to the star. We discuss this subject in detail in Section 1.3.2.
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A sub-category of γ-ray bursts called long-soft γ-ray bursts are believed to be

associated to core-collapse supernovae. Fryer & Heger (2005) argue that in the

collapsar model (a single star collapsing to a black hole), the star does not have

enough angular momentum to create a black hole that rotates fast enough to

support the accretion disk supposed to power the γ-ray burst. They therefore

suggest a formation channel where two nearly equal-mass massive stars enter

two successive CE phases, after which the two helium cores will merge and form

remnants that can rotate 3-10 times faster than single stars. Once they collapse,

these remnants will lead to the formation of black holes with higher spin rates,

which should be able to support the accretion disk and produce a jet.

Furthermore, there is no general consensus yet about what shapes non-spherical

PNe (Figure 1.3), which represent 80% of PN morphologies (Mastrodemos & Mor-

ris, 1998, 1999; Garćıa-Arredondo & Frank, 2004; Parker et al., 2006; Edgar et al.,

2008; Miszalski et al., 2009). Although models can reproduce elliptical and bipolar

shapes, they assume that magnetic fields can be sustained over the high mass-loss

period at the end of the asymptotic giant branch (AGB) phase, an assumption that

is now rejected (Soker, 2006; Nordhaus et al., 2006). A plausible alternative is that a

companion is responsible for the shaping of the AGB outflow, in some cases through

a CE interaction. This hypothesis leads to the corollary that PNe form preferentially

around binaries. For a review, see De Marco (2009).

Finally, several substellar companions have recently been discovered in compact

orbits around evolved stars. Maxted et al. (2006) detected a 0.053 M� brown dwarf

orbiting the 0.39 M� white dwarf WD 0137-349 with a 0.64 R� orbital separation. A

similar system composed of the sdB star SDSS J08205+0008 and a small companion

– most likely a brown dwarf – in a 2.3-hour orbit was discovered by Geier et al. (2011).

Setiawan et al. (2011) discovered a Jupiter-mass object orbiting the red horizontal

branch star HIP 13044 with a 24.95-R� separation. Charpinet et al. (2011) reported

the detection of two nearly Earth-sized planets orbiting the sdB star KIC 05807616

at distances 1.290 and 1.636 R�. Again, the existence of these systems for which

the radius of the precursor of the primary was larger than today’s orbital separation,

suggests that the planets have gone through a CE interaction and have been engulfed

by their giant host star. The fact that such low-mass companions survive the CE

phase tells us that our understanding of the CE energetics is incomplete.
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Figure 1.2 Period distribution of PN nuclei versus the orbital period of different
populations: carbon-oxygen white dwarf with a main sequence companion (solid line),
helium white dwarf with a main sequence companion (dotted line), and double white
dwarfs systems (dashed line). Each panel corresponds to a different initial distribution
of binaries f(q) ∝ qα and/or a different efficiency of the CE ejection, αCE, which we
discuss in Chapter 2. Figure from Yungelson et al. (1993), reproduced by permission
of the AAS.
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These few examples show how critical the CE interaction is for any study involving

binaries. Although this phenomenon was predicted a few decades ago, many questions

still remain unsolved, as we will see in Section 1.4.3. Before that, we first recall,

in Section 1.2, some basics of single stellar evolution, necessary in order to fully

understand the CE interaction. We then discuss binarity in Section 1.3, explain what

observational techniques are used to detect binary systems, and introduce some key

concepts necessary to understand how the CE evolution starts. Finally, we focus on

the CE evolution itself and present the outline of this thesis in Section 1.4.

Figure 1.3 A large variety of PN morphologies. Most PN are non-spherical, unlike
Abell 39 (top left), such as the “butterfly nebula” (NGC 6302, top middle) and
NGC 6543 (top right). The central star of the “stingray nebula” (Hen 1357, bottom
left) has a binary companion that is visible above and to the left. Some PNe even
exhibit jets like NGC 6778 (also known to have a binary central star, bottom middle)
and NGC 7009 (bottom right). Credits: George Jacoby (Abell 39), Guerrero &
Miranda (2012, NGC 6778) and hubblesite.org (NGC 6302, NGC 6543, Hen 1357,
NGC 7009).
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1.2 Stellar evolution of single stars

1.2.1 The governing equations

Stars seem eternal to us because they evolve on timescales that are far longer than

those humans are familiar with. Stars exist and behave according to two different

levels of physics:

• macrophysics, which includes gravity, the dynamics of gases, and energy trans-

port;

• microphysics, which encompasses nuclear fusion, the state of the gas, and chem-

ical composition.

All the processes mentioned above depend on each other. Assuming spherical sym-

metry, they are described by the following system of differential equations in the

Eulerian description:

dm

dr
= 4πr2ρ (1.1)

dP

dr
= −Gmρ

r2
(1.2)

dT

dr
= −Gmρ

r2

T

P
∇ with ∇ =


∇rad ≡

3κ̄

16πacG

LP

mT 4
(Radiative zone)

∇ad +∇sup−ad (Convective zone)

(1.3)

dL

dr
= 4πr2ρ (εnuc − εν + εgr) (1.4)

where r is the radial distance from the center of the star, m is the mass coordinate, ρ is

the density, P is the pressure, T is the temperature, κ̄ is the Rosseland mean opacity,

L is the luminosity, ∇ is the temperature gradient, ∇rad is the radiative gradient,

∇ad is the adiabatic gradient, εnuc is the specific rate of nuclear energy production,

εν is the specific rate of energy loss due to neutrinos, and εgr is the specific rate of

change of gravitational energy due to contraction or expansion. G, a and c are the

gravitational constant, the radiation constant and the speed of light, respectively.
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Using the first law of thermodynamics, one can write εgr = −cP Ṫ + 1
ρ
Ṗ , where cp is

the specific heat at constant pressure. For a derivation of these equations, see, e.g.,

Kippenhahn & Weigert (1994).

The temperature gradient depends on how energy is transported. In a convection

zone, the temperature gradient is most of the time adiabatic (∇ = ∇ad). However,

as one approaches the stellar surface, the gradient becomes superadiabatic: the con-

vective velocity increases and the convective transport becomes inefficient due to the

low density environment. The superadiabacity is reflected by the extra term ∇sup−ad

in Equation (1.3). We study this question in detail in Chapter 4.

Equations (1.1), (1.2), (1.3) and (1.4) are called the mass continuity, hydrostatic

equilibrium, energy transport and energy generation equations, respectively, and to-

gether form the set of stellar structure equations.

1.2.2 The Virial theorem

One of the most important consequence of hydrostatic equilibrium is certainly the

Virial theorem. Multiplying Equation (1.2) by 4πr3 and integrating over the stellar

interior leads to the famous relation:

2U + Ω = 0 , (1.5)

where U is the internal energy of the star, and Ω = −
∫

Gmdm
r

is its gravitational

binding energy. Equation (1.5) assumes a monoatomic ideal gas with γ = 5/3. One

should emphasize that the Virial theorem applies globally, not locally. Also, Equa-

tion (1.5) would contain additional terms if more forces – such as magnetic fields –

were considered in Equation (1.2). The constant factors would also be modified if the

state of the gas were different. For instance, a pure photon gas has P = aT 4/3 and

P/ρ = u/3 where u is the internal energy per unit mass. The Virial theorem for such

a gas would become U + Ω = 0.

Using Equation (1.5), the total energy of the star is:

Etot ≡ U + Ω = −U =
Ω

2
< 0 . (1.6)

The luminosity of the star is the total energy lost by radiation per unit time, and so

according to the conservation of energy:
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L = −Ėtot = U̇ = −Ω̇/2 . (1.7)

If the star contracts, half of the energy released is radiated away and the other half

is stored into internal energy. Surprisingly, the star heats up while losing energy: it

has therefore a negative specific heat. This is a general property of self-gravitating

systems.

1.2.3 Timescales

The stellar structure equations presented in Section 1.2.1 introduce various timescales

on which stars evolve. Usually these timescales differ by orders of magnitude, which

allows assumptions to be made when one studies how stars react to perturbations.

Assuming a star with mass M , radius R and luminosity L, we describe these different

timescales and compare them in Table 1.1 for various stars at different stage of their

evolution.

Dynamical timescale. The first timescale is the timescale on which a star reacts

when its hydrostatic equilibrium is perturbed. If one includes the acceleration term

ρd
2r
dt2

in Equation (1.2), the resulting timescale on which the star reacts is

tdyn ∼
√

R3

GM
∼ 0.44

(
R

R�

)3/2(
M�
M

)1/2

hr. (1.8)

Thermal timescale. Another timescale is the time required for a star to react

when its thermal equilibrium is disturbed, which is also the time needed by the star

to radiate all its energy away. Following Equation (1.7), one can define the thermal

or Kelvin-Helmholtz timescale

tKH ∼
|Ω|
L
∼ GM2

2RL
∼ 1.5× 107

(
R

R�

)−1(
L

L�

)−1(
M

M�

)2

yr. (1.9)

Nuclear timescale. Finally, one can consider the timescale for which nuclear burn-

ing will balance energy loss. The main reaction is the fusion of four hydrogen atoms

into one helium atom. The mass excess is ∆m = 0.007u so the nuclear energy that

can be released is Enuc = 0.007fMc2 where f is the fraction of the total mass of the

star that can be fused. Assuming that approximatively 10% of the stellar mass is

fused, one derives
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Table 1.1. Timescales

Star M/M� R/R� L/L� tdyn tKH (yr) tnuc (yr)

Sun 1 1 1 27 min 1.5(7) 1.0(10)
Gliese 185 0.47 0.63 0.063 19 min 8.7(7) 7.7(10)
β Pictoris 2.1 1.7 20 41 min 2.0(6) 1.1(9)
Φ1 Orionis 18 7.4 20 000 2.1 hr 3.4(4) 9.3(6)
Arcturus 1.1 25.7 170 2.3 day 4.3(3) 6.7(7)

Mira 1.18 400 9 000 4.4 month 6.1 1.4(6)
Antares 12.4 883 57 500 4.5 month 4.7(1) 2.2(6)

Note. — Different timescales for the Sun, low-mass (Gliese 185),
intermediate-mass (β Pictoris) and massive (Φ1 Orionis) main sequence
stars, a red giant branch star (Arcturus), an asymptotic giant branch star
(Mira) and a supergiant star (Antares).

tnuc ∼
Enuc

L
∼ 1010 M

M�

(
L

L�

)−1

yr. (1.10)

1.2.4 Complete Evolution

As mentioned earlier, the differential equations governing stellar evolution are cou-

pled, which makes them impossible to solve analytically in most cases. We therefore

use stellar evolution codes such as MESA (Module for Experiment in Stellar Astro-

physics, Paxton et al., 2011) to solve the system of Equations (1.1-1.4). We show in

Figure 1.4 the evolutionary tracks in the Hertzsprung-Russell (HR) diagram of stars

with different masses, computed with MESA. We outline below the different phases

of evolution for stars of mass between 0.8 and ≈ 8 M�.

Pre-main sequence. A molecular cloud in which gravity dominates over thermal

and magnetic pressure collapses on a dynamical timescale. A quasi-static protostar

is formed. The central temperature is not high enough to ignite hydrogen fusion

so the protostar keeps contracting, this time on a Kelvin-Helmholtz timescale. The

opacity is large enough such that the star is fully convective: the protostar evolves
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down the Hayashi track, the limit on the HR diagram on the cool side of which a

star cannot be in hydrostatic equilibrium. As the central temperature increases, the

opacity decreases, a radiative core develops, and the pre-main sequence star moves

to the left part of the HR diagram.

Main sequence. Once the temperature at the centre is high enough (typically

about 107 K), hydrogen-burning is ignited. The pre-main-sequence star becomes a

zero-age main-sequence star and evolves on a nuclear timescale. Protostars smaller

than ≈ 0.08 M� are not massive enough to fuse hydrogen, and will become brown

dwarfs.

Subgiant branch. The main sequence phase stops when hydrogen-burning ceases

in the stellar core. The core contracts and hydrogen is still fused in a thick shell

surrounding the core and below the star’s envelope. The core mass increases and

the core becomes isothermal. For stars more massive than ≈ 2 M�, the core mass

fraction eventually reaches the Schönberg-Chandrasekhar limit

qSC = 0.37

(
µenv

µc

)2

(1.11)

where µenv and µc are the mean molecular weights of the envelope and the core,

respectively. For a hydrogen-rich envelope with solar composition and a helium core

(µc = 4/3), one finds qSC ≈ 0.1. At this point the core becomes too massive to support

the envelope: it contracts rapidly on a Kelvin-Helmholtz timescale in a quasi-static

way. A temperature gradient is established in the core. This temperature gradient (as

well as degeneracy pressure for low-mass stars) adds to the pressure gradient to keep

the star in hydrostatic equilibrium. A derivation of Equation (1.11) can be found,

e.g., in Kippenhahn & Weigert (1994).

Red giant branch (RGB). At the end of the subgiant branch, the envelope tem-

perature has decreased so its opacity has increased. Radiative transport is not efficient

enough so the envelope becomes convective, starting from the surface. The hydrogen-

burning shell becomes thinner and adds mass to the helium core. As a result, the

core contracts and the envelope expands. This behavior can be understood by the

mirror principle, which states that if a star has an active shell-burning source, the

burning shell acts like a mirror between the core and the envelope. Thus core con-
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traction leads to the envelope expansion, and vice versa. The temperature of the

hydrogen-burning shell increases, as well as the rate of energy released by the shell.

Consequently, the convective envelope expands inwards and when it reaches its deep-

est extent, the products of nuclear fusion are brought to the surface, changing the

surface abundances: this process is known as the first dredge-up. Through the CNO

cycle, the primordial 12C has been transformed into 13C by 12C(p, γ)13N(e+, ν)13C,

and into 14N via a proton capture and a β decay. As a consequence, the surface

abundance of 12C decreases, while 14N increases (Wallerstein et al., 1997). As the

bottom of the convective envelope moves outwards, the hydrogen-burning shell even-

tually encounters the chemical discontinuity left behind by the retracting envelope,

where the hydrogen abundance is greater. As a result, the shell burns at a slower

rate, resulting in a decrease of the luminosity. This phase is called the RGB bump.

Horizontal branch. At the tip of the RGB, helium burning is ignited either explo-

sively through the helium core flash (for stars with Mini . 2 M�), which occurs when

the temperature of the core is about 108 K and can reach ∼ 1011 L�, or quiescently

for higher mass stars. The core expands while the stellar radius shrinks. The star

now has a helium-burning core with a hydrogen-burning shell.

Asymptotic giant branch. After helium has been exhausted in the core, an evo-

lutionary phase similar to the RGB phase takes place, but with a hydrogen-burning

as well as a helium-burning shell. A second dredge-up takes place at this point, lead-

ing to an increase of the 14N surface abundance. Eventually, the helium-burning shell

gets thinner and becomes thermally unstable, leading to thermal pulses. The different

phases taking place during a thermal pulse are described below:

• the outer hydrogen-burning shell adds ashes to the intershell region, increasing

pressure and temperature of the intershell region;

• eventually, a thermonuclear runaway, the helium-shell flash, occurs. The helium-

shell flash can reach a luminosity of 108 L� for about a year;

• the energy released by the helium-shell flash drives the expansion of the inter-

shell region and of the entire star, which therefore cools off. The hydrogen-

burning shell extinguishes;
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• the convective envelope extends inwards, in some cases beyond the hydrogen-

burning shell, bringing material from the intershell region to the surface: this

phase is called the third dredge-up;

• the star contracts back at the end of the pulse. The helium-burning shell be-

comes inactive while the hydrogen-burning shell reignites. A phase of stable

hydrogen-shell burning called the interpulse period starts until the next ther-

mal pulse. The duration of this interpulse phase can vary between . 1 000 yr

and a few 10 000 yr.

The third dredge-up is responsible for the formation of carbon-rich stars, which

initially were oxygen-rich due to the interstellar medium. For stars with Mini & 5 M�,

the temperature at the base of the envelope during the interpulse period can be high

enough to ignite hydrogen-burning through the CNO cycle. This process is called

hot bottom burning. As a consequence, the luminosity increases, the carbon surface

abundance decreases – thus preventing massive stars from becoming carbon-rich –

and the N surface abundance increases.

Post-AGB evolution The mass loss rate increases during the thermal pulses.

Once the envelope mass becomes quite small, typically between 10−3 and 10−2 M�,

the star shrinks and leaves the AGB. The envelope mass decreases so the star moves to

higher temperatures at a constant luminosity. When the effective temperature reaches

a few ≈ 10 000K, the star develops a fast radiation-driven wind and the strong UV

flux from the star destroys dust grains and ionizes the circumstellar material. The

star now appears as a planetary nebula that can be observed in recombination lines

such as Hα, [N II] or [O III]. The H-burning shell extinguishes when the envelope

drops below ≈ 10−5 M� (Teff ∼ 105K), at which point the central star becomes a

white dwarf and fades away. In some cases the star can experience a final thermal

pulse during its post-AGB evolution and become a born again AGB star. About 10%

of all post-AGB stars are expected to experience such a late He-shell flash (Waller-

stein et al., 1997). Sakurai-type objects (Herwig, 2001) and R Coronae Borealis stars

(Clayton, 2012) are some possible examples of born again stars.
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Figure 1.4 HR diagram showing the temporal evolution of stars with a range of initial
masses and a metallicity Z = 0.01. For each individual track, the zero-age main
sequence stage is showed by an asterisk. As an example, we show the start of the
pre-main sequence phase for the 0.8 and 1.0 M� models (filled circles). The erratic
behavior at the end of the AGB phase (top right corner) is due to non-physical
pulsations.
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1.2.5 Classification

Stars are usually classified spectroscopically and photometrically. These observational

classifications give us information about a particular object at a given time. How-

ever, another possibility is to classify stars theoretically according to their inferred

evolution.

Stars have different characteristics such as mass, size, luminosity or metallicity,

to name a few. Although varying these parameters will impact the entire stellar

evolution, the stellar mass is the main parameter that governs the evolution. One

can therefore classify stars according to their initial mass Mini in an approximate

manner, as shown in Figure 1.5.

Figure 1.5 Classification of stars by mass, from Herwig (2005). The lower part shows
mass designation according to initial mass. Approximate limiting masses between
different regimes are given at the bottom. These estimates are dependent on physics
assumptions and input of models, as well as on metallicity. The different regimes have
been labeled with some characterizing properties, where time increases upwards. The
evolutionary fate of super-AGB stars is still uncertain. Reproduced by permission of
the Copyright Clearance Center.

Very-low-mass stars. Stars with Mini . 0.8 M�. They have not had the time to

evolve past the main sequence in a Hubble time.

Low-mass stars. Stars with 0.8 . Mini/M� . 2. After the main sequence phase,

they develop a degenerate helium core on the red giant branch. Helium burning is
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ignited explosively in a helium core flash. They end their lives as carbon-oxygen white

dwarfs.

Intermediate mass stars. Stars with 2 .Mini/M� . 8. Similar to low-mass stars

except that helium burning is ignited quiescently in a non-degenerate core.

Massive stars. Stars with Mini & 8 M�. They ignite carbon burning in a non-

degenerate core. A small range (Mini ≈ 8−10 M�) of these stars might end their lives

as ONeMg white dwarfs. Higher masses ignite burning of heavier elements until an

iron core is formed, which eventually collapses into a neutron star (Mini . 15−20 M�)

or a black hole for higher masses (Woosley et al., 2002).

In what follows and in this thesis, we will only consider low- and intermediate-mass

stars.

1.3 Binarity

The evolution described in Section 1.2.4 does not take into account the influence of a

potential nearby companion. Unlike our Sun, a large fraction of stars in the Universe

is found in binary or multiple systems. Indeed, Duquennoy & Mayor (1991) concluded

that 60% of F and G stars are in multiple systems, while a more recent study found

the multiplicity of F- to K-type stars to be ≈ 45% (Raghavan et al., 2010). More

massive objects could have a binary fraction of nearly 100%, while cool M and later

types could have a binary fraction on the order of 40% (Bouy, 2011). Although

this number is rather unknown because of completeness, observational studies show

a clear correlation between the binary fraction and the mass of the primary (Bouy,

2011, and references herein). The period distribution of binary F,G and K stars is a

Gaussian peaking at around 180 yr; unequal mass systems also seem to be favoured

(Duquennoy & Mayor, 1991; Bouy, 2011).

If the components of a binary system are close enough they might interact through

various mechanisms, and alter the orbital parameters and their individual evolution.

One of these mechanisms is tidal interaction (Zahn, 1989), which can modify not

only the shape of the stellar components and their individual evolution, but also

circularize the orbit (Zahn & Bouchet, 1989). Binarity might also enhance mass loss

and result in mass transfer, therefore producing systems that cannot be explained by

standard evolution (Tout & Eggleton, 1988). From a numerical point of view, mass
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transfer in binaries is a challenging process to model (Lajoie & Sills, 2011a,b). In this

thesis we focus on more extreme interactions, which we describe in Section 1.3.3 and

Section 1.4.

Although multiplicity properties are mostly dictated early in the star formation

process, they might change during the evolution depending on the environment. For

instance, the binary fraction of open clusters is in general quite large, similar to that

for the solar neighborhood. On the other hand most globular clusters, in particular

those with dense cores, are found to have low binary fractions and exhibit a correlation

between the binary fraction and the fraction of blue stragglers (Sollima et al., 2008;

Milone et al., 2012). The dynamical evolution of binary stars in clusters has been

studied using either an hybrid approach combining Monte Carlo and population syn-

thesis techniques (Ivanova et al., 2005; Ivanova, 2011), or N-body simulations (Hurley

et al., 2007). Both methods yield different results4 which cannot be really compared

as the initial conditions and the range of applicability of these techniques are dras-

tically different (Fregeau, 2007a). Moreover, these numerical results are difficult to

compare to direct observations as there are significant uncertainties regarding what

stage of evolution the cluster is at, and what is the true binary fraction of the cluster.

For instance, Fregeau (2007b) suggested that most globular clusters are in the core

contraction phase rather than the binary burning phase, unlike previously thought.

Another difficulty resides in the discrepancy between the observed binary fraction,

and the one predicted by models: the observed binary fraction might be significantly

underestimated, as it does not take into account compact object–compact object and

main sequence–compact object binaries (Fregeau et al., 2009). Nevertheless, what

causes the low binary fraction in globular clusters, still remains unclear.

1.3.1 Methods of detection

Binaries are usually classified according to their method of detection. We mention

here the usual methods to probe binarity. A more detailed description can be found,

e.g., in Jorissen & Frankowski (2008).

Visual binaries. Visual binaries are systems in which each component can be

resolved individually. Long term observations allow determinations of the orbital

4The N-body simulations show an increase of the hard binary fraction with time while the binary
fraction decreases in the Monte Carlo simulations. For more details, see Figure 1 in Fregeau (2007a)



19

parameters for systems whose motion on the plane of the sky can be detected over

reasonably short times. A famous example of a visual binary is α Centauri. This

method works only for nearby objects with a relatively long orbital period (& 1 yr).

If the distance to the binary is known, the separations between the stellar components

and masses can each be derived.

Photometric binaries. Most binary systems are too distant and/or have too short

of an orbital separation to be resolved. Another method to detect them is through

photometric measurements. These systems show variation in their light curves be-

cause:

• the stellar components fully or partially eclipse one another, in which case these

systems are known as eclipsing binaries;

• one or both stellar components are deformed due to tides; these systems are

called ellipsoidal variables;

• the hotter component irradiates the cooler component.

The transit technique probes eclipsing binary systems with shorter orbital peri-

ods, typically below ≈ 1 yr. If the radius of the eclipsed star is known, the orbital

separation and the sum of the masses can be derived.

Spectroscopic binaries. Binarity can also be probed by measuring the Doppler

shift of spectral lines of one or both stellar components, as they orbit each other.

Masses can be calculated within a factor sin i, where i is the inclination angle of the

orbital plane axis with respect to the line of sight.

Astrometric binaries. If the orbital separation is too wide or one component too

faint for the binary to be detected, an unseen companion can be detected by probing

the wobbling motion on the celestial sphere of the bright star around the center of

mass of the system.

In some specific cases, there are other photometric techniques to detect binarity,

such as the detection from rapid rotation velocities, X-ray emission or composite

spectra and/or magnitudes. We apply this last technique to the study of central stars

of PNe in Appendix A.
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1.3.2 The Roche analysis

The problem of binary interactions was first studied in the 19th century by the French

mathematician Edouard Roche. Let us consider two stars of masses M1 and M2

orbiting around a common centre of mass (CM). In the frame of reference rotating

with the binary system, the effects of both gravitational fields and the centrifugal

force are described by the effective Roche potential:

ΦR(r) = − GM1

|r− r1|
− GM2

|r− r2|
− 1

2
(Ω× r)2 (1.12)

where Ω, r1, r2 are the angular velocity and the position vectors of the two stars,

respectively. The last term on the right-hand-side is the centrifugal force. The

equipotential lines in the orbital plane for a specific system are shown in Fig. 1.6.

For each star, the contour that crosses between the two stars forms two lobes called

the Roche lobes. An approximation of the Roche lobe radius for M1 is R1,L = ar1,L

where a is the separation and r1,L is the effective Roche lobe radius around M1 given

by Eggleton (1983) and Webbink (2008):

r1,L ∼
0.49q−2/3

0.6q−2/3 + ln(1 + q−1/3)
, (1.13)

where q = M2/M1. Another simpler fitting formula can be found in Eggleton (2006):

r1,L ∼ 0.44
q−1/3

(1 + 1/q)0.2
for 0.1 . q . 10. (1.14)
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Figure 1.6 Equipotential contours (in the rotating frame) on the orbital plane of a
binary system with M1 = 1, M2 = 0.5 and A = 1 (dimensionless), as well as the
location of the center of mass of the system (CM) and the Lagrangian points (Li)i≤5.
Computer program written with MATLAB.

1.3.3 Roche lobe overflow

Let us assume that M1 evolves and becomes a giant star; usually M1 would be the

more massive component of the binary system, but we study here the general case.

The stellar radius increases with time (Figure 1.7) and if the orbital separation is

small enough, the star eventually fills its Roche Lobe and mass transfer onto the

companion starts due to RLOF . In order to determine whether the mass transfer is

stable, one must compare how the radius of the donor M1 and its Roche lobe change

with mass loss. One therefore introduces the so-called radius-mass exponents:

ξ ≡ d lnR1

d lnM1

; ξL ≡
d lnR1,L

d lnM1

. (1.15)
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Note that ξ ≥ 0 means that the radius shrinks when the star loses mass. The condition

ξ ≥ ξL implies that mass transfer is stable. In the case of a conservative mass transfer,

i.e. when the total mass and angular momentum of the system are conserved, one

can use Equation (1.14) to show that:

ξL = 2.13q − 1.67 for 0.1 . q . 10. (1.16)
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Figure 1.7 The evolution of the stellar radius as a function of the core mass for the
models presented in Figure 1.4.

1.4 Common envelope evolution

The CE phase is an evolutionary phase during which the secondary star, which we

shall call the accretor, spirals inside the envelope of the primary, or donor. During the

CE phase the secondary may also fills its own Roche lobe because it cannot accrete
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all the matter coming from the donor star. Consequently, the stellar components

orbit inside a common extended envelope. As we mentioned earlier, the CE phase

was originally described by Paczynski (1976) to explain the formation of compact

binaries. For a general review of the topic see, e.g., Iben & Livio (1993) and Taam &

Sandquist (2000).

1.4.1 The onset of the common envelope evolution

There are two different mechanisms leading to the onset of a CE evolution.

The first one is the start of unstable mass transfer from the expanding primary

to the secondary due to RLOF (Hjellming & Webbink, 1987; Hurley et al., 2002). It

occurs when the radius of the donor grows faster than its Roche lobe (ξ < ξL). Thus,

the condition for unstable mass transfer relies strongly on how the donor responds to

mass loss. We discuss this subject further in Chapter 4.

The second mechanism is the development of a tidal or Darwin instability that

occurs if there is not enough angular momentum in the orbit to maintain the primary’s

envelope in tidal synchronization (Darwin, 1879). Assuming that the total angular

momentum is conserved, one can show that instability occurs when

J1 >
1

3
Jorb, (1.17)

where J1 is the spin angular momentum of the primary, and Jorb the orbital angular

momentum. Instability usually happens for M1/M2 & 5 − 6 (Taam & Sandquist,

2000).

1.4.2 The physics of the common envelope evolution

Once the CE phase has started, the companion, surrounded by the primary’s stellar

gas, exchanges momentum and energy with this gas through strong drag forces. The

drag forces have two components:

• the gravitational drag, which includes dynamical friction between the cores and

the surrounding gas, as well as non-axisymmetric tidal effects;

• the hydrodynamic drag due to ram pressure forces acting on the companion and

the giant core.
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Ricker & Taam (2008) showed that not only does the gravitational component always

dominate over the hydrodynamic one, but also that the mass accretion rate onto the

companion is negligible, even smaller than the rate expected in a Bondi-Hoyle for-

malism (see Chapter 5). Note that a Bondi-Hoyle formalism is not strictly applicable

here as it assumes neither a density nor a velocity gradient, as well as no external

gravitational field. Some of these assumptions are obviously violated in the vicinity

of a companion embedded in a CE.

As a result of gravitational drag, the orbital separation shrinks rapidly while the

envelope is ejected. The evolution is highly dynamical and stops when no more drag

forces act on the two cores. We will see in Chapter 3 that this dynamical phase is

quite short, typically ≈ 1 yr, which is the main reason why it has so far been seldom

observed directly.

Another physical process has been suggested for transferring energy and angu-

lar momentum during this dynamical phase. Using an evolutionary code, Meyer &

Meyer-Hofmeister (1979) derived the energy dissipation rate considering turbulent

convection only. Their model overestimates the in-spiral timescale as gravitational

drag is showed to be dominant in numerical simulations (Ricker & Taam, 2008; Passy

et al., 2012; Ricker & Taam, 2012). Furthermore, the flow is laminar on the scales

used in hydrodynamical simulations. Consequently, their turbulent viscosity is also

overestimated (Ricker & Taam, 2012). However, once the dynamical phase stops (and

assuming that the envelope has not been fully ejected) a much longer non-dynamical

phase might take place in which turbulent convection is important (Podsiadlowski,

2001). We discuss this subsequent phase in Chapter 3.

1.4.3 Remaining questions

Although the CE phase has been studied for over 30 years, many questions remain

unanswered.

First of all, the mechanisms for the transfer of energy taking place during the CE

interaction, leading eventually to the ejection of the envelope, are not yet completely

understood. Although it has been shown that the CE evolution is driven mainly

by gravitational drag (Ricker & Taam, 2008), the existence of low-mass companions

having survived a CE phase suggest that some extra energy sources are required for

the envelope to be fully ejected. Webbink (2008) suggests that the missing energy

comes from recombination of the envelope, but this question is still debated.
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Although some numerical studies of the CE interaction have already been carried

out (see, e.g., Bodenheimer & Taam, 1984; Sandquist et al., 1998; Ricker & Taam,

2008, 2012), a direct comparison of the results obtained using different techniques

has never been carried out. There are also very few studies that connect simulations

and observations in a meaningful way (see, e.g., Sandquist et al., 2000). Additionally,

parameter space has been barely explored.

The conditions for a successful CE phase, i.e. for which the companion does not

merge with the primary’s core and the envelope is ejected, are still unknown. One

would like to be able to predict for any given system entering a CE whether the

envelope will be ejected and, in this case, what the final separation of the surviving

binary would be. The case of possible substellar companions is of particular interest

as they must not only find a way to eject the envelope, but also to survive destruction

as they travel through the dense envelope of the giant star.

Eventually, these results should be compared directly to observational data, for

validation, and to the analytical/empirical work previously done (Tutukov & Yungel-

son, 1979; Nelemans et al., 2000), in order to improve the prescriptions for the CE

phase used in population synthesis codes.

Finally, the era of transient astronomy is upon us thanks to ongoing and upcoming

surveys such as the Palomar Transient Factory (PTF, Rau et al., 2009) or the Large

Synoptic Survey Telescope (LSST, Ivezic et al., 2008). Accurate numerical models

are therefore needed in order to predict the light curves that will be observed by these

surveys, and to explain a variety of transient events.

1.5 Thesis outline

1.5.1 Chapter 2: On the α-formalism for the

Common Envelope Interaction

We first use an empirical/analytical approach in order to statistically predict the out-

come of a CE evolution. We consider the α-formalism, a common way to parametrize

the CE interaction in binary population synthesis studies, where the α parameter

describes the fraction of orbital energy released by the companion that is available

to eject the giant star’s envelope. Using new stellar evolutionary calculations, we

rewrite and improve the α equation. Then we determine α both from simulations

and observations in a self consistent manner, thus gaining a better understanding of
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the uncertainties. Finally, we discuss the dependency of α on the orbital parameters.

1.5.2 Chapter 3: Hydrodynamics Simulations of the

Common Envelope Phase

We then compare the results discussed in Chapter 2 to numerical models. Therefore,

we perform three-dimensional simulations of the in-spiral phase of the CE interaction

of a red giant branch star and a companion star with different masses. We compare the

results obtained using different numerical techniques and resolutions, with observed

systems thought to have gone through a CE interaction, and discuss the role of

recombination in the evolution.

1.5.3 Chapter 4: The Response of Giant Stars

To Dynamical-Timescale Mass Loss

Despite the different investigations presented in Chapters 2 and 3, questions remain

about the extra mechanism required to fully eject the giant’s envelope. Following the

suggestion made in Chapter 2 that the dynamical response of the giant donor might

facilitate the envelope’s ejection, we study the response of giant stars to high mass

loss rates. We carry out one-dimensional simulations using a stellar evolution code,

and compare our results with previous studies. We discuss the assumptions made in

some previous work and the implications of our results on the CE evolution.=

1.5.4 Chapter 5: The Common Envelope Phase

with Planetary Companions

Motivated by recent observations of low-mass companions in close orbit around evolved

stars, we study in Chapter 5 the case of CE interactions happening between a giant

star and a substellar companion. We first consider whether these companions could

have lost significant amounts of mass during the phase when they orbited through the

envelope of the giant. We apply an analytical criterion to determine whether mass

loss may have played a role in the histories of these brown dwarfs and planets. Then

we describe a numerical algorithm that we have implemented, which is necessary to

perform simulations with such low-mass secondaries.
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1.5.5 Chapter 6: Summary and Conclusions

We summarize and conclude in Chapter 6.

1.5.6 Appendix A: The binary fraction of planetary nebula

central stars. I. A high-precision, I-band excess search

Paczynski (1976) concluded the abstract to his paper suggesting that the “observa-

tional discovery of a short period binary being a nucleus of a planetary nebula would

provide very important support for the evolutionary scenario presented in [Paczynski

(1976)].” Using observational data obtained with the 2.1m telescope at Kitt Peak Na-

tional Observatory, we test the binarity of 27 central stars of planetary nebula using

the IR-excess method, and compare our results with predictions.

1.5.7 Appendix B: A Well-Posed Kelvin-Helmholtz

Instability Test and Comparison

Kelvin-Helmoltz Instability is among the most important tests used to compare the ac-

curacy and performance of hydrodynamical codes (Chapter 3). Also, Kelvin-Helmoltz

Instability might play a significant role in the destruction of the companion during

the CE phase (Chapter 5). Recently, there has been a significant level of discussion of

the correct treatment of Kelvin-Helmholtz instability in the astrophysical community.

We pose a stringent test of the initial growth of the instability, and carry out simula-

tions with five different codes. We compare the behavior of the different methods, and

comment on the tendency of some of them to produce secondary Kelvin-Helmholtz

billows.



28

Chapter 2

On the α-formalism for the

Common Envelope Interaction

Originally published as De Marco, O., Passy, J.-C., Moe, M., Herwig, F.,

Mac Low, M.-M., & Paxton, B. 2011, MNRAS, 411, 2277

Abstract

The α-formalism is a common way to parametrize the common envelope interaction

between a giant star and a more compact companion. The α parameter describes the

fraction of orbital energy released by the companion that is available to eject the giant

star’s envelope. By using new, detailed stellar evolutionary calculations we derive a

user-friendly prescription for the λ parameter and an improved approximation for

the envelope binding energy, thus revising the α equation. We then determine α

both from simulations and observations in a self consistent manner. By using our

own stellar structure models as well as population considerations to reconstruct the

primary’s parameters at the time of the common envelope interaction, we gain a

deeper understanding of the uncertainties. We find that systems with very low values

of q (the ratio of the companion’s mass to the mass of the primary at the time of

the common envelope interaction) have higher values of α. A fit to the data suggests

that lower mass companions are left at comparable or larger orbital separations to

more massive companions. We conjecture that lower mass companions take longer

than a stellar dynamical time to spiral in to the giant’s core, and that this is key to

allowing the giant to use its own thermal energy to help unbind its envelope. As a

result, although systems with light companions might not have enough orbital energy
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to unbind the common envelope, they might stimulate a stellar reaction that results

in the common envelope ejection.

2.1 Introduction

Common envelope (CE) binary interactions occur when expanding stars transfer mass

to a companion at a rate so high that the companion cannot accrete it. This results

in the companion being engulfed by the envelope of the primary (Paczynski, 1976).

The companion’s orbital energy and angular momentum are then transferred to the

envelope via an as yet poorly characterized mechanism. This can result in the ejection

of the envelope and in a much reduced orbital separation. If the companion cannot

eject the CE, it merges with the core of the primary. The CE interaction is thought

to last for only a few years, and it is therefore likely that we have never witnessed it

directly, although some claims have been made, e.g., for V Hya (Kahane & Jura, 1996).

The existence of companions in close orbits around evolved stars, whose precursor’s

radius was larger than today’s orbital separation, vouches for such interactions having

taken place.

The CE interaction is thus thought to be responsible for short period binaries such

as cataclysmic variables (CV; King, 1988; Warner, 1995), close binary central stars of

planetary nebula (PN; De Marco 2009), subdwarf B binaries (Han et al., 2002, 2003),

low mass X-ray binaries (Charles & Coe, 2006), the progenitors of Type Ia supernovae

(Belczynski et al., 2005) and other classes of binaries and single stars thought to have

suffered a merger (such as FK Comae stars; Bopp & Stencel 1981). The specific

characteristics exhibited by these binary classes, as well as their relative population

sizes are dictated by the period and mass ratio distribution of the progenitor binary

population, as well as by the details of the physical interaction during the CE phase.

The CE interaction can be parametrized in terms of the binding and orbital en-

ergy sources at play (e.g., Webbink, 1984, 2008), and the post-CE period has been

expressed as a function of how efficiently orbital energy can be used to unbind the

CE. The efficiency parameter, α, was thus introduced:

α =
Ebin

∆Eorb

, (2.1)

where Ebin is the gravitational binding energy of the envelope and ∆Eorb is the amount

of orbital energy released during the companion’s in-spiral. The expressions used for
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binding and orbital energies in the literature have varied. As a result, the conclusions

reached in the numerous papers discussing the CE interaction by means of the α-

formalism are difficult to compare. The first motivation of this paper is therefore to

choose a formalism by revisiting past choices.

Several papers (e.g., Maxted et al., 2006; Afşar & Ibanoǧlu, 2008; Zorotovic et al.,

2010) use individual post-CE binaries to derive α. Their observed primary and sec-

ondary masses, together with their orbital periods, provide us with parameters of

the post-CE systems. Based on the primary mass, one can reconstruct the mass and

radius of the primary at the time of the CE interaction and, with this information,

a value of α can be derived. However, this method has many hidden uncertainties,

and the values of α derived in this way are, once again, only indicative. We there-

fore use our preferred α-formalism to re-evaluate the value of α for observations and

simulations in a homogeneous way and with an increased attention to the sources of

uncertainty.

The values of α determined by simulations, (e.g., Sandquist et al., 1998) have their

own flavour of hidden caveats and are not easily comparable with those derived from

observations. We therefore use the better-understood simulations from the literature

to gain insight in how the values of α determined in this way compare with those

derived from observations.

In § 2.2 we discuss the α-formalism in the literature and derive our preferred form.

We also discuss the value of λ, often used in parametrizing the envelope binding

energy. In § 2.3 we calculate the value of α for a set of simulations and observations

in a self consistent manner. We then (§ 2.4) discuss the dependence of α on stellar

and system parameters. We conclude and summarise in § 2.5.

2.2 The α equation

In this section we determine the best form of the α equation (Eq. 2.1).

2.2.1 The α-formalism in the literature

The original α equation can be found in Tutukov & Yungelson (1979), who used:

Ψ
M2

R
= β

MHem

2RHe

, (2.2)
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where we have maintained the original symbols to emphasize the subtly different

assumptions made in each equation. β is the binding energy parameter equivalent to

α, MHe and RHe are the post-CE primary’s core mass and radius, respectively, m is

the companion’s mass, M and R are the mass and radius of the primary at the time

of the CE interaction. The value of Ψ was taken to be 0.5 to account for the fact

that the radius of the primary at the start of the dynamically-significant part of the

CE interaction was thought to be twice as large as it was at the beginning of the CE

interaction.

Later Iben & Tutukov (1984) used a similar expression but modified the symbols:

M2
1

A
= α

M1,RM2

Af
, (2.3)

whereM1 is the primary mass at the time of the CE andM1,R is the primary (remnant)

mass after the CE interaction. Remembering that there is a factor of 1/2 on both

sides of Eq. 2.3 we see that A, the initial binary separation, has replaced the initial

primary radius (a reasonable assumption) and that Af , the final binary separation,

has taken the place of the primary core radius, a choice that seems sensible, as the

final binary separation should be larger than the primary’s core radius.

In the same year, Webbink (1984) rewrote the expression as:

−GM1M1,e

λR1,L

= −αCEG
[
M1,cM2

2Af
− M1M2

2Ai

]
, (2.4)

where we have adopted the symbols used by Webbink (2008): M1,c and M1,e are the

primary’s core and envelope masses, respectively, Ai is the inital binary separation,

R1,L is the Roche lobe of the primary at the onset of mass transfer and where λ is

a number of order unity which depends on the mass distribution of the primary’s

envelope (λR is effectively the mass-weighted mean radius of the envelope). The

symbol λ was actually introduced by de Kool et al. (1987) as an addition to the

Webbink (1984) equation and has been included in the equation ever since. Eq. 2.4

contains a term for the orbital energy at the beginning of the CE interaction, a term

that others have neglected, on the ground that its value is far smaller than that of

the final orbital energy, due to the considerable in-spiral that happens during the

interaction.

Yungelson et al. (1993) rewrote the α equation in the following way:
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(M1 −M1,R)(M1 +M2)

A0

= −αM1,RM2

[
(

1

Af
− 1

A0

)

]
, (2.5)

where all symbols have been previously defined and A0 is the binary separation at the

beginning of the dynamically-significant part of the CE interaction. Eq. 2.5 actually

contains a factor of 0.5 on both sides of the equality, which was cancelled out by

Yungelson et al. (1993), but that must be there for the expression of the orbital

energy to be correct. This factor implies that the size of the primary at the start of

the dynamically-significant part of the CE interaction is 2×A0 (Eq. 2.3). Using this

expression will therefore result in smaller values of α (as also noticed by Han et al.

1995). Aside from the difference in primary radius, Eq. 2.5 is different from that of

Webbink (1984) also because the binding energy of the envelope is more negative:

the giant’s envelope during the CE is bound also by the gravitational attraction of

the companion within it.

Pre-empting our derivation in § 2.2.2, in this work we will use:

−G
Me(

Me

2
+Mc)

λR
= −αG

[
McM2

2Af
− (Mc +Me)M2

2Ai

]
(2.6)

where Mc and Me are now the giant primary’s core mass (which is assumed to be the

same as the mass of the primary after the CE interaction) and the primary’s envelope

mass (which is assumed to be ejected by the interaction), respectively. In § 2.2.3 we

will use the virial theorem to show that the energy budget should include a factor

of 0.5 on the left-hand-side of Eq. 2.6, corresponding to the thermal energy of the

gas lessening the stellar envelope’s gravitational potential well. For now, however, we

have presented the α equation using only the traditionally-included energy sources.

The thermal energy source will be discussed further in § 2.2.3, § 2.3.4 and § 2.5.

In the case of observed systems (§ 2.3.2), we assume that the primary is filling its

Roche lobe radius at the beginning of the CE interaction (i.e., R = R1,RL) and that

Ai = R1,RL/r1,RL, where (Eggleton, 1983; Webbink, 2008):

r1,RL ∼
0.49q−2/3

0.6q−2/3 + ln(1 + q−1/3)
(2.7)

and q = M2/M1
1. Our expression is almost identical to that of Webbink (1984),

1Different studies substitute the Roche Lobe radius for Ai, instead of the actual separation
between primary and secondary at the time of Roche lobe overflow. The initial orbital energy term
is mostly negligible compared to the final orbital energy one though, so specific choices of the initial
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except that our binding energy is somewhat lower.

Clearly, irrespective of which formalism one uses, it is paramount that values of α

calculated with one formalism not be used as input to a different formalism in order

to derive, for instance, values for the final orbital separation.

2.2.2 The binding energy term

Several authors (e.g., Han et al., 1995) chose not to use an approximation for the

binding energy of the envelope, but instead integrate the envelope mass from stellar

structure calculations. As we will see in § 2.2.5 this choice does not necessarily lead

to a more accurate value of α. So, here we determine as accurate an approximation

to the binding energy as possible.

The binding energy of a star is:

Ebin ≡ −
∫
Gm

r
dm. (2.8)

In the case of giants, the small and dense core is surrounded by a vast envelope whose

density rapidly falls with radius. Therefore we model the core as a point mass and

the envelope as a shell of homogeneous density

ρ =
Me

4π(λR)2
,

located at a distance λR from the core. The factor λ < 1 accounts for the fact

that, in the shell approximation of the real envelope, the shell is located at the mass-

averaged stellar radius. Using this assumption we calculate separately the envelope

binding energy deriving from the attraction of the core, Ece, and that deriving from

the attraction of the envelope onto itself, Eee:

Ebin = Ece + Eee. (2.9)

The core-envelope binding energy can be easily calculated:

Ece = −G
∫
Mcdm

λR
= −GMcMe

λR
, (2.10)

where dm is a parcel of envelope mass sitting at distance λR from the core, and the

integration is over the entire envelope, approximated as a shell with radius λR. The

orbital separation are not fundamental.
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self-gravity of the envelope results in:

Eee = −G
2

∫ ∫
dm

′
dm

|r− r′ |
, (2.11)

where dm and dm
′

are mass parcels in the envelope shell separated by a distance

|r− r
′|. The factor 1

2
prevents double counting the interaction between parcels. Since

we have made the assumption that all mass parcels are in a shell with radius λR,

|r′ | = |r| = λR, the denominator is:

1

|r− r′|
=

1

λR

∞∑
n=0

Pn(cosψ) ∼ 1

λR
(1− (cosψ)) , (2.12)

where Pn is the Legendre polynomial. For the final step, we only consider P0 = 1

and P1 = cosψ, where ψ is the angle between r and r
′

and we neglect orders n > 1.

Because of symmetry, the term including cosψ vanishes. Substituting Eq. 2.12 into

Eq. 2.11, we obtain the binding energy of the envelope in the shell approximation:

Ebin ∼ −G
Me(

Me

2
+Mc)

λR
. (2.13)

This expression is different from all of the ones used before (the numerator of our

expression is the lowest) although our expression is actually quite similar to that used

by Webbink (1984).

2.2.3 The thermal energy

The virial theorem can be used to quantify another source of energy that may play

a role in the CE interaction, namely the thermal energy of the envelope (Webbink,

2008). The familiar identity 2K + U=0, where K is the total thermal, or kinetic

energy2 of the star and U is its potential (binding) energy, accurately represents the

global properties of the entire star. If we only include the stellar envelope, rather than

the entire star, the virial theorem takes a slightly different form (for the derivation

see Webbink 2008):

2Kenv + 4πR3
cPc + Ebin,env = 0, (2.14)

2Throughout this paper we will keep referring to the energy due to the thermal motion of the
particles as the thermal energy. This will avoid confusion with the energy stored in the bonds of
atoms and molecules, called the internal energy by Webbink (2008).
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RGB AGB
2Uenv (ergs) 0.9983× 1048 2.7101× 1047

4πR3
cPc (ergs) 0.0532× 1048 0.1365× 1047

2Uenv + 4πR3
cPc (ergs) 1.0516× 1048 2.8466× 1047

Ebin,env (ergs) −1.0433× 1048 −2.8348× 1047

error without extra term 4 % 4 %
error with extra term 0.8 % 0.4 %

Table 2.1 Error on the virial theorem calculations for the entire star using the 2 M�
model. The Rc values are defined by the left over mass criterion in § 2.2.5.

where Kenv is the thermal energy of the envelope only, and we now use Ebin,env to rep-

resent the binding energy of the envelope only; Rc and Pc are the values of the radius

and the pressure at the core-envelope boundary, respectively (defined in § 2.2.5).

We can show that the extra term (4πR3
cPc) can be neglected, by integrating stellar

structure models (whose details will be given in § 2.2.5). We use a 2 M� main

sequence model evolved to the RGB and AGB phases. The total stellar binding

energy is integrated using the denominator in Eq. 2.16. A similar equation is used to

determine the total thermal energy of the stellar models:

U =
R∑

ri=Rc

3

2
P (ri)4πr

2
i∆ri, (2.15)

where ri is the radius of the ith concentric shell, ∆ri are the shell’s thickness, and

P (ri) is the pressure in the shell. Rc is the core-envelope boundary radius chosen

according to the criteria explained in § 2.2.5.

We see (Table 2.1) that the first two terms in Eq. 2.14 do equate to the third term

to within less than 1% for both the RGB and AGB models. We also see that not

including the second term, still results in an acceptable equality between twice the

thermal energy and the gravitational binding energy of the envelope. In this way we

have a very simple way to account for the thermal energy of the stellar envelope in the

CE energy budget: the thermal energy is simply one half of the binding energy. Since

the two energy sources have opposite signs, the effect of accounting for the thermal

energy is to “fill” the stellar envelope potential well, or make the envelope lighter.

Finally, one should remember that there is another possible energy source: the

dissociation and ionisation energy of the envelope. This was discussed by Han et al.

(1995) and Webbink (2008). We will return to this topic in § 2.4.
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Criterion: Density XH=0.1 Shell Remnant Env.
RGB

Mc (M�) 0.314 0.313 0.313 0.314
Rc (R�) 0.044 0.031 0.032 0.040
XH 0.70 0.1 0.23 0.69
Ebin/1047(ergs) −9.14 −9.62 −9.55 −9.23
λ 0.40 0.38 0.38 0.39

AGB
Mc (M�) 0.537 0.534 0.534 0.534
Rc (R�) 0.233 0.037 0.038 0.040
XH 0.70 0.1 0.28 0.52
Ebin/1047(ergs) −2.05 −3.06 −3.00 −2.92
λ 0.32 0.21 0.22 0.22

Table 2.2 Parameters at the core-envelope boundary according to different criteria for
the 2 M� model on the RGB (M1=2.0 M�, R = 20 R�) and AGB (M1=1.93 M�,
R = 100 R�).

2.2.4 The core-envelope boundary and the value of λ for dif-

ferent stellar models and evolutionary stages.

To locate the core-envelope boundary one could use a criterion based on density alone

(called “Density” in Table 2.2), such as the radius value that minimizes dm/d log r.

This criterion leads to a larger radius than any criteria based on a physical argument.

Aside from the criterion we have adopted (dubbed “Remnant Envelope” in Table 2.2,

see also § 2.2.5), there are two additional criteria that lead to similar values of λ:

(i) the radius where the abundance of hydrogen is 0.1 (this is the criterion adopted

by Dewi & Tauris 2000), and (ii) the largest radius where the nuclear reaction rate

decreases below a given threshold value (just outside the hydrogen-burning shell;

dubbed “Shell” in Table 2.2).

Although the abundance criterion leads to a lower value of the core-envelope

boundary radius, a glance at Table 2.2 shows us that the resulting values of λ are

quite similar. There we list the values of the core mass, core radius and hydrogen

abundance of the 2 M� MESA model for two key evolutionary phases, when the star

is half way up the RGB (M=2.0 M�, R=20 R� and τ=1.0 Gyr) and at the start of

the thermally-pulsating AGB (M=1.93 M�, R=100 R� and τ=1.2 Gyr), along with

the derived values of the envelope binding energy and of λ.
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Figure 2.1 Stellar structures for an RGB star (upper panels) which had a main se-
quence mass of 2 M� and its AGB counterpart (bottom panels; for additional model
parameters see Table 2.2). Vertical solid lines represent the core/envelope boundaries
chosen according to the “XH = 0.1” criterion (leftmost vertical line), “shell” crite-
rion and “remnant envelope” criterion (second and third vertical lines from the left -
overlapping in the left panels) and “density” criterion (rightmost vertical line).
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2.2.5 The stellar structure parameter λ

To determine a suitable value of λ we use a 2 M� model calculated with the code

Modules for Experiments in Stellar Astrophysics (MESA3; Paxton et al. 2011), evolv-

ing from the main sequence to the tip of the AGB. This new stellar evolutionary code

compares well with EVOL (e.g. Herwig, 2004).

By equating the envelope binding energy obtained by numerical integration of the

stellar structure and that obtained by the approximation in Eq. 2.13, we calculate λ

in this way:

λ =
−(GMe/R)(Me/2 +Mc)

−4πG
∑R

ri=Rc
mint(ri)ρiri∆ri

, (2.16)

where ρi is the density and radius of a shell of material of thickness ∆ri and mint is

the mass internal to that radius.

The choice of a core radius based only on density (e.g., where dm/d log r reaches

a minimum, see also Tauris & Dewi 2001 and Bisscheroux 1998) locates a core-

envelope boundary that is quite different from any boundary located on physical

grounds. We therefore chose the core-envelope boundary to be at the radius where

the nuclear burning reaches a maximum plus the thickness of a remaining envelope

of mass 10−3 M� for the 2.0 M� AGB model described above and 10−2 M� for the

corresponding RGB model. This criterion is motivated by the fact that AGB and

RGB stars depart their respective giant branches by contracting, when the envelope

mass decreases below a threshold value (or, for RGB stars, when core helium is

ignited; Bloecker, 1995a; Castellani et al., 2006). In a CE situation, such contraction

would detach the primary from its Roche lobe and dictate the end of the interaction.

This criterion leads to very similar core-envelope boundaries and values of λ to the

criteria of Dewi & Tauris (2000).

With this choice of core-envelope boundary, we carried out stellar evolution cal-

culations for main sequence masses of 1, 1.5, 2, 2.5, 3, 4 and 5 M�. For each of these

models, we determined λ for a few stellar structure models clustered on the RGB and

AGB. The results are summarized in Table 2.3. For each main sequence mass, we

list the numbers of stellar structures used in determining the average value of λ, the

smallest and largest stellar radius for the models in each cluster and finally the aver-

age value of λ as well as the 1-σ spread of values. The minimum and maximum radii

3mesa.sourceforge.net
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on the RGB and AGB for each model cluster were chosen as follows: the minimum

radii were those of the first model that had developed a clear shell burning struc-

ture (hydrogen for the RGB and helium for the AGB). The maximum values were

the maximum RGB and AGB radius values for the respective models. The value of

λ does not vary significantly within each cluster, despite the relatively large radius

range, because the mass is centrally concentrated.

We have fitted the average λ values as a function of main sequence mass (Fig. 2.2)

and obtained the resulting fit parameters:

λRGB = (0.547± 0.068)×
(
MMS

M�

)(2.11±0.12)

× exp (−MMS/M�) (2.17)

and

λAGB = (0.237± 0.021) + (0.032± 0.006)× MMS

M�
, (2.18)

which are valid for 1.0 M�≤ MMS ≤ 5.0 M�. By calculating the value of λ for each

of our systems using the expression:

λ−1 ∼ 3.000− 3.816Me + 1.041M2
e + 0.067M3

e + 0.136M4
e

of Webbink (2008), we obtain much larger values.

Finally, we comment on the fact that in our static calculation of the binding

energy we assume that the envelope that needs to be ejected is the same as the mass

above the core-envelope boundary just discussed. This assumption does not take into

account that in an evolving, mass-losing and expanding giant, the actual mass left on

the star after termination of the AGB may not be exactly that which we accounted

for in our static calculation. Deloye & Taam (2010) calculate the adiabatic mass-loss

response of the primary. They explain that massive stars – they show the case of a 10

M� – have a shallow entropy gradient in the core/envelope region, and this can lead

to a 30% difference between the donor’s post-CE remnant mass and Mc. However, for

the lower mass stars we are interested in, the gradient is much steeper and the two

masses are similar. The other concern is that the binding energy as we calculate it,

does not take into account the work done by the envelope throughout the adiabatic

mass-loss. However, according to Ge et al. (2010), including this effect does not make

a large difference on the binding energy (see their Section 4 and their Equations 62
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MMS # of models Rmin Rmax λ
(M�) in cluster (R�) (R�)

RGB
1 6 20 120 0.175± 0.055

1.5 6 20 120 0.275± 0.049
2 4 20 80 0.352± 0.030

2.5 5 10 30 0.300± 0.028
3 4 10 40 0.218± 0.063
4 5 10 50 0.146± 0.032
5 4 20 80 0.121± 0.014

AGB
1 4 150 300 0.203± 0.073

1.5 6 150 400 0.291± 0.047
2 7 50 350 0.302± 0.052

2.5 6 50 300 0.344± 0.039
3 7 50 350 0.330± 0.047
4 9 100 500 0.369± 0.047
5 8 150 500 0.393± 0.027

Table 2.3 Average values of λ calculated for clusters of models equally distributed in
radius between Rmin and Rmax, on the RGB and AGB
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Figure 2.2 The average value of λ (symbols with error bars) calculated for clusters
of models on the RGB (top panel) and AGB (bottom panel) as a function of main
sequence mass, along with the best fits (solid lines)
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and 83).

2.3 The determination of α using simulations and

observations

Here we calculate α for observed post-CE binary systems as well as for a set of CE

simulations. To do so, we use our approximation (Eq. 2.6) together with the value of

λ determined from the fits in § 2.2.5 (Eqs. 2.17 and 2.18).

2.3.1 The pre-CE giant reconstruction technique

We assume that observed post-CE systems with Mc ≥ 0.47 M� have suffered a CE

interaction on the AGB and those with Mc < 0.47 M� have suffered an interaction

on the RGB. The latter assumption is not strictly correct, because more massive

primaries can have a core mass >0.47 M� during the RGB ascent (see for instance

the 5 M� model in Fig. 2.6). However, our assumption is approximately correct

because lower mass stars (. 2.5 M�), which are statistically more common, have

cores in the 0.47-0.62 M� range only during their AGB ascent. In § 2.3.4 we discuss

this topic further.

Of the post-AGB primaries (Mc ≥ 0.47 M�), some are surrounded by a PN,

guaranteeing that the system only emerged from the CE interaction recently (or the

PN, which has a lifetime of .100 000 years, would not be visible). When a PN is

lacking, there is a chance that the time since the CE interaction might be sufficiently

long to have allowed the evolution of the system’s orbital period. In order to avoid

such systems we use the binary post-CE list of Schreiber & Gänsicke (2003) and

Zorotovic et al. (2010), who determined which post-CE systems have the same period

today as they had when they emerged from the CE.

Once the RGB or AGB origin of the primary is determined, the radius and mass of

the giant at the time of the CE interaction can be estimated. For post-RGB primaries,

the radius has traditionally been obtained by the core mass-radius relation of Iben &

Tutukov (1985, R ∼ 103.5M4
c ). RGB masses at the time of the CE interaction cannot

be determined from the core mass alone, so a range has to be adopted (e.g., Nelemans

et al., 2000)

To determine the pre-CE radius and mass for primaries that went through the

interaction on the AGB, several studies (e.g., Afşar & Ibanoǧlu, 2008) used the core
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mass-luminosity relation for post-AGB stars (e.g., Vassiliadis & Wood, 1994, L/L� =

56694(Mc/M� − 0.5)) to determine the luminosity of the primary at the time of

the CE interaction. They then used the initial-to-final mass relation to determine

the main sequence progenitor mass of today’s primary, to then determine the mass

of the primary at the time of the CE interaction (e.g., Vassiliadis & Wood, 1994).

Once the primary’s mass and luminosity at the time of the CE interaction have been

determined, the radius can be found using the fitting relation of Hurley et al. (2000,

R = 1.125M−0.33
1 (L0.4 +0.383L0.76)). This method cannot be applied to primary stars

with core mass . 0.55 M�, because below that value the core mass-luminosity relation

of Vassiliadis & Wood (1994) becomes extremely imprecise and for core masses ≤
0.5 M�, the stellar luminosity becomes negative. Finally, using the initial-to-final

mass relation in this way is incorrect, because the CE interaction interrupted the

evolution of the primary and the growth of its core, resulting in a less massive core

(i.e., smaller final mass) than if the star had been single.

By studying the relations used in the past one realises that reconstructing the

giant’s mass and radius using only the mass of the post-CE primary (assumed to have

been the mass of the core of the giant), is fundamentally a statistical process. Each

relation appears to state that the error on a given quantity, e.g., the giant radius at

the time of the CE interaction, depends solely on the error on the measured core mass.

However, this error propagation does not include the error in the fit, i.e., the error

in the relations themselves. Nor is the error in the assumptions used to establish the

relations quantified. We therefore diverge from previous methods, and recalculate the

fitting relations from stellar evolution models. This allows us to better quantify the

true uncertainty on the entire reconstruction process. In our reconstruction technique,

we make use of two sets of stellar evolution calculations. The first set is from the

detailed calculations of MESA for Z = 0.01 (§ 2.2.5). The second set is from the

computations of Bertelli et al. (2008), who calculated an extensive grid of models

including their metallicity dependence.

The primary mass at the time of the CE interaction

To determine the mass of the primary at the time of the CE interaction for the post-

AGB group, we start by determining the mass of the main sequence progenitors. To

do so we use the initial-to-final mass relation (IFMR) determined with the MESA

code. The final mass is assumed to be the mass of the core at the first thermal pulse.
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Figure 2.3 A comparison of the MESA code initial-to-final mass relation (solid line)
and that determined empirically by Weidemann (2000, dashed line).
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Figure 2.4 Left: the initial-to-final mass relation (IFMR) determined from the MESA
code calculations, plotted together with the data and their error bars (Table 2.4).
The dotted lines delimit the estimated error on the IFMR itself. Right: the IFMR
plotted with the data point for BE UMa to exemplify our determination of the error
on the derived main sequence masses.
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Although this may appear as an under estimate of the final mass, it is accurate for

core mass values . 0.52 M�, because low mass stars with low mass cores have low

mass envelopes which get depleted rapidly by mass loss and do not give the core

time to grow. Our assumption also results in good accuracy for masses & 0.58 M�,

because high mass stars suffer substantial dredge-up so that the core does not grow

appreciably during thermal pulses. For values between 0.52 and 0.58 M�, the core

could grow slightly above the value that we are using, resulting in a slight overestimate

of the initial mass. However this uncertainty is very small compared to the very large

uncertainty on the core mass, as we explain below.

Older predictions for the IFMR (e.g., Bloecker, 1995a; Vassiliadis & Wood, 1994)

compare well to the MESA IFMR for lower initial masses (.3 M�), while for the

larger initial masses the more recent MESA IFMR yields higher WD masses (also

observed by Han et al. 1994). The reason is that the new MESA models include

convective core overshooting during the main sequence, which increases the core mass

predictions compared to the older models. However, at low initial mass, models now

show efficient third dredge-up, which compensates for the core mass increase from

core overshooting. For more massive AGB stars the third dredge-up does not play

a significant role in the core mass prediction, and the core mass difference from

core overshooting assumptions can be observed. The MESA IFMR compares well

with the observationally derived IFMR of Weidemann (2000, Fig. 2.3), although the

observational IFMR has a large scatter.

For each system’s primary we obtained the main sequence mass of its progenitor

by direct interpolation. The metallicity dependence of the IFMR is small, as can be

seen by a fit to the Bertelli et al. (2008) models (MWD/M� = 0.451+0.091MMS/M�−
0.044 logZ/Z�) and we ignore it.

Before we can use the IFMR, we need to account for the fact that the IFMR relates

the final WD mass, MWD, to its main sequence mass, MMS, only if the star evolved to

the natural termination of its AGB life. The CE interaction interrupted the regular

AGB evolution and core growth, so that the post-CE primary mass, Mc, is smaller

than it would have been had the primary been single (MWD). This mass discrepancy

is determined for each Bertelli et al. (2008) model, assuming that a CE will terminate

the AGB evolution at a random value of R, between the maximum RGB radius and

the maximum AGB radius. We use Bertelli et al. (2008) models in the mass range

0.8–2.5 M�, and metallicity range Z = 10−4 − 0.07. On average, models depart

the AGB with a mass that is 0.028±0.024 M� lower than if the AGB evolution had
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progressed till its natural termination. The error in this value is dominated by the

lack of knowledge of the precise stage at which the system departs the AGB.

We can now calculate the WD mass of each of our post-AGB, post-CE primaries

and use the IFMR to determine the main sequence mass of its progenitor. The error

on the WD masses is determined from the error on the measured post-CE primary

masses and the error on the core growth estimation, added in quadrature. In Fig. 2.4

(left) we show the MESA IFMR with our interpolated data points and their error

bars. To determine the error on the main sequence masses thus obtained, we projected

the errors calculated on MWD on the IFMR itself, as demonstrated in Fig. 2.4 (right).

For three data points at the higher (V471 Tau) and lower (SDSS J0110+1326 and

RR Cae) extremes of the IFMR, the errors were assumed to be the same as the

relative error of HS 0705+6700 and SDSS J1548+4057, for the low and high mass,

respectively, because these two systems have the same measurement errors and similar

core mass values.

Using this error estimation method, we are not taking into account the error on

the IFMR itself (plotted as a dotted curve in Fig. 2.4, from approximate estimates).

If we had, the errors on the determined main sequence masses would have been only

marginally larger.

The last step in the main sequence mass determination is carried out by using

conditional probability considerations. For each of the three populations of post-CE

binaries (the central stars of PN, the post-AGB stars with no PN and the post-RGB

stars) we know the main sequence mass distribution of the progenitors from popu-

lation considerations and observations (see below). To exploit this extra knowledge,

we convert the progenitor main sequence mass of each system’s primary, determined

above from the WD mass alone (dotted vertical lines in Fig. 2.5), into a Gaussian

probability distribution function (PDF), by using the error estimates (dotted curves

in Fig. 2.5). We then multiply each PDF with the main sequence mass distribution

for the parent population (also called the prior in Bayesian statistics; dashed curves

in Fig. 2.5). This procedure results in a PDF for the “conditional” values of the main

sequence masses of each of our post-CE primaries (solid curves in Fig. 2.5), from

which we can determine a mean value (solid vertical lines in Fig. 2.5) and a new error

estimate. These are the values we adopt for the primary progenitors’ main sequence

masses. We note that two identical primary masses (Mc) that have different error

estimates will result in two different “conditional” main sequence progenitor masses,

because of the Bayesian statistical treatment (compare HW Vir, HS0705+6700 and
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MS Peg in Table 2.4). In Fig. 2.5 we show two specific cases, one for a central stars

of PN, and one for a post-AGB system with no PN.

In Fig. 2.5 (dashed lines) the prior distributions are the main sequence mass dis-

tribution of the parent populations. For the central stars of PN, the progenitor main

sequence mass distribution is known from population synthesis as well as observa-

tions (Moe & De Marco, 2006, dashed line in the left panel of Fig. 2.5). For the

post-AGB stars with no PN, the main sequence mass distribution of the progenitors

can be determined using the WD mass distribution (Kepler et al., 2007) and using

the IFMR to translate the WD mass distribution into a main sequence mass distri-

bution. The WD mass distribution of Kepler et al. (2007) is fitted by three Gaussian

curves with different means and standard deviations. The Gaussian curve with the

lowest mean mass corresponds to the helium WDs and we ignore it. To represent the

WD mass distribution corresponding to the post-AGB stars (with no PN), we only

use the remaining two Gaussian curves combined (with mean masses of 0.578 and

0.678 M�, respectively, standard deviations 0.047 and 0.148 M�, respectively and

relative strength 2.9:1)4.

For the post-RGB group we cannot use the IFMR, because the primaries have not

been through the AGB evolution. For all post-RGB primaries, we therefore use the

initial mass function (∝ M−2.35; Kroupa 2000), truncated between 0.78 and 2.3 M�

(Nelemans et al., 2000). This distribution results in a mean value accompanied by an

error (1.19±0.40 M�).

Once we have calculated the primaries’ progenitors main sequence masses, we can

derive the mass of the primary at the time of the CE interaction (M1), by determining

how much mass the star lost between the main sequence and the time of the CE

interaction on the RGB or AGB. The stellar evolutionary calculations of Bertelli

et al. (2008) for a range of masses and metallicities are used once again to average

the RGB and AGB stellar masses using uniform weighting with respect to radius (for

the AGB, we used only the values for which the radius was larger than the maximum

radius attained on the RGB). The values thus obtained are M1/MMS = 0.98±0.02 for

post-RGB stars and 0.87±0.07 for post-AGB stars, where the errors are derived from

4We note that this prior is not entirely correct, because CE interactions on the AGB happen
slightly more frequently to relatively more massive stars. This is because lower mass stars grow to
relatively larger radii while on the RGB, increasing the chance that an interaction will happen on
the RGB rather than the AGB. As a result the priors for the post-AGB, post-CE binary populations
should be slightly weighted towards more massive stars. To calculate the correct priors would entail
a complete population study, which we have not carried out here.
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Figure 2.5 The main sequence mass (solid vertical lines) determined for two of our
post-CE primaries: A 63, a central star of PN (top) and V471 Tau, a post-AGB
star (bottom). These masses are the means derived from statistical distributions
(solid curves), that are the result of a convolution of the Gaussian mass obtained
from the IFMR (dotted curve with the mean plotted as dotted vertical lines) and the
Baysian prior distributions (dashed lines). These latter distributions are the mass
distributions of the progenitors of the two types of objects, the central stars of PN
(top) and the post-AGB stars with no PN (bottom).
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the scatter on the fit. We then considered that the presence of a companion would

stimulate mass-loss prior to the CE interaction (e.g., Bear & Soker, 2010), so we

lowered these numbers slightly and raised the uncertainty: M1/MMS = 0.90±0.10 for

RGB systems and 0.75±0.15 for AGB ones. Once again, the dependence on the mass

and metallicity is not what dominates the error, but rather the lack of knowledge of

what stage during the RGB or AGB evolution the systems enter the CE phase.

The primary radius at the time of the CE interaction

We next determined the radii of the giants at the time of the CE interaction. From

the MESA calculations we know the radius evolution as a function of the mass of the

hydrogen-exhausted core (Fig. 2.6). We first selected the track corresponding to the

main sequence progenitor’s mass of each of our post-CE primary stars (§ 2.3.1); we

then read from the plot the radius corresponding to today’s core mass. This is the

radius of the giant at the time of the CE interaction. The error on this radius has to

be determined taking into account the errors for both the measured core mass and

the derived main sequence mass. Considering each error bar in turn results in new

radius values, from which we can estimate the final error on the radius. There is,

however, one additional complication. The radius evolution of each model is complex

and non-monotonic. This means that we need to use logical arguments to consider

each radius value obtained in this way: a star can only be caught in a CE interaction

while its radius is growing and if it is larger than at any time in the past. Once

all these conditions are accounted for, it is found that the range of possible radii

corresponding to each of our systems is quite large and that it is no less accurate to

use fits of the core mass vs. radius values from the Bertelli et al. (2008) calculations,

for the usual ranges of masses and metallicities:

R = 440R�(MMS/M�)−0.47(Mc/(0.6M�))5.1(Z/Z�)0.15, (2.19)

where the rms error on the fit is ±50 R�. Or, evaluating R in terms of M1 instead

of MMS:

R = 440R�(M1/M�)−0.54(Mc/(0.6M�))5.0(Z/Z�)0.14, (2.20)

with the same fit scatter. We note that this relation applies equally to the post-RGB

and post-AGB stars, although the fit was technically carried out for the AGB phase

only. These fits are over-plotted on the detailed MESA calculation in Fig. 2.6. As can
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be seen from Fig. 2.6, the radius values implied by our approximate fits and the range

of radii one would derive using the detailed MESA tracks become quite different for

larger main sequence masses. The most massive of our systems, V 471 Tau, with a

core mass of 0.84 M�, has a conditional main sequence mass of 3.9 M�. Using the

MESA tracks one derives a radius at the time of the CE interaction of 435±100 R�.

The value derived instead from the fits is 570±62 (see Table 2.4). These two values

are quite different, although they are consistent within the uncertainties. Pre-empting

our results from § 2.3.4, the MESA radius value results in α=0.28±0.16, while using

the radius fit from Eq. 2.20 α=0.21±0.15. We therefore see that even for the worse

case scenario of the system with the largest mass, the advantage of using the detailed

MESA code for this purpose is limited.

Finally, as we did for the case of the main sequence mass, we combine these

radius values and their formal errors with the prior knowledge that for our primaries’

progenitor populations, the radii of the RGB primaries should be in the range 10–

300 R�, while for the AGB primaries they should be in the range 50–650 R�(Bertelli

et al., 2008), in the usual mass and metallicity ranges. The maximum RGB radius

of 300 R�, and maximum AGB radius of 650 R�, are the maximum radii achieved

by any model in the set considered. The minimum radius value adopted for the

AGB (50 R�) was selected because it is the smallest of all maximum RGB radii,

achieved by any of the considered models. The minimum RGB radius (10 R�) is the

approximate radius that separates Hertzsprung gap from RGB models for the Bertelli

et al. (2008) tracks. Convolution with the prior results in a new radius value and a

new error, according to Bayesian statistics.

2.3.2 Observed systems used in the

determination of α

In Table 2.4 we list the values of Mc, M2, P and Af determined from observations as

well as the values of M1 and R deduced from stellar evolution in § 2.3.1. References

for the observed values can be obtained from De Marco (2009), for central stars of

PN. Of all the ∼40 post-CE binary central stars listed by De Marco (2009) only 6

central stars with non-degenerate secondaries have sufficient information to be useful

in the present study. For the observed post-CE binary in the centre of PN NGC 6337

we list two sets of parameters in Tables 2.4 and 2.5. When we fit the value of α

(§ 2.3.4), we use only one set (that with M2 = 0.35 M�). The fit with the alternative
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Figure 2.6 Stellar evolutionary tracks on the core mass vs. stellar radius plane for
1 M�, 2.5 M� and 5 M�(thick solid, dashed and thin solid lines, respectively) calcu-
lated with the MESA code, accompanied by fits to the Bertelli et al. (2008) tracks
(smooth curves, Eq. 2.19) for the same three masses.
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set, results in very similar fit parameters. Finally, for the binary system in the PN

HFG 1 there also are two sets of parameters (De Marco, 2009). We use the set with

the most massive companion, M2 = 1.09 M�, because a recent analysis of X-ray

radiation (Montez et al., 2010) finds this system’s companion to be coronally active

and the only way to reproduce the X-ray luminosity is to have a companion at least

as massive as a ∼ 1 M� main sequence star.

Other post-CE binaries are primarily from the list of Schreiber & Gänsicke (2003,

where we selected only those systems that have not suffered substantial reduction of

the orbital period after emerging from the CE). Wherever parameters have been up-

dated by new measurements of Zorotovic et al. (2010), we have adopted the revisions.

From the extensive list of Sloan Digital Sky Survey post-CE binaries in Zorotovic

et al. (2010), we only use the systems SDSS J1548+4057, SDSS J0110+1326 and

SDSS J1435+3733 (for more discussion, see § 2.5). Finally, we have also considered

AA Dor and HD 149382, because of their low mass secondaries. Whenever errors were

not given in the cited references, we have assumed an error of 20% on both primary

and secondary masses. In Table 2.5 we list the calculated values of q (=M2/M1)

and α, determined using Eq. 2.6, along with their uncertainties, both in linear and

logarithmic form. We also list values of α determined using the Webbink (2008)

relation.

2.3.3 The simulations used in the

determination of α

Hydrodynamic simulations, carried out both with smooth particle hydrodynamics

(e.g. Terman & Taam, 1996) or grid methods (e.g., Sandquist et al., 1998), are a

tool to determine the value of α ab initio. These simulations start by mapping

a giant star into the simulation domain. The quantities describing the star (i.e.,

density, temperature, internal energy, etc.) are calculated using a one-dimensional

stellar evolution model. The companion is represented by a point mass, as is the

compact core of the giant. The physics included in the simulation is typically only the

gravitational attraction of all the masses involved. The interaction timescale is short

enough that radiation transport can be neglected (e.g., see discussion in Sandquist

et al. 1998). The in-spiral of the companion is typically followed until the resolution

of the grid becomes insufficient, which may or may not be at the termination of the

CE interaction (i.e., when sufficient mass has become unbound from the system to
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Name Type1 Mc M2 P Af MMS M1 R
(M�) (M�) (days) (R�) (M�) (M�) (R�)

BE UMa CSPN 0.70± 0.07 0.36± 0.07 2.29 7.5± 0.7 3.4± 0.4 2.5± 0.6 440± 131
A 46 CSPN 0.51± 0.07 0.15± 0.02 0.47 2.2± 0.2 1.2± 0.3 0.90± 0.29 239± 140
A 63 CSPN 0.63± 0.06 0.29± 0.04 0.46 2.4± 0.2 2.4± 0.9 1.8± 0.8 376± 140
HFG 1 CSPN 0.57± 0.10 1.1± 0.1 0.58 3.5± 0.4 1.4± 0.5 1.1± 0.4 316± 172
DS 1 CSPN 0.63± 0.03 0.23± 0.01 0.36 2.0± 0.1 3.0± 0.4 2.2± 0.5 348± 93
NGC 6337 CSPN 0.60± 0.07 0.35± 0.04 0.17 1.3± 0.1 1.8± 0.8 1.4± 0.7 346± 152

(0.20±0.03) (1.2±0.1)
V471 Tau pAGB 0.84± 0.05 0.93± 0.10 0.52 3.3± 0.2 3.9± 1.3 2.9± 1.1 570± 62
UZ Sex pAGB 0.65± 0.23 0.22± 0.05 0.60 2.8± 0.8 2.4± 1.1 1.8± 0.9 322± 194
SDSS J1548+4057 pAGB 0.65± 0.03 0.17± 0.03 0.19 1.3± 0.1 3.1± 0.2 2.3± 0.5 383± 99
RE J1016-053 pAGB 0.60± 0.02 0.15± 0.02 0.79 3.3± 0.1 2.6± 0.5 1.9± 0.6 288± 66
Feige 24 pAGB 0.57± 0.03 0.39± 0.02 4.23 10.9± 0.4 1.9± 0.6 1.4± 0.5 266± 85
IN CMa pAGB 0.57± 0.03 0.43± 0.03 1.26 4.9± 0.2 1.9± 0.6 1.4± 0.5 266± 85
RE J2013+400 pAGB 0.56± 0.03 0.18± 0.04 0.71 3.0± 0.2 1.8± 0.6 1.4± 0.5 250± 81
NN Ser pAGB 0.53± 0.01 0.12± 0.03 0.13 0.94± 0.05 1.4± 0.3 1.1± 0.3 199± 38
GK Vir pAGB 0.51± 0.04 0.10± 0.01 0.34 1.7± 0.1 1.3± 0.4 1.0± 0.3 197± 84
Hz 9 pAGB 0.51± 0.10 0.28± 0.04 0.56 2.6± 0.4 1.7± 0.7 1.2± 0.5 245± 161
AA Dor pAGB 0.51± 0.12 0.085± 0.027 0.26 1.4± 0.3 1.7± 0.7 1.3± 0.6 256± 172
BPM 6502 pAGB 0.50± 0.05 0.17± 0.01 0.34 1.8± 0.1 1.2± 0.4 0.90± 0.32 198± 101
PG 1017-086 pAGB 0.50± 0.05 0.078± 0.006 0.07 0.64± 0.05 1.2± 0.4 0.90± 0.32 198± 101
NY Vir pAGB 0.50± 0.05 0.15± 0.02 0.10 0.79± 0.07 1.2± 0.4 0.90± 0.32 198± 101
SDSS J1435+3733 pAGB 0.50± 0.03 0.22± 0.03 0.13 0.95± 0.05 1.1± 0.3 0.85± 0.27 181± 54
HW Vir pAGB 0.48± 0.09 0.14± 0.02 0.12 0.86± 0.13 1.2± 0.4 0.90± 0.36 224± 150
HS 0705+6700 pAGB 0.48± 0.05 0.13± 0.03 0.10 0.75± 0.07 1.0± 0.3 0.74± 0.25 181± 95
MS Peg pAGB 0.48± 0.02 0.22± 0.02 0.17 1.1± 0.0 0.88± 0.14 0.66± 0.17 154± 39
SDSS J0110+1326 pAGB 0.47± 0.02 0.31± 0.05 0.33 1.9± 0.1 0.85± 0.13 0.64± 0.16 141± 36
LM Com pRGB 0.45± 0.05 0.28± 0.05 0.26 1.5± 0.1 1.2± 0.4 1.1± 0.4 116± 61
RR Cae pRGB 0.44± 0.02 0.18± 0.01 0.30 1.6± 0.1 1.2± 0.4 1.1± 0.4 89± 29
HD 149382 pRGB 0.47± 0.12 0.015± 0.007 2.39 5.9± 1.5 1.2± 0.4 1.1± 0.4 136± 91
HR Cam pRGB 0.41± 0.01 0.10± 0.01 0.10 0.72± 0.02 1.2± 0.4 1.1± 0.4 59± 13
CC Cet pRGB 0.39± 0.10 0.18± 0.05 0.28 1.5± 0.3 1.2± 0.4 1.1± 0.4 96± 82
WD 0137-349 pRGB 0.39± 0.04 0.052± 0.005 0.08 0.60± 0.05 1.2± 0.4 1.1± 0.4 54± 26
DeMa 2 Sim 0.60 0.10 30 36 1.20 1.0 645
Sand1-2 2 Sim 0.70 0.40 1.08 4.56 3.18 2.8 190
Sand3 2 Sim 1.00 0.40 0.90 4.39 5.29 4.6 190
Sand4 2 Sim 1.00 0.60 0.96 4.79 5.29 4.6 190
Sand5 2 Sim 0.94 0.60 2.48 8.90 5.31 4.6 353
1CSPN: the primary is a central star of PN and went through the AGB evolution; pAGB: the primary
does not have a PN, but we consider it as a post-AGB star; pRGB: the primary is considered as having suffered a
CE interaction on the RGB and never having ascended the AGB; Sim: simulations.
2DeMa: De Marco et al. (2003). Sand: Sandquist et al. (1998), simulations. The number indicates the particular simulation,
and follows the scheme of their Table 1. See also text in § 2.3.3.

Table 2.4 The observationally-derived quantities for our post-CE systems (Mc, M2

and P ) listed alongside the quantities derived from orbital, stellar evolution and
population considerations (Af , M1 and R). Simulation inputs (Mc, M2, M1 and R)
and outputs (P and Af ) are also listed. All these quantities are inputs to the α
equation (Eq. 2.6). Parameters in brackets are an alternative set not used in the fits
(see § 2.3.2)
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Name Type1 log q logα q α α(Web)
BE UMa CSPN -0.85± 0.12 0.08± 0.25 0.14± 0.04 1.2± 0.7 1.1
A 46 CSPN -0.78± 0.13 -0.45± 0.34 0.17± 0.05 0.35± 0.31 0.24
A 63 CSPN -0.78± 0.17 -0.54± 0.34 0.16± 0.06 0.29± 0.25 0.23
HFG 1 CSPN 0.01± 0.16 -1.06± 0.35 1.0± 0.4 0.087± 0.080 0.043
DS 1 CSPN -0.99± 0.10 -0.29± 0.23 0.10± 0.02 0.51± 0.28 0.46
NGC 6337 CSPN -0.59± 0.18 -1.01± 0.36 0.26± 0.11 0.10± 0.09 0.068

(-0.83± 0.19) (-0.83±0.34) (0.15±0.06) (0.15±0.14) (0.11)
V471 Tau pAGB -0.50± 0.15 -0.68± 0.30 0.32± 0.11 0.21± 0.15 0.17
UZ Sex pAGB -0.91± 0.20 -0.24± 0.45 0.12± 0.06 0.57± 0.70 0.37
SDSS J1548+4057 pAGB -1.13± 0.10 -0.32± 0.22 0.074± 0.018 0.48± 0.26 0.31
RE J1016-053 pAGB -1.11± 0.12 0.13± 0.25 0.078± 0.023 1.3± 0.8 0.85
Feige 24 pAGB -0.56± 0.14 0.08± 0.29 0.27± 0.09 1.2± 0.9 0.86
IN CMa pAGB -0.52± 0.14 -0.32± 0.30 0.30± 0.10 0.47± 0.35 0.35
RE J2013+400 pAGB -0.88± 0.16 -0.16± 0.31 0.13± 0.05 0.69± 0.53 0.44
NN Ser pAGB -0.94± 0.15 -0.54± 0.25 0.11± 0.04 0.29± 0.18 0.17
GK Vir pAGB -0.98± 0.13 -0.22± 0.30 0.10± 0.03 0.60± 0.45 0.34
Hz 9 pAGB -0.65± 0.17 -0.40± 0.41 0.22± 0.09 0.40± 0.43 0.28
AA Dor pAGB -1.17± 0.20 -0.16± 0.44 0.07± 0.03 0.69± 0.81 0.40
BPM 6502 pAGB -0.72± 0.13 -0.47± 0.33 0.19± 0.06 0.34± 0.28 0.21
PG 1017-086 pAGB -1.06± 0.14 -0.60± 0.33 0.087± 0.027 0.25± 0.21 0.14
NY Vir pAGB -0.78± 0.14 -0.78± 0.33 0.17± 0.06 0.17± 0.14 0.10
SDSS J1435+3733 pAGB -0.59± 0.13 -0.87± 0.27 0.26± 0.08 0.13± 0.09 0.084
HW Vir pAGB -0.81± 0.16 -0.73± 0.40 0.16± 0.06 0.19± 0.20 0.11
HS 0705+6700 pAGB -0.76± 0.15 -0.82± 0.34 0.18± 0.06 0.15± 0.13 0.087
MS Peg pAGB -0.48± 0.11 -0.91± 0.27 0.33± 0.08 0.12± 0.08 0.074
SDSS J0110+1326 pAGB -0.31± 0.12 -0.82± 0.28 0.49± 0.13 0.15± 0.11 0.10
LM Com pRGB -0.58± 0.15 -0.43± 0.34 0.26± 0.09 0.37± 0.32 0.26
RR Cae pRGB -0.77± 0.14 -0.09± 0.29 0.17± 0.05 0.81± 0.57 0.54
HD 149382 pRGB -1.85± 0.21 1.52± 0.47 0.014± 0.007 33± 43 16
HR Cam pRGB -1.03± 0.14 0.04± 0.27 0.093± 0.030 1.1± 0.7 0.68
CC Cet pRGB -0.77± 0.17 -0.09± 0.45 0.17± 0.07 0.82± 1.02 0.56
WD 0137-349 pRGB -1.31± 0.14 0.30± 0.33 0.049± 0.016 2.0± 1.7 1.2
DeMa 2 Sim -1.02 0.53 0.096 3.4 1.8
Sand1-2 2 Sim -0.84 0.34 0.14 2.2 1.6
Sand3 2 Sim -1.06 0.96 0.087 9.0 6.3
Sand4 2 Sim -0.88 0.82 0.13 6.6 4.8
Sand5 2 Sim -0.89 0.86 0.13 7.2 5.4
1,2: see comments to Table 3

Table 2.5 The determined values of α, using our equation as well as that of Webbink
(1984, 2008). Parameters in brackets are from an alternative sets of inputs (see
Table 2.4 and § 2.3.2).
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dictate the collapse of the primary and its detachment from its Roche lobe). At the

end of a simulation, α can be determined by using Eq. 2.6.

We determined α from five simulations, four from Sandquist et al. (1998) and one

from De Marco et al. (2003). All simulations were carried out with the Burkert &

Bodenheimer (1993) code, as modified by Sandquist et al. (1998). Relevant param-

eters are taken from the listed publications and are reproduced in Tables 2.4 where,

for the Sandquist et al. (1998) simulations, we use the same labels as in their Table 1.

Their simulations 1 and 2 were identical, except for the giant envelope’s rotation be-

ing either zero or synchronized with the companion’s orbital motion. For these two

simulations we take the average of their post-CE binary periods.

All simulations considered were stopped after orbital decay time-scales lengthened

considerably, when only a very small amount of envelope mass was left inside the orbit

of the companion (∼ 10−4 – 10−3 M�). However, in all cases a considerable amount

of envelope gas was still bound to the system albeit at some distance from the core

(usually outside the original giant radius and with small binding energy). Because of

this left over bound envelope, we may not assume that the separation of the binary

at the end of the simulation is the actual post-CE binary separation. Any envelope

still bound to the system at the end of the CE will fall back onto the system to form

a circumbinary disk that might have some dynamical effect on the binary period. To

understand this eventuality will require further numerical simulations.

The simulations of Yorke et al. (1995) started the interaction with the companion

well inside the AGB stellar envelope. This results in a negative value of α because

Mc/Af < (Mc + Me)/Ai. Although they justified this initial setup by noting that

spin-up only becomes important within their initial radius, when the timescale for

orbital decay exceeds the orbital period, they also stated that a value for α cannot be

trivially derived from their simulations, but that the values can be estimated between

0.3 and 0.6. Since it is not clear how these values were determined, we did not use

their models.

Finally, we did not use the simulations of Terman & Taam (1996). They considered

a 5 M� AGB giant in two different evolutionary stages. The less evolved AGB star,

still at the very base of the AGB, and still undergoing core helium burning, was used

to simulate a CE interaction with a 0.5 M� companion and presumably resulted in

a merger. The more evolved of the two stars was used to simulate CE interactions

with 0.5 and 1.0 M� main sequence companions. In neither case was the simulation

followed till the end of the interaction, and a substantial amount of envelope remained
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Figure 2.7 A plot of log α as a function of logM1 (top), logM2 (middle) and logarithm
of the period (bottom). The symbols are the same as in Fig. 2.8. Error bars were
omitted for clarity but were used in the linear fits (dashed lines). Post-RGB systems
were not fitted in the upper panel. Simulations (crosses) were never fitted.
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bound to the system at the end of the simulation. However, the orbital decay time-

scale had considerably slowed down and envelope mass was still being unbound. The

authors therefore concluded that the system would survive, albeit with a smaller

orbital separation than that reached by the end of the simulation.

2.3.4 Results

Here, we finally calculate the values of α from observations and simulations (Ta-

ble 2.5, where we report both linear and logarithmic values). The error bars on α are

significant but realistic.

α > 1.

For six observed systems and all the simulations α exceeds unity. The physical inter-

pretation of this is that the specific CE interaction under consideration has benefited

from more energy than the orbital energy supplied by the companion. Several au-

thors (e.g., Han et al., 1995; Webbink, 2008) discuss thermal energy as well as the

dissociation and ionisation energies as additional sources of energy in the α equation.

In § 2.2.3 we discussed the thermal energy and showed that we can use the virial

theorem to gauge its value, which is exactly half of the binding energy. If we include

the thermal energy in this way, all values of α will be below unity, except for the

system with a substellar companion (HD 149382, discussed further in § 2.4) and the

simulations.

A possible log q vs. log α anti-correlation

In Fig. 2.7 we explore possible correlations between α and other relevant parameters.

The simulations’ α values are plotted (cross symbols) but not fitted, because it is

impossible to determine their error bars in a way that is consistent with the obser-

vations. We fit logM1 vs. logα for post-AGB and CSPN systems (not for post-RGB

primaries, because for those stars we had to adopt a single mass value). We find a

very marginal correlation (correlation coefficient, r=0.56). On the logM2 vs. logα

plane we see a slightly better anti-correlation with r = −0.79 (post-RGB systems are

fitted here). Fits to the data and their errors result in reduced χ2=0.77 and 1.79 for

the M1 and M2 cases, respectively. The correlation between logα and the period is

extremely weak (r = 0.33).
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Linear fit Constant fit
na ra log α= χ2/νb ptea α = χ2/νc ptea

All data 31 –0.78 (−1.4± 0.2)− (1.2± 0.2) log q 0.78 0.79 0.43±0.08 1.9 0
As above, no HD 149382 30 –0.64 (−1.2± 0.2)− (1.0± 0.3) log q 0.75 0.83 0.41±0.06 1.4 0.06
Only CSPN and pRGB 12 –0.92 (−1.4± 0.3)− (1.4± 0.3) log q 0.54 0.86 0.63±0.12 2.8 0
As above, no HD 149382 11 –0.83 (−1.2± 0.3)− (1.2± 0.4) log q 0.53 0.85 0.54±0.11 1.7 0
an: size of the dataset. r: correlation coefficient. pte: probability to exceed.
bDegrees of freedom, ν = n− 2.
cDegrees of freedom, ν = n− 1.

Table 2.6 Statistical properties of the fits to log q vs. log α.
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A fit to logα as a function of log(q = M2/M1) is plotted in Fig. 2.8. In Table 2.6

we list the parameters of the linear fit with their errors, along with the number of

data points, reduced χ2 value, probability to exceed5 and the correlation coefficient

r; we then list constant α fits, along with their reduced χ2 and probability to exceed.

First, we fit all of our data together, except for the simulations, as before. The data

is reasonably anti-correlated. We then exclude the outlier (HD 149382 [q = 0.014,

α= 33]); the anti-correlation is somewhat degraded, although these two fits are very

equivalent from a statistical point of view. Both have a reduced χ2 below unity and a

probability to exceed of 0.8, meaning that the errors may have been overestimated or

too many degrees of freedom have been considered in the fit. However, a constant α

fit never represents the data better, with a probability to exceed of zero, which means

that random deviations would always explain the data better than the constant α fit.

To investigate further our data, we eliminated groups of systems to determine

whether this would improve the statistics of the anti-correlation among the remaining

data. By fitting only post-RGB and central stars of PN systems one can improve

the anti-correlation (Fig. 2.8, bottom panel). On the other hand the probability

to exceed reduces further and since the constant α fit is not better, we once again

have to conclude that the errors have been overestimated for this fit. The improved

anti-correlation might derive from the fact that in our reconstruction technique we

have assumed that any primary with mass larger than 0.47 M�, went through the

AGB evolution. That assumption results in a specific primary mass at the time of

the CE interaction (§ 2.3.1). It is however possible, that some of these primaries

are actually post-RGB objects descending from more massive stars, as we described

in § 2.3.1. More massive stars develop a helium core more massive than 0.47 M�

before ascending the RGB. Once they expand, they may suffer a CE interaction on

the RGB that truncates the RGB evolution by ejecting the envelope. These massive,

post-RGB, post-CE primaries would later ignite core helium, thus developing a CO

core, but with an envelope mass low enough to make them appear as hot sub-dwarfs

with a close companion. It is therefore possible that these objects’ masses and radii at

the time of the CE interaction might have been significantly miscalculated, resulting

in the observed large scatter on the log q vs. log α plot in Fig. 2.8 (top panel). On

the other hand, the central stars of PN are (almost) guaranteed to have been on the

5The probability to exceed is the probability that a set of randomly sampled data from a normal
distribution produces a reduced χ2 that exceeds the one determined. This value should be as close
as possible to 0.5, corresponding to a reduced χ2 of approximately unity, where the exact value
depends on the number of degrees of freedom (Bevington & Robinson, 2003).
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AGB, and the systems with Mc < 0.47 M� are post-RGB stars, making these two

groups less prone to error.

The values of α derived by Sandquist et al. (1998) are approximately a factor of

four lower than those we derive. They used the formalism of Tutukov & Yungelson

(1979), except that they revised the expression for the orbital energy to include the

orbital energy value at the time of the CE interaction, unlike Tutukov & Yungelson

(1979). Sandquist et al. (1998) also derived the binding energy as the difference

between the binding energy at the beginning and at the end of the CE interaction,

where they integrated the stellar structure for the initial value and used the simulation

output to determine the remaining binding energy from the left over bound envelope

in the system. Although we suspect that the leftover envelope binding energy is low,

they do not report the actual value. It is not possible at this point to account exactly

for this discrepancy. However a large part of it is certainly due to the fact that

Tutukov & Yungelson (1979), like Yungelson et al. (1993) (Eqs. 2.2 and 2.5), use a

far larger radius of the primary at the time of the CE interaction, reducing the value

of α (see § 2.2.1).

2.4 The stellar response and the thermal energy

In § 2.2.3 we discussed using the virial theorem to quantify the entire energy budget

of the envelope. If we accounted for the thermal energy of the envelope in this way,

we would multiply the envelope binding energy by a factor of 0.5, which would lower

all α values by a factor of two, and bring all but one of the observed systems below

unity.

It is possible that the anti-correlation in the data, where some of the systems with

low q value appear to need the thermal energy, while others do not, may hold some

clues. Since the virial theorem is based on the principle of hydrostatic equilibrium,

and since adjustments to hydrostatic equilibrium take place on the stellar dynamical

timescale, we may hypothesise that the timescales of envelope penetration and in-

spiral vary as a function of q.

The equation of hydrostatic equilibrium dictates that, during their giant phases,

stars expand upon losing mass because the pressure gradient overcomes gravity. When

the envelope mass is reduced below a certain threshold by mass-loss, the gravity term

dominates and the star shrinks rapidly - this is the phase when the star leaves the

RGB or AGB and moves to the left of the Hertzsprung-Russell diagram. If a small
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companion triggers additional mass-loss while in the outer parts of the envelope, it

will also trigger expansion and reduction of the envelope binding energy, because

of radius relaxation. This means that relatively light companions could unbind an

envelope that is in principle too heavy for them to lift.

The time over which stars respond to changes is the stellar dynamical time. For a

100 R� RGB star this is approximately two weeks, while for a 500 R� AGB star it is

of the order of a few months to a year. The latter vaue is similar to the CE interaction

timescale determined by the few simulations carried out so far (e.g., Sandquist et al.,

1998; De Marco et al., 2003). On these grounds we suggest that if the in-spiral of

the companion takes longer than a dynamical time the giant can use its own thermal

energy to help unbind the envelope, but if it takes less, this energy source will not be

available. It may be possible that when q is smaller it takes the companion longer to

plunge into the primary envelope, thus giving the primary star more time to respond

by expanding and reducing its own envelope binding energy. In other words, for slower

changes the star has time to become virialised, which results in a stellar expansion,

i.e., the star is tapping its own thermal energy.

This idea is supported by the calculation of Nordhaus & Blackman (2006, their

Figure 2) that shows that lower mass companions take longer to in-spiral. This also

makes sense in view of the fact that the transfer of orbital energy to the envelope is via

gravitational drag (Ricker & Taam, 2008): the companion creates a dense wake that

slows it down and makes it fall in towards the giant’s core. Such a wake would be less

massive for lower mass companions. This suggestion can also explain the simulations’

above-unity α values. Hydrodynamic simulations do not include the stellar energy

source, but as long as the CE in-spiral timescale is shorter than the thermal timescale,

the simulated star will behave physically.

HD 149382, with a sub-stellar companion, remains troublesome. Its value of α is so

high that it cannot be explained simply by invoking the thermal response of the star.

One could invoke additional sources of energy such as dissociation and ionisation

energies, but it seems suspicious that such source should only be invoked for the

lightest companion. It is possible that a third body was present in these systems,

such as another planet. We could also question the precision of the determined

parameters; however we note that with such a low mass companion, there is no

reasonable way of reducing the value of α. To test this we increased that primary

mass from 0.41 M�(the middle of the calculated range) to 0.47 M�, suggested by

Geier et al. (2010) as a more likely value and we determined α under the assumption
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that HD 149382 is a post-RGB system as well as a post-AGB one. The smallest value

of α (10) is obtained for a post-AGB object and the reduction from the value of 33

(Table 2.5) is due primarily to the fact that the radius would be larger for a larger

core mass. In our log–log fit this does not alter appreciably the fit parameters and

the anti-correlation is preserved.

2.5 Summary and discussion

In this paper we have compared different derivations of the CE efficiency equations

used in the literature, and have derived a more accurate form. Our approximation is

quite similar to that of Webbink (1984), although our binding energy is more negative,

resulting in higher values of α.

We have then used this approximation to determine the value of α for a set of

observed post-CE systems as well as a set of simulations. In so doing we have revealed

the difficulties inherent in deriving α values from observations: the methods available

to reconstruct the parameters of the primary at the time of the CE interaction do

not lead to accurate values. As a result the errors on the determined α are large.

We have also found some evidence for an anti-correlation between log(q = M2/M1)

and log α, such that α ≈(0.05 ± 0.02)×q(−1.2±0.4). Considering the exponent of q is

. −1, this implies that smaller mass companions are left with comparable, if not

longer post-CE periods than their more massive counterparts. One way this could be

achieved is if smaller companions took longer than the primary’s dynamical time to

penetrate into the CE than larger ones, giving their primary star an opportunity to

react and use its own thermal energy to expand, thus helping to eject the envelope.

Since the CE timescales seem to be similar to the stellar dynamical time scale (of

the order of a year; Sandquist et al., 1998; De Marco et al., 2003) this suggestion is

plausible.

The energetics of the CE interaction are complex, however, and it is not enough to

state that ionization and dissociation energies could be available, one has to also show

that once tapped, these sources aid the envelope ejection process, a thing that was

questioned by Soker & Harpaz (2003) who argued that the opacity of the envelope

would be too low. Several other mechanisms could play a role in the common envelope

ejections (e.g., excitation of pulsation waves; Soker, 1992), which may also depend

on the in-spiral time scales.

Politano & Weiler (2007) and Davis et al. (2010) calculated population synthesis
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Figure 2.8 A plot of log(q = M2/M1) vs. log α. The simulations (crosses) are not
fitted as the errors could not be determined. Top panel: all data is presented. Bottom
panel: same as the top panel but without the post-AGB systems with no PN. The
dashed lines are least square fits to the data.



64

models under the assumption of a constant α, or α proportional to the secondary

mass. Politano & Weiler (2007) compared the predicted post-CE period distribution,

secondary and primary mass distributions with observations of present day post-

CE systems and cataclysmic variables. The predicted distributions are not strongly

dependent on the prescription of α they used, leaving α unconstrained. Their period

distribution for current day post-CE systems predicts many more systems at longer

periods than observed (e.g., Miszalski et al. (2009) or Schreiber et al. (2008) and

Schreiber et al. (2009)). The predicted secondary mass distribution seems also in

contrast with observations that show that the most represented companion mass has

spectral type M3.5, similarly to the distribution of field main sequence stars (Farihi

et al., 2005). Politano & Weiler (2007) claim that the large fraction of brighter

companions they predict would be missed by surveys because they would outshine

the WD primary. However Holberg et al. (2008) shows that the companions that

would be missed because they outshine the primary WD are brighter than mid-to-

late K stars. This means that if the real companion mass distribution were that

predicted by the models of Politano & Weiler (2007), we would have detected more

companions with mass larger than ∼0.4 M�.

Davis et al. (2010) predict the space density of post-CE systems, the distribution

of secondary masses and the period distribution. The latter two predictions do not

match observations. Davis et al. (2010) claim that similarly to observations they

predict a steep decline of the systems with secondary masses <0.35 M�. However,

as we can see from the exhaustive compilation of Zorotovic et al. (2010), the number

of systems with secondary mass below that threshold is very large. Finally, as is the

case for the Politano & Weiler (2007) models, the predicted period distribution peaks

at longer periods and is very broad, contrary to the observed ones, whose distribution

peaks at periods shorter than a day and is very narrow. The period distribution is

likely to become the best observation against which to test our population synthesis

models in the future.

2.5.1 A comparison of this work to that carried out by Zoro-

tovic et al. (2010)

While this paper was in review we became aware of a publication by Zorotovic et al.

(2010), in which the authors determined the values of α for a set of post-CE WDs

and drew conclusions from their findings in much the same way as we have done here.
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Some of their conclusions are similar to our own, while others differ.

Both our and their data derive from that of Schreiber & Gänsicke (2003). However,

they added 35 systems that their group has newly discovered. On the other hand,

they excluded subdwarf primaries, such as all central stars of PN, and the systems

with low mass secondaries (AA Dor and HD 149382). We have insured that for all

the objects in common we used the same parameters.

Zorotovic et al. (2010) remarked that α values from simulations are in the range

determined by their technique for the observed systems. We maintain instead that

there is no way of comparing α values from simulations to those obtained by system

reconstruction, without fully understanding what α formalism was adopted by the

simulation studies and subject to the caveats of the simulations. This is why we have

selected those simulations that we understand the best and re-determined their α

values using the same formalism used for the observed systems.

Zorotovic et al. (2010) compared three α formalisms, the Yungelson et al. (1993)

formalism, the Webbink (1984) formalism and a hybrid form between the two for-

malisms adopted by Hurley et al. (2002). Differences between α values obtained with

these formalism are in line with our discussion in § 2.2.1. However, in contrast to

Zorotovic et al. (2010) we have argued that it is possible to select the best formal-

ism on physical grounds. In the end they adopted the formalism of Webbink (1984),

making a comparison with our own work straight forward.

We agree with Zorotovic et al. (2010) on the treatment of λ, i.e., that one should

calculate it according to what stellar structure one is examining. On the other hand,

they did not disclose what values they used for those cases when they calculated

λ using stellar structure calculations, only mentioning that the calculation was per-

formed. They used the hydrogen abundance criterion for the core-envelope boundary,

rather than the remnant envelope criterion, but that does not change significantly the

resulting value of λ.

The primary reconstruction technique is usually the hardest part to compare.

Zorotovic et al. (2010) used the stellar evolution fitting formulae of Hurley et al.

(2000) to determine core mass, radii and luminosities as a function of time for a

range of main sequence masses. Each measured primary mass (Mc) has multiple

matching parameter sets (L, R and MMS); each set can be used to determine α. In

this way each observed system will have a range of α values. We, on the other hand,

determined only one value of α, but our error bar encompasses similar ranges to those

determined by Zorotovic et al. (2010).
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For example, Zorotovic et al. (2010) did not use the IFMR to determine MMS

for their systems, but instead determined a range of main sequence masses which,

sometime during their evolution, will attain the same core mass as that of the primary

of the observed systems. This is equivalent to using the IFMR implied by the fitting

formulae, along with the uncertainty in those very relations and the measurement

errors (the error propagation is not discussed in their paper, nor the uncertainties in

the fitting relations). In the end, the largest difference between the two methods is

likely to lie in the difference between the Hurley et al. (2000) fitting formulae and our

MESA evolutionary sequences and fits to the Bertelli et al. (2008) tracks.

The Zorotovic et al. (2010) reconstruction technique does not pre-select whether

the system went through a CE interaction on the RGB or AGB. Indeed several of

their systems may have gone through such interaction in either phase. We find that

all our post-RGB systems are post-RGB systems also in their scheme, while those of

our systems with Mc in the range 0.47-0.55 M�, which are post-AGB in our scheme

(recall our criterion: Mc > 0.47 M�), have a chance to have gone through a CE

interaction on the RGB. We pointed out (§ 2.3.4) that our conclusions remain true,

and in fact become even stronger if we eliminate the entire class of post-AGB stars

with no PN, leaving the central stars of PN (not addressed by Zorotovic et al. (2010))

and the post-RGB stars (which are post-RGB stars also in Zorotovic et al. (2010)).

After determining ranges of α values for each star, Zorotovic et al. (2010) de-

termined the most likely values within those ranges by carrying out a population

synthesis exercise. We have effectively carried out a similar exercise by using Baysian

statistics in the determination of mass and radius of the primary at the time of the

CE, by calculating the differences between MMS and M1 and between MWD and Mc

using statistical arguments. Interestingly, the conclusions drawn in the two papers

are similar: α values for post-RGB stars are higher. A very weak to no correlation of

α with M2 exists (Fig. 2.7, middle panel). Post-AGB systems display a mild correla-

tion between period and α, while post-RGB systems do not (Fig. 2.7, bottom panel).

Zorotovic et al. (2010) did not test possible correlation between q and α nor did they

carry out a statistical treatment of their data. In addition, they did not list their

mean α values nor the corresponding stellar parameters, making it difficult to carry

out a more thorough comparison.
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Chapter 3

Hydrodynamics Simulations of the

Common Envelope Phase

Originally published as Passy, J.-C., De Marco, O., Fryer, C. L., Herwig,

F., Diehl, S., Oishi, J. S., Mac Low, M.-M., Bryan, G. L., & Rockefeller,

G. 2012, ApJ, 744, 52

Abstract

We use three-dimensional hydrodynamical simulations to study the rapid infall phase

of the common envelope interaction of a red giant branch star of mass equal to

0.88 M� and a companion star of mass ranging from 0.9 down to 0.1 M�. We first

compare the results obtained using two different numerical techniques with different

resolutions, and find overall very good agreement. We then compare the outcomes

of those simulations with observed systems thought to have gone through a common

envelope. The simulations fail to reproduce those systems in the sense that most

of the envelope of the donor remains bound at the end of the simulations and the

final orbital separations between the donor’s remnant and the companion, ranging

from 26.8 down to 5.9 R�, are larger than the ones observed. We suggest that this

discrepancy vouches for recombination playing an essential role in the ejection of the

envelope and/or significant shrinkage of the orbit happening in the subsequent phase.
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3.1 Introduction

Around 60% of F and G stars are binaries, of which about 30% have separations

smaller than 30 AU and will interact during the primary’s evolution (Duquennoy &

Mayor, 1991). During the giant phases of the primary, companions closer than∼ 5 AU

enter a strong interaction phase with the primary and, under certain circumstances,

a common envelope (CE) may form around the two stars. The secondary star spirals

inside the envelope of the primary and may also fill its own Roche lobe because it

cannot accrete all the matter coming from the donor star. This process is called a

common envelope interaction and was originally described by Paczynski (1976). For

a general review of the topic see, e.g., Iben & Livio (1993). There are two different

processes leading to the onset of a CE phase: the start of unstable mass transfer from

the expanding primary to the secondary (Hjellming & Webbink, 1987; Hurley et al.,

2002) and the development of a tidal instability that occurs if there is not enough

angular momentum in the orbit to maintain the primary’s envelope in synchronization

(Darwin, 1879). The post-CE system will be either a compact binary system, if there

is enough energy to eject the primary’s envelope, or a merger, if not.

The CE interaction is an essential ingredient for any binary population synthesis

study of intermediate (e.g., Politano et al., 2010) or massive stars (e.g., Belczynski

et al., 2008). Compact binaries are believed to be formed through at least one CE

phase. Among them are symbiotic binaries, supersoft X-ray sources, cataclysmic vari-

ables and double white dwarfs, which are all possible supernova Type Ia progenitors.

As Meng et al. (2011) pointed out, results deduced from population synthesis stud-

ies such as the Type Ia supernova birth rate are highly dependent on the physics

of the CE phase. Therefore, it is paramount to understand more accurately the CE

interaction in order to identify the formation channels of such supernovae and to com-

pare observations with predictive models. Moreover, many substellar companions to

evolved stars have recently been discovered with small orbital separations. Maxted

et al. (2006) found a brown dwarf orbiting a white dwarf with a 116 min period, while

Setiawan et al. (2011) discovered a system composed of a Jupiter-like object orbiting

an horizontal branch star with a 16.2 day period. We therefore know that substellar

companions can survive a CE interaction, but what is the minimum mass of the com-

panion that can eject the envelope? Is the ejected envelope entirely unbound or will

some of it eventually fall back and form a circumbinary disk? Were the substellar

companions present before and survived the CE or were they formed later on in such
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a disk (Perets, 2010)? Those questions remain unanswered.

Although the CE process was outlined more than 30 years ago, it is still far from

understood quantitatively. Numerical simulations suggest that the typical duration

of the entire CE phase is short — less than 103 years — which makes CE ejections

unlikely to be observed. However, one can use observations of post-CE binaries to

better understand CE evolution. With the use of stellar models, the initial configu-

ration of such systems can be approximately determined from the final configuration.

Using either the α-formalism (Webbink, 1984, but see De Marco et al. 2011) or the

γ-formalism (Nelemans et al., 2000) the relevant parameters can be constrained and

the CE ejection efficiency can be predicted. Using this approach, De Marco et al.

(2011) suggested an anti-correlation between α, the CE efficiency parameter, and the

secondary to primary mass ratio.

The entire CE evolution can be divided into three different phases (Podsiadlowski,

2001) with different timescales, length scales and physics involved. These differences

are the reasons why reproducing the entire CE evolution of a given system accurately

is challenging. Therefore, one usually treats one phase after the other with different

methods. In this paper, we focus only on the rapid infall phase, which has a short

timescale (∼ 1−10 years), and in which the evolution is driven by drag forces. Several

numerical hydrodynamic studies of the CE interaction have been carried out in the

past (for an exhaustive list, see Taam & Sandquist, 2000), including a series of ten

papers starting with the two-dimensional calculation of the interaction of a 16 M�

supergiant and a 1 M� neutron star (Bodenheimer & Taam, 1984), and most recently

treating three-dimensional simulations of the CE interaction between 3 or 5 M� giant

stars and 0.4 or 0.6 M� main sequence (MS) companions (Sandquist et al., 1998).

The latter study has been extended first by Sandquist et al. (2000) to 1 M� and

2 M� red giant branch (RGB) stars with companion masses ranging from 0.1 to

0.45 M�, then by De Marco et al. (2003) to a 1 M� asymptotic giant branch star

with a 0.1 or 0.2 M� companion. Ricker & Taam (2008) computed high resolution

simulations of the CE phase between a 1.05 M� RGB star and a 0.6 M� compact

companion, and concluded that the gravitational component of the drag dominates

over the hydrodynamical component (also see Taam & Ricker, 2010; Ricker & Taam,

2012).

A direct comparison of the results obtained using different numerical methods has

however never been carried out. Although analytical/empirical work has included

discussion regarding observational data, there are only a couple of publications that
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connect simulations and observations in a meaningful way (see e.g., Sandquist et al.,

2000). Those are, as we will explain in §3.2 and §3.4, key steps to better understand

the implications of CE interactions and the physical processes driving them. In this

paper we therefore present numerical simulations with two different algorithms of the

CE interaction of a 0.88 M� RGB star with a MS companion. Different companion

masses from 0.1 M� to 0.9 M� are considered. The simulations are carried out

with both an Eulerian code (Enzo in uniform-grid mode, O’Shea et al. (2004) and

enzo.googlecode.com) and a Lagrangian code (SNSPH, Fryer et al. 2006), and for

different resolutions. We describe the numerical methods and the initial conditions

of our 15 simulations in §3.2 and §3.3. We describe and discuss the results in §3.4

and §3.5, and finally conclude and summarize in §3.6.

3.2 The codes

In this section we describe the numerical methods we use. We first compare the

code algorithms and explain why a code-to-code comparison is necessary. Then, we

describe both codes in detail and finally discuss different ways to compare resolution.

3.2.1 Eulerian vs Lagrangian codes

Although they are meant to simulate similar astrophysical situations, high order

Eulerian grid codes and Lagrangian smoothed-particle hydrodynamics (SPH) codes

differ fundamentally, with each having advantages and disadvantages. Among other

studies, Davies et al. (1993), Frenk et al. (1999), Agertz et al. (2006) and Tasker et al.

(2008) aim at identifying these differences. On the one hand, high-order Eulerian grid

codes have a better wavenumber resolution than SPH codes for an equal number of

cells and particles and are more accurate at resolving the rarefied regions since, unlike

SPH, the resolution does not depend on the density of the gas; Eulerian codes also

better resolve shocks (Tasker et al., 2008) compared to SPH codes; and finally, SPH

noise dominates subsonic flows and therefore makes it difficult for SPH codes to follow

perturbations in flows with Mach numbers under unity. On the other hand, SPH

codes don’t diffuse material properties, and inherently conserve mass, momentum

and energy (Rosswog, 2009). While the treatment of boundary conditions can be

challenging in grid-based codes when the flow expands beyond the computational

domain, SPH easily handles vacuum conditions. It is still unclear which method is
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the most appropriate to simulate CE interactions. Therefore, we use both methods

and confront the results from both codes in order to draw conclusions about their

physical relevance.

3.2.2 Input physics

Both codes solve the fully compressible hydrodynamics equations with self-gravity

included. These equations can be written using an Eulerian formulation:

∂ρ

∂t
+∇ · (ρv) = 0 (3.1)

∂v

∂t
+ (v · ∇)v = −1

ρ
∇p−∇Φ (3.2)

∂u

∂t
+ v · ∇u = −1

ρ
∇ · (pv)− v · ∇Φ (3.3)

uint =
1

γ − 1

p

ρ
(3.4)

∆Φ = 4πGρ (3.5)

where ρ,v, p,Φ, u, uint, γ are the density, velocity, pressure, gravitational potential,

specific total energy, specific internal energy and adiabatic index of the gas, respec-

tively. The total energy is the sum of the internal energy, and the macroscopic kinetic

energy:

u = uint + v2/2. (3.6)

Equations (3.1), (3.2) and (3.3) express mass continuity, conservation of momentum

and conservation of energy, respectively. Both codes evolve the internal energy rather

than the total energy. An ideal gas equation of state (Eq. 3.4) for a monoatomic gas

(γ = 5/3) closes the system composed by equations (3.1)-(3.3). Such an equation of

state represents an adequate approximation of the deep convective envelope of RGB

stars (Hjellming & Webbink, 1987) although it ignores some physical processes such

as radiation pressure and ionization. We discuss this point in detail in §3.5.2. Finally,

the gravitational potential is calculated using the Poisson equation (Eq. 3.5).
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3.2.3 The Enzo code

Enzo is a three-dimensional, adaptive mesh refinement hybrid (hydrodynamics +

N-body) grid-based code (Bryan et al., 1995; O’Shea et al., 2004) that we use in

uniform-grid mode only. It is primarily designed to simulate cosmological structure

formation (Norman et al., 2007). However, its numerous features make it useful for

reproducing many different astrophysical situations, including CE interactions.

The Euler equations (Eqs. 3.1–3.3) are solved using the van Leer (1977) second-

order advection method also implemented in Zeus (Stone & Norman, 1992). Although

those equations can also be solved in Enzo by a third-order piecewise parabolic method

that better resolves shocks and turbulence, our tests show that it slows down the

computation by a factor 2. As we will point out in §3.4, there are neither strong

shocks nor important turbulence in our simulations so we favor efficiency and use the

van Leer solver. The Poisson equation is solved using fast-Fourier transforms.

In the case of a CE interaction between a RGB star and a MS companion, the

radius of the secondary — typically 0.5 R� — is small compared to the primary’s

radius (∼ 100 R�), so we can legitimately model the companion as a point mass

particle. Furthermore, as shown in Fig. 3.3, the primary’s core is also small (∼
0.01 R�) and dense, so it can also be modeled as a point mass.

Enzo usually models collisionless particles as a continuous mass field appropriate

for computing the gravitational potential in the case that each particle represents

many actual particles, such as in cosmological simulations with dark matter. In that

case their mass is deposited in the 8 nearest cells and added to the gas density of

those cells to find the total density for use in solving the Poisson equation (Eq. 3.5).

In a simple two-body interaction between 1 M� and 0.1 M� objects in a one year

circular orbit without gas, this method does not provide the accuracy required by our

problem because of the spreading out of the mass of the point source, leading to an

inaccurate gravitational potential. Indeed, a 1 % error in the orbit is reached after

only 6 orbits. Consequently, we implemented, as a new type of particle, point mass

(PM) particles. These particles create a potential that is added analytically to the gas

potential calculated using the Poisson equation. Using an analytic potential yields

an accuracy of the orbit more than two orders of magnitude better than with the

default particles. The gravitational potential created by a PM particle is smoothed

according to the prescription of Ruffert (1993), used in Sandquist et al. (1998):
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ΦPM(r) =
−GMPM√

r2 + ε2δ2 exp [−r2/(εδ)2]
(3.7)

where MPM is the mass of the particle, r is the distance from the particle, δ is the

size of a cell and ε = 1.5. The point mass particles are advanced using a leapfrog

algorithm. Time stepping is determined by taking the minimum time step between

the Courant conditions for the gas, the particles and the acceleration field:

δtgas = min
cells

(
C1δ

cs + max(|vx|, |vy|, |vz|)

)
(3.8)

δtpart = min
particles

(
C2δ

max(|Vx|, |Vy|, |Vz|)

)
(3.9)

δtaccel = min
cells

(√
δ

max(|gx|, |gy|, |gz|)

)
(3.10)

where C1 = 0.4 is the Courant factor, C2 = 0.4 is the particle Courant factor, cs is

the sound speed, v = (vx, vy, vz) is the velocity of the gas, V = (Vx, Vy, Vz) is the

velocity of a particle and g = (gx, gy, gz) is the acceleration field.

Finally, we remark that the current Enzo Poisson solver prevented us from using

nested or adaptive grids that would have allowed us to increase resolution locally.

The inaccurate treatment of boundary conditions within the refined grids prevented

us from stabilizing the RGB progenitor in a multi-grid initial setup. We are currently

developing a new Poisson solver that will allow us to use nested grids as well as

adaptive mesh refinement and carry out better-resolved simulations.

3.2.4 The SNSPH code

SNSPH (Fryer, Rockefeller, & Warren, 2006) is a three-dimensional, parallel SPH code

using tree gravity. It uses a regular Monaghan cubic spline kernel (Monaghan, 1992).

For the artificial viscosity we use the sum of a bulk viscosity and a von Neumann

and Richtmyer viscosity (Rosswog, 2009). The particles are organized into a parallel

hashed oct-tree as described in Warren & Salmon (1993). The gravitational potential

of a SPH particle, i, is smoothed using the following formula:
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Φi(xi = ri/hi) =



−Gmi/hi × (2
3
x3
i − 3

10
x4
i + 1

10
x5
i − 1.4)

if 0 ≤ x ≤ 1

−Gmi/ri ×
[
(4

3
x2
i − x3

i + 3
10
x4
i − 1

30
x5
i − 1.6)/hi + 1/15ri

]
if 1 ≤ x ≤ 2

−Gmi/ri otherwise

(3.11)

where hi, mi and ri are the smoothing length, the particle mass and the distance from

the particle, respectively. We compare both numerical potentials to the theoretical

potential in Fig. 3.1. For a given smoothing length, hi, the Monaghan (1992) potential

used in our SNSPH simulations is deeper than the Ruffert (1993) one used in our Enzo

simulations. Also, the Monaghan (1992) potential is exact at distances larger than 2hi

whereas the Ruffert (1993) potential only asymptotically tends to the exact potential.

SNSPH uses the fast multipole method to calculate gravitational accelerations

(Warren & Salmon, 1993). The SPH particles are also advanced using an leapfrog

algorithm. Finally, in order to keep the same overall spatial coverage, the smoothing

length varies according to the formula from Benz (1990):

hi(t)

hi(0)
=

(
ρi(0)

ρi(t)

)1/3

. (3.12)

3.2.5 Resolution comparison

There is no ideal way to compare the resolution between SPH and uniform-grid codes.

However, a few criteria can give us a general idea of how to relate them.

As mentioned by Davies et al. (1993), a first global criterion would be to compare

the total number of SPH particles Npart with the total number of cells originally inside

the progenitor:

Ncells =
V1

VG
×Ntot ∼ 4.19×

(
R1

L

)3

Ntot, (3.13)

where Ntot, V1, VG, R1 and L are the total number of cells, the volume of the primary,

the volume of the grid, the radius of the primary and the linear dimension of the
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Figure 3.1 Comparison between the different potentials in arbitrary units with hi =
εδ = 1. Plotted are the theoretical potential (solid line), the Ruffert (1993) potential
used in Enzo (dashed line) and the Monaghan (1992) one used in SNSPH (dash-cross
line).

grid, respectively. As time goes by, the gas will however fill a larger fraction of

the numerical grid and thus increase the number of relevant cells, but not the real

resolution of the simulation.

A more local criterion is to compare the size of an Enzo grid cell, δ, with the SPH

smoothing length, which varies in space and time. Indeed, if the companion does

not sink much into the primary’s envelope and does not modify the inner part of the

smoothing length distribution too much, then the resolution deep inside the progenitor

does not matter. Therefore, we compare the smoothing length distribution of the SPH

model to the cell size of the Eulerian grid. As shown in Fig. 3.2, the smoothing length

at small radii does not vary, so an Enzo run with a 1283 grid will be under-resolved

compared to our canonical 500 000 (roughly 803) particle SPH run no matter how

deep the companion penetrates while a run with a 2563 grid would be equivalent to

our SPH runs if the separation between the primary core and the companion always

exceeds 20 R�. This local criterion for the resolution is not perfect either since it

does not take into account the variation of the smoothing length throughout the SPH

simulation.

Again, comparing the resolution between uniform-grid and SPH codes is quite
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Figure 3.2 Resolution comparison between the SNSPH smoothing length field (dots)
for a run with 500 000 particles, and the Enzo size of a grid cell for the 1283 (dash
line) and the 2563 (solid line) runs for the initial (left) and final (right) particle
distributions.

challenging and both methods have, in the situation we are interested in, strengths

and weaknesses: SPH will under-resolve the low-density outer parts of the envelope,

where the smoothing length dramatically increases, while it will be more accurate in

the later phase of the evolution when the separation between the primary’s core and

the secondary will typically sink below a few cells. Therefore, comparing SPH and

grid-based simulations is paramount in order to state which one is more adapted to

our problem, and the combination of both global and local criteria is the best way to

compare the resolutions of both methods.

3.3 The simulations

We perform 5 SNSPH and 12 Enzo simulations of CE interactions with a 0.88 M�

RGB primary that are summarized in Table 3.1. The SNSPH simulations are com-

puted using 500 000 particles whose initial smoothing length follows the radial profile

shown in Fig. 3.2. The Enzo simulations are performed using either a 1283 or a 2563
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grid. In both cases, the linear size of the computational domain is L = 3× 1013 cm.

We consider companion masses of 0.9, 0.6, 0.3, 0.15 and 0.1 M�. Giant stars are

slow rotators with rotational velocities of the order of a few km s−1 (de Medeiros

& Mayor, 1999). Although it is expected that a close companion will, through the

action of tides and the transport of angular momentum in the primary envelope, spin

up the envelope during the pre-CE phase, the actual rotation of the primary at the

onset of the CE interaction is hard to quantify. Moreover, even if the primary was

uniformly rotating at 50 km s−1, its rotational energy would be

Erot =
1

2
rgM1R

2
1ω

2 ∼ 2.2× 1044 ergs (3.14)

where ω, rg, M1 and R1 are the angular velocity, the radius of gyration, the mass

and the radius of the primary, respectively. For RGB stars rg is typically about 0.1

(Taam & Sandquist, 2000). This rotational energy does not affect the energetics of

the system since it is more than two orders of magnitude smaller than the binding

energy of the primary (see below). Consequently, we assume that the primary is

initially non-rotating. Finally, the companion is at the start placed at the surface

of the primary in a circular orbit. We thus have three different simulations for each

initial companion mass - one with SNSPH, and two with Enzo on 1283 and 2563 grids.

Additionally, we also run two Enzo simulations in order to study the dependency of the

final parameters on the initial conditions. We consider the 1283 Enzo simulation with

a 0.3 M� companion (Enzo3) as the reference and run identical simulations increasing,

by 5 %, either the initial velocity of the companion (Enzo11) or the initial separation

(Enzo12). All the runs follow the evolution of the system for about 1 000 days.

As a primary, we use a one-dimensional model of a star with a MS mass of 1 M�.

Using the stellar evolution code EVOL (Herwig, 2000), this progenitor was evolved

to the RGB phase until the core reached Mc = 0.392 M�. At that time, the radius

of the star was 83 R� and its total mass was M1 = 0.88 M� due to mass loss, which

was treated using the Reimers formalism with η = 0.5. We adapt this model by using

the density and pressure profiles, but computing the internal energy using Eq. 3.4. A

sample of relevant profiles are plotted in Fig. 3.3.

We now explain how this stellar model is modified in order to be compatible with

an input suitable for each of our codes. For the SNSPH simulations, the initial particle

configuration is a weighted Voronoi tesselation (WVT) similar to that described by

Diehl & Statler (2005). As we have explained in §3.2.1 one limitation of SPH codes
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Table 3.1. Main parameters for the different simulations

Name Npart or Ncells M2 (M�) A0 (R�) P0 (days) v0/vcirc Af (R�) Pf (days)

SPH1 500 000 0.9 83 66 1 26.8 13.5
SPH2 500 000 0.6 83 72 1 20.6 10.1
SPH3 500 000 0.3 83 81 1 11.3 5.5
SPH4 500 000 0.15 83 86 1 7.3 3.0
SPH5 500 000 0.1 83 88 1 6.1 2.2
Enzo1 1283 0.9 91 75 1 28.1 15.5
Enzo2 1283 0.6 91 83 1 20.0 11.0
Enzo3 1283 0.3 91 93 1 11.7 5.6
Enzo4 1283 0.15 91 99 1 8.6 3.4
Enzo5 1283 0.1 91 102 1 8.5 3.3
Enzo6 2563 0.9 85 68 1 25.5 13.2
Enzo7 2563 0.6 85 75 1 19.2 9.8
Enzo8 2563 0.3 85 84 1 11.2 5.4
Enzo9 2563 0.15 85 89 1 6.9 2.8
Enzo10 2563 0.1 85 92 1 5.7 2.1
Enzo11 1283 0.3 91 93 1.05 12.0 4.6
Enzo12 1283 0.3 95.5 99 1 12.2 5.0

Note. — Reported are the name of the system, the mass of the stellar component (Mc), the mass of
the companion (M2), the orbital period (P ) and the observed orbital separation (A), as presented in
the reference papers. Uncertainties can be found in the corresponding papers.
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Figure 3.3 Comparison between the EVOL stellar evolution model (blue), the SPH
initial model computed with 500 000 particles (black) and the Enzo initial models
for a 1283 (green) and a 2563 (purple) unigrid. The vertical line represents the core-
envelope boundary according to the criterion of De Marco et al. (2011).

is the large number of particles required by dense regions such as the core of the

primary. Since the time step induced by a particle i can be roughly estimated by

hi/cs,i where cs,i is the local sound speed, a small smoothing length will require a

small time step resulting in a high computational cost. Since the equation of state

changes significantly around the helium core, we represent the core by a particle with

mass Mc. The associated smoothing length is hc = 0.1 R�. We add SPH particles in

the region around the core such that the density values and gradient profiles connect

smoothly at the core/envelope boundary (r = 2hc = 0.2 R�). In this way, we obtain

the profile shown in Fig. 3.3. Since the density profile has been changed, one must

modify the gravitational acceleration accordingly. Assuming hydrostatic equilibrium
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in spherical symmetry, we integrate the pressure gradient choosing the integration

constant to match the true profile outside the core (at r = 0.2 R�). The specific

energy profile is computed using Eq. 3.4. Finally, the acceleration of a SPH particle

is due either to gravity or to gas pressure. These two components are computed using

the same particle mass for all particles except the core and the companion, for which

we distinguish between the gravitational and SPH masses. The gravitational mass of

the core is Mc and its SPH mass is set to balance the gravitational acceleration of

the envelope and prevent the star from collapsing. As for the companion, we treat it

as an N-body particle so its SPH mass is 0 M�.

For the Enzo simulations, the grid is initialized using the stellar model of the

primary with the addition of a PM particle that represents its core. We fill the

computational domain with a constant background density to prevent the star from

expanding and set the ratio between the background density and the minimum density

of a cell that belongs to the primary to 10−4. This setup is not initially numerically

stable. The star tends to expand, so we let the initial configuration evolve for a few

dynamical times in the absence of the companion, while damping the velocity field

by a factor of 2 after each cycle. Finally, we evolve this relaxed model normally for

another few dynamical times to obtain a numerically stable model. As a side effect

of the relaxation to hydrostatic equilibrium, the Enzo models are a little bit bigger

— the lower the resolution, the larger the radius of the primary is — thus the initial

orbital separations between the models are slightly different (Table 3.1).

3.4 Results

In this section, we describe the results obtained from our 15 simulations. Since the

qualitative behavior is the same in all of them, we discuss in detail the 0.6 M� case

(SPH2, Enzo2 and Enzo7).

3.4.1 Description of the rapid infall phase

As explained in §3.3, the companion is placed at the surface of the primary. Thus, the

primary extends beyond its Roche lobe and unstable mass transfer starts immediately.

The companion, surrounded by stellar matter, exchanges momentum and energy with

this gas through drag. The orbital separation shrinks on a dynamical timescale and

its evolution for the 2563 Enzo simulations is shown in Fig. 3.4. Although the orbit
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is initially circular, it quickly develops eccentricity due to the geometry of the gas

ejection. In order to define quantitatively the end of the rapid infall phase and the

final orbital separation ad hoc, we consider the evolution of the orbital decay (Fig. 3.5).

As expected, the orbital decay is initially quite high (∼ 0.01 day−1), decreases as less

gas is available for the companion to exchange energy with, and eventually reaches a

plateau. We decide to define the end of the rapid infall phase to be at the start of

this plateau, which occurs at about 280 days for the 0.6 M� companion (Fig. 3.5).

All the simulations show the same trend and the lighter the companion, the deeper

it falls and the longer it needs to reach its final orbital separation. The duration of

the rapid infall phase is 260, 280, 280, 300 and 340 days, for the 0.9, 0.6, 0.3, 0.15

and 0.1 M� companion, respectively.
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Figure 3.4 Separation between the primary core and the companion as a function of
time for the 2563 Enzo simulations. The companion masses are 0.9 (blue), 0.6 (green),
0.3 (red), 0.15 (cyan) and 0.1 (purple) M�.

As orbital energy is transferred to the envelope, the latter is ejected, initially in

the orbital plane; at later phases there is an almost equal distribution of matter into

the polar direction as well (Fig. 3.6). Overall, almost 90% of the envelope is ejected

within an angle of 30◦ on each side of the equatorial plane. We compare the orbital

velocity of the companion (Fig. 3.7) with the local sound speed of the gas (Fig. 3.3,
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Figure 3.5 Evolution of the separation (top) and of the orbital decay (bottom) for
Enzo7. The orbital decay is computed using orbital separations averaged over each
cycle (red dashed line). The blue vertical line shows the time when we define the end
of the rapid infall phase.

bottom left panel). The former does not exceed 50 km s−1 while the highest sound

speed encountered is about 60 km s−1. The companion moves only slightly above or

below the local sound speed. We therefore conclude that the SPH noise could not

significantly influence the solution. Also, since the motion of the companion is not

highly supersonic, the shocks are not strong and we can use Enzo with the faster Zeus

solver.
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Figure 3.6 Density slices in the orbital plane (left) and in the perpendicular plane
(right) at 0, 50, 85 and 130 days (from top to bottom) for the Enzo7 simulation. The
scale used for the velocity vector field is the same on each frame and is such that the
velocity shown on the top panel equals the initial orbital velocity of the primary (∼
23 km s−1).
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Figure 3.7 Evolution of the companion velocity for the Enzo7 simulation.

Unlike the SPH computational domain, the Enzo grid is spatially limited. Thus,

the evolution of the gas that leaves the grid cannot be followed. Therefore, we use

the SPH2 simulation to study the global evolution of the angular momentum and the

energy of the system.

We compute the angular momentum using the center of mass of the SPH particles

as the center of reference. As shown in Fig. 3.8 for the 0.6 M� companion case,

the total angular momentum of the system is conserved to less than 1%. Since the

ejection of the gas is asymmetric, the center of reference is eventually located outside

the orbit. Consequently, studying the orbital components individually is irrelevant as

the sign of each component changes during a single orbit. Therefore, we study their

sum Jorb instead. During the first 50 days, angular momentum from the orbit almost

equally spins up the envelope and unbinds mass from the outer layers. Later on,

no more additional mass gets unbound (see § 3.5.1) and the angular momentum lost

from the orbit spins up the bound envelope only. Since the unbound mass is located

at large distances from the primary’s core, there is no more exchange of angular

momentum between the unbound mass and the rest of the system. After ∼ 150 days,

there is no more angular momentum exchange in the system. The primary’s core and

the companion — which are the main contributors to the calculation of the centre

of mass — switch positions twice per orbit, which leads to small periodic motions of
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the center of mass. These periodic displacements are the causes for the small angular

momentum fluctuations of the orbital components and the bound mass occurring

after 100 days.
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Figure 3.8 Evolution of the z-component of the total angular momentum (Jtot), the
angular momentum of the core and the companion (Jorb), the angular momentum of
the bound mass (Jbound) and the angular momentum of the unbound mass (Junbound)
for the SPH2 simulation.

We plot the various energy components in Fig. 3.9. We start by explaining the

different components of potential, thermal and kinetic energies represent and how

they are computed. Among numerous other attributes, each particle i possesses a

specific gravitational potential energy φi, a specific thermal energy ui and a specific

macroscopic kinetic energy ki. By definition,

φi =
∑

j particles, j 6=i

−G
Mgrav

j

rij
(3.15)

where G is the gravitational constant, Mgrav
j is the gravitational mass of particle j and

rij is the distance between particles i and j. We compute these different components

using the gravitational mass of the particle for the gravitational potential energy and

the macroscopic kinetic energy, and the SPH mass for the thermal energy (see §3.3):
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Φi = Mgrav
i φi (3.16)

Ki = Mgrav
i ki (3.17)

Ui = M sph
i ui (3.18)

where M sph
i is the SPH mass of particle i used to compute its acceleration due to

pressure. We recall that both masses are identical for all particles except the primary’s

core and the secondary. Thus, the total gravitational potential energy of the system

is

Φtot =
1

2

∑
i particles

Φi (3.19)

Finally, we subtract the contribution of the secondary from the total potential

energy in order to calculate the binding energy of the envelope:

Φenv = Φtot −Mgrav
2 φ2 (3.20)

where the subscript “2” stands for the secondary.

During the first 200 days when most of the in-spiral happens, the total internal

energy of the system decreases by more than a factor of two: the envelope expands and

therefore cools. The energy released is transferred mostly into macroscopic kinetic

energy of the gas: the envelope is lifted up, accelerated and the outermost part of

the envelope becomes unbound in the first 50 days. At later times, more energy is

transferred from the orbit to the envelope but no more material becomes unbound.

One can easily note in Fig. 3.9 how the variations of the orbital energy of the core-

secondary system and of the total energy of the envelope balance each other. The

total energy of the envelope remains negative throughout the simulation. We follow

the evolution of the unbound particles and determine their initial position in the

envelope. Fig. 3.10 shows the cumulative mass of the particles that will eventually

get unbound as a function of their initial distance from the core. It confirms that the

unbound mass was initially located in the outer part of the envelope and that almost

all gas located initially closer than 40 R� from the primary’s core remains bound at

the end of the simulations.
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Figure 3.9 Energy components for the SPH2 simulations. Plotted are the total energy
(Etot), the total gravitational potential energy Φtot, the internal energy of the system
(Utot), the gravitational potential energy of the envelope (Φenv), the gravitational
potential energy from the core-companion interaction (Φc2), the kinetic energy of
the core and the companion (Kc2), the kinetic energy of the bound mass (Kb), the
kinetic energy of the unbound mass (Ku), the orbital energy of the core-companion
system (Ec2) and the total energy of the envelope (Eenv ≡ Φenv + Utot + Kb). The
beat frequency seen on Kc2 and Φc2 are due to the non-synchronization between the
orbital period and the data dumping frequency.

3.4.2 Code comparison

The fact that a code solves the equations in an accurate and precise way in a par-

ticular situation does not necessary mean it will do so in another regime. Thus, a

direct comparison of simulations of the CE interaction using two different numerical

methods is a good solution for testing the ability of the two methods to model this

problem. One can see in Fig. 3.11 and Table 3.1 that for each binary system, the final

separations in the Enzo simulations are very close to those obtained with the equiv-

alent SNSPH simulations. We may then compare the mass evolution of the material

in the volume defined by the Enzo grid, the matter within the initial volume of the

primary, and within the current separation. For the 0.6 M� companion (Fig. 3.12),
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Figure 3.10 Initial distribution within the envelope of the mass that will eventually
get unbound for SPH2.

both the mass within the Enzo grid and the mass within the initial volume of the

progenitor agree well between the Enzo and the SNSPH runs. For the mass within

the orbit we notice a difference of ∼ 10−2 M� between the Enzo and the SNSPH

runs. This difference is large compared with the mass of a SPH particle (∼ 10−6 M�)

and is due to how accurately accretion of the gas by the core and the companion is

resolved by the two codes. We have plotted, in Fig. 3.13, density profiles at different

times along the line joining the primary core and the secondary, for the three simu-

lations with the 0.9 M� companion. Accretion onto the secondary is better resolved

in the SPH simulations in which the maximum density of the matter accreted by the

companion is about 10−3 g cm−3. This maximum value depends on the resolution of

the runs. In the single-grid Enzo runs, accretion is poorly resolved due to the low

number of cells resolving the local region around each particle. Although mass is still

accreted around the particles, it eventually becomes dispersed. For the SPH runs,

around 60 particles interact within a smoothing length so the accretion zone is well

resolved. On the other hand, the cell width of the Enzo 2563 runs is about 1.6 R� so

the accretion zone cannot be resolved although it is still better than for the Enzo 1283

simulations as can be seen from comparing the different density profiles at 50 days

(Fig. 3.13). However, the accurate simulation of accretion onto the secondary is not

crucial for the global evolution of the system: as we mentioned earlier, the evolution
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is not driven by accretion but by drag forces. Although the density of the matter

accreted by the companion differs by up to 3 orders of magnitudes between the two

methods, the accreted mass is negligible compared with the companion mass and the

final orbital separations are very similar.
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Figure 3.11 Separation between the core of the primary and the 0.6 M� compan-
ion as a function of time for the SPH2 (left), Enzo2 (middle) and Enzo7 (right)
simulations. Again, the beat frequency seen in the SPH simulation is due to the
non-synchronization between the orbital period and the dumping frequency.
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Figure 3.12 Each panel shows the mass within the equivalent Enzo grid (plain), the
initial volume of the primary (dash) and the orbit (cross-solid) as a function of time
for the SPH2 (left), Enzo2 (middle) and Enzo7 (right) simulations.

Ricker & Taam (2008) used the FLASH code (Fryxell et al., 2000) to study the

CE evolution of a binary system consisting of a 1.05 M� RGB star having a 0.36 M�

core and a 0.6 M� companion. Their implementation is somewhat different from ours

since they treat the red giant core and the companion as spherical clouds of particles.

In spite of those differences, their progenitor is almost identical to ours and they

find a final separation of 20 R� which falls within the range of the results given by

our simulations SPH2, Enzo2 and Enzo7. Moreover, one can see in Fig. 3.7 that for

the 0.6 M� companion, the velocity of the companion stays below 50 km s−1 and

therefore, the gas flows are subsonic except in the outer layers. This conclusion was

also reached by Ricker & Taam (2008).
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Figure 3.13 Density profiles along the line joining the core and the 0.6 M� companion
at 0 (dotted line), 50 (dash-cross line), 100 (dash-dot line), 300 (dashed line) and 500
(solid line) days for SPH2 (top), Enzo2 (middle) and Enzo7 (bottom). The vertical
lines show the position of the companion.



92

3.4.3 The impact of initial conditions

In order to determine the sensitivity of the final state of the system to the initial

parameters, we start with the Enzo3 simulation and increase by 5% either the initial

velocity of the secondary (Enzo11) or the initial separation between the two parti-

cles (Enzo12), which correspond to initial eccentricities of 0.10 (Enzo11) and 0.05

(Enzo12). The evolution of the separation for those three simulations is compared in

Fig. 3.14. For Enzo11 and Enzo12, the ratio of the initial velocity of the companion

to the velocity required for a circular orbit is higher than one (v0/vcirc > 1), so the

separation must first increase. The larger the orbital separation, the more delayed the

rapid infall phase is and the later the system reaches its final separation. The final

separations for Enzo3, Enzo11 and Enzo12 are 11.7, 12.0 and 12.2 R�, respectively,

and the final eccentricities are 0.09, 0.17 and 0.18, respectively. As expected, the

companion that moves outwards the farthest initially, sinks into the envelope with a

higher orbital decay velocity. Therefore, it attains a more eccentric orbit and com-

pletes fewer revolutions around the primary core (Fig. 3.14). However, the standard

deviation of the final separation between the three simulations (σ ∼ 0.2 R�) is more

than 10 times smaller than the width of a cell. Consequently, we conclude that the

final results are quite insensitive to the initial conditions at the level tested.

3.4.4 Gravitational vs Hydrodynamic drag

The drag exerted on the companion has two components: gravitational and hydro-

dynamical. The former is due to gravitational forces from matter flowing past the

companion and colliding with its wake (Bondi & Hoyle, 1944; Iben & Livio, 1993),

while the latter is due to ram pressure forces on the companion. The hydrodynamical

contribution can be estimated as:

Fhydro ∼ ρv2
2 × πR2

2 (3.21)

where R2 is the radius of the secondary, v2 is the relative velocity between the sec-

ondary and the envelope, and we have taken the coefficient of drag to be unity for

simplicity. In a similar manner, the gravitational drag is approximated by (Iben &

Livio, 1993):

Fgrav ∼ ρv2
2 × πR2

A (3.22)
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Figure 3.14 Left: separation between the core of the primary and the companion
as a function of time for the Enzo3 (solid blue), Enzo11 (dashed red) and Enzo12
(dash-dot green) simulations. Right: a detail of the comparison from the left panel
at ∼ 340 days.

where the accretion radius RA is defined as:

RA =
2GM2

v2
2 + c2

s

(3.23)

where cs is the sound speed of the medium. Choosing |v| = 2cs = 80 km s−1 with

an 0.6 M� companion yields RA ∼ 30 R�. Assuming R2 ∼ 1 R�, we conclude

that the hydrodynamical drag is of the order of almost 1 000 times smaller than the

gravitational drag, thus negligible.

This conclusion is also confirmed by the outcomes of our simulations. Indeed,

the primary’s core and the companion are treated as point masses and are not pres-

sure sources, except for the primary’s core in the SNSPH simulations. Instead of

being caused by the finite size of the particles, hydrodynamical drag in the mod-

els is thus due to the matter accreted around them. We pointed out earlier that

the accuracy with which accretion was treated was different between the two differ-

ent models because of the different finest resolutions and softenings used: accretion

is poorly modeled in the Enzo simulations whereas in the SNSPH simulations, the

companion builds up a sphere of accreted matter about a few R� wide around itself

(Fig. 3.13). This should lead to differences in the magnitude of hydrodynamic drag
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forces. Nevertheless, the consistency of the results suggests that the hydrodynamic

drag is unimportant in the evolution of the system, confirming the results of Ricker

& Taam (2008).

3.5 Discussion

3.5.1 Comparison of simulations and observations

We now compare the numerical results with a sample of 61 observed post-CE systems

listed in Zorotovic et al. (2010) and De Marco et al. (2011).

Final separations

For a given companion mass (or alternatively mass ratio q) we obtain 3 values for

the final separation Af , one for each simulation carried out with that companion

mass (Table 3.1 and Fig. 3.15). One can distinguish between these values at high q

(q ≥ 0.34), which correspond to “heavy” companions (M2 ≥ 0.3 M�), and the ones

at low q (q < 0.34) corresponding to “light” companions (M2 < 0.3 M�). At high q,

the values of Af are very similar and the standard deviation is more than 20 times

smaller than the average value of Af . At low q, the companion sinks deeper and

as a consequence, the resolution used in the 1283 Enzo simulations is not sufficient.

However, as one increases the resolution to 2563 cells, the final separations converge

to the solutions given by the SNSPH simulations.

Fig. 3.16 shows the distribution of orbital separations reached by the 61 post-

CE systems. For all these systems, there has been no substantial orbital shrinkage

due to phenomena such as magnetic braking or radiation of gravitational waves (see

discussion in Schreiber & Gänsicke, 2003). Although they cover a significant range

in secondary masses, going from a 1.1 M� MS star down to a 0.05 M� brown dwarf,

all of them have separations smaller than 11 R�. Furthermore, 87% of those systems

have separations smaller than 4 R�, which is smaller than any value obtained in

our simulations. This is even more obviously shown in Fig. 3.17, where the final

separations for simulations presented here and in the literature are compared to the

orbital separations of the observed post-CE systems. Although a couple of observed

systems have q ≥ 0.5, one clearly sees that the simulations with M2 = 0.9 and 0.6 M�

leave the companion far out. Systems with lower mass companions (M2 ≤ 0.3 M�)

have by and large lower orbital separations than in our simulations. The simulations
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Figure 3.15 Final separations as a function of the mass ratio q for the SNSPH (black
cross), Enzo 1283 (blue circle) and Enzo 2563 (red triangle) simulations.

of Sandquist et al. (1998) and Ricker & Taam (2008) shown in Fig. 3.17 give results

consistent with ours. All these numerical simulations suggest that the separations

between the secondary and the primary’s remnant at the end of the simulated rapid

infall phase are too large to explain the orbital separation of the currently observed

post-CE systems. This suggests that further evolution of the orbital separation must

occur during the phase immediately following the rapid infall phase. We discuss this

point further in §3.5.2.

The state of the envelope at the end of the simulations

As shown in Table 3.2, most of the primary’s envelope remains bound in all of our

simulations. We study the situation in detail for our canonical model with the 0.6 M�

companion here. The evolution of the mass for different components is plotted in

Fig. 3.18. It first confirms that some envelope mass is unbound only during the first

50 days, after which neither angular momentum (Fig. 3.8) nor kinetic energy (Fig. 3.9)

are exchanged between the unbound mass and the rest of the system. It also shows

that more than 85 % of the mass remains bound at the end of the simulation. This
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Figure 3.16 Distribution of post-CE systems as a function of their observed orbital
separation from Zorotovic et al. (2010) and De Marco et al. (2011).

outcome, already pointed out by Sandquist et al. (1998), is quite intriguing, since

the post-CE binaries observed must have succeeded in ejecting their envelope. After

about 400 days, most of the envelope mass in our models has been moved to a larger

radius (∼ 100 R�, see bottom panel in Fig. 3.19), well outside the orbit of the primary

core and the companion but remaining bound.

We now investigate how bound the final system is. We consider the center of mass

of the system composed by the secondary and the mass within the current orbit as

the center of our frame of reference. Then, we partition the domain into concentric

shells with identical thickness, calculate the average radial velocity of each shell and

compare it to the escape velocity at that location. Fig. 3.19 shows the escape velocity

and the average radial velocity of the shells. The radial velocity is always positive and

is similar to the space velocity at radii larger than 600 R�, as expected for envelope

ejection. At radii smaller than 300 R�, the radial velocity is much smaller than the

space velocity, suggesting that orbital motions dominate at those radii. All the mass

within 103 R� is bound, which corresponds to more than 85% of the envelope mass.

The remaining mass is found at radii between 103 and 6× 103 R�, where the radial

velocities are typically between 25 and 75 km s−1. Those particles were initially in

the outer parts of the giant star, and were the first to encounter the secondary. At
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Table 3.2. Amount of the envelope mass still bound at the end of the SNSPH
simulations.

Name M2 (M�) Mbound (M�)a

SPH1 0.9 0.44
SPH2 0.6 0.44
SPH3 0.3 0.45
SPH4 0.15 0.46
SPH5 0.1 0.48

aAt the start of the simulations, Mbound equals the total envelope mass Me ≡
M1 −Mc = 0.49 M�
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Figure 3.17 Comparison between the orbital separations of observed post-CE systems
(black dot) and the final separations reached at the end of the simulations (red circle),
as well as the ones by Sandquist et al. (1998) (green circles) and by Ricker & Taam
(2008) (blue triangle).

that time of the in-spiral, the shock was slightly supersonic (V2 ∼ 35 km s−1 and

cs ∼ 20 km s−1). This regime of evolution is thus different from later phases when

the secondary sinks deeper into the primary’s envelope, where its velocity does not

really increase (Fig. 3.7) but the sound speed of the medium does (Fig. 3.3).

We can measure how much extra energy would be required to unbind the envelope

at each radius, using the definition

Eextra =
∑
i

1

2
Mi (ve,i − vr,i)2 (3.24)

where ve,i and vr,i are the escape velocity at the location of the i-th shell and its average

radial velocity, respectively. One finds Eextra ∼ 8.4× 1045 ergs which represents just

over 10% of the initial binding energy of the primary envelope. Thus, a relatively

small additional input of energy could be sufficient to completely unbind the remaining

envelope material.

We have compared here the final separations deduced from observations and those

determined from the simulations. We have purposefully stayed away from calculating
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Figure 3.18 Evolution of the total mass (solid line), the bound mass (dashed line),
the mass within the volume of the Enzo grid (dotted line), the mass within the initial
volume of the primary (dash-cross line) and the mass within the orbital separation
(dash-dot line) for the SPH2 simulation.

the ejection efficiency α (Webbink, 1984; De Marco et al., 2011). Indeed, we question

what the relevance of calculating α is when the envelope has not yet been fully ejected,

true both in the Sandquist et al. (1998) and our simulations. We therefore defer for

the moment the task of calculating α from simulations — a long term goal of this

project — until the simulations are more advanced.

In conclusion, the hydrodynamic simulations do not reproduce the post-CE sys-

tems in the sense that the system is left at too large separations and the envelope

is not unbound at the end of the rapid infall phase. This means that either phys-

ical processes that are not accounted for in the simulations are responsible for the

envelope ejection, or the envelope ejection and a significant reduction of the orbit

actually happens during the later subsequent slow in-spiral phase. We discuss both

possibilities in the following section.

3.5.2 Reproducing the observations

In this section we first study and quantify physical processes that are not taken into

account in our hydrodynamic simulations and that might be responsible for ejecting

the envelope. Then, we focus on the subsequent slow in-spiral phase and investigate
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Figure 3.19 Top: Comparison between the escape velocity (dashed line) and the
radial velocity (black dots) of the final system for the SPH2 simulation. Bottom:
Mass enclosed as a function of radius.

whether the envelope can be ejected and the separation significantly reduced during

this subsequent phase.

Rotation of the primary

The envelope of the progenitor is initially non-rotating and although the calculation

done in §3.3 shows that, regardless of the initial rotation velocity of the envelope, its

rotational energy is negligible in comparison with its binding energy, we suspected

at first that the absence of rotation might be the reason for most of the envelope to

remain bound. However, Sandquist et al. (1998) carried out two identical simulations

where they modified the initial rotation state of the primary from a giant star in

synchronization with the orbit to a non-rotating one (their simulations 1 and 2). In

both cases, the evolution of the bound mass and the final orbital parameters are

similar. It thus does not seem that changing the initial rotation of the primary leads

to a different CE outcome.



101

Physics not included in the simulations

The hydrodynamics codes use an ideal gas equation of state (§3.2.1) which, by def-

inition, does not include variable abundances and the different ionization layers of

the envelope. Han et al. (1995) suggested that recombination might play a role in

CE interactions. As the outer parts of the envelope expand and cool, ions recombine

with electrons, releasing energy that could aid in unbinding the envelope. Although

it is unclear how efficient this process is and how much of the initial recombination

budget can be used, one can calculate an upper limit on how much energy can be

injected into the envelope by recombination.

According to our stellar evolution model, the hydrogen fraction within the convec-

tive envelope of our RGB star is X ∼ 0.68. The mass of the envelope is Me = 0.49 M�

and each proton recombining with an electron produces an energy E0 = 13.6 eV. We

also have to calculate how much of the envelope is ionized. Therefore, we calculate the

partition functions Z for hydrogen. The hydrogen ion has no degeneracy so Z2 = 1.

The partition function for the hydrogen atom at temperature T is

Z1 =
∞∑
n=1

2n2 exp
E0(1/n2 − 1)

kT
(3.25)

where k = 8.6173× 10−5 eV K−1 is the Boltzmann constant. We truncate the sum in

Eq. 3.25 at the first integer nmax such that the distance at which the electron orbits

the proton for this quantum number is larger than lmax = 10−6 cm, i.e. a0n
2
max > lmax,

where a0 = 5.2918 × 109 cm is the Bohr radius (Miranda, 2001). We then use the

Saha formula to calculate the ratio of ionized to neutral hydrogen (Carroll & Ostlie,

2006):

N2/N1 =
2Z2

neZ1

(
2πmekT

h2

)3/2

exp (−E0/kT ) (3.26)

where ne is the number density of free electrons and me is the electron mass. We find

that 91% of the envelope is ionized. Consequently, the recombination of the whole

ionized envelope would produce an extra energy

Erecomb = 0.91×XMe
NA

MH

× 13.6 eV (3.27)

where NA is the Avogadro number and MH the atomic mass of hydrogen. One finds

Erecomb ∼ 1.18 × 1046 ergs, which is slightly higher than the extra energy Eextra
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required to eject the envelope in our canonical model (§3.5.1). Thus, we conclude

that recombination in the envelope could substantially aid in unbinding it.

Another source of energy could be radiation pressure. For low- and intermediate-

mass giants in hydrostatic equilibrium, radiation pressure (Prad ≡ aT 4/3, where a

is the radiation constant) is negligible compared to gas pressure (Eq. 3.4): for our

primary, Prad/Pgas . 0.01 except in a small zone (0.1 R� ≤ r ≤ 10 R�), where

Prad/Pgas . 0.1. However, the deep in-spiral of the companion within the primary’s

envelope will induce local shock heating. The increase of temperature is proportional

to the square of the Mach number (Tarbell et al., 1999), so even if the companion is

orbiting at twice the local sound speed, the radiation pressure to gas pressure after

the shock becomes: (
Prad
Pgas

)after

∝
(
Prad
Pgas

)before

(M2)3 = 6.4 (3.28)

Therefore, including radiation pressure in the equation of state will increase the total

pressure locally and might reduce the energy required to eject the envelope. How-

ever, it is possible that this effect is globally small, since this extra heating source is

probably very localized around the companion.

The post-rapid-infall phase

At the end of the rapid infall phase, the orbit is stable until the end of the simulations

(a few more years). Consequently, there is no further hydrodynamical coupling be-

tween the extended envelope and the surviving binary. We now investigate whether

the envelope is likely to be ejected during this slower in-spiral phase.

Although the resolution of the simulations prevents us from quantifying how much

envelope will be left around the core of the primary, one can still describe qualitatively

what the evolution of the primary’s remnant will be. Fig. 3.18 shows that less than

10−2 M� is left around the primary’s core, so the primary will depart the giant

branch (Bloecker 1995a, but see also the discussion in De Marco et al. 2011). Then

two scenarios might occur depending on how long the partially ejected envelope will

take to fall back.

If the star is given enough time to transit to the blue due to hydrogen burning at

the base of the envelope before the lifted envelope falls back, the star will readjust

on its thermal timescale of the remaining envelope, and eventually end its life as a

Helium white dwarf. This transition will last ∼ 103 years during which the star will
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have a luminosity between 300 and 1 000 L� (Iben & Tutukov, 1993, their Fig. 1),

which is consistent with the more recent work of Driebe et al. (1998) (their Fig. 1).

If we assume the remnant to have a luminosity Lc ∼ 500 L�, we can compare the

gravitational acceleration of a gas particle with the radiation acceleration defined by

arad =
Lc

4πr2

κ

c
(3.29)

where r is the distance between the gas particle and the core, κ = 0.4 cm2 g−1 is the

opacity for Thompson scattering for hydrogen, and c is the speed of light. We still

find the radiation acceleration to be overall almost two orders of magnitude smaller

than the gravitational acceleration.

If, on the contrary, the envelope falls back before the primary’s remnant had

crossed the Hertzsprung-Russell diagram, a circumbinary disk will form (Kashi &

Soker, 2011). They refer to the numerical work done by Artymowicz et al. (1991),

which suggests that in such a configuration, the binary separation will decrease due to

Lindblad resonances — mainly — as well as viscous tides. Although this mechanism

has the advantage of explaining how the orbital separation will diminish during the

subsequent phase, the ability of radiation to eject the gas will even be reduced in

comparison with the previous situation, so it is not clear how the latter will eventually

be unbound.

In conclusion, radiation acceleration alone does not seem to be responsible for

unbinding the remaining gas, regardless of the time the partially ejected envelope

will remain suspended for.

3.6 Summary

In this work we have carried out three-dimensional hydrodynamic simulations of the

CE interaction between a 0.88 M� RGB star and companions with mass ranging

from 0.1 to 0.9 M�. We have used both an Eulerian grid code (Enzo) and a La-

grangian SPH code (SNSPH) with various resolutions. They both have advantages

and disadvantages and can be used for different purposes: while one might rather use

SPH to study the accretion around the secondary, even a uniform grid code is more

suitable in resolving the low-density extended envelope. Of course, adaptive mesh

refinement combines the advantages of both of these methods at the cost of increased

code complexity.
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We first compared the outcomes of those simulations with each other. We found

that the results are very similar for companion masses M2 & 0.3 M�. We thus

conclude that in this regime, the resolutions used are sufficient to study the global

evolution of the system during the rapid infall phase of the interaction, which is

driven mainly by gravitational drag. For lower companion masses (M2 . 0.3 M�)

that penetrate deeper in the giant’s envelope, the 1283 Enzo runs are under-resolved

but the Enzo results converge to the solutions from the SNSPH simulations.

We then compared the outcomes of our simulations with observed post-CE sys-

tems. The final separations are found to be systematically higher than those deduced

from observations, as is the case for the past simulations by Sandquist et al. (1998),

De Marco et al. (2003) and Ricker & Taam (2008). Moreover, mass is only unbound

during the early stages of the interaction (∼ 50 days for the 0.6 M� companion)

and most of the envelope remains bound at the end of the simulations, as was the

case for the earlier simulations of Sandquist et al. (1998). We investigated whether

there might be additional processes that were not accounted for in the simulations.

We found that recombination can contribute significantly, but stellar rotation and

radiation pressure play only marginal roles. Finally, we wondered whether the bound

envelope is a result of imprecise simulations or a real physical feature. If the latter,

then one would have to follow the subsequent evolution of the system to determine

the actual outcome of the CE. Fall back disks may form and even have an impact on

the inner binary (Artymowicz et al., 1991, Kashi & Soker 2011).

After the submission of this paper, Ricker and Taam made their paper Ricker &

Taam (2012) available. This paper continues the work introduced in Ricker & Taam

(2008). In their simulation, only about 25 % of the primary’s envelope is unbound.

Although this value is slightly higher than ours, it is in agreement with our work in

the sense that most of the envelope remains bound. They also claim that the ejection

occurs mostly in the orbital plane, as it is the case in our simulations. However, the

extended envelope at the end of their simulation is rotating much faster than it is

expanding which is in contradiction with our results (§ 3.5.1) but might be due to

the fact that their primary is initially rotating.
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Chapter 4

The Response of Giant Stars To

Dynamical-Timescale Mass Loss

Originally published as Passy, J.-C., Herwig, F., & Paxton, B. 2012, ApJ,

760, 90

Abstract

We study the response of giant stars to mass loss. One-dimensional simulations of red

and asymptotic giant branch stars with mass loss rates from 10−3 up to a few M�/yr

show in no case any significant radius increase. The largest radius increase of 0.2% was

found in the case with the lowest mass loss rate. For dynamical-timescale mass loss

rates, that may be encountered during a common envelope phase, the evolution is not

adiabatic. The superadiabatic outer layer of the giant’s envelope has a local thermal

timescale comparable to the dynamical timescale. Therefore, this layer has enough

time to readjust thermally. Moreover, the giant star is driven out of hydrostatic

equilibrium and evolves dynamically. In these cases no increase of the stellar radius

with respect to its initial value is found. If the mass loss rate is high enough, the

superadiabaticity of the outer layer is lost progressively and a radiative zone forms due

to a combination of thermal and dynamical readjustment. Conditions for unstable

mass transfer based on adiabatic mass loss models that predict a significant radius

increase, may need to be re-evaluated.
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4.1 Introduction

Understanding how stars respond when they lose mass is a key ingredient on which

binary evolution models depend. This response is particularly important in the con-

text of interacting binaries with a donor filling its Roche lobe on a giant branch. In

the oversimplifying case of conservative mass transfer, the orbital separation shrinks

if the giant donor is more massive than the companion. If in the meantime the giant

star expands or does not contract faster than the orbit shrinks, this positive feed-

back leads to an increase of the mass transfer rate. The stellar response to mass

loss therefore dictates, along with how angular momentum is lost, whether or not

a given system enters a common envelope phase (Paczynski, 1976). Consequently,

it significantly affects the results of population synthesis studies (see, e.g., Politano

et al., 2010).

Also, detailed 3D hydrodynamical simulations of the dynamical common envelope

phase have shown that a giant’s simulated envelope material is significantly lifted,

but most of it does not reach escape velocity under the present modeling assumptions

(Passy et al., 2012; Ricker & Taam, 2012). De Marco et al. (2011) suggested that an

expansion of the giant as a result of mass loss (Hjellming & Webbink, 1987; Ge et al.,

2010) might contribute to the envelope ejection. Such an expansion of mass-losing

giants was recently questioned in a Letter by Woods & Ivanova (2011).

Therefore, we study the radius response of mass-losing giants again, with detailed

microphysics, using the one-dimensional stellar evolution code MESA (Module for

Experiment in Stellar Astrophysics, Paxton et al., 2011). Such a tool – although

it neglects three-dimensional effects – allows us to remove one or more simplifying

assumptions adopted in some previous studies, which we mention in the next para-

graphs.

For a star following a polytropic stratification of index n with an adiabatic index

γ = 1 + 1/n, the Lane-Emden equation leads to the mass-radius relation between a

standard solution of radius R0 and mass M0, and a perturbed polytrope of radius R

and mass M :

R

R0

=

(
M

M0

) 1−n
3−n

. (4.1)

Note that Equation (4.1) is only valid for a fixed adiabat throughout the stellar

interior. For the complete derivation, see, e.g., Hjellming & Webbink (1987) or Carroll
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& Ostlie (2006). For an ideal gas equation of state, the specific entropy follows a

simple expression:

s(m) = s0 + (1 + 1/n− γ)cv ln(ρ) (4.2)

where s0 is a constant and cv is the specific heat at constant volume. Perfect

monoatomic gases have γ = 5/3, and so a convective region (ds/dm = 0) can be

modeled with a polytrope of index n = 3/2. Using this value in Equation (4.1) leads

to R/R0 = (M/M0)−1/3 and the conclusion that fully convective stars expand when

they lose mass.

Later on, Hjellming & Webbink (1987) investigated the stability of polytropes,

condensed polytropes (a polytropic envelope with a core modeled by a point mass)

and composite polytropes (an envelope and a core with different polytropic indices)

for convective (γ = 1 + 1/n) and radiative (γ > 1 + 1/n) regions. They evolved

their models in the adiabatic regime, which means that they assumed hydrostatic

equilibrium and an adiabatic evolution such that the entropy profile remains con-

stant in Lagrangian coordinates. For the condensed polytropes, they showed (their

Equation 40) that the adiabatic radius-mass exponent, ξad, asymptotically approaches

ξad ≡
(
d lnR

d lnM

)
ad

=
1

3− n

(
1− n+

mc

1−mc

)
(4.3)

where mc is the ratio between the core mass and the total mass of the star. Equa-

tion (4.3) describes the behavior of ξad in the limit mc → 1 but one also recovers the

appropriate ξad for a complete polytrope for any value of n (mc = 0, Equation 4.1).

However, the response of stars to very high mass loss rates may not be hydrostatic.

Moreover, Equation (4.3) is only valid for condensed polytropes which are models

that neglect radiation pressure and do not reproduce the superadiabatic regime that

is encountered in the outer layers of giants.

Ge et al. (2010) also studied the response of mass-losing stars in the adiabatic

limit but used a detailed equation of state instead of a polytropic stratification. The

star was assumed to stay in hydrostatic equilibrium, and its response to mass loss was

assumed to be fully adiabatic. The entropy and composition profiles were fixed and

the local value of these profiles during the evolution was obtained by interpolation

from the initial model. For their 1 M� giant star model, the stellar radius increased

by 30%. The study concluded that instability in the mass transfer occurs rapidly for

donors with a convective envelope, if at all, while donors with a radiative envelope
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may encounter a delayed dynamical instability. Deloye & Taam (2010) used a similar

approach to study the common envelope outcomes of 10 M� donors. They found that

the mass of the remnant can vary by 20% depending on when the common envelope

phase happens and on the initial mass ratio.

All the models above yield a paradigm in which giants expand as a result of mass

loss, such that mass loss that starts in semi-detached binaries with a giant donor

tends to be unstable. However, for typical mass loss rates encountered at the onset of

a common envelope interaction (Ṁ . 1 M�/yr, Passy et al. 2012), the donor does not

stay in hydrostatic equilibrium. Moreover, an adiabatic evolution assumes that mass

loss happens on a timescale shorter than the thermal timescale of the mass-losing star

throughout its interior.

Recently, Woods & Ivanova (2011) showed that the evolution could be locally non-

adiabatic, since the outer superadiabatic layer of giant stars has a thermal timescale

so short that it might readjust and reconstruct faster than it is stripped away. They

present the evolutionary sequence of a 5 M� giant star for various mass loss rates,

and show that the star grows mildly in radius during its evolution (their Figure 3).

They also calculate the critical mass ratio for stable mass transfer for different donors.

These values are only indicative but show that the response of the mass-losing star

evolves with mass loss and cannot be parametrized using only the binary and stellar

parameters.

In this paper we present models of mass-losing stars by removing some of the

assumptions made in previous investigations. We obtain these models using the

stellar evolution code MESA. The numerical method is described in Section 4.2. We

present the simulations in Section 4.3 and verify our method with low-mass zero-age

main sequence (ZAMS) models in Section 4.4. We then study in detail the dynamical

response of red giant branch (RGB) and asymptotic giant branch (AGB) stars, and

describe the physical processes involved, in Section 4.5. A summary and conclusions

are provided in Section 5.1.4.

4.2 Numerical method

MESA is a parallel one-dimensional stellar evolution code that uses adaptive mesh

refinement and adaptive time stepping. In this section, we outline the basic features

of this code. More details can be found in Paxton et al. (2011).

In hydrodynamic mode, the full set of differential equations of stellar evolution is
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solved in the Lagrangian description:

v = r
d ln r

dt
(4.4)

d ln r

dm
=

1

4πr3ρ
(4.5)

dv

dt
= −4πr2 dP

dm
− Gm

r2
(4.6)

d lnT

dm
=
d lnP

dm
∇ (4.7)

dl

dm
= εnuc − εν − cPT

[
(1−∇adχT )

d lnT

dt
−∇adχρ

d ln ρ

dt

]
(4.8)

where the mass m is the independent variable and r, ρ, P , T , l,∇ ≡ d lnT/d lnP , εnuc,

εν , cP , ∇ad ≡ (d lnT/d lnP )s, s, v and G are the radius, the density, the pressure, the

temperature, the luminosity, the temperature gradient, the nuclear energy generation

rate, the neutrino loss rate, the specific heat at constant pressure, the adiabatic

gradient, the specific entropy, the velocity and the gravitational constant, respectively.

In addition, χT ≡ (d lnP/d lnT )ρ and χρ ≡ (d lnP/d ln ρ)T . To close this set of

equations, we obtained the equation of state from a set of tables computed with the

FreeEOS1 code, developed by Alan Irwin, in the EOS4 configuration.

In order to improve numerical stability we use some artificial viscosity following

the treatment by Weaver et al. (1978, their Equation 3). Aside from providing better

stability for the code, artificial viscosity had no effect on the evolution based on

comparison of sequences carried out with or without artificial viscosity.

Different options have been explored for modeling stellar mass loss. We first

directly set the mass loss rate Ṁ to a constant value regardless of the evolutionary

stage. In order to show the robustness of the results, we also study how the models

respond to a variable mass loss rate, for instance a scaled up wind model (Reimers,

1975):

Ṁ = ηR × 4× 10−13

(
L

L�

)(
R

R�

)(
M�
M

)
[M�/yr] (4.9)

where L is the luminosity and ηR is a dimensionless constant. We select values of ηR

1http://freeeos.sourceforge.net/
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to model very high mass loss rates. Typical models for RGB winds use values of ηR

around 0.5.

4.3 The simulations

We perform 21 MESA simulations (Table 4.1). We first investigate the behavior

of low-mass ZAMS stars (models 1 to 4) in order to verify our method through a

comparison with the results of Ge et al. (2010) for such models. We then study the

stellar response of a 0.89 M� RGB star (models 5 to 9) in hydrodynamic mode for

various mass loss rates. Models 10 to 13 are equivalent to models 5 to 8 except that

they are carried out in hydrostatic mode, such that dynamical effects are isolated.

Additional sequences for a 0.74 M� AGB star (models 14 and 15) and for a 5 M�

RGB star (models 16 to 18) allow comparison with the results of Woods & Ivanova

(2011). We also verify that changing the atmosphere boundary conditions from the

“simple atmosphere” default option to the “Eddington grey” option (model 19) does

not modify the outcome of our simulations (these options are described in Paxton

et al., 2011). In order to verify that the initial response of the star is captured

accurately in our simulations, we finally examine extra models (models 20 and 21)

which are similar to models 8 and 17, but with an initial timestep smaller by an

order of magnitude. Time-stepping automatically readjusts and we find no difference

between the corresponding models.

4.4 Low-mass zero age main sequence stars

Low-mass ZAMS stars provide a simple case to compare our method — solving the

full set of stellar equations — with the method used in Ge et al. (2010) — assuming

an adiabatic evolution (c.f. Section 4.1). Indeed, the global thermal timescale of a

0.3 M� ZAMS star is

tKH ≡
GM2

RL
≈ 7.7× 108 years, (4.10)

which is several orders of magnitude longer than the duration of the different se-

quences for the mass loss rates considered (Table 4.1). Consequently, the star does

not have enough time to readjust thermally throughout its entire interior. Moreover,

one can calculate the local thermal timescale of the outer part of the star (Woods &
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Table 4.1. The main parameters for the simulations

Model MMS/M� M0/M� Mc/M� R0/R� L0/L� Ṁ Hydro

1 0.30 0.30 - 0.28 1.3× 10−2 10−2 M�/yr No
2 0.40 0.40 - 0.35 2.3× 10−2 10−2 M�/yr No
3 0.50 0.50 - 0.45 4.1× 10−2 10−2 M�/yr No
4 0.30 0.30 - 0.28 1.3× 10−2 0.1 M�/yr No

5 1.00 0.89 0.41 102 1.20× 103 10−3 M�/yr Yes
6 1.00 0.89 0.41 102 1.20× 103 10−2 M�/yr Yes
7 1.00 0.89 0.41 102 1.20× 103 0.1 M�/yr Yes
8 1.00 0.89 0.41 102 1.20× 103 1.0 M�/yr Yes
9 1.00 0.89 0.41 102 1.20× 103 ηR = 106 Yes

10 1.00 0.89 0.41 102 1.20× 103 10−3 M�/yr No
11 1.00 0.89 0.41 102 1.20× 103 10−2 M�/yr No
12 1.00 0.89 0.41 102 1.20× 103 0.1 M�/yr No
13 1.00 0.89 0.41 102 1.20× 103 1.0 M�/yr No

14 1.00 0.74 0.52 111 1.37× 103 0.5 M�/yr Yes
15 1.00 0.74 0.52 111 1.37× 103 1.0 M�/yr Yes

16 5.00 4.99 0.61 50 8.85× 102 10−2 M�/yr Yes
17 5.00 4.99 0.61 50 8.85× 102 1.0 M�/yr Yes
18 5.00 4.99 0.61 50 8.85× 102 ηR = 2× 107 Yes

19a 1.00 0.89 0.41 102 1.20× 103 0.1 M�/yr Yes
20b 1.00 0.89 0.41 102 1.20× 103 1.0 M�/yr Yes
21c 5.00 4.99 0.61 50 8.85× 102 1.0 M�/yr Yes

Note. — The main parameters for the simulations: the model number, the main sequence
mass of the star (MMS), the stellar (M0) and core (Mc) masses, radius (R0), and luminosity (L0)
at the start of the mass loss phase, the mass loss rate or Reimers parameter (Ṁ), and whether
or not the model is carried out in hydrodynamic mode.

aSimilar to model 7 but with different boundary conditions.

bSimilar to model 8 but with an initial timestep ten times smaller.

cSimilar to model 17 but with an initial timestep ten times smaller.
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Ivanova, 2011):

tKH,loc(m) ≡
∫ M

m

u(m
′
)/L(m

′
) dm

′
(4.11)

where u is the internal energy per unit mass and m is the mass coordinate. Equa-

tion (4.11) implicitly assumes that one can parse the stellar interior at any mass

coordinate into an outer and an inner zone, and that the outer zone can thermally

readjust independently. This might not strictly be the case in a convective region

where convective overturn is usually shorter than the thermal timescale of a given

zone, thus stabilizes thermal perturbations on a timescale shorter than the thermal

timescale of the zone. Figure 4.1 shows that even the outermost 0.01% of the mass

needs about 1000 years to thermally readjust to the perturbations induced by mass

loss. Again, this timescale is much longer than the duration of the simulations (25

years for the 0.3 M� ZAMS star with a mass loss rate of 10−2 M�/yr, model 1),

and so the outer layers cannot thermally readjust. The evolution of the mass-losing

star is thus adiabatic, both locally and globally. Among low-mass ZAMS stars, those

with lower mass have deeper convective envelopes. The lowest-mass ZAMS stars

(M . 0.3 M�) are fully convective, and so should be well approximated by a poly-

tropic expansion (ξad = −1/3, Equation 4.3).

We carry out simulations where the mass-losing star is a ZAMS star with a mass

ranging from 0.3 to 0.5 M� (models 1 to 4). The resolution is approximately 1000

zones. We reproduce the results from Ge et al. 2010 quite accurately (their Figure 3).

For all models, the radius of the mass-losing star increases as mass is lost (Figure 4.2),

in particular the 0.3 M� model, which is almost fully convective and therefore behaves

most like a polytrope (Equation 4.1). One should emphasize that the small difference

between the 0.3 M� model and the polytropic limit arise from deviations of the stellar

structure from a complete polytrope. We try different mass loss rates of 10−2 and

10−1 M�/yr for the 0.3 M� star (models 1 and 4, respectively) and find no difference

whatsoever. The evolution for both mass loss rates is much too rapid to allow any

local thermal readjustment of the outer parts of the star (Figure 4.1). In conclusion,

the evolution of low-mass ZAMS stars is fully adiabatic. Thus, the approximation by

Ge et al. (2010) is appropriate for these low-mass main-sequence stars.
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Figure 4.1 The local thermal timescale (top) and specific entropy (bottom) in the
outermost 10% of the stellar mass for the M0 = 0.3 M� ZAMS star (dashed black,
models 1 and 4) and the M0 = 0.89 M� RGB star (solid red, models 5 to 8 and 14).

4.5 Giant stars

The case of giant stars is somewhat more complicated. Giant stars have a convective

envelope in which the entropy profile is flat. For intermediate-mass giant stars, the

global thermal timescale of the star is still large in comparison with its dynamical

timescale, and so the stellar interior cannot thermally readjust during most simula-

tions. However, intermediate-mass giants also possess a cool, low-density outer layer

in which convection is very inefficient. The local thermal timescale of this supera-

diabatic layer is very short in comparison with the global thermal timescale of the

star: the outermost 1% of the mass thermally readjusts in approximately one year

(Figure 4.1). Therefore, the layer might have enough time to thermally readjust lo-

cally, depending on how the local thermal timescale of the superadiabatic layer and

the time needed to strip it away compare. Assuming that the layer has a mass mshell,

its local thermal timescale is tKH,loc(mshell) and it takes mshell/Ṁ to remove it. This

leads to a critical mass loss rate:
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Figure 4.2 The evolution of the stellar radius as a function of stellar mass in terms
of the initial radius (R0) and mass (M0) of the ZAMS models (1 to 4) with mass
loss rates Ṁ = 10−2 M�/yr (low) and Ṁ = 0.1 M�/yr (high). Also shown is the
evolution in the polytropic limit (Equation 4.1).

Ṁcrit ≈
mshell

tKH,loc(mshell)
(4.12)

which gives the threshold for the readjustment of the superadiabatic layer. If Ṁ �
Ṁcrit, the superadiabaticity cannot be removed and the outer layer thermally read-

justs. If Ṁ & Ṁcrit, the outer layer does not have time to readjust and superadiabatic-

ity is lost progressively. The higher the mass loss rate, the sooner the superadiabatic

layer disappears entirely, after which the star evolves adiabatically. A similar argu-

ment has been made by Woods & Ivanova (2011), except that we consider here the

time required to remove the superadiabatic layer rather than the time to strip away

the entire star, as they did in their Equation 3. There is no unique definition of

this outer layer, but for our 0.89 M� RGB model one can estimate from the entropy

profile that mshell is about 10−3 M� and tKH,loc(mshell) ≈ 0.04 year, which leads to a

critical value for the mass loss rate Ṁcrit ≈ 2.5× 10−2 M�/yr.
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4.5.1 The canonical case of a 0.89 M� red giant branch star

In this section, we first study the canonical case of a 0.89 M� RGB star, and compare

our results to the adiabatic models from Ge et al. (2010). We carry out hydrodynamic

simulations with constant mass loss rates ranging from 10−3 to 1 M�/yr (models 5

to 8) and one model with a varying mass loss rate (model 9). We also carry out

their hydrostatic counterparts (models 10 to 13) in order to compare with previously

published models, and to demonstrate the error a hydrostatic assumption causes.

The resolution for all the one-dimensional models discussed here is approximately

2500 zones.

We plot in Figure 4.3 the evolution of the stellar mass and the mass loss rate

for models 5 to 9, while the evolution of the stellar radius for models 5 to 14 is

shown in Figure 4.4. Mass-losing giants barely expand, if at all. The difference be-

tween the hydrodynamic and the hydrostatic models for the lowest mass loss rate

(Ṁ = 10−3 M�/yr, models 5 and 10) is hardly noticeable. This is due to the fact

that for such a low mass loss rate, the star is barely driven out of hydrostatic equi-

librium. A comparison between the acceleration (a = dv/dt) and the gravitational

acceleration (g = Gm/r2) profiles confirms that this model stays in hydrostatic equi-

librium (Figure 4.5). If one increases the mass loss rate to 10−2 M�/yr, some marginal

differences arise in the very early phase of evolution between the hydrodynamic and

the hydrostatic models. This is the threshold for which hydrodynamic effects can

no longer be neglected, as the acceleration in the outer parts of the giant represents

almost 1% of the gravitational force at that location. These effects naturally increase

as the mass loss rate increases.

Hydrodynamic models for which dynamical effects cannot be neglected (models

6 to 9) all contract in the early evolutionary phase. The higher the mass loss rate,

the more the stellar radius decreases (Figure 4.4). Later on, differences arise as stars

with high mass loss rates keep contracting while stars with lower Ṁ first re-expand

slightly and then contract again. For the model with Ṁ = 10−2 M�/yr (model

6), the radius of the star grows by less than 5%. We certainly do not see the 30%

expansion found in Ge et al. (2010) for a 1 M� giant star (their Figure 6). Model 8,

for which the shrinkage is most dramatic, considers a typical mass loss rate that is

encountered during a common envelope evolution. On the other hand, the equivalent

hydrostatic “test” models (models 11 to 13) all show an expansion of the radius,

with the higher mass loss rates leading to the largest increases. This behavior is
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Figure 4.3 The evolution of the mass (top) and the mass loss rate (bottom) for the
0.89 M� RGB star with mass loss rates of 10−3 M�/yr (dotted magenta, model 5),
10−2 M�/yr (solid blue, model 6), 0.1 M�/yr (dash-dotted red, model 7), 1 M�/yr
(solid green, model 8), and variable (dashed black, model 9).

similar to sequences by Woods & Ivanova (2011, their Figure 3). This comparison

demonstrates that dynamical aspects play a critical role in the stellar response of our

model. Some energy that would be transformed into internal energy or expansion

work in the hydrostatic assumption can now go into kinetic energy.

In order to understand the reasons for these different behaviors, we plot in Fig-

ure 4.6 entropy profiles at different times for models 6, 7 and 8. The evolution of

the entropy differs significantly between cases with different mass loss rates. For the

lowest mass loss rate (Ṁ = 10−2 M�/yr, model 6), the entire interior has enough

time to adjust thermally. After 40% of the initial stellar mass has been lost, the star

has still the entropy profile similar to the one of a giant star stratification. For the

intermediate mass loss rate (Ṁ = 0.1 M�/yr, model 7), very little of the outer layer

loses its superadiabaticity in the early phase. Eventually, the interior of the star has

not changed except in the outermost parts. Moreover, the superadiabatic layer is
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Figure 4.4 Top: evolution of the stellar radius as a function of stellar mass for the
0.89 M� RGB star with mass loss rates of 10−3 M�/yr (magenta), 10−2 M�/yr
(blue), 0.1 M�/yr (red), 1 M�/yr (green), and variable (black). Both hydrodynamic
(solid) and hydrostatic sequences (dashed) are shown. Bottom: a close-up of the early
evolution of the sequences shown above.
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Figure 4.5 Ratio between the acceleration and the gravitational acceleration after the
0.89 M� RGB star star has lost about 10−2 M�. The mass loss rate is (from bottom
to top) 10−3 M�/yr (dotted magenta, model 5), 10−2 M�/yr (solid blue, model 6),
0.1 M�/yr (dash-dotted red, model 7), and 1 M�/yr (solid green, model 8).

much less prominent than for a regular giant star stratification, and a radiative zone

has developed just beneath it. In the highest mass loss rate case (Ṁ = 1 M�/yr,

model 8), one can see the superadiabaticity being removed very early in the evolution

and the build-up of a radiative zone. Eventually, the surface is not superadiabatic

anymore. The entropy profile of the interior layers has not changed and the mass for

which the entropy drops is negligible. Only a small radiative zone remains on top of

the convective zone (Figure 4.6, middle and bottom panels).
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Figure 4.6 Entropy profiles at the onset of mass loss (dashed black), during the early
evolutionary phase (solid colors, right panels) and after the 0.89 M� RGB star has
lost about 40% of its mass (red, left panels). The mass loss rate is 10−2 M�/yr (model
6, top), 0.1 M�/yr (model 7, middle) and 1 M�/yr (model 8, bottom).
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The evolution of the radius profile as a function of mass for the hydrodynamic

case shows that while some material close to the surface always moves out, the radius

continuously decreases (Figure 4.7). A certain kinetic energy is associated with this

local outward motion which, in the case of hydrostatic models, goes into expansion

work (potential energy). As a result the latter models increase their radius.

We can try to explain the formation of the radiative layer mentioned above by

considering a tiny “sub-layer” at a constant mass coordinate, located within the

superadiabatic layer of the mass-losing star (Figure 4.8). As the above layers are re-

moved, the sub-layer can as a result more easily radiate some of its energy outwards:

the temperature decreases while the local density stays almost constant. The thermal

timescale is shorter in this phase than the dynamical timescale. Later on, the density

profile readjusts and the density of the sub-layer drops significantly while its temper-

ature only decreases by a small amount. Now the thermal timescale is longer than

the local dynamical timescale. These two phases are also seen in the various entropy

profiles (Figure 4.9). First, the temperature in the sub-layer decreases while the den-

sity stays almost constant, leading to a decrease of the entropy. Then, the density

drops while the temperature only marginally decreases, which leads to an increasing

entropy. This suggests that the readjustment of the star happens in two (nearly)

distinct phases: first a thermal readjustment during which some of the energy of the

layers is radiated away, then a dynamical readjustment during which the density in

the outer layers decreases leading to the formation of the radiative layer.
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Figure 4.7 Radius profiles at the onset of mass loss (dashed black) and during the
early evolutionary phase (solid colors) for the 0.89 M� RGB star and a mass loss rate
of 1 M�/yr. Both hydrodynamic (top, model 8) and hydrostatic sequences (bottom,
model 13) are shown.
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Figure 4.8 Profiles in the ρ− T diagram for the 0.89 M� RGB star (Ṁ = 1 M�/yr,
model 8) at the onset of mass transfer (solid black) and at different times during
the early evolution (colors, the total mass is given in the legend). Also plotted is
the location of a fixed mass coordinate (dashed black with crosses, from left to right:
0.885, 0.883 and 0.881 M�).
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Figure 4.9 Entropy profiles for the 0.89 M� RGB star (Ṁ = 1 M�/yr, model 8) at the
onset of mass transfer (solid black) and at different times during the early evolution
(same colors as in Figure 4.8). Also plotted is the location of a fixed mass coordinate
(dashed black, from left to right: 0.883 and 0.885 M�).

4.5.2 Additional models

We also carry out evolutionary sequences for a 0.74 M� AGB star with two different

mass loss rates (models 14 and 15) and for a 5 M� RGB star (models 16, 17 and

18) similar to the one used by Woods & Ivanova (2011) in order to verify that the

behavior seen for the 0.89 M� RGB star case is not a special case. The evolution of

the radius for both stars is shown in Figure 4.10 and Figure 4.11, respectively. Again,

all the models initially shrink in radius. Models suffering a higher mass loss rate then

shrink faster. In the particular case of the 5 M� RGB star, our results differ from the

findings by Woods & Ivanova (2011). Indeed, their Figure 3 shows that for all mass

loss rates except the lowest one (Ṁ = 10−3 M�/yr), the mass-losing star slightly

expands. The higher the mass loss rate, the larger the star expands. This behavior

is quite similar to the one seen in Figure 4.4 for the hydrostatic simulations, so it

is possible that the results presented in their Figure 3 have been obtained assuming

hydrostatic equilibrium. Nevertheless, the stellar radius after 0.6 M� has been lost

by the star (see their Figure 2) seems quite consistent with ours, although making a

more detailed comparison is difficult as their Figure 3 only shows the evolution until
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the star has lost 0.5% of its total mass. Our 5 M� RGB model has a smaller core

mass fraction (0.122) than their model (0.171), which might also lead to differences.
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Figure 4.10 Evolution of the stellar radius as a function of stellar mass for the 0.74 M�
AGB star with mass loss rates of 0.5 M�/yr (black, model 14) and 1 M�/yr (dash-
dotted red, model 15).

4.6 Summary and Discussion

We used the MESA stellar evolution code to carry out one-dimensional hydrostatic

and hydrodynamic simulations of mass-losing stars, either low-mass ZAMS stars be-

tween 0.3 and 0.5 M�, or 1 or 5 M� (main sequence mass) giant stars, with several

constant and variable mass loss rates up to a few M�/yr.

We first tested our numerical method against the low-mass ZAMS stars case and

reproduced the results of Ge et al. (2010). Therefore, it is correct to assume that the

evolution of the star is adiabatic in this specific case.

We then investigated the case of a 0.89 M� RGB star for five different mass loss

rates. We showed that the mass-losing star does not remain in hydrostatic equilib-

rium for high mass loss rates and that the evolution is not adiabatic, as the outer

superadiabatic layer has enough time to thermally relax. Only for low mass loss

rates (Ṁ ≤ 10−2 M�/yr) have both the outer superadiabatic layer and the stellar
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Figure 4.11 Top: evolution of the stellar radius as a function of stellar mass for the
5 M� RGB star with mass loss rates of 10−2 M�/yr (black, model 16), 1 M�/yr (dash-
dotted red, model 17), and variable (dashed blue, model 18). Bottom: a close-up of
the early evolution.

interior enough time to thermally readjust. The superadiabatic layer progressively

reconstructs and survives the entire evolution, making the evolution not adiabatic

both locally and globally. For high mass loss rates (Ṁ ≥ 0.1 M�/yr), the outer

part of the star progressively loses its superadiabaticity and the interior does not

have enough time to thermally readjust. Even though a fraction of the initial su-

peradiabatic layer might survive, a larger radiative zone emerges below it and the
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star keeps shrinking during the entire sequence. The evolution of the star is locally

non-adiabatic and hydrodynamic, as some energy that is stored in gravitational form

in the hydrostatic models is actually in a kinetic form, leading to the star contracting

instead of expanding.

We also carried out additional simulations for a 0.74 M� AGB star with a core

mass of 0.52 M� and a 5 M� RGB star. These models are consistent with our previous

findings and with the 5 M� RGB model in Woods & Ivanova (2011). We have also

verified that the outcomes of our simulations depend on neither numerical parameters

such as the initial timestep adopted, nor on boundary conditions.

According to our stellar evolution models, giants barely expand, if at all. This

result impacts the condition for the onset of the common envelope phase. Using

the Eddington luminosity limit, one can estimate the mass loss rate above which a

dwarf would be unable to accrete material, to be about 10−3 M�/yr. For higher

mass loss rates, the hydrostatic assumption is violated and there is no expansion of

the giant’s envelope. As a consequence, the positive feedback from the mass-losing

giant discussed in Section 4.1, may be reduced. Further investigations are required

to quantify how this feedback affects the temporal evolution of the mass transfer

rate. Overall, criteria for unstable mass transfer based on adiabatic mass loss models

should be re-investigated. Moreover, if giant stars do not expand as a result of mass

loss, this process does also not help the envelope ejection during a common envelope

interaction, as speculated by De Marco et al. (2011).
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Chapter 5

The Common Envelope Phase with

Planetary Companions

5.1 On the survival of brown dwarfs and planets

engulfed by their giant host star

Originally published as Passy, J.-C., Mac Low, M.-M., & De Marco, O.,

2012, ApJ, 759, L30

Abstract

The recent discovery of two Earth-mass planets in close orbits around an evolved star

has raised questions as to whether substellar companions can survive encounters with

their host stars. We consider whether these companions could have been stripped of

significant amounts of mass during the phase when they orbited through the dense

inner envelopes of the giant. We apply the criterion derived by Murray et al. for

disruption of gravitationally bound objects by ram pressure, to determine whether

mass loss may have played a role in the histories of these and other recently discovered

low-mass companions to evolved stars. We find that the brown dwarf and Jovian mass

objects circling WD 0137-349, SDSS J08205+0008, and HIP 13044 are most unlikely

to have lost significant mass during the common envelope phase. However, the Earth-

mass planets found around KIC 05807616 could well be the remnant of one or two

Jovian mass planets that lost extensive mass during the common envelope phase.
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5.1.1 Introduction

The question of survivability of planets during post-main-sequence evolution of the

host star has attracted some interest over the past years (Villaver & Livio, 2007;

Nordhaus et al., 2010; Spiegel, 2012). Recently, many substellar companions have

been discovered in close orbits around evolved stars (Table 5.1). Maxted et al. (2006)

detected a 0.053 M� brown dwarf orbiting the 0.39 M� white dwarf WD 0137–349

with a 1.9-hr period. A likely brown dwarf was discovered in a 2.3-hr orbit around

the subdwarf B star SDSS J08205+0008 (Geier et al., 2011). Setiawan et al. (2011)

discovered a Jupiter-mass object orbiting the red horizontal branch star HIP 13044

with a 16.2-day period. Finally, Charpinet et al. (2011) reported the detection of two

nearly Earth-sized planets orbiting the subdwarf B star KIC 05807616 with orbital

periods of 5.8 and 8.2 hr. The existence of these systems for which the radius of the

precursor of the primary was larger than today’s orbital separation, suggests that

they have gone through a common envelope (CE) interaction. During this phase, the

companion is engulfed by its host star’s envelope when the latter was a giant star

(Paczynski, 1976).

Hydrodynamics simulations of this evolutionary phase have been performed with

different numerical techniques (Sandquist et al., 1998; Passy et al., 2012; Ricker &

Taam, 2012) but questions persist. It is still unclear how the envelope of the donor

star gets ejected, and why the final separations obtained by simulations are larger

than those observed in post-CE systems (Passy et al., 2012). The resolution reached

in these numerical models currently does not suffice to study the complete evolution

for a substellar companion that may spiral down to very close to the giant’s core.

An important question is therefore whether substellar companions can survive

engulfment by the giant’s envelope without being totally disrupted. A system with

a very low mass companion has a very small orbital energy budget, so we may also

plausibly conjecture that a CE in such a system would more likely fail and result

in a merger, thus destroying the companion. Is it therefore possible that substellar

companions started off as more massive objects, which were then partially disrupted

during their engulfment to become the objects we see today? This scenario was

actually suggested by Charpinet et al. (2011) to explain the existence of planets

around KIC 05807616.

Murray et al. (1993) studied the disruption of gravitationally bound objects by

direct action of ram pressure in the context of star formation and galaxy evolution.
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However the physics of disruption is scale free, so their results also apply to other as-

trophysical questions such as the gas stripping occurring in clustered galaxies (Nulsen,

1982; Mori & Burkert, 2000) or here, the disruption of hydrostatic companions cap-

tured by the envelope of a giant star. In this contribution we use their theory to

determine whether, in the observed systems, the substellar companions could have

lost a significant amount of mass during the in-spiral phase. We describe the for-

malism used in Section 5.1.2 and present the results in Section A.6. We provide a

summary in Section 5.1.4.

5.1.2 Analysis

Murray et al. (1993) calculated the conditions for a self-gravitating, hydrostatic,

isothermal sphere moving in an ambient medium to be disrupted by ram pressure. The

disruption of an object by ram pressure can most simply be understood by the pan-

cake model (Zahnle, 1992; Klein et al., 1994), in which transverse motions are driven

by the increased pressure on the front surface of the object compared to the sides.

Field & Ferrara (1995) showed that the actual disruption by Kelvin-Helmholtz and

Rayleigh-Taylor instabilities with wavelengths comparable to the size of the object

reproduces the scalings yielded by this simple model. Murray et al. (1993) confirmed

numerically that when self-gravity is strong enough to stabilize the Kelvin-Helmholtz

instability, the sphere is stable against catastrophic disruption. This occurs when the

gravitational acceleration

g & gcrit ≡
2πρ2ρ1U

2

R2(ρ2
2 − ρ2

1)
, (5.1)

where ρ1, ρ2, R2 and U are the background density, and the density, radius and

relative velocity of the companion, respectively. We assume the tidal forces exerted

by the giant star on the companion to be negligible compared with the self-gravity

of the companion – we discuss this point in Section 5.1.3. Assuming D ≡ ρ2/ρ1 � 1

and taking the gravitational acceleration g ≈ GM2/R
2
2, one obtains a critical mass

under which disruption occurs (their Equation (2.8)):

Mcrit ∼ 9.4

(
50

D

)2(
U

100 km s−1

)3

×
(

10−4 g cm−3

ρ1

)1/2

MJ. (5.2)
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If the configuration is unstable (M2 . Mcrit), the companion is disrupted in a cross-

ing time as the characteristic timescale for destruction is equivalent to its internal

dynamical timescale:

τ ∼ 1.4

(
R2

0.1 R�

)(
100 km s−1

U

)(
D

50

)1/2

hr. (5.3)

We approximate the relative velocity of the companion by the maximum orbital ve-

locity reached during the in-spiral phase, i.e. the final orbital velocity:

U ∼
√
GMc

a
(5.4)

where Mc �M2 is the mass of the primary’s core, and a is the orbital separation at

the end of the CE phase. We substitute this relation in Equation (5.2), and obtain

the critical background density above which the companion is unstable:

ρ1,crit ∼ 1.4 10−3

(
a

R�

)(
M�
Mc

)(
M2

MJ

)2/3

×
(

ρ2

1 g cm−3

)4/3

g cm−3. (5.5)

One should emphasize that if the companion is unstable, the dominant wavelength

acting to destroy it is comparable to the sphere radius. The destruction is there-

fore global and not quasi-static. In other words, the companion is destroyed catas-

trophically, not ablated by incremental mass-loss due to short wavelength surface

instabilities. Thus stability cannot be reached again once disruption starts.

If the companion is stable (M2 &Mcrit), such shorter wavelength instabilities can

still occur and strip mass in a more ablative manner, giving a quasi-static mass loss

rate. We compute the largest unstable wavelength from Equations (5.1) and (5.4),

again assuming ρ2 � ρ1, and substituting λmax for R2. We find

λmax = 7.8 10−2

(
Mc

M�

)(
R�
a

)(
1 g cm−3

ρ2

)5/3

×
(

ρ1

10−4 g cm−3

)(
MJ

M2

)1/3

RJ. (5.6)
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Murray et al. (1993) suggests that the corresponding mass loss rate can then be

approximated to that occurring in laminar viscous flows as described by their Equa-

tion 3.5:

Ṁv ∼ 11

(
U

100 km s−1

)(
ρ1

10−4 g cm−3

)
×
(

R2

0.1 R�

)2(
λmax

R2

)
MJ yr−1 (5.7)

where we have assumed the relative velocity to be of the order of the sound speed

of the background. Equation (5.7) should be used with caution as it is valid only

for Reynolds numbers Re . 30 (Nulsen, 1982). In our case, the Reynolds number is

Re = 2R2U/ν, where ν is the molecular viscosity. Viscosity in stellar interiors is far

too small to allow such low Reynolds numbers on these length scales.

However, such low effective Reynolds numbers might be reached through the tur-

bulent viscosity. Since the largest possible size of the eddies is λmax and their largest

velocity is the sound speed of the ambient medium cS, one can use a formalism like

that of Shakura & Sunyaev (1973) and parameterize the turbulent viscosity as

νt = αcSλmax (5.8)

where α . 1 is a free parameter. The effective Reynolds number is thus:

Ret ∼
2R2

αλmax

(5.9)

where we have still assumed that U ∼ cS. Unfortunately, no accepted value of α

has been derived for our specific case. We can only calculate the minimum turbulent

Reynolds number Ret,min = Ret(α = 1) and see how this number compares to the

range required to apply Equation (5.7).

Another approach would be to calculate how much work from the drag acts on

the companion during its in-spiral, and compare it to the companion’s gravitational

binding energy Ebin ∼ GM2
2/R2. Assuming for the cross section S2 = πR2

2 and a

drag coefficient CD, the drag force is FD = 1
2
CDρ1U

2S2. The smaller the companion,

the longer the in-spiral phase lasts: for example, the 0.9 M� and 0.1 M� companions

complete about 20 and 40 orbits during this phase, respectively (De Marco et al.,

2012; Passy et al., 2012). We therefore assume that our companions complete at least
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50 orbits, and slice the giant’s envelope down to the currently observed separation

of the system, in Norbits = 50 equally-spaced radii R̄i corresponding to an average

density ρ̄i. Assuming CD = 1, the work provided by drag forces is thus:

Wdrag =
∑

i≤Norbits

1

2
ρ̄iU

2
i S2 × 2πR̄i, (5.10)

where Ui =
√
GMi/R̄i and Mi is the mass enclosed within R̄i. We will see in Sec-

tion 5.1.3 that the calculation of Wdrag does not depend strongly on the number of

assumed orbits. If Wdrag & Ebin we conclude that the companion could have been de-

stroyed if the drag energy can be coupled to the interior of the companion efficiently,

even if it is stable according to Equation (5.1).

5.1.3 Results

In this section we study each system reported in Table 5.1 separately and investigate

whether the substellar components are less massive today than they were prior to the

CE evolution.

WD 0137–349

Using the MESA stellar evolution code (Paxton et al., 2011), we compute a model

for the 0.053 M� brown dwarf companion to this white dwarf and obtain a radius

R2 = 0.079 R� (Figure 5.1). The mean density of the brown dwarf is ρ2 = 150 g cm−3

which, substituted in Equation (5.5), yields a critical density ρ1,crit ≈ 27 g cm−3.

We compare this critical density to the density profile of the progenitor and see

whether the companion will plunge deep enough into the primary’s envelope to en-

counter a density high enough to destroy it. The most likely progenitor of the white

dwarf is a nearly 1 M� main sequence star. We evolve such a model with MESA up

to the red giant branch until the core mass reaches the observed white dwarf mass.

At that time, the radius of the star was 100 R� and its total mass was 0.89 M� due to

mass loss. The density profile of this red giant star is displayed in Figure 5.2. The cur-

rent orbital separation of the system is a = 0.65 R� which means that the companion

has reached a layer of the primary where the density ρ1,max ∼ 2.1× 10−3 g cm−3.

At this point, we should emphasize that we have calculated the maximum density

encountered by the companion using the initial profile of the giant primary. Hydro-

dynamical simulations suggest that in the deep interior, density at a given coordinate
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Figure 5.1 Density profiles for the 0.053 M� (solid black), 10 MJup (dashed red),
1 MJup (dash-dotted blue) and 0.1 MJup (dotted green) models.

decreases with time (Passy et al., 2012, Figure 12) although the current resolution

does not allow them to give a definitive answer at such small radii. Therefore, ρ1,max

should be considered an upper limit.

ρ1,max is four orders of magnitude smaller than the critical density required for

instability so we conclude that the companion is stable. Moreover, the mass-loss rate

due to viscous stripping is only ∼ 3.8 × 10−2 MJup yr−1. Since the dynamical phase

of a CE lasts only about one year (Sandquist et al., 1998; Passy et al., 2012), the

companion has not lost any significant amount of mass during its in-spiral phase.

SDSS J08205+0008

SDSS J08205+0008 is very similar to WD 0137–349 so we also conclude that the

brown dwarf – whose estimated mass ranges from 0.045 to 0.068 M� – has not been

affected during the plunge-in phase.
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Figure 5.2 Density profile for the 0.89 M� red giant star progenitor of WD 0137–349
(solid black) and a 0.76 M� star at the tip of the red giant branch (dotted red).

HIP 13044

The minimum mass of the planet orbiting HIP 13044 is estimated to be 1.25 MJup

(Setiawan et al., 2011). This system is intriguing, as a plausible formation channel

for this system has yet to be found. Indeed, the orbital separation (∼ 25 R�) is much

larger than the separations obtained from numerical simulations or observations of

post-CE systems (De Marco et al., 2011; Passy et al., 2012). Also, successful CE

interactions usually lead to the formation of blue horizontal branch stars with very

thin hydrogen-envelopes (Soker, 1998; Han et al., 2002).

Bear et al. (2011) therefore suggested that the helium flash occurring in a 0.9 M�

metal-poor red giant star could ignite hydrogen burning in a thick region at the



135

bottom of the envelope. This deposition of energy would eventually lead to a dramatic

inflation lasting about 100 yr, during which the stellar radius could reach 700 R�. The

planet would then enter a “half-failed, half-successful” CE during which the orbital

separation would shrink down to approximately 25 R�, only 0.1 M� would be lost by

the system and the primary would evolve to the red part of the horizontal branch.

This theory has several problems. First, there is no compelling evidence suggesting

that red giant branch stars might suffer such a large and long-lasting expansion after

the helium core flash. On the contrary, simulations performed with stellar evolution

codes such as MESA, show that red giant stars shrink after helium has been ignited

explosively. Second, the duration of this suggested post-helium-flash expansion is

larger than the duration of a CE phase. Therefore, the in-spiral of the companion

could not have been stopped because of the primary contracting below its Roche lobe

on a short timescale. Thus, the entire envelope must have been lifted up, mostly

in the equatorial plane (Passy et al., 2012; Ricker & Taam, 2012), which raises thus

the question of how a red horizontal branch star could eventually form. Finally, the

planetary companion would strongly interact with falling back material through grav-

itational drag. In that regard, the large orbital separation observed is still perplexing.

For all these reasons we believe that the scenario suggested by Bear et al. (2011) is

unlikely.

A careful investigation of the progenitor of HIP 13044 seems quite complex and

beyond the purposes of this paper. Consequently, we simply assume that the com-

panion went through a CE interaction with an unknown progenitor. For the latter,

we will consider the same profile as in Section 5.1.3 in order to give an indicative

answer on the potential survival of the companion.

For the companion, we consider a 1 MJup model (Figure 5.1), with a radius

R2 = 0.101 R� and a mean density ρ2 = 1.31 g cm−3. We find the critical den-

sity for stability ρ1,crit ∼ 6.2 × 10−2 g cm−3. The density in the progenitor’s profile

corresponding to the observed separations between the subdwarf and the planet is

ρ1,max ∼ 10−5 g cm−3, almost four orders of magnitude smaller than ρ1,crit. We thus

conclude that the companion is stable. The viscous mass loss rate is also negligible

(Ṁv ∼ 1.4× 10−4 MJup yr−1) so no mass will be ablated from the companion during

the plunge-in phase.
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KIC 05807616

The most intriguing system is certainly KIC 05807616, which has two nearly Earth-

mass planets orbiting a subdwarf B star with an orbital separation of about 1.5 R�.

In order to constrain the mass of these planets prior to their engulfment, we use the

same method as previously, with four different models ranging from 10 MJup down

to 1 M⊕ (Figure 5.2). For the Earth-sized model, we use the accepted values for the

Earth (see, e.g., Cox, 2000) as listed in Table 5.2. We again assume the primary used

in Section 5.1.3 for which we obtain ρ1,max ≈ 10−3 g cm−3.

The results are summarized in Table 5.2. One can see that the critical density

required to catastrophically destroy an Earth-sized companion is about as large as

the maximum density ρ1,max. In this regard, the 1 M⊕ companion could still be

stable. However Wdrag ∼ 1041 erg, which is more than an order of magnitude larger

than the gravitational binding energy of the companion (Table 5.2). Wdrag does not

strongly depend on the number of assumed orbits since changing this number to

20 or 100 changes Wdrag by a factor of 2–3 only. Since the work provided by drag

forces exceeds the binding energy of the companion, we conclude that the Earth-sized

companion may not survive the engulfment, if the energy can be effectively coupled

to the planetary material.

From the same considerations, a 10MJup companion is too massive to be affected in

any way during its in-spiral phase (Table 5.2). For a 1 MJup companion, ρ1,max exceeds

ρ1,crit by almost an order of magnitude, so the secondary could be stable. However,

Ebin exceeds Wdrag by only a factor of three, which suggests that a significant amount

of mass could be removed from the surface of the companion. A 0.1 MJup companion

has a critical density an order of magnitude smaller than ρ1,max. Moreover, Wdrag is

about 20 times larger than the binding energy of the companion. Together, these

suggest that a 0.1 MJup object probably would be destroyed. Using a more evolved

model with a higher core mass Mc = 0.47 M� and Norbits = 100 (the stellar radius

∼ 175 R�) yields similar results (Figure 5.2, Table 5.2) We thus conclude that the

progenitor of the planets likely had a mass of a few MJup, supporting the suggestion

made byCharpinet et al. (2011).

Discussion

A legitimate question is whether mass accretion by the substellar companion is rel-

evant. From a Bondi-Hoyle analysis (see, e.g., Edgar, 2004, Equation (31)), the
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accretion rate onto the 1 MJup object is only

Ṁacc ∼
πG2M2

2ρ1,max√
2U3

= 3.7× 10−2 MJ/yr. (5.11)

We therefore conclude that mass accretion is negligible on the timescale of the CE

interaction. Ricker & Taam (2008) also reached this conclusion in the case of more

massive secondaries. They further argued that the mass accretion rate calculated

from their simulations is even smaller than the one given by Equation (5.11), mainly

because tidal effects dominate the structure of the flow.

Bear & Soker (2012) propose a slightly different scenario for the formation of

the two planets around KIC 05807616. Instead of considering the dynamical effects

occurring during the CE phase, they suggest that a massive giant planet was tidally

destroyed after the end of the in-spiral phase and that the two planets are remnants of

the disrupted metallic core. Using their Equation (1) with Ctide = 1, the values given

by Charpinet et al. (2011), and our planetary models (Table 5.2), the tidal radius at

which destruction occurs is Rt = 0.39 and 0.80 R� for the 10 and 1 MJup objects,

respectively. These qualitative values are still smaller than the observed separations

of the planets (see Table 5.1), so it is difficult to conclude whether these objects would

be tidally destroyed. They also suggest that evaporation of the companion due to

heating from the envelope might be important. They estimate the mass of the planet

must be & 5 MJup in order to survive evaporation. The evaporation timescale depends

on the efficiency of heat transfer, which is sensitive to mixing between the planetary

atmosphere and the stellar convective envelope. We cannot at present calculate this

timescale with sufficient precision. We therefore do not know whether evaporation

could dominate the dynamical effects we discuss in this study. Nevertheless, the mass

of the progenitor suggested by Bear & Soker (2012) is consistent with ours.

5.1.4 Summary

We have considered evolved stars found to have brown dwarfs or planets around them

in close orbits, suggesting that these systems have gone through a CE interaction.

Using the criterion developed by Murray et al. (1993), we have investigated the sta-

bility of these substellar companions against mass loss induced by Kelvin-Helmholtz

and Rayleigh-Taylor instabilities.

We have found that the substellar companions observed in WD 0137–349, SDSS

J08205+0008 and HIP 13044 are very unlikely to have been affected during the in-
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spiral inside their giant progenitors. Therefore, the masses of these objects currently

observed are likely the same as prior to the CE phase. The two planets detected

orbiting KIC 05807616, however, are not massive enough to have survived the engulf-

ment unscathed. We have estimated the mass of the progenitor of these planets to

be of order 1 MJup. The question that still has to be answered is how such low-mass

companions could have successfully unbound the entire envelope of the primary.
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5.2 Simulating the common envelope interaction

with substellar companions

5.2.1 Introduction

We have addressed in Section 5.1 the question of the survivability of substellar com-

panions during a CE interaction. How substellar companions manage to eject the

envelope remains, however, unclear, and requires numerical simulations in order to

be explained. Although it is true that this issue has not been solved even for stel-

lar companions (Chapter 3), lower-mass secondaries may enter a different regime of

interaction, and studying their case could potentially provide valuable information.

Extending the capabilities of our numerical code Enzo (Chapter 3) to model this

problem, is non-trivial. The main challenge lies in the various length scales that need

to be resolved. One needs a local resolution of at least ∼ 0.1 R� in order to resolve

the final separations of most systems presented in Section 5.1. Unlike the unigrid

simulations presented in Chapter 3, one would also like to have a computational

domain large enough such that all the envelope mass would be kept within the domain

for the entire duration of the simulation. According to Figure 3.19, the domain should

thus be ∼ a few thousands R�. This represents a range in resolutions of at least 4

orders of magnitude, which in three dimensions can only be reached at reasonable

cost via the use of adaptive mesh refinement (AMR).

AMR is a feature fully implemented in the Enzo code. The user has the choice to

locally refine the computational domain according to various criteria, such as baryonic

mass, dark matter particle mass (for cosmological simulations), or shocks, to name

a few. One of the difficulties of nested-grids simulations including self-gravity is to

calculate the gravitational potential field in a consistent manner across the different

levels of refinement. We describe this point in detail in the next section.

5.2.2 Self-gravity

The Euler equations (Equations 3.1 to 3.4) are solved numerically using either finite-

difference or finite-volume methods. For instance, the Zeus solver used to perform the

Enzo simulations presented in Chapter 3 is a second order finite-difference advection

method, while the third-order piecewise parabolic method (PPM) also implemented

in Enzo, is based on a finite-volume discretization. More details on these methods,
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and others, can be found in Laney (1998). Thus, solving the Euler equations is a local

problem: the state of a cell at a given time t + ∆t , where ∆t is the timestep, only

depends on the state of the neighboring cells at t and t + ∆t. This calculation can,

as a consequence, be efficiently parallelized to a large number of processes.

Self-gravity is represented by the Poisson equation:

∆Φ = 4πGρ (5.12)

where Φ its the gravitational potential. The Poisson equation is obtained by combin-

ing Gauss’ law for gravity:

∇ · g = −4πGρ (5.13)

and expressing the gravitational field, since it is conservative, in terms of a potential

Φ:

g = −∇Φ. (5.14)

Computing the gravitational potential from Equation (5.12) is a global problem: a

change in the mass distribution anywhere in the grid will impact the entire domain.

Information about the gravitational potential thus need to be communicated between

processes, which deteriorates how the code scales. This is one of the reasons why our

Enzo simulations have been carried out on approximately 200 cores, while some purely

hydrodynamical simulations of the He-shell flash convection zone have been performed

on 98 000 cores (Falk Herwig 2012, private communication, but see also Woodward

et al. 2009). This comparison is not strictly accurate as the codes used and the

problems solved are different, but nevertheless shows qualitatively how self-gravity

can limit scaling.

Another difficulty of simulations including self-gravity is to compute the gravi-

tational potential accurately, in particular when nested grids are used. In order to

reduce the computational resources needed, the default multigrid gravity solver im-

plemented in Enzo does not calculate the potential consistently between different

levels of refinement. In other words, the gravitational field lines are not continuous

at the grids boundaries. While this inaccuracy is negligible in cosmological sim-

ulations (because the evolution is driven by gravitational collapse), it significantly

affects our simulations, for which the giant star has to be in hydrostatic equilibrium
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(Section 5.2.4). We therefore implemented a new gravity solver based on an adap-

tive particle-mesh (APM) technique that allows a more accurate calculation of the

potential. We describe in the next section the fundamental differences between the

multigrid and the APM gravity solvers when used in nested-grids simulations.

5.2.3 The different Poisson solvers in Enzo

The Poisson equation in Fourier space

We recall here how to derive the Poisson equation in Fourier space. More details can

be found, e.g., in Hockney & Eastwood (1989). By definition, a function f and its

Fourier transform f̂ follow the relation:

f(r) =
1

2π

∫
f̂(k)eik·rdk, (5.15)

which one can use to rewrite Equation (5.12):

−
∫

k2φ̂(k)eik·rdk = 4πG

∫
ρ̂(k)eik·rdk. (5.16)

Multiplying both sides by e−iK·r, integrating over r, and switching the integrals (al-

lowed by Fubini’s theorem) leads to:

−
∫

k2φ̂(k)

[∫
ei(k−K)·rdr

]
dk = 4πG

∫
ρ̂(k)

[∫
ei(k−K)·rdr

]
dk. (5.17)

The Dirac delta function is defined as:

δ(k− k0) =
1

2π

∫
ei(k−k0)rdr, (5.18)

which we substitute in Equation (5.17) to obtain the Poisson equation in Fourier

space:

−K2φ̂(K) = 4πGρ̂(K). (5.19)

Let us consider a periodic cubic mesh of period L and spacing H in each direction.

The values are defined at points ri,j,k = (iH, jH, kH) for (i, j, k) ∈ [0;N ]3, where N

is the number of mesh points in one direction. Instead of solving the integral version

of φ̂ and ρ̂ (Equation 5.15), we calculate the finite series version:
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f̂(k) = H
∑
i,j,k

f(ri,j,k)e
−ik·ri,j,k , (5.20)

where the wavenumber k takes values km,n,p = (mk0, nk0, pk0) with k0 = 2π/L.

Equation (5.20) is calculated using a fast Fourier transform (FFT) algorithm which

offers a O(n log n) way to evaluate a set of n2 sums, where n is the total number

of mesh points. The critical point is how boundary conditions on nested grids are

handled. This is where the algorithm of the multigrid and the APM solvers differ.

We describe these differences in the next two paragraphs.

The multigrid solver

First the potential on the root grid is computed using the FFT algorithm. Then, the

basic algorithm followed by the multigrid solver in order to calculate the potential on

a fine grid is:

1. copy the density field, or problem, on the fine grid onto a working array, or

patch;

2. recursively replace the problem on the fine patch by an approximation on a

coarser patch;

3. solve the Poisson equation on the coarse patch approximately;

4. use the solution of the coarse patch as a starting guess for the fine-patch prob-

lem;

5. solve the problem on the fine patch;

6. copy the fine-patch solution onto the fine grid.

The approximation on the coarse grid (step 3) is calculated using the Gauss-Sidel

relaxation method (Hockney & Eastwood, 1989). Steps 2 to 5 form what is called

a V-cycle (Laney, 1998). A diagram connecting the different steps is showed in

Figure 5.3.

The success of the multigrid solver depends on the coarse grid solution being a

good approximation to the fine grid solution. The tests presented in Section 5.2.4

will show that this is not necessarily the case because the forces are not continuous

through a refinement jump, in particular for a system in equilibrium.
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The APM solver

The APM solver is based on the particle-particle particle-mesh method (Hockney &

Eastwood, 1989; Couchman, 1991). The basic idea of the algorithm is to split the

force to be calculated between the different levels of refinement.

The calculation on the root grid is identical to the one performed by the multigrid

solver. On a fine grid, one only calculates the component of the force due to the

smallest scales (largest modes), then reconstructs the complete force by adding the

components from the parent grids. Different smoothing functions can be used to filter

the modes assigned to a given grid resolution. We use the sphere with uniformly

decreasing density S2:

S2(r) =


48

πa4

(a
2
− r
)

if r ≤ a/2

0 otherwise

(5.21)

where a is a positive parameter. The S2 profile gives better accuracy in three-

dimensional schemes (Hockney & Eastwood, 1989). For each grid we take a = 3.4 ∆X,

where ∆X is the grid cell size. This value has been showed empirically to minimize

the noise.

Eventually the total force is reconstructed by adding all the different components:

Ftot = Fcoarse +
∑

fine grids

Ffine. (5.22)

The decomposition is shown for the particular case of a simulation with one nested

grid in Figure 5.4. We now compare the accuracy of both Poisson solvers for different

test cases.
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level 0

level 1

level 2
1

6

2-5

Enzo grids

V-cycle

patches

Tuesday, October 30, 

Figure 5.3 The multigrid solver for a simulation with three grids total (blue). The
patches are showed in green. The numbers correspond to the different steps described
in Section 5.2.3.

F

r
~ Lbox~ ΔXcoarse~ ΔXfine

Thursday, November 1, 












Figure 5.4 Diagram of the APM algorithm for a simulation with a coarse grid of linear
size Lbox and cell size ∆Xcoarse, and a fine grid of cell size ∆Xfine. The total force F
(black) is computed adding the component on the coarse grid (blue) and the fine grid
(red).
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5.2.4 Testing the different Poisson solvers

In this section we perform several tests in order to demonstrate the better accuracy

of the APM solver in comparison with the multigrid solver. We assume a three-

dimensional computational domain [0 ; 1]3, and use gas and particles. These particles,

also called dark matter particles, have their mass deposited into the eight nearest

cells and added to the gas density of those cells in order to compute the total density,

which is eventually used to solve the Poisson equation.

The TestOrbit problem

We first perform a two-body problem test with two particles initially in a circular

orbit, and no gas. The initial conditions are, all in code units:

• Root grid dimensions: 32× 32× 32

• Isolated boundary conditions

• Central particle with mass M1 = 1.0

• Test particle with mass M2 = 0.1

• An initial orbital separation R = 0.3

• Two levels of adaptive refinement based on the density of the particles when

the latter are deposited onto the mesh

• System evolved until t = 2

As we can see in Figure 5.5, not even a single circular orbit can be reproduced with the

multigrid solver because of the discontinuities across the different refinement levels.
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Figure 5.5 Trajectories in the orbital plane of the central particle (red) and the test
particle (blue). The different grid levels are showed in magenta. Top: with the
Multigrid solver (simulation stopped at t = 0.64). Bottom: with the APM solver.
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The GravityTest problem

This test verifies the acceleration of nearly massless particles from a single point mass.

The initial conditions are, all in code units:

• Root grid dimensions: 32× 32× 32

• Isolated boundary conditions

• Central particle with density ρ = 1.0

• 5000 test particles placed randomly with mass m = 10−10

• One subgrid covering the region [0.4375 ; 0.5625]3

• System evolved for one timestep

The tangential component of the force Ftan should be zero; the radial component

Frad should follow the analytical result Fanal ∝ r−2, but is softened for radii less than

about one cell length. Again, the difference in accuracy between the multigrid solver

and the APM solver, is striking (Figure 5.6). For both solvers, the largest inaccuracy

in the force calculation is reached at the boundary of the nested grid (r ≈ 2).
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Figure 5.6 Forces on the test particles as a function of the distance to the central
particle (in units of the size of a cell in the root grid) obtained with the multigrid
(top) and the APM (bottom) solvers. Showed are the analytical force (black), as well
as the computed radial (blue) and tangential (red) components.



151

The SineWaveTest problem

For the final test we set up the gas density to follow a sine distribution. In this

particular case, one can directly compare the computed potential with the analytical

potential, which according to Equation (5.12), should also be a sine function. The

initial conditions are:

• Root grid dimensions: 32× 32× 32 or 64× 64× 64

• Periodic boundary conditions

• ρ(x, y, z) = 2 + sin(2πx
P

), where P is the period

• Two levels of refinement in the region [0.4 ; 0.6]3

• Evolved for one timestep

Results are shown in Figure 5.7 and Figure 5.8 for P = 1.0 and P = 0.2, respec-

tively. Since the gravitational potential is defined to be constant, we display here

the values directly output by the code. Note how the accuracy of the computation

improves with resolution, in particular for the case P = 0.2 (Figure 5.8).
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Figure 5.7 Comparison of the potential computed with the multigrid (left) and the
APM (right) solver for a sine density wave on a root grid (blue) with 32 × 32 × 32
(top) and 64 × 64 × 64 (bottom) zones, 2 levels of refinement (red and green), and
P = 1.0.
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Figure 5.8 Comparison of the potential computed with the multigrid (left) and the
APM (right) solver for a sine density wave on a root grid (blue) with 32 × 32 × 32
(top) and 64 × 64 × 64 (bottom) zones, 2 levels of refinement (red and green), and
P = 0.2.
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Prospects

As we showed in the previous section, the APM solver has performed well on a number

of test cases. The APM solver is also fully functional in parallel, and we are currently

working on generating and relaxing the initial conditions of the simulations that we

would like to perform. After having confirmed that our simulations with the 0.15-

and 0.1-M� companions are converged (Figure 3.15), we will decrease the companion

mass to reach substellar objects.

In that regard, WD 013–349 is of particular interest (Maxted et al., 2006). This

system is composed of a 0.053 M� brown dwarf orbiting a 0.39 M� white dwarf with

a 0.65 R� orbital separation. This is a clean and well-constrained post-CE system

that we could try to model with our hydrodynamical tool.

A local resolution attempt of at least ≈ 0.1 R� is required to study such a short

period system. Moreover, the whole computational domain must be ≈ 3 000 R� in

order to contain the envelope of the giant star until the end of the dynamical phase.

Therefore, typical initial conditions that we would like to reach are:

• Root grid dimensions: 64× 64× 64

• Domain linear size: 3 000 R�

• Seven levels of refinement based on the gas mass criterion

A few plots for such conditions are showed in Figure 5.9. Eventually, we are also

planning to add another refinement criterion and, at each timestep, refine the regions

around the point mass particles, a.k.a the core of the giant star and the companion.
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Figure 5.9 Initial conditions described above for a simulation with the progenitor
presented in Chapter 3. Top: density slice of the red giant in the entire domain.
Middle: Zoom-in on the primary. Bottom: Same region as above but with the refine-
ment level showed instead of density. The black rectangles show the position of the
different nested grids.
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Chapter 6

Summary and Conclusions

6.1 The common envelope interaction: what’s new?

The CE interaction between two stars in a binary system is responsible for some of

the most spectacular and important astrophysical objects and phenomena. Although

introduced almost forty years ago (Paczynski, 1976), many fundamental questions

regarding the CE interaction have yet to be answered. In this thesis, we tackled

some of these questions, using mostly analytical and numerical approaches. Here we

summarize our findings and emphasize how they have contributed to improving our

knowledge of the CE interaction.

Predicting the post-CE interaction orbital period based exclusively on the initial

parameters of binary system, is much needed for population synthesis models. We

used an analytical/empirical technique in order to statistically predict the final period

of a CE interaction. We considered the α-formalism and via a detailed study of the

energetics and the use of stellar evolution models, we derived the efficiency α of the CE

interaction from a carefully selected and sample of post-CE systems. We suggested

a possible inverse dependence of α with the companion to primary mass ratio, and

highlighted the significant uncertainties – due to the large degeneracy of the problem –

inherent to this type of reconstruction technique.

We then wanted to confirm the predicted efficiency of the ejection with numerical

models. Therefore we carried out three-dimensional hydrodynamical simulations of

the CE interaction using two different codes. We studied the case of a 0.88 M� red

giant donor star and companion masses ranging from 0.9 down to 0.1 M�. The results

between the two codes are very consistent, thus verifying that the methods we have
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developed to model this problem, are accurate. We were the first to carry out a set of

simulations for a range of companion masses, which allowed us to show that the final

orbital separation increases with the secondary mass, as expected from an energetic

analysis. However, the simulations fail to reproduce systems thought to have gone

through a CE interaction. Indeed, most of the envelope of the donor remains bound

at the end of the simulations and the final orbital separations are larger than the ones

observed. Although these results were also found by Sandquist et al. (1998, 2000),

it is the first time that they are connected in a meaningful way to the formation of

close binaries. Our conclusions were then confirmed by Ricker & Taam (2012). We

suggested that this discrepancy vouches for recombination playing an essential role

in the ejection of the envelope and/or significant evolution of the orbit happening

in a subsequent phase. Also, a higher local resolution is required in order to prove

convergence for the case with secondary masses . 0.15 M�, and to model companion

masses down to the substellar regime.

Since most of the giant’s envelope is not unbound at the end of the hydrodynamical

simulations, we studied whether the mass-losing star would expand as a response to

mass loss, therefore facilitating the ejection of the envelope by lowering its binding

energy. Using one-dimensional stellar evolution simulations we showed that giants do

not evolve adiabatically, nor stay in hydrostatic equilibrium when they lose mass on

a dynamical timescale. As a consequence, giant stars actually do not expand when

mass is removed from their surface with high mass loss rates, as suggested by previous

models in the literature (Hjellming & Webbink, 1987; Ge et al., 2010). Therefore,

no stellar expansion that would have helped the envelope ejection, occurs. Moreover,

criteria for the onset of the CE interaction based on those previous models, might

need to be re-evaluated.

Motivated by several recent observations of brown dwarfs and planets found in

close orbits around evolved stars, we finally studied the case where the CE interaction

occurs with a substellar companion. Leaving aside the issue of how light compan-

ions can eject the envelope, we investigated the dynamical properties of brown dwarf

and giant planets while immersed in the common envelope, and whether these sub-

stellar companions could be partially or totally destroyed during the in-spiral phase.

We concluded that the masses of the companions observed in WD 0137-349, SDSS

J08205+0008, and HIP 13044 are most likely the same as prior to the CE phase.

However, the planets observed around KIC 05807616 are not massive enough to have

survived the engulfment untouched, and we estimated the mass of the progenitor of
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these planets to be ≈ 1 MJup.

6.2 Prospects

6.2.1 Reproducing the observations

The immediate first goal should be trying to reproduce the observations for the low-

and intermediate-mass systems presented in Chapters 2 and 3. We have suggested

two possible explanations for the discrepancy between the outcomes of our numerical

simulations and observations of post-CE systems: the missing microphysics and/or

the post-dynamical-phase evolution.

Microphysics

In the first scenario, the limited microphysics used in the code – in order to limit

computational costs – prevented us from reproducing physical processes that would

significantly affect the evolution of the system. One possibility is that as the envelope

is ejected, it expands, cools off and recombine, thus releasing enough energy for the

envelope to become unbound. We showed qualitatively in Chapter 3 that the use of

recombination energy might be sufficient to eject the envelope. The other possibility

is related to the initial stratification of the envelope. Because of the use of an ideal gas

equation of state (Equation 3.4) in the hydrodynamical simulations, the giant’s enve-

lope is not convectively unstable. The convection energy might be the extra energy

missing in order to fully unbind the envelope. Different strategies could be adopted

to investigate these problems. One could, for instance, try to create a stratification

unstable against convection and study whether the CE interaction with this donor

star can successfully eject the whole envelope. Recombination could also be included

in our simulations, for instance by solving the Saha equations (Equation 3.26) at each

timestep. A more definitive option would be to use pre-compiled tables to compute

the pressure from the equation of state, which should allow us to treat convection and

recombination without having to modify the pressure and density profiles. Finally,

one should emphasize that these solutions directly aim to solve the envelope ejection

issue, not the fact that the systems are left at too large separations. One would in-

stinctively think that if convection and/or recombination help the ejection, it would

not bring to the stellar cores to closer orbits. On the contrary, it might leave the

companion at an orbital separation even larger than the ones obtained by the simu-
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lations presented in Chapter 3. One should take this reasoning with a grain of salt

as intuitive zero-order estimates can be wrong (see Chapter 4) because the equations

governing the evolution of the system are non-linear and interlinked. Moreover, we

don’t know how different the interaction between the companion and a more realistic

envelope, would be.

The fall back disk

If the addition of more realistic microphysics is insufficient to eject the envelope

and decrease the final orbital separations, one will have to investigate what happens

in the post-dynamical phase. The fact that the two jets in NGC6778 (Figure 1.3),

moving at≈ 100 and 400 km s−1, are kinematically younger than the nebula (Guerrero

& Miranda, 2012) might vouch for strong interactions having taken place after the

dynamical phase.

We recall that the extended envelope has, at the end of the simulation, the velocity

profile presented in Figure 3.19. Assuming that it evolves ballistically, one can esti-

mate the timescale needed by the envelope to fall back onto the binary. We assume

that the profile stays constant in mass coordinates. In other words, a shell is like a

particle and does not interact with the shells above and below. A shell i has the the

initial profile from Figure 3.19 [ri(t = 0), vi(t = 0),mi(t = 0)], where ri, vi,mi are the

position, the radial velocity, and the mass enclosed, respectively. Then for each shell:

• the shell is advanced by δt until vi(t) = 0, which gives us trise;

• 2× trise is the time for the shell to get back to initial configuration but with the

velocity oriented downwards;

• the shell is advanced by δt until ri(t) ≤ rfinal, which gives us tcollapse;

• the total fallback time is finally ttotal = 2trise + tcollapse.

To advance a shell, we first calculate the local gravitational acceleration

gi(t) =
Gmi(t)

r2
i (t)

, (6.1)

and compute the position and velocity at the next timestep:
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ri(t+ δt) = ri(t) + εvi(t)δt−

1

2
gi(t)δt

2

vi(t+ δt) = vi(t)− εgi(t)δt

(6.2)

with ε = 1 if the shell is going upwards, and ε = −1 if the shell is going downwards.

The different timescales are showed in Figure 6.1 for different time stepping and

different rfinal. The typical ballistic timescale of the extended envelope is about a

few years. Obviously, such qualitative analysis neglect hydrodynamical effects and

radiative transfer, but nevertheless gives a lower-boundary estimate of how long it

will take the envelope to fall back and interact with the binary. Hydrodynamical

simulations with radiative transfer are required in order to model accurately the

evolution of the envelope during the post-dynamical phase.

6.2.2 Different systems and regimes

Another necessary step would be to investigate the evolution for different binary sys-

tems. An AGB star has a more loosely bound envelope than a comparable RGB star,

and it would be valuable to investigate whether a CE could successfully unbind the

envelope in this case. As developed in Chapter 5, the CE interaction with substellar

companions is also of particular interest. We have carried out a test simulation with

a 10 MJup secondary (Figure 6.2). As stated earlier, higher resolution is required in

order to study the evolution for low-mass and planetary companions, and can only

be reached at reasonable costs through the use of adaptive mesh refinement. We

therefore implemented an adaptive particle-mesh Poisson solver. This solver should

allow us to use nested grids in our codes, a necessary feature to perform simula-

tions with planetary companions. We estimated that a nested grid simulation with

initial parameters similar to those showed in Figure 5.9, would require about 200k

CPU hours and could scale up to at least 200 cores. Also, the evolution of massive

stars is dominated by binary interactions (Bouy, 2011; Sana et al., 2012). Moreover,

the most massive stars could very well be in the super-Eddington regime (Shaviv,

2005), thus making the CE evolution with such donors very different from what we

have seen in Chapter 3. For these reasons, the evolution of these massive systems

through a CE interaction should be investigated. Eventually, all these results should

be combined and an exhaustive grid of simulations performed. The results of these

simulations could then be easily compiled, for instance in a form of tables, in order
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to be efficiently used in population synthesis studies.

6.2.3 Predicting and explaining future observations

Thanks to the recent and coming development of state-of-the-art telescopes, we are

now entering a new era in the detection of transient astrophysical phenomena. As an

example, the Palomar Transient Factory (PTF, Rau et al., 2009) has already detected

more than 1 800 supernovae that have been spectroscopically confirmed1. Expected to

start running in 2022, the Large Synoptic Survey Telescope (LSST, Ivezic et al., 2008)

will survey the sky twice each week and detect a large amount of these time-varying

events. In order to explain some of these observations, our numerical simulations

could be coupled with a three-dimensional radiative transfer code in order to produce

simulated light curves, which could then be used as direct comparisons. Finally, the

formation of neutron star/neutron star or neutron star/ black hole systems is thought

to result from a CE interaction in a high-mass X-ray binary (Voss & Tauris, 2003).

Thus, this work has direct implications for gravitational waves detections such as

the Laser Interferometer Gravitational-Wave Observatory (LIGO, Abramovici et al.,

1992). Although LIGO was capable to detect about one neutron star/neutron star

merger every fifty years, advanced LIGO (aLIGO) should be able to detect about 40

of these objects every year (Voss & Tauris, 2003).

1Source: http://www.astro.caltech.edu/ptf/index.php.
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Schreiber, M. R. & Gänsicke, B. T. 2003, Astronomy and Astrophysics, 406, 305
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Appendix A

The binary fraction of planetary

nebula central stars

I. A high-precision, I-band excess

search

From De Marco, O., Passy, J.-C., Frew, D. J., Moe, M., & Jacoby G. H.

2013, MNRAS, 428, 2118

A.1 Introduction

A single star may be incapable of generating non-spherical planetary nebulae (PN).

Models that can reproduce elliptical and bipolar PN shapes (e.g. Garćıa-Segura et al.,

1999, 2005) have traditionally assumed the constancy of magnetic fields over the

high mass-loss period (known as the superwind phase) that characterizes the end of

the asymptotic giant branch (AGB) evolution. However, even a weak magnetic field

during the end of the AGB can act to slow down the differential rotation that generates

the field in the first place: today we have no viable theory to sustain a magnetic field

during the superwind phase in a single AGB star (Soker, 2006; Nordhaus et al.,

2006). An alternative theory, that a binary companion might be responsible for the

shaping action, has become central in the study of PN and formed the core of the

binary hypothesis which postulates that PN form more readily around binaries, where

by binary we mean a star accompanied by another star, a brown dwarf, or even a
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planetary system. For a review, see De Marco (2009).

There are several ways in which binary companions as light as planets can alter

the shape of the AGB superwind and the subsequent PN (Mastrodemos & Morris,

1999; Edgar et al., 2008; Passy et al., 2012). However, this does not prove that all

non-spherical PN (about 80% of the entire sample; Parker et al. 2006) derive from a

binary interaction. In order to determine the impact of binarity on PN formation a

first, fundamental step is to determine the binary fraction of central stars of PN.

Binary detection methods for central stars of PN have centered on the light vari-

ability technique, where a central, unresolved binary, undergoes eclipses, suffers el-

lipsoidal distortion or where the cool companion is irradiated by the luminous hot

one. This technique is responsible for the detection of almost all the known central

star binaries (Miszalski et al., 2009). The binary fraction determined in this way is

∼15–20%. This technique is biased against binaries with periods smaller than about

2 weeks, against binaries with the orbital plane near the plane of the sky, and against

companions with small radii (De Marco et al., 2008).

To determine the binary fraction for binaries with any orbital separation we need

a technique that is free of separation biases, such as the detection of red and infrared

excess from photometry or spectroscopy. So far only Zuckerman et al. (1991) and

Frew & Parker (2007) have carried out such studies. Zuckerman et al. (1991) detected

definitive K-band excess in 50% of 30 central stars but concluded that only in three

cases this could be ascribed to a companion, while in the others the emission may be

due to hot dust. Frew & Parker (2007) analyzed 32 objects with 2-micron All Sky

Survey (2MASS) or Deep Near Infrared Survey of the Southern Sky (DENIS) near-IR

photometry and deduced that >53% of PN have a cool companion (the completeness

limit of that survey and the error limits were not quantified).

Key to the success of such survey are (i) extremely accurate photometry with well

quantified uncertainties in at least two blue colors (e.g., B and V , to determine the

reddening) and in at least one red color (I or J , to detect the excess flux due to the

companion); (ii) a sufficiently large sample (&150 objects) covering the majority of

a volume-limited sample and (iii) the use of a red band that is not contaminated by

dust, practically leaving only the I or J bands as feasible. Here we present the first

study in a series that uses I band photometry (and J where possible) to detect a red

or near-IR excess. The I band is not as sensitive as the J band, but, if photometric

errors can be limited to 1%, this method can be a very practical way to observe a

substantial number of objects in a relatively short time.
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The binary fraction of the progenitor population has recently been measured to be

(50±4)% (Raghavan et al., 2010). This includes all companions down to the planetary

regime out to all separations with primary stars in the spectral range F6V to G2V.

We therefore expect a PN binary fraction of approximately 10 points lower. Clearly,

if we are to explain 80% of all PN (those with non-spherical shapes) with a binary

interaction, either the binary fraction of PN is higher than for the main sequence,

and close to 80%, or, if it is not, a fraction of PN should be explained by planetary

interactions. While testing for the presence of planets around central stars is not

generally within reach yet, we start here with determining the stellar-companion, PN

binary fraction.

The goal of this survey is to determine accurate B, V and I band photometry of

the ∼200 central stars closest to the Sun. This sample has been recently compiled

using the best available data from the literature supplemented by an improved Hα

surface brightness–radius relation which allows one to obtain distances accurate to

∼20% in most cases (Frew, 2008). Obtaining the J band magnitude of the central

stars is also desirable but much less practical for such a large sample.

In § A.2 we describe our sample. In § A.3 we present our observations and data

reduction, while in § A.4 we present our measurements of the photometric magnitudes

and their uncertainties. In § A.5 we give the details of the technique to detect I and

J band excess flux and the predicted accuracies and biases that derive from it. In

§ A.6 we report our results, including a discussion of objects that were detected to be

variable in the course of our observations. A comparison between our results and the

prediction for the single and binary scenarios follows in § A.7. We summarize and

conclude in § A.8.

A.2 The sample

Ideally, we would like to derive the binary fraction and period distribution in separate

samples, such as the non-spherical and the spherical subsets of PN. The need for a

larger sample as well as the lack of a clear definition of morphological classes lead us

to simplify this test: we simply derive the binary fraction (by which, hereafter, we

mean the stellar binary fraction) among a volume limited sample of central stars of

PN and compare it with that of the presumed main sequence progenitor population.

The expectation from the current scenario, whereby PN derive from stars in the mass

range ∼1-8 M�, whether they are single or in binaries, is that the PN binary fraction
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should be slightly smaller than that of intermediate mass main sequence stars, if

companions down to the brown dwarf limit and at all separations can be sampled.

A small difference between the binary population on the main sequence and during

the PN phase is justified by the expectation that very close binary main sequence

stars suffer a strong interaction on the red giant branch (RGB) and do not ascend the

AGB; also, it is expected that some binary interactions on the RGB or AGB could

result in mergers.

The sample presented here consists of 27 central stars of PN which were selected

solely based on their low PN surface brightness (radius of the PN is larger than

∼25 arcsec in most cases) as well as on the faint V magnitudes of their central stars.

The first criterion allows us to reduce the measurement error; the second insures that

fainter companions can be detected because, although faint V magnitudes can imply

intrinsically bright, distant objects, the large PN radius tends to select for closer

objects whose faint V brightness indicates that the stars are intrinsically faint. The

sample comprises 27 objects studied in the I band of which 11 have additional J-band

photometry.

A.3 Observations and Data Reduction

The observations were acquired during 8 nights between the 30th of October and

the 6th of November, 2007 at the 2.1-m telescope at Kitt Peak National Observatory.

However, the data from nights 2 and 8 were not photometric. The weather conditions

during the other nights were mostly photometric.

The detector was a 2048× 2048 pixel Tetronix CCD, which was binned 2× 2 (to

achieve a faster read-out and reduce the read noise level). The pixel size was 24 µm,

and the field of view was 10.2′×10.2′ (the platescale is 0.60 arcsec per (binned) pixel).

The electronic gain of the camera was 3.1 e−/ADU (Analog-to-Digital Unit), which

minimally samples the system noise of 6 e−, while providing a maximum signal of

about 200,000 e− before saturating.

The observations were made through the B,V ,R and I Johnson-Cousins astronom-

ical bandpasses. Ten bias frames per nights were obtained as well as ten dome flats

per filter. Their medians were used to de-bias and flat field the exposures. Standard

stars were selected from the list of Landolt (1992), so as to encompass the colours

and brightnesses of our targets as well as to sample a range of air masses. They are

listed in Table 4 alongside with the nights when they were used. We applied a shutter
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correction of −0.001 sec to the header exposure times, very low for even our shortest

exposure times.

A.4 The determination of the photometric magni-

tudes and uncertainties

Instrumental magnitudes were measured with the apphot package in iraf1 (Tody,

1986, 1993). The radius of the aperture that samples the flux was estimated to be 8

binned pixels by measuring bright stars through increasingly larger apertures. The

background was sampled between 8 and 13 binned pixels from the position of the

star. Targets were measured using apertures of 3 binned pixels and then aperture-

corrected. However, it was noticed that the final result was not very different from

that obtained by measuring targets through an 8-binned pixel aperture directly with

no aperture correction.

The instrumental magnitudes b, v, r and i, were then converted to observed mag-

nitudes, B, V,R and I on the standard system, by making the following first order

transformation:

B = OB + b+ CB(B − V )−KB ∗ ZB
V = OV + v + CV (B − V )−KV ∗ ZV
R = OR + r + CR(V −R)−KR ∗ ZR
I = OI + i+ CI(R− I)−KI ∗ ZI

(A.1)

where OB, OV , OR, OI are the instrumental offsets, CB, CV , CR, Ci are the colour

terms, KB, KV , KR, KI are the extinction coefficients, and Z is the airmass (where

the Z values are all the same and the subscripts are there for clarity). There can be a

second order correction due to the atmosphere, and therefore zenith distance because

the atmosphere acts as a broadband colour filter. This second order correction was

negligible. Although the airmass of our observations varied, it was never higher than

2.1 and generally very close to unity.

Our standard stars were used to calculate the needed coefficients. Each standard

star was observed through each filter at several values of the airmass, Z, and its

instrumental magnitudes b, v, r and i were determined. Then, for each filter, we solved

1iraf is distributed by the National Optical Astronomy Observatories, which are operated by
the Association of Universities for Research in Astronomy, Inc., under cooperative agreement with
the National Science Foundation.
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the system of equations in (A.1) using a least squares method, where the unknowns

are K,C and O. We finally plot Y1 = V − OV − v − CV (B − V ) as a function of Z,

and Y2 = I − OI − i + KI ∗ Z as a function of R − I. In Figure A.1, we show the

importance of obtaining observations of several standards at different airmass values.

When there are few stars (less than ∼25 stars), the fits tend to be noticeably poorer.

The values obtained for each coefficient as well as the total number of stars in each

filter are summarised in Table 5.
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Figure A.1 Example of fits to standard stars to estimate conversion coefficients. Note
the small range on the y-axis of the R band fit.
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Several precautions are taken to minimise the uncertainty. First, the targets’

signal-to-noise ratio is &100. Second, multiple observations of each target are taken on

different nights. This guards against possible mistakes in estimating the photometric

conditions. Finally, most of our targets have faint, large PN (>25 arcsec), which

reduces the error due to background subtraction.

The uncertainties on the instrumental magnitude measurements (σb, σv, σr, and

σi) provided by iraf include the photon statistics and the uncertainty on the sky

measurement. While the shutter correction was included, we did not include a shutter

correction error because it was deemed negligible. By adding the uncertainties in

quadrature we have, e.g., in the case of the error on the B-band magnitude:

σ2
B = σ2

OB
+ σ2

b + (B − V )2σ2
CB

+ C2
Bσ

2
B−V + Z2

Bσ
2
KB

+ σ2
apco

where σapco ≈ 0.004 mag is the error on the aperture correction, calculated as the

standard deviation of the aperture correction for the 5 reference stars used to calculate

the aperture correction itself. By adopting the approximation σ2
B−V = σ2

B+σ2
V ≈ 2σ2

V ,

we obtain the following equations for the errors on the B and V bands:

σ2
B =

(
σ2
OB

+ σ2
b + (B − V )2σ2

CB
+ Z2

Bσ
2
KB

+ σ2
apco

)
/(1− 2C2

B) (A.2)

σ2
V =

(
σ2
OV

+ σ2
v + (B − V )2σ2

CV
+ Z2

V σ
2
KV

+ σ2
apco

)
/(1− 2C2

V ) (A.3)

which we solve simultaneously to derive the values of σB and σV . Similarly, we derive

the uncertainties on R and I.

When more than one independent observation was taken for a given target, the

weighted mean was calculated:

µ = ΣN
i=1pixi, (A.4)

where N is the number of observations, xi is a given measurement and pi is its asso-

ciated probability (pi = (1/σi)/Σj(1/σj), where σi is the error on that measurement

and σj is the error on the jth measurement). The error on the mean was calculated

in the following way:

σ =
√

ΣN
i=1pi(xi − µ)2. (A.5)

The photometric magnitudes and their errors thus obtained are reported in Table A.1,

along with the number of measurements that were used in obtaining these values.
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Name B V R I

A 7 15.190 ± 0.003 ( 3 ) 15.495 ± 0.004 ( 3 ) 15.632 ± 0.013 ( 3 ) 15.818 ± 0.011 ( 2 )
A 16 18.517 ± 0.015 ( 3 ) 18.714 ± 0.018 ( 3 ) 18.733 ± 0.020 ( 3 ) 18.686 ± 0.016 ( 3 )
A 20 16.216 ± 0.002 ( 3 ) 16.466 ± 0.006 ( 3 ) 16.559 ± 0.007 ( 3 ) 16.701 ± 0.016 ( 3 )
A 28 16.280 ± 0.008 ( 3 ) 16.557 ± 0.009 ( 3 ) 16.691 ± 0.008 ( 3 ) 16.877 ± 0.014 ( 3 )
A 31 15.201 ± 0.007 ( 2 ) 15.544 ± 0.001 ( 2 ) 15.693 ± 0.009 ( 2 ) 15.831 ± 0.016 ( 2 )
A 57 17.903 ± 0.001 ( 2 ) 17.734 ± 0.011 ( 2 ) 17.451 ± 0.010 ( 2 ) 17.210 ± 0.002 ( 2 )
A 71 19.384 ± 0.015 ( 3 ) 19.335 ± 0.006 ( 3 ) 19.253 ± 0.010 ( 3 ) 19.185 ± 0.056 ( 3 )
A 72 15.761 ± 0.021 ( 3 ) 16.070 ± 0.028 ( 3 ) 16.237 ± 0.091 ( 3 ) 16.381 ± 0.043 ( 3 )
A 79 17.825 ± 0.013 ( 3 ) 16.965 ± 0.005 ( 3 ) 16.397 ± 0.026 ( 3 ) 15.743 ± 0.085 ( 3 )
A 84 18.366 ± 0.012 ( 3 ) 18.584 ± 0.013 ( 3 ) 18.613 ± 0.020 ( 3 ) 18.671 ± 0.020 ( 3 )
DeHt 5 15.268 ± 0.018 ( 1 ) 15.495 ± 0.019 ( 1 ) 15.568 ± 0.018 ( 1 ) 15.631 ± 0.018 ( 1 )
EGB 1 16.308 ± 0.007 ( 2 ) 16.439 ± 0.005 ( 2 ) 16.452 ± 0.007 ( 2 ) 16.482 ± 0.022 ( 2 )
EGB 6 15.692 ± 0.002 ( 2 ) 15.999 ± 0.002 ( 2 ) 16.137 ± 0.008 ( 2 ) 16.300 ± 0.009 ( 2 )
HaWe 5 17.321 ± 0.014 ( 2 ) 17.439 ± 0.005 ( 2 ) 17.471 ± 0.004 ( 2 ) 17.528 ± 0.011 ( 2 )
HDW 3 17.084 ± 0.003 ( 3 ) 17.187 ± 0.004 ( 3 ) 17.218 ± 0.039 ( 3 ) 17.234 ± 0.019 ( 3 )
HDW 4 16.310 ± 0.011 ( 1 ) 16.540 ± 0.013 ( 1 ) 16.638 ± 0.017 ( 1 ) 16.739 ± 0.017 ( 1 )
IsWe 1 16.374 ± 0.017 ( 3 ) 16.523 ± 0.007 ( 3 ) 16.576 ± 0.016 ( 3 ) 16.644 ± 0.013 ( 3 )
IsWe 2 18.142 ± 0.026 ( 5 ) 18.160 ± 0.033 ( 5 ) 18.118 ± 0.026 ( 5 ) 18.098 ± 0.022 ( 5 )
JnEr 1 16.775 ± 0.005 ( 2 ) 17.128 ± 0.013 ( 2 ) 17.288 ± 0.001 ( 2 ) 17.501 ± 0.023 ( 2 )
K 1-13 18.051 ± 0.013 ( 3 ) 18.425 ± 0.006 ( 3 ) 18.592 ± 0.019 ( 3 ) 18.846 ± 0.044 ( 3 )
K 2-2 13.977 ± 0.007 ( 3 ) 14.263 ± 0.010 ( 3 ) 14.390 ± 0.008 ( 3 ) 14.553 ± 0.013 ( 3 )
NGC 3587 15.414 ± 0.001 ( 3 ) 15.777 ± 0.009 ( 3 ) 15.960 ± 0.006 ( 3 ) 16.194 ± 0.029 ( 3 )
NGC 6720 15.405 ± 0.016 ( 2 ) 15.769 ± 0.023 ( 2 ) 15.901 ± 0.003 ( 2 ) 16.062 ± 0.012 ( 2 )
NGC 6853 13.749 ± 0.026 ( 3 ) 14.089 ± 0.010 ( 3 ) 14.247 ± 0.006 ( 3 ) 14.405 ± 0.010 ( 3 )
PuWe 1 15.291 ± 0.008 ( 2 ) 15.545 ± 0.006 ( 2 ) 15.662 ± 0.011 ( 2 ) 15.792 ± 0.008 ( 2 )
Sh 2-78 17.633 ± 0.012 ( 2 ) 17.660 ± 0.005 ( 2 ) 17.608 ± 0.025 ( 2 ) 17.543 ± 0.027 ( 2 )
Sh 2-176 18.489 ± 0.086 ( 3 ) 18.559 ± 0.019 ( 3 ) 18.570 ± 0.016 ( 3 ) 18.545 ± 0.029 ( 3 )
Sh 2-1761 18.442 ± 0.018 ( 2 ) 18.551 ± 0.016 ( 2 ) 18.562 ± 0.009 ( 2 ) 18.531 ± 0.010 ( 2 )
Sh 2-188 17.424 ± 0.013 ( 3 ) 17.447 ± 0.004 ( 3 ) 17.398 ± 0.009 ( 3 ) 17.376 ± 0.011 ( 3 )
Ton 320 15.379 ± 0.007 ( 2 ) 15.725 ± 0.006 ( 2 ) 15.890 ± 0.010 ( 2 ) 16.105 ± 0.018 ( 2 )
WeDe 1 16.958 ± 0.007 ( 3 ) 17.226 ± 0.004 ( 3 ) 17.338 ± 0.010 ( 3 ) 17.489 ± 0.016 ( 3 )
1These measurements are obtained by excluding the observations taken in night 3.

Table A.1 The photometric magnitudes of our targets rounded to 3 decimal places.
Formal errors lower than 1% were set at 1%. In brackets are the number of inde-
pendent exposures (taken on different nights) used to calculate the final photometric
magnitude and the uncertainty.
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A.5 Binary detection technique by red and IR ex-

cess flux

The ideal spectral location for this technique is the J band. This is the best com-

promise between companion brightness and the elimination of contamination from

hot dust. However, procuring J band data has proven more challenging than optical

data because IR instruments are often associated with larger telescopes which tend to

allocate shorter observing runs and because of the need for photometric conditions.

In addition, for most of our sample we also need to obtain B- and V -band photom-

etry because the values in the literature tend not to be sufficiently accurate, thus

generating the need for parallel proposals to more than one telescope. As a result,

we have found it more practical to use the I band to detect companion-generated

flux excess as our work horse, accompanied by the J band when available (we used

UKIRT, Infrared Deep Sky Survey (UKIDSS; Lawrence et al. 2007) data, or the most

reliable 2MASS values – see Table 2). Below we discuss the technique and its biases.

Most of our targets have reasonably well determined effective temperatures ei-

ther via stellar spectrum modelling or using the Zanstra technique (Zanstra, 1929).

Those that were modelled also have known gravities. For those stars with only a

Zanstra temperature estimate, we determine the gravity using the most common cen-

tral star mass, namely 0.6 M�, selecting the corresponding stellar evolutionary track

of Vassiliadis & Wood (1994) and choosing the larger of the possible gravity values,

appropriate for our sample of evolved PN. Once the temperatures are obtained, sin-

gle star colours (B − V , V − I and V − J) can be predicted. The predicted B − V
colour is used together with the measured one to determine the reddening, E(B−V ).

If the reddening thus determined has a negative value, possible because of random

errors, we set the value to zero. As we will see in § A.6, all negative reddening values

we derive in this way are very small and within the uncertainty, reassuring us that

the uncertainties have been assessed reasonably. With the reddenings thus derived

we obtain values of Aλ/E(B − V ) using the reddening law of Cardelli et al. (1989),

where λ represent the bandpass central wavelengths. The central wavelengths for the

filter bandpasses are obtained by convolving the bandpasses with a synthetic stel-

lar atmosphere with Teff=100 kK, log g = 7 and solar abundance. This decreases

the central wavelengths by approximately 10 Å, compared to the values obtained for

un-convolved bandpasses, but yields only a very small change in the final results.

The V − I, or V − J observed dereddened colours are then compared with the



188

predicted ones so as to determine if a flux excess exists. An I (J) band excess is

detected every time the observed (dereddened) and predicted colours are different by

more than the combined uncertainties. While a high confidence result can already

lend substantial weight towards a binary interpretation, a lower sigma result needs

to be confirmed by additional photometry or spectroscopy.

To predict the B−V , V − I, V − J , R− I and J −H colours of single post-AGB

stars, we use theoretical stellar atmosphere models calculated with the simulation code

TMAW, the web interface to TMAP (Werner et al., 2003; Rauch & Deetjen, 2003),

or the German Astrophysical Virtual Observatory grid calculations TheoSSA2.

The uncertainties on the measurements (see § A.4) are combined with the uncer-

tainty on the predicted colours to derive an uncertainty on the colour excess. The

uncertainty on the theoretical colours reflect solely the uncertainty on the tempera-

ture. We assume that additional sources of uncertainty are far smaller and do not

play a role. The uncertainty in colours derived from the uncertainty on the temper-

ature is quite small, in particular for stars hotter than ∼50 kK, which is the case for

most of our sample. Systematic uncertainties on the theoretical, single star colours

are estimated to be below 1% (e.g., Rauch et al., 2007). In fact, the observational

uncertainties dominate the error budget.

To further exemplify the technique, we present in Fig. A.2 the predicted I- and

J-band excess as a function of primary star absolute V magnitude (MV ) and main

sequence companion mass/spectral type. This plot gives a good idea of the ability

of the I- and J-band methods to detect companions, although it must be pointed

out that this figure is only valid for those stars that have already entered the cooling

track. To generate Fig. A.2, we created a grid of MV absolute stellar brightness for

the hot central stars using the effective temperatures to determine both bolometric

luminosities and bolometric corrections. The former was determined using the av-

erage of the cooling track temperature-luminosity relations of Schonberner (1993),

Vassiliadis & Wood (1994) and Bloecker (1995b) (for a 1.5 M� main sequence star,

but the scatter is very small). The latter was determined using the average of the

relation determined by Vacca et al. (1996) and a blackbody curve. To each hot central

star we added the flux of a range of main sequence companions. We thus created a

grid of binaries. Next we calculated the total (binary) B−V colour for each primary-

secondary combination and compared it to that of the primary alone. A difference is

only present when the companion contributes flux in the V or even B and V bands,

2dc.zah.uni-heidelberg.de/theossa/
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which is the case for companions brighter than K0-5V. Any difference is interpreted

as reddening and used to deredden all bands. We then subtract the primary I band

flux from the binary (dereddened) one and any difference is labelled as excess (this is

the value reported on each contour line).

As can be seen in Fig. A.2, a measured I or J band excess corresponds to two

distinct companion spectral types. This is due to the contribution of the brightest

companions to the V and even B bands, resulting in too high a predicted reddening,

too blue a de-reddened spectral energy distribution (SED) and therefore smaller I or

J-band excess. This effect is less pronounced for the J band, because reddening effects

are smaller in that band. The R−I colour provides an approximate way to distinguish

between the two companion spectral types allowed by a given I band excess, while

the J −H colour is not as discriminating (see dashed contours in Fig. A.2).



190

Figure A.2 The I and J band excess (solid contours) and I − R and J −H colours
(dotted contours) that are produced by main sequence companions (M9V to F5V)
as a function of companion mass and primary’s absolute V magnitude. These plots
are obtained by assuming that the central stars are on the cooling-curve part of the
HR diagram and cannot be used to determine the spectral type of the companion of
objects which have not yet turned the “knee” on the post-AGB evolutionary track.
The I and J band excess correspond to the ∆(V −I) and ∆(V −J) listed in Tables A.2
and A.3
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Figure A.3 Top: the observed (dereddened) V −I colours of our targets (symbols; see
Table A.2) compared with the predicted V − I colours of single stars as a function
of effective temperature (for a log g = 7.0 – solid line). Bottom: same but for the
J-band.
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Name E(B − V ) (V − I)0 (R− I)0 ∆(V − I) MI2 Comp. spec. type
A 7 0.02 ± 0.02 -0.35 ± 0.08 -0.19 ± 0.06 -0.01 ± 0.08 > 9.60 Later than M4V
A 16 0.13 ± 0.03 -0.12 ± 0.11 0.02 ± 0.09 0.22 ± 0.11 8.30 [ 9.24 – 7.73 ] M3V [ M3V – M1V ]
A 20 0.07 ± 0.02 -0.32 ± 0.08 -0.16 ± 0.06 0.02 ± 0.08 > 7.29 Later than M0V
A 28 0.02 ± 0.07 -0.35 ± 0.24 -0.19 ± 0.18 -0.02 ± 0.24 > 8.18 Later than M2V
A 31 0.00 ± 0.02 -0.29 ± 0.08 -0.14 ± 0.06 0.06 ± 0.08 > 9.14 Later than M3V
A 57 0.46 ± 0.04 -0.03 ± 0.15 0.15 ± 0.12 0.29 ± 0.15 5.51 [ 6.56 – 4.79 ] K3V [ K7V – G8V ]
A 71 0.38 ± 0.02 -0.31 ± 0.08 -0.01 ± 0.07 0.05 ± 0.08 > 10.56 Later than M5V
A 72 0.04 ± 0.04 -0.35 ± 0.14 -0.15 ± 0.14 0.01 ± 0.14 > 6.84 Later than K8V
A 79 1.20 ± 0.01 -0.21 ± 0.10 0.42 ± 0.10 0.15 ± 0.10 3.12 [ 4.44 – 2.66 ] F6V [ G6V – F3V ]
A 84 0.11 ± 0.03 -0.22 ± 0.10 -0.08 ± 0.08 0.12 ± 0.10 10.00 [ 11.91 – 9.28 ] M4V [ M6V – M3V ]
DeHt 5 0.07 ± 0.03 -0.22 ± 0.11 -0.08 ± 0.09 0.10 ± 0.11 > 9.28 Later than M3V
EGB 1 0.20 ± 0.01 -0.29 ± 0.06 -0.07 ± 0.05 0.07 ± 0.06 10.05 [ 11.96 – 8.91 ] M4V [ M6V – M3V ]
EGB 6 0.03 ± 0.01 -0.34 ± 0.03 -0.17 ± 0.03 0.01 ± 0.03 > 9.79 Later than M4V
HaWe 5 0.14 ± 0.03 -0.25 ± 0.10 -0.08 ± 0.08 0.06 ± 0.10 > 11.21 Later than M5V
HDW 3 0.23 ± 0.01 -0.32 ± 0.04 -0.06 ± 0.05 0.03 ± 0.04 > 10.35 Later than M4V
HDW 4 0.04 ± 0.02 -0.24 ± 0.07 -0.11 ± 0.06 0.07 ± 0.07 13.05 [ 16.87 – 12.30 ] M7V [ M8V – M6V ]
IsWe 1 0.19 ± 0.03 -0.35 ± 0.09 -0.11 ± 0.08 0.01 ± 0.10 > 9.77 Later than M4V
IsWe 2 0.32 ± 0.04 -0.32 ± 0.16 -0.04 ± 0.12 0.04 ± 0.16 > 9.38 Later than M4V
JnEr 1 0.00 ± 0.01 -0.37 ± 0.06 -0.21 ± 0.05 -0.01 ± 0.06 > 10.86 Later than M5V
K 1-13 0.00 ± 0.07 -0.42 ± 0.24 -0.25 ± 0.19 -0.09 ± 0.24 > 8.85 Later than M3V
K 2-2 0.02 ± 0.02 -0.31 ± 0.09 -0.17 ± 0.07 0.01 ± 0.09 > 7.40 Later than M1V
NGC 3587 0.00 ± 0.04 -0.42 ± 0.15 -0.23 ± 0.12 -0.07 ± 0.15 > 8.96 Later than M3V
NGC 6720 0.00 ± 0.03 -0.29 ± 0.11 -0.16 ± 0.08 0.06 ± 0.11 > 7.99 Later than M2V
NGC 6853 0.00 ± 0.03 -0.32 ± 0.11 -0.16 ± 0.08 0.04 ± 0.11 > 8.42 Later than M3V
PuWe 1 0.08 ± 0.02 -0.34 ± 0.09 -0.14 ± 0.07 0.01 ± 0.09 > 10.46 Later than M4V
Sh 2-78 0.31 ± 0.01 -0.26 ± 0.06 0.00 ± 0.06 0.10 ± 0.06 10.22 [ 11.32 – 9.72 ] M4V [ M5V – M4V ]
Sh 2-176 0.26 ± 0.09 -0.30 ± 0.32 -0.03 ± 0.25 0.05 ± 0.32 > 8.91 Later than M3
Sh 2-1761 0.23 ± 0.02 -0.25 ± 0.09 -0.01 ± 0.07 0.11 ± 0.09 10.68 [ 12.87 – 9.95 ] M5V [ M6V – M4V ]
Sh 2-188 0.31 ± 0.01 -0.30 ± 0.05 -0.04 ± 0.04 0.05 ± 0.05 10.46 [ 14.33 – 9.71 ] M4V [ M8V – M4V ]
Ton 320 0.00 ± 0.03 -0.38 ± 0.10 -0.21 ± 0.08 -0.04 ± 0.10 > 9.36 Later than M4V
WeDe 1 0.06 ± 0.01 -0.34 ± 0.03 -0.16 ± 0.03 0.01 ± 0.03 > 11.36 Later than M5V
1These measurements are obtained by excluding the observations taken in night 3

Table A.2 I-band excesses (∆ (V −I)), companion absolute I-band magnitudes (MI2)
and spectral types (or limits) of our targets

A.6 Results

Those objects for which ∆(V − I) > σ∆(V−I) (or, equivalently, ∆(V − J) > σ∆(V−J))

are considered as cases where a companion is detected. We note that this difference

is the same as what we call the I (J) band excess in Fig. A.2, because the theoretical

colours are normalised to the observed (dereddened) V magnitudes. Reddenings,

intrinsic V − I (V − J) and R− I (J −H) colours, I (J) band excesses (∆(V − I) or

∆(V − J)), companions’ absolute I (J) band magnitudes and companions’ spectral

types are listed in Tables A.2 (A.3). The I (J) band excesses are plotted as a function

of stellar temperature in Fig. A.3 (A.3).

Most reddenings derived by comparing observed and (single star) predicted B−V
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Name E(B − V ) (V − J)0 (J −H)0 ∆(V − J) MJ2 Comp. spec. type
A 7 0.02 ± 0.02 -0.66 ± 0.11 -0.07 ± 0.20 0.15 ± 0.11 9.65 [ 11.07 – 8.95 ] M5V [ M8V – M5V ]
A 31 0.00 ± 0.02 -0.41 ± 0.07 0.15 ± 0.03 0.40 ± 0.07 8.26 [ 8.57 – 7.98 ] M4V [ M4V – M4V ]
A 72 0.04 ± 0.04 -0.68 ± 0.17 – 0.16 ± 0.17 > 6.57 Later than M1
A 79 1.20 ± 0.01 -0.74 ± 0.06 0.02 ± 0.07 0.10 ± 0.06 4.05 [ 5.17 – 3.45 ] G7V [ K5V – G1V ]
DeHt 5 0.07 ± 0.03 -0.24 ± 0.14 – 0.54 ± 0.14 8.80 [ 9.30 – 8.37 ] M5V [ M5V – M4V ]
EGB 1 0.20 ± 0.01 -0.65 ± 0.11 – 0.18 ± 0.11 9.43 [ 10.52 – 8.80 ] M5V [ M6V – M5V ]
EGB 6 0.03 ± 0.01 -0.54 ± 0.09 0.38 ± 0.10 0.28 ± 0.09 9.15 [ 9.67 – 8.76 ] M5V [ M5V – M5V ]
K 2-2 0.02 ± 0.02 -0.71 ± 0.09 -0.06 ± 0.08 0.01 ± 0.09 > 7.84 Later than M4V
NGC 3587 0.00 ± 0.04 -0.93 ± 0.18 – -0.12 ± 0.18 > 10.12 Later than M6V
NGC 6720 0.00 ± 0.03 -0.63 ± 0.22 – 0.19 ± 0.22 > 7.97 Later than M4V
NGC 6853 0.00 ± 0.03 -0.66 ± 0.11 0.05 ± 0.06 0.17 ± 0.11 8.81 [ 10.05 – 8.12 ] M5V [ M6V – M4V ]
Ton 320 0.00 ± 0.03 -0.87 ± 0.18 – -0.05 ± 0.18 > 9.97 Later than M6V

Table A.3 J-band excesses (∆ (V − J)), companion absolute J-band magnitudes
(MJ2) and companion spectral types (or limits) of our targets. All detections and
limits are consistent with the results of the I-band excess (Table A.2)
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colours compare well. The five exceptions are A 57 and A 79, whose high derived

stellar reddenings are likely due to bright companions affecting the B and V bands,

A 71, EGB 1 and Sh 2-78 for which we suspect the nebular reddenings have uncertain

values.

We have 9 detections or marginal detections in the I band: A 16 (at the 2-σ

level), A 57 (at the 1.9-σ level), A 79 (at the 1.5-σ level), A 84 (at the 1.2-σ level),

EGB 1 (at the 1.2-σ level), HDW 4 (at the 1-σ level, but this is a PN mimic), Sh 2-78

(at the 1.7-σ level), Sh 2-176 (at the 1.2-σ level, only for the measurement excluding

night 3) and Sh 2-188 (at the 1-σ level). A 79 was already known to have a F0V

companion (Rodŕıguez et al., 2001). The spectral type determined with our method

is cooler because the reddening was overestimated due to the strong contribution of

the companion in the V band (see § A.5). We have therefore 8 detections out of 27

objects.

In the J band we detected A 7 (at the 1.4-σ level), A 31 (at the 4.7-σ level), A 79

(at the 1.7-σ level), DeHt 5 (at the 3.8-σ level, but this is a PN mimic), EGB 1 (at

the 1.6-σ level), EGB 6 (at the 3.1-σ level) and NGC 6853 (at the 1.5-σ level). We

have therefore 6 detections out of 11 central stars with data.

The spectral types of the companions implied by the detected excesses as well as

limits of the non-detections are also listed in Tables A.2 and A.3. When a companion

was not detected, we summed the I (J) band excess with the upper error bars to create

an upper limit to the flux excess and determined an upper limit for the companion

mass/spectral type in this way. We note that all limits and detections are fully

consistent across the two detection techniques.

The I band binary fraction is determined by the ratio of 8 objects over 27 cen-

tral stars, or 30%. Only companions brighter than the spectral type M3-4V can be

detected by our survey, where this limit was estimated by taking the median of the

limits in Table A.2. Within the J band group, the detection rate is 6 out of 11, or

54%, in line with the study of Frew & Parker (2007). A look at Table A.3 shows

that most detections in the J band were fainter, in line with the expectation that the

J band is a more sensitive method. Based on the detection and limits of Table A.3

we guesstimate that this limit is M5-6V. The binary fraction for the entire sample,

obtained from either the I or J band excess methods is 44% (12 out of 27 bona fide

PN), to a limit intermediate between the two methods.

Before comparing our results with predictions, we would like to remark on the

asymmetry of the distribution of V − I colours of our sample about the single star
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prediction line (Fig. A.3). Even eliminating from that plot the 9 detections, which are

all above the prediction, the non-detections (21 objects) still preferentially lie above

the single star prediction line (15 vs. 6 objects). We speculate that this points to

the detection of a binary signal which is higher than the fraction we determined from

individual objects above. To determine whether this is significant we would need a

Monte Carlo simulation. One could counter argue that this asymmetry is caused by

an incorrect placement of the prediction line, or, in other words, that the predicted

colours are too blue. To shift the prediction line so that the non-detected data points

scatter symmetrically about it, would require a systematic shift of the synthetic V −I
colours of about ∼5% which is excluded by the comparison of synthetic spectra with

data carried out over the years (Rauch, private communication; Rauch et al. 2007).

Finally, we have demonstrated that the I band excess method necessitates ex-

traordinary accuracy, such as that achieved for the current dataset, but is not usually

encountered in unvetted data from the literature. For example, in Fig. A.4 we com-

pare the I-band excesses obtained by using the B, V and I data compilation of

Biĺıková et al. (2012) with our dataset. Using all of their data and determining the

stellar temperatures in the same way we have done for our sample, we see how the

scatter around the single star prediction is dramatic. While their compilation was

not aimed at detecting binarity, it can easily be seen that data from the literature is

not generally suitable for this type of work.
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Figure A.4 The same figure as Fig. A.3, except here we compare our results (top) with
no error bars, for clarity, with results obtained using the data compiled by (Biĺıková
et al., 2012, bottom panel), showing how unvetted data has much larger random
errors.
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A.7 Comparison of the overall PN binary fraction

with the overall main sequence binary fraction

We recognise that the binary fraction determined here is preliminary, because of the

small sample size. However, here we compare it with the prediction from the current

PN evolution scenario, whereby PN derive from all ∼1-8- M� stars, whether they

are single stars or are in binaries. As already explained, it is this prediction that

we are testing. We expect that if PN derive from a binary interaction more often

than for the current evolutionary scenario, we would find a larger fraction of short-

and intermediate-period binaries in the central star population. This leads to the

prediction that the overall binary fraction, i.e., where we consider binaries at any

period, should also be larger in the binary hypothesis than in the standard scenario.

The progenitor population of the PN from which we have drawn our targets is

the main sequence stars with masses between ∼0.9 and 8 M�. We can then use the

main sequence population binary fraction of Raghavan et al. (2010) to represent the

binary fraction of the progenitor population of our PN. We use (50±4)%, which is

the percentage of double and multiple star systems with primaries in the spectral

type range F6V-G2V (masses in the range 1.27 – 1.03). This is reasonable on the

grounds that the median progenitor mass of today’s PN is 1.2 M� (Moe & De Marco,

2006). This fraction is lower than that determined by Duquennoy & Mayor (1991,

57%) who accounted for a larger incompletion bias, but is likely to be more accurate.

This fraction includes any main sequence companion down to the planetary regime at

any separation.

A.7.1 Accounting for completion effects

Before we can carry out a comparison we need to increase the PN binary fraction to

(i) include the companions that have not been detected because they are too faint;

(ii) include wide companions, because our observed sample does not contain resolved

binaries by design. Finally, we need to (iii) account for the fact that some main

sequence close binaries go through a common envelope interaction on the RGB. Those

systems will become short period binaries with very low mass envelopes (the primary

will become a subdwarf O or B star; Morales-Rueda et al. 2003) and are unlikely to

ever ascend the AGB on the grounds of low envelope masses (Dorman et al., 1993); if

they do, they will suffer a second common envelope almost immediately which would
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result in a sub-luminous object, highly unlikely to ever make a visible PN.

(i) To account for companions with an M3-4V spectral type or fainter (mass≤0.33-

0.24 M�), we use Table 18 of Raghavan et al. (2010) that lists all the companion

spectral types of the detected binaries. We determine that the fraction of main

sequence binaries with a companion spectral type of M3-4V or later is 41-31% (73-56

of 179 main sequence binaries for which the companion spectral type is known, where

we count as undetectable also 4 hot and evolved companions). We therefore increase

our I-band derived PN binary fraction (30%) by a factor of 1.69-1.45 to account for

the undetected faint companions.

To account instead for companions with brightness equal to, or fainter than M5-

6V (the limit we estimated for the J band dataset) we would have to multiply the

J-band-derived PN binary fraction (54%) by a factor of 1.28-1.19.

(ii) The ground-based spatial resolution of our observations is probably only

slightly smaller than the median seeing of 1.3 arcsec corresponding to a projected

separation of ∼1040 AU for the median distance of our sample of 0.80 pc. To de-

project this separation we would have to divide the projected separation by a factor of

0.8, which accounts for the systems’ random phase and random orientation. However,

if we also account for an eccentricity distribution similar to the main sequence’s, this

factor approaches unity, because systems spend more time near apastron in eccentric

systems. Not knowing the eccentricity distribution of central star binaries but pre-

suming a degree of circularisation to have taken place, we de-project the projected

separation using a range of factors (0.8-1.0). The median separation is then converted

to a period in the range ∼13 000–18 000 years (log(P/days)=7.11-7.25), using Kepler’s

third law and a total system mass of 0.9 M�. This period limit is then decreased to

log(P/days) = 6.71− 6.85, to account for the fact that, due to mass-loss and angular

momentum conservation, the orbit of a typical binary will widen by a factor of 2-3

(we used 2.5) and so some of the main sequence binaries of Raghavan et al. (2010)

will become resolved central star binaries in our sample because of orbit widening.

A similar argument can be applied to the J-band sample of 11 bona fide PN, which

have a median distance of 0.65 kpc, with a resulting median projected separation of

845 AU, resulting in a period corrected for orbit widening of log(P/days) = 6.57−6.71.

(iii) Finally, the main sequence binary population with orbital period shorter

than log(P/days) = 2.43 never ascend the AGB. This value was calculated using a

radius on the RGB of 100 R�(see, e.g., see figure 5 of De Marco et al. (2011)), and a

maximum tidal capture radius of 2 stellar radii (using a total system mass of 1.5 M�).
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The maximum tidal capture radius for the RGB was obtained from Villaver & Livio

(2009) and Madappatt et al. (2011). At this point we integrate under the normalised

main sequence binary period distribution of Raghavan et al. (2010, their Fig. 13)

using log(P/days)=2.43 - 6.78 as limits (or 2.43 – 6.65 for the J-band sample; where

we have taken the average of the period separation ranges to determine the upper

limits), obtaining a fraction of 0.65 of the total (or 0.64, for the J band sample):

these are the systems we detect. This translates into a second factor of 1.54 (or 1.56),

which we multiply by the central star binary fraction so as to include binaries at all

separations and thus make it comparable to the main sequence one.

(iv) The only bias that is impossible to account for, is that due to central stars

whose companions are bright enough to contribute to the V and even B bands. As

we have explained in § A.5, these will result in reddenings that are artificially large,

because the bright companions tend to make their system’s colours redder. Once this

over-large reddening is applied to all the bands, the binary SED is rendered bluer

than it should be and the I or J band excess is necessarily reduced. The mismatch

between reddening curve and SED of the companion can decrease the red/IR flux

excess below detectability or reduce it such that it is impossible to match it to a

companion spectral type. Interestingly, only 6 objects have stellar-derived reddening

values that are larger than the nebular-derived values, the most noticeable being A 79,

a known binary and A 57 which has a large I band excess. For the other 4 objects

(A 7, A 16, A 28 and Sh 2-188), these discrepancies are however always within the

uncertainties. We therefore conclude that either the reddening comparison is not

reliable due to high errors in nebular-derived reddenings, or that our sample tends

not to include companions much hotter than spectral type K0V. This makes sense in

view of the fact that only a minority of companions are expected to be that hot). We

leave this bias unquantified in the knowledge that it would be at most a few percent.

A spectroscopic follow-up will resolve this issue.

A.7.2 The debiased PN binary fraction and its uncertainties

The de-biased central star binary fraction obtained through the I band photometry of

our sample is 67-78%. Using the J band data alone we obtain a fraction of 100-107%.

The ranges account for the uncertainty on the factor to account for the unobservable

faint companions. The error bars on these estimates are difficult to estimate for the

moment and we defer this exercise to the next paper in this series, which will increase
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the sample. However, if all limits were accurately accounted for then the I- band and

J-band fractions should be the same. We therefore tentatively estimate a 10-30%

error bar. We preliminarily conclude that the PN binary fraction is higher than the

main sequence binary fraction of (50±4)%.

We can also estimate the PN binary fraction after eliminating from each of the I

and J samples the one detection with the smallest statistical relevance. By doing so,

we would obtain I and J binary fractions of 58-68% and 84-90% respectively.

A.7.3 Comparison of the short-period PN binary fraction

with the main sequence binary fraction

The fraction of PN that surround short-period, post-common envelope binaries is

15-20% (Miszalski et al., 2009). This is a very large fraction when we consider that

only a very small minority of main sequence binaries would suffer a common envelope

on the AGB.

The fraction of main sequence binaries that go through a common envelope on

the AGB, resulting in post-common envelope central stars of PN should be quite

small: only those companions that escape capture on the RGB, but then are suc-

cessfully captured on the AGB will become post-common envelope central stars.

These are companions that, while on the main sequence, have periods in the range

log(P/days) > 2.7 − 2.8 and therefore account for only ∼1% of all main sequence

binaries. The lower period limit was calculated in § A.7, while the higher period limit

was obtained by considering that for a successful AGB capture the orbital separation

has to be smaller than approximately twice the maximum AGB radius (Villaver &

Livio, 2009; Nordhaus et al., 2010; Madappatt et al., 2011). The maximum AGB

stellar radius for a 1.2- M� star was calculated to be ∼300 R� (De Marco et al.

2011, with the usual adjustment for the orbital widening due to mass loss, see § A.7).

Even exaggerating the maximum AGB radius (600 R�) and the maximum capture

radius to 5 stellar radii, we get log(P/days) = 3.9 and a fraction of 5%. We would

therefore predict a similar fraction of post-common envelope central stars, contrary

to the observations.
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A.7.4 Comparison of the PN binary fraction with the white

dwarf binary fraction

We note finally that the PN binary fraction, even before detection biases are accounted

for, appears to be higher than the white dwarf binary fraction of 25% (Holberg, 2009,

the WD binary fraction should be a few points higher, if we could readily detect white

dwarfs around bright main sequence stars - Sirius-like systems). One reason could be

that the white dwarfs derive from a population that includes lower mass stars, those

that do not develop a PN due to long transition times. Such lower mass population

would naturally have a lower binary fraction (Raghavan et al., 2010). Another reason

could be that PN form preferentially around binaries, the hypothesis we are trying to

test. To discern between the two explanations of the discrepancy between the white

dwarf and PN binary fractions we need better constraints on white dwarfs and central

stars masses (Liu et al., 1995; Liebert et al., 2005; Gesicki & Zijlstra, 2007).

A.8 Conclusions and discussion

In this work we have started a survey of the 2-kpc, volume limited sample to determine

the binary fraction via a technique able to detect I and J band flux excess due to

the presence of a cool companion. For this first survey we have selected 30 central

stars of PN, of which we later determined three to be PN mimics. Of the remaining

27 central stars we have detected 8 with a possible I-band excesses (of which one was

a previously known binary). For 12 of these objects we collected the best J band

photometry from the literature and determined that 6 out of 11 bona fide central

stars have a flux excess. In total we have detected an excess in 11 of the 27 central

stars in either of the two bands.

For the I band survey we calculate a detected fraction of 30%, which when de-

biased to account for undetected objects, to result in an unbiased binary fraction of

67-78%. There are three principal de-biasing factors. The first to account for the fact

that we do not detect companions fainter than M3-4V. The second, to account for

the fact that we do not detect wide binaries by design. The third, to account for the

fact that main sequence binaries that go through a common envelope on the RGB

do not ascend the AGB and do not become PN. These factors have to be included in

order to compare the PN binary fraction with the main sequence one.

From the J band survey we calculate a binary fraction of 54% which, when de-
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biased to account for binaries at any period and all companions, becomes 100-107%,

clearly showing that the error bar due to the low number statistics is high. The

discrepancy between the I and J band fractions is likely an effect of the low number

statistics. Since the binary fraction determined using I band photometry relies on

more data than using the J band photometry, it is likely that the I band fraction

is more accurate (even if the I band is less sensitive). However the J band frac-

tion agrees with the preliminary work of Frew & Parker (2007), who used 34 objects

(although their detection limits were poorly quantified).

Thus debiased we can compare these fractions with that of main sequence star

binaries of (50±4)% (Raghavan et al., 2010). We preliminarily conclude that there

may be an overabundance of central star binaries, compared to the putative parent

population.

We have also noticed how, starting from the main sequence binary fraction and

period distribution we would expect only a few percent of central stars of PN to

be post-common envelope binaries, whereas previous surveys detected 15-20%. This

discrepancy can only be reconciled within the binary hypothesis.

Here we have demonstrated that the binary fraction is an elusive quantity. Even

the best, most accurate observations cannot easily detect faint companions and the

only way to reduce the error is by analysing a much larger sample with similarly

accurate photometry. Such high accuracy observations are extremely hard to obtain

because of the need of photometric weather and the importance to obtain several

observations on different nights. In the second instalment of this paper we will use

the same technique with an additional dataset and combine the results. Our goal is

to analyse with similar accuracy the entire 2.5-kpc volume-limited sample of Frew

(2008), comprising approximately 250 central stars.

Finally, we compare the binary fraction determined here with two alternative

predictions. The first one was done on the basis of PN morphology alone. De Marco

et al. (2011), revising the scheme of Soker (1997), predicted that about 60% of all

central stars have interacted with a stellar companion. Here we measured that 48%

of central stars have a companion closer than 1300 AU (30% × 1.45-1.69, where we

took the middle of the range; § A.7.1). These two numbers are easily the same within

the uncertainty, but only if all of the companions we detected (and those we did not

detect but accounted for) are closer than ∼100 AU, i.e., have interacted with the

central star. The comparison is possibly closer using the J band sample, whereby

67% of all central stars are binaries with any separation to a distance of ∼1000 AU.
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Another prediction was that of Moe & De Marco (2011) who used a population

synthesis analysis to predict a fraction of 70% of all central star derives from a bi-

nary interaction. This fraction is even higher and more discrepant with the fraction

detected here for the I band sample but more in line with that derived from the J

band sample. All these comparisons will need to be carried out again, once the PN

binary fraction is finalised and a period distribution is obtained.
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Appendix B

A Well-Posed Kelvin-Helmholtz

Instability Test and Comparison

From McNally, C. P., Lyra, W., & Passy, J.-C. 2012, ApJS, 201, 18

B.1 Introduction

Kelvin-Helmholtz instability (KHI) is the name given to the primary instability that

occurs when velocity shear is present within a continuous fluid or across fluid bound-

aries. The shear is converted into vorticity that, subject to secondary instabilities,

cascades generating turbulence. The KHI is one of the most important hydrody-

namical instabilities and plays a significant role in various parts of astrophysics. It

is believed to be responsible for additional mixing in differentially rotating stellar

interiors (Brüggen & Hillebrandt, 2000), and to keep a finite-thickness layer of dust

around the midplane of protoplanetary disks (Dubrulle et al., 1995; Johansen et al.,

2005). It also contributes to convective mixing in any deep stellar interior at the stiff

convective boundaries, for instance in asymptotic giant stars (Herwig, 2006) or novae

(Casanova et al., 2011). Moreover, KHI can lead to the destruction of cool gravita-

tionally bound objects moving in a hot ambient medium (Murray et al., 1993) such as

galaxies in the intracluster medium (Nulsen, 1982; Mori & Burkert, 2000), substellar

companions engulfed by a giant star (Chapter 5) and comets entering a planetary

atmosphere (Mac Low & Zahnle, 1994). KHI plays a role in the interactions of the

magnetopause and solar wind (Miura & Pritchett, 1982) and has been observed in

the solar corona (Ofman & Thompson, 2011). In order to understand these phenom-
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ena and their implications, it is therefore important to define a well-posed method to

quantify how accurately KHI can be modeled by different numerical techniques.

Verifying the correct treatment of KHI has attracted increased interest following

the conclusions made by Agertz et al. (2006) including vigorous discussions of KHI

in Lagrangian schemes. The main conclusion reached was that Smoothed Particle

Hydrodynamics (SPH) fails to resolve KHI due to a surface tension effect between

the SPH particles at the shear interface. However, the test was done at a sharp

shear and contact discontinuity. Price (2008) attempted to address the problem with

KHI growth from a sharp contact discontinuity in Agertz et al. (2006) by adding

an artificial thermal conductivity to SPH. Read et al. (2010) pointed out the zeroth-

order inconsistency in SPH, and designed a kernel to minimize these effects, achieving

better qualitative results on a sharp contact discontinuity KHI test. Zeroth-order

inconsistency is the inability of SPH interpolation to reproduce a constant function

at any finite resolution (Dilts, 1999; Quinlan et al., 2006). One of the only well posed

convergence tests for KHI was done in Robertson et al. (2009), but that was in a study

of Galilean invariance restricted to fixed-mesh schemes. The test by Springel (2011b)

is a well posed problem influenced by Robertson et al. (2009), but the evaluation of

the SPH result was done by comparison to an analytic solution for a sharp transition

initial condition and incompressible flow in an infinite domain, not for the problem

posed with a softened transition in compressible flow in a finite periodic domain.

We give the problem setup in Section B.2 and list the different codes used in this

study in Section B.3. We discuss in Section B.4 which quantity is measured and

how to obtain a reference compressible solution. The results and comparison from

several codes with different underlying algorithms and discretizations are presented

in Section B.5. We discuss the various results and implications in Section B.6. In

Section B.7 we discuss secondary instabilities arising from the problem setup in this

work, and the difficulty of determining if they are produced in a physically meaningful

manner. Our conclusions are summarized in Section B.8.

B.2 Setup

Our motivation in choosing the initial conditions is that they should be smooth,

reflect as closely as possible a configuration that can be treated analytically, and be

represented easily in a wide variety of codes. In all codes, we will solve the inviscid

compressible Euler equations. The setup we use is chosen to be a periodic version
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Figure B.1 Density and velocity initial conditions used for the KHI test in this work.

of that used in the analysis of Kelvin-Helmholtz instability in Wang & Ye (2010):

the domain is 1 unit by 1 unit in the x and y directions if two-dimensional, and an

arbitrary thickness in the z direction if needed for the three dimensional code. Runs

with resolutions of 128× 128, 256× 256, and 512× 512 cells, or equivalent were used

in the comparison. All boundaries are periodic. The initial condition is smooth and

periodic, as illustrated in Figure B.1. The density is given by:

ρ =


ρ1 − ρme

y−1/4
L if 1/4 > y ≥ 0

ρ2 + ρme
−y+1/4

L if 1/2 > y ≥ 1/4

ρ2 + ρme
−(3/4−y)

L if 3/4 > y ≥ 1/2

ρ1 − ρme
−(y−3/4)

L if 1 > y ≥ 3/4

(B.1)

where

ρm = (ρ1 − ρ2)/2 (B.2)

with ρ1 = 1.0, ρ2 = 2.0, and the smoothing parameter L = 0.025. The x-direction

velocity is given by:

Vx =


U1 − Ume

y−1/4
L if 1/4 > y ≥ 0

U2 + Ume
−y+1/4

L if 1/2 > y ≥ 1/4

U2 + Ume
−(3/4−y)

L if 3/4 > y ≥ 1/2

U1 − Ume
−(y−3/4)

L if 1 > y ≥ 3/4

(B.3)
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where

Um = (U1 − U2)/2 (B.4)

with U1 = 0.5, U2 = −0.5, and L as in the density so that the smooth transition in

density and velocity occurs over the same interval. The background shear is perturbed

in order to start the KHI by adding some velocity in the y-direction with the form

Vy = 0.01 sin(4πx). (B.5)

An ideal gas equation of state with γ = 5/3 is used. The internal energy is set such

that pressure is initially uniform with value 2.5. The problem is run until at least time

t = 1.5. Analysis is done on snapshots spaced at a minimum of ∆t = 0.02. However,

in most cases the snapshots will not be spaced exactly as codes often do output or

analysis on an approximate interval, e.g. at the first time step after the specified

snapshot or analysis time. The test can be run in two dimensions in a structured

grid code, but for unstructured meshes or mesh free methods two dimensional and

three dimensional simulations may yield slightly different results depending on how

the resolution elements are arranged in the initial condition. For unstructured mesh

methods and meshless methods the results will differ for a disordered node distribution

and a regularly gridded one.

B.3 Codes

In this paper, we compare the results from six codes to the reference solution, which

itself is produced with the Pencil code.

The Pencil code1 is a fixed Eulerian mesh, non-conservative, finite-difference,

MHD code that uses sixth order centered spatial derivatives and a third order Runge-

Kutta time-stepping scheme, being primarily designed for weakly compressible tur-

bulent hydromagnetic flows.

The other codes, Enzo, Athena, NDSPMHD and Phurbas are introduced below.

Enzo is a three-dimensional, Eulerian adaptive mesh refinement hybrid (hydro-

dynamics + N-body) grid-based code (Bryan et al., 1995; O’Shea et al., 2004)2. For

this problem the Euler equations are solved using a third-order piecewise parabolic

method (PPM) with the two-shock approximate Riemann solver. Time-stepping is

1See http://www.nordita.org/software/pencil-code
2http://enzo-project.org/
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constrained by a Courant condition for the gas with a Courant factor C=0.4. The

run-time PPM diffusion, flattening, and steepening parameters were set to zero. Enzo

version 1.5 was used.

Athena is a three dimensional Eulerian grid code that (among other algorithms)

implements a higher order Godunov method for hydrodynamics (Stone et al., 2008).

Specifically, we have used the third-order cell reconstructions with the HLLC approx-

imate Riemann solver and the unsplit corner-transport-upwind (CTU) second order

time integration algorithm. Otherwise the options used were as specified in the two-

dimensional test problem supplied with the code, with a Courant number C = 0.8.

We used Athena version 4.1 obtained from the project website3.

NDSPMHD is a one, two, and three dimensional reference implementation of

SPH and a platform for experimentation (Price, 2012). We obtained NDSPMHD

version 1.0.1 from the author’s website4. NDSPMHD was run on this problem in

two dimensions, using both the cubic and quintic kernel options. The cubic kernel

is the conventional choice for SPH, whereas the quintic kernel delivers higher accu-

racy at the cost of computational expense. Price (2012) describes the NDSPMHD

implementation of SPH as converging as higher order kernels are used. That is, the

result on the test problem shown here should converge with the combination of using

more particles and using a higher order kernel. NDSPMHD also supports the arti-

ficial thermal conductivity described in Price (2008). The results of SPH simulations

may depend strongly on the initial particle distribution used, which is described in

McNally et al. (2012a). The number of particles used at each resolution matched the

number of cells or points used for the grid code (1282, 2562, 5122). Otherwise, the

code was run with the default parameters used in Test 6 of the NDSPMHD examples

package.

Phurbas is a meshless, adaptive, Lagrangian code for magnetohydrodynamics

(Maron et al., 2012; McNally et al., 2012b). Phurbas uses third order least square

fits to derive spatial derivatives, and a second order scheme for time integration.

Stabilization is achieved through an artificial bulk viscosity. It is run here in three

dimensions, using volumes with height 1/64, 1/128, and 1/256 in thickness in the

z-direction. Phurbas does not use a grid, so instead we use spatially constant resolu-

tion and set the resolution parameter λ to the cell size used in the grid codes. The

generation of initial conditions is described in McNally et al. (2012a).

3https://trac.princeton.edu/Athena/
4http://users.monash.edu.au/~dprice/ndspmhd/index.html
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Table B.1. Simulation Prefixes and Codes

Prefix Code Variation

Pe Pencil 6th order space, 3rd order time accuracy, 6th-order hyperviscosity
Ep Enzo 3rd order reconstruction, directionally split, two-shock Riemann solver
At Athena 3rd order reconstruction, unsplit integrator, HLLC Riemann solver
Ne NDSPMHD 2D cubic kernel
Nc NDSPMHD 2D cubic kernel, no artificial conductivity
No NDSPMHD 2D quintic kernel
Ph Phurbas 3D, λ = cell length in 2D codes

B.4 Analysis

To quantitatively describe the growth of the Kelvin-Helmholtz instability, one of

the measurements used is the maximum y-direction kinetic energy density. This

quantity is useful as it is very sensitive to noise in the computed velocity field. It

is simply the maximum value of 1/2ρV 2
y computed for all resolution elements (cells,

points, or particles) in the computation volume at each time. In the non-periodic,

incompressible limit, the growth of this quantity should be ∝ exp(2 × 4.384 × t)

(Wang & Ye, 2010, Equation 18). In practice, the growth will start from a finite

perturbation, will reflect erroneous velocities occurring both at the interface due to

unbalanced pressures at the cell scale, and any velocity and density noise in the bulk

flow. It is also important that the test posed here, and those commonly used in

other works, are actually posed in a periodic domain with a compressible flow. To

obtain a basis for comparison we use a numerical reference solution to the problem as

posed and establish the uncertainty on this reference solution in a rigorous manner,

as described below.

To produce a solution to the full nonlinear, periodic, compressible case as run in

this work, we performed an extensive convergence study with the Pencil Code. This

convergence study allows us to establish not only a very high quality reference solu-

tion, but also a notion of the uncertainty in this reference solution. The importance

of the unusual step of establishing the uncertainty of the reference result is that we

can then assert with confidence that the differences seen between other lower quality

results and this reference result are overwhelmingly due to errors in the lower quality

solutions. In the results in Section B.5 the Pencil Code is shown to be well suited

to the smooth, subsonic problem posed here. We use grids of 128 × 128, 256 × 256,

512× 512, 1024× 1024, 2048× 2048, and 4096× 4096 points, specified so that every



210

second grid coordinate overlaps on successive refinements, and with the time step-

ping scheme in the Pencil Code modified to provide outputs at exact ∆t = 0.02 time

unit intervals. This set of outputs enables a resolution study at each output time for

the convergence of the mode amplitude, a smooth and global quantity described in

McNally et al. (2012a). Establishing the empirical rate of convergence of the mode

amplitude allows a Richardson extrapolation based estimate of the uncertainty in the

most resolved measurement. Hence, we are able to make comparisons of the results

from other codes to the highest resolution Pencil Code result while knowing in a rig-

orous manner that the errors in this reference result are negligible. A more detailed

description of the convergence study can be found in McNally et al. (2012a).

To demonstrate more explicitly the convergence behavior, and the magnitude of

the changes between successive resolutions we have plotted the differences in the

y-velocity values between successive resolutions in one quadrant of the domain in

Figure B.2. The greatest changes between successive resolutions are localized to

the density change interface, and show not suggestion of the presence of secondary

instabilities.

B.5 Results

The simulations are identified by a two letter prefix as outlined in Table B.1 and the

resolution (1282, 2562, 5122).

Maximum y-direction specific kinetic energy histories are shown for all simulations

in Figure B.3. Here the velocity noise in SPH resulting from pressure force errors can

be seen clearly in the overview figure, while all other codes behave in a roughly similar

manner. The convergence study does not establish an uncertainty on the maximum

y-direction kinetic energy, but the highest resolution Pencil Code result plotted as the

reference curve can be taken as a useful indicator of the correct nonlinear solution.

In Pencil, Enzo, Athena, and Phurbas, at late times at low resolution the maxi-

mum y-direction kinetic energy is low. This is the opposite of the situation found in

NDSPMHD, where at late times at low resolution the maximum y-direction kinetic

energy is too high.

At lower resolutions in Phurbas the influence of velocity noise at the interface can

be clearly seen. At early times the maximum y-direction kinetic energy is too high.

Pencil does not suffer from this to the same extent. Enzo and Athena have the best

initial behavior at the interface as they are finite-volume schemes and hence the initial
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Figure B.3 Maximum y-direction kinetic energy in all codes.
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Figure B.4 Density at resolution 5122 and time t = 1.5. Upper Row: Pencil, Athena
Middle Row: Enzo, Phurbas Lower Row: NDSPMHD cubic kernel, NDSPMHD
quintic kernel
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pressure equilibrium is well represented across the interface. The initial maximum

kinetic energy and the initial mode amplitude are both to low at low resolution in

these codes.

The resolution dependence of the velocity noise is illustrated for the cubic-kernel

SPH with artificial conductivity (Ne). Neglecting the artificial conductivity yields

virtually the same result as shown in Figure B.3 (simulation Nc). Quintic kernel

SPH, with smaller zeroth-order inconsistency errors than cubic-kernel SPH, does show

smaller velocity noise, but it is still very large (simulation No).

We show gray scale slices of the density field at t = 1.5 in Figure B.4. All the

images have the same limits on the grey scale between density of 0.9883 and 2.0320,

the density extremes in the highest resolution result in the Pencil Code convergence

study. The results for Pencil, Enzo, and Athena are largely similar, as at high reso-

lution these codes agree well with each other and with the reference result. Though

the result with Phurbas strongly resembles the reference result although it clearly

shows more diffusion. The SPH results from NDSPMHD (only Ne and No shown)

reflect the slow growth of the unstable y-velocity mode already discussed. The sim-

ulation No result using quintic-kernel SPH shows less diffusion than simulation Ne

using cubic-kernel SPH. Especially in simulation Ne, secondary features of a filamen-

tary appearance can be seen along the interface, and these are less apparent in the

simulation No result. The quintic kernel result (No) overall shows better agreement

with the reference than the cubic kernel result (Ne).

B.6 Discussion

Overall, the grid based codes Pencil Code, Athena, and Enzo had very similar per-

formance. For these codes, the test problem in this work (run to t = 1.5) confirms

their correctness. This shows that the test as outlined here can be used to discrim-

inate among numerical schemes. In this test, we demonstrated that Phurbas and

NDSPMHD, while both using meshless Lagrangian schemes, give significantly dif-

ferent convergence behaviors. Though Phurbas was run in three dimensions, and

NDSPMHD in two, the strikingly different qualitative behavior bears some expla-

nation. A primary observation is that Phurbas differs from NDSPMHD in that

Phurbas uses a third order accurate and consistent spatial discretization, while ND-

SPMHD uses an SPH discretization which has zeroth-order inconsistency. We also

note that no code developed obvious signs of secondary instabilities in the solution
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by time t = 1.5, in agreement with the findings of the convergence study performed

on the reference result. How, and when, secondary instabilities may arise in a KHI

test such as this is discussed in Section B.7.

B.7 Secondary Instabilities

We have shown that given a convergence test stated in a well posed manner, all the

methods tested appear to converge towards the correct result for the growth of the

primary instability. Recent discussion of Kelvin-Helmholtz tests has broadened to

include secondary instabilities. Springel (2011a) shows secondary instabilities devel-

oping from a similar initial condition. The reference solution we compute shows no

indication of these structures. Springel (2011a) suggested that their moving-mesh

code is able to resolve secondary KHI billows which cannot be resolved in their fixed-

mesh code because it was too diffusive. Though the solution in a fixed mesh and

moving mesh code should not be expected to by equivalent at any finite resolution,

that a given code does not develop secondary Kelvin-Helmholtz instabilities is not

simply a function of the diffusivity of the code, it is also a dependent on the seeding

of such instabilities.

For our problem, we can show that the secondary instabilities that do develop

are of a purely numerical origin. To demonstrate this we have performed a test with

Athena. We ran the KHI test at resolutions of 10242, 20482 and 40962 until t = 4.

In Figure B.5 the density in a region centered on a single primary KHI billow is

shown at time t = 3. Secondary KHI billows can be seen growing in the 10242 case,

and this pattern is successively suppressed at the higher resolutions, suggesting it is

an artifact of the finite resolution and is converging away. However, in the 20482

resolution, a different set of secondary instabilities can be seen growing at much

shorter wavelengths in the central winding of the primary billow. As the resolution

is increased, the numerical seeding of the secondary instabilities changes, and the

secondary modes which are excited change. Figure B.6 shows the same region at time

t = 3.2. By this point, the secondary instabilities in the 40962 resolution simulation

have become apparent. Surprisingly, a new set of secondary billows has appeared on

the outer winding of the primary billow. We cannot reach well justified conclusions

about a particular mode of the secondary instability from this study as we cannot

reproduce the same instability at two different resolutions.

Though the growth of secondary instabilities is likely a physical reality at the
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Figure B.5 Density in Athena at time t = 3.0 at three resolutions, zoom-in on one
primary KHI billow. Greyscale same as Figure B.4. Top: 10242 Middle: 20482

Bottom: 40962
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Figure B.6 Density in Athena at time t = 3.2 at three resolutions, zoom-in on one
primary KHI billow. Greyscale same as Figure B.4. Top: 10242 Middle: 20482

Bottom: 40962
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Reynolds numbers involved in astrophysical problems, relying on numerical effects to

seed them will not result in a true physical model of the phenomena as the seeding,

and hence growth of these instabilities, will be inherently dependent on parameters

such as resolution. From the results of the convergence study in Section B.4 we

propose that if a code develops secondary Kelvin-Helmholtz billows in this test by

t = 1.5, it is due to the growth of numerical perturbations.

The less rigorous study performed with Athena suggests that development of

secondary Kelvin-Helmholtz instability after t = 1.5 is likely due to the presence

of spurious noise in the solution, and that this conclusion should hold to at least

t = 2.5. For example, in the preparation of this work, we discovered that the evolution

of the test problem here differed greatly at high resolution (40962) between Enzo

versions 1.5 and 2.0. In Enzo 2.0, a bug existed that caused slightly incorrect pressure

reconstructions. This caused small sound waves to launch from the interface, and

propagate though the periodic domain interacting with themselves and forming small

short-wavelength perturbations. The discovery of this bug was fortuitous however,

because it demonstrates again how artificial, numerical perturbations can give rise to

secondary Kelvin-Helmholtz in this test problem if they are able to overwhelm the

dissipation of the scheme. In the limit of infinite resolution, any convergent code

should reproduce the correct result. However, if at finite resolution a code shows

a tendency to produce secondary instabilities, then the scheme can be improved by

adding a diffusive operator to damp the noise leading to the the instability.

The underlying cause of the tendency of many schemes to develop secondary

KHI in this test problem is that the shear interface becomes increasingly steep as it

stretches in the primary KHI billow. Eventually, the width of the interface approaches

the grid scale and it become susceptible to numerically seeded secondary instabilities.

This behavior is also commonly seen in the initial evolution of grid-aligned sharp

transition versions of the KHI test. Two examples are Junk et al. (2010, Figure

13) and Springel (2011a, Figure 8, upper right panel). We suggest then that even

fixed-grid finite volume Godunov schemes may be improved in pathological cases of

unresolved shear interfaces by the addition of a diffusive flux. This flux should be

chosen to spread the interface over enough grid cells to suppress the numerically

seeded instabilities.

Another lesson to be derived here is a cautionary one. Not all new instabilities

seen as resolution is increased when solving the discretized Euler equations are physi-

cally real. New numerical instabilities can reveal themselves as resolution is increased,
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as the flow can enter into new regimes where it is more sensitive to the inevitable

numerical noise in a method. One route around this difficulty can be to solve the

Navier-Stokes equations instead with a fixed viscosity. Since these equations have a

physical scale where diffusion dominates dynamics, the reliable elimination of numer-

ically generated instabilities for arbitrarily long run times can be obtained by fixing

the physical diffusive scale and reducing the grid scale far below the diffusive scale.

Finally, we suggest that it is possible to produce a controlled test of the growth

of secondary billows from definite perturbations, similar to the study performed by

Fontane & Joly (2008) in an incompressible flow. Such a setup could be useful in

determining the appropriate and minimal diffusion to add to a scheme to suppress

the numerical seeding of secondary instabilities in given conditions.

B.8 Conclusions

We have constructed a reference solution with a well characterized uncertainty, along

with defining a general manner in that the test can be analyzed. This methodology

was applied to example codes from the major families of numerical techniques used

in astrophysics. All codes tested showed convergence towards the reference result

when the resolution was increased in the appropriate manner. For SPH, the use of

an artificial thermal conductivity does not significantly effect the results, but using a

higher-order kernel (and hence a larger number of neighbors) does improve the results.

We conclude then that the fundamental reason for poor performance of SPH in KHI

is the zeroth-order inconsistency of SPH interpolation. Visually, to time t = 1.5 in the

test problem there are no secondary instabilities that arise in the reference solution.

By examining the relative behavior of different types of code, we argue that the

presence of secondary instability on this test is caused by having a numerical diffusion

that is very low compared to the grid noise in the method. Hence, we propose that

it is advantageous in some methods, particularly moving-mesh tessellation methods,

but also in fixed-grid Godunov schemes, to include an extra diffusion operator to

smooth the solution such that grid noise does not drive small scale instabilities.


