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Abstract

This thesis is a study  of several aspects of the  evolution of galaxies using 

photom etric  redshifts in the Hubble Deep Fields (H D F 's). T he photom etric 

redshift m ethod is used in the H D F's down to a m agnitude lim it of /  =  28. 

T he large sam ple and the unprecedented dep th  of the Hubble Deep Fields 

allow one to  trace the evolution of several p roperties of galaxies from c =  5 

to the present in a s ta tis tica l m anner. This thesis studies four such iispects:

1. T he clustering of galaxies is exam ined. W hen the redshift d istribu tions 

of the H D F-N orth and the H D F-South are com pared, one finds a  sig­

nificantly g reater num ber of galaxies around ;= 0 .5 . T his suggests the 

presence of a s truc tu re  (a very weak cluster or a very strong  group) in 

the H D F-X orth.

2. T he s ta r  form ation rate  density  (SFRD ) is determ ined by m easuring 

the UV -lum inosity density. A fter correcting for dust extinction, the 

s ta r  form ation ra te  is found to decrease exponentially  w ith tim e with 

an e-folding period of abou t 4 Gyr.

3. T he difference between the the rate  of declines of the B  band galaxy 

num ber density and the lum inosity densities are used to  exam ine the 

m erging history of the Universe. W hile the  to ta l B  band lum inosity 

density  of the Universe decreases only slightly  w ith tim e since z =  5. 

the num ber density  of galaxies drops considerably more. On average, 

a present day galaxy is the p roduct of ~  3 progenitors.



Ill

4. The m orphology of galaxies is quantified using a "lum piness" param ­

eter. I ,  which m easures the num ber of local m axim a in the image 

of a galaxy. Rest-fram e D band  images are m ade of bo th  H D F's by 

A.-correcting each pixel of each galaxy in the  frames using the photo­

m etric redshifts of the parent galaxies. It is found th a t L increases 

with increasing absolute brightness and increasing redshift. a lbeit only 

slightly.
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Chapter 1 

Introduction

In the beginning, according to the  s tandard  model of galaxy form ation through 

hierarchical clustering, the Universe is filled w ith an alm ost perfectly sm ooth 

d istribu tion  of dark  m a tte r  and a com paratively sm all am ount of baryonic 

gets. Under the influence of gravity, this dark  m atte r  collapses into filaments 

which in tu rn  collapse onto  large clum ps of dark  m a tte r  halos. T he gas cools 

onto these halos, form ing disks. In the disks, the gas is transform ed into 

stars . As long as there is a supply of gas. s ta r  form ation continues and the 

galaxy will contain young, blue stars. W hen the gas is depleted, blown out 

by supernovae, or stripped  by in teractions w ith o ther galaxies, no m ore sta rs  

can form: the ste llar popu lation  ages. Hot blue s ta rs  have relatively short 

life spans: when they die. they leave behind a population  of longer-lived cool 

red stars. The cool s tars  are fainter than  the hot stars: the galaxies fade 

as they age. The dark  m a tte r  halos, and the galaxies inside them , can un­

dergo mergers. If the m erger is between two galaxies of different masses, the 

sm aller galaxy will be absorbed by the larger galaxy, which will undergo a 

burst of s ta r  form ation as its gas is pe rtu rbed . If the m erger is between two

1
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galaxies of roughly equal mass, both  will be d isrup ted  and  will reform  into 

an elliptical galaxy. T his elliptical galaxy can then accrete other, sm aller 

galaxies, becom ing a bulge in the  centre of disk galaxy.

The Hubble Deep Fields are the deepest optical images of the sky yet 

ob tained . Observed w ith H ubble Space Telescope w ith week-long exposures, 

they  probe the Universe to  the point where the Universe was only a ten th  

its present age. Because the observations were m ade from space, beyond the 

d isto rting  effects of the atm osphere, the quality  of the images of the galaxies 

is ex traordinary . T hus, the Hubble Deep Fields are the ideal places in which 

to s tudy  the evolution of galaxies.

The Hubble Deep Fields (H D F's) are so deep in fact th a t m ost of the 

galaxies are too faint to  be observed spectroscopically w ith curren t telescopes. 

Only the brightest 10% of the galaxies have spectroscopic redshifts. To learn 

m ore abou t the rem aining 90%. one m ust use photom etric  redshifts. Indeed, 

the  H D F's and pho tom etric  redshifts seem m ade for each other. W hile the 

H ubble Deep Fields contain  galaxies at redshifts of :  =  5. most of these 

galaxies cannot be observed spectroscopically. Hence, photom etric  redshifts 

are needed to  s tudy  the H ubble Deep Fields. On the o ther hand, for photo­

m etric  redshifts to be feasible, one needs an im aging survey in a t least four 

pass bands. Further, for photom etric  redshifts to be useful, th is survey m ust 

ne largely unstud ied  spectroscopically. The H D F's m eet bo th  these criteria . 

T his thesis is a s tudy  of galaxy evolution in the H ubble Deep Fields using 

photom etric  redshifts.

R ather th an  observing narrow spectral features of galaxy spectra, such 

as lines, the pho tom etric  redshift technique concentrates on broad features.
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such as the 4000À break and the overall shape of a spectrum . In th is m ethod, 

the photom etry  of observed galaxies is converted into low resolution spectral 

energ)' d istribu tions (SED 's). Redshifts are determ ined  by com paring these 

SED 's to redshifted tem plate galaxy spectra.

The chief advantage of using the photom etric  redshift technique is speed. 

In spectroscopy, the light from the gahrxy is separated  into narrow wavelength 

bins a  few angstrom s across. Each bin then receives only a sm all fraction of 

the to ta l light from the galaxy. Hence, to achieve a sufficiently high signal-to- 

noise ratio  in each bin. long in tegration  tim es are required. For photom etry, 

however the bins are much larger, typically I000 .\ wide. It recpiires only a 

short exposure tim e to reach the same signal-to-noise ratio . For very faint 

objects, the exposure tim es required for spectroscopic observation rapidly 

become prohibitive. It is possible to meiisure photom etric  redshifts in the 

Hubble Deep Field down to 1s t  =  28.^ It would take years to obtain  spec­

troscopic redshifts for the same galaxies using Keck, currently  the largest 

telescope in the world.

The m ain disadvantage of using photom etric redshifts is th a t they are 

less precise. The uncertainties of spectroscopically m easured redshifts are 

on the order of Ac=±O.OOI. while photom etric  redshift uncertain ties are 

typically  A c = ± 0 .1 . For studying individual galaxies, th is level of uncertain ty  

is generally too large. For determ ining properties of large num bers of galaxies 

in a s ta tis tica l m anner, however, th is uncertain ty  is qu ite  acceptable.

Tor simplicity, L's t -Bs t M st  and 1st  will be used to denote magnitudes in the F.300W. 
F450W. F606W and F814W bands respectively. The ST zero-point system is used unless 
otherwise specified.
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To m easure photom etric  redshifts for galaxies, one m ust first ob tain  pho­

tom etry  for those galaxies. In particu lar, accurate  colours m ust be de te r­

m ined. C hap te r 2 describes the detection and pho tom etry  of galaxies in the 

HDF images. .A. sam ple of 1694 galaxies, com plete down to Igr  =  '-8 is 

generated.

C hap ter 3 gives a history of the various photom etric  redshift techniques 

used in the past and describes in detail the photom etric  redshift technique 

used in th is thesis. .Applying this technique to the photom etric  sam ple, we 

obtain  a catalog  of galaxies w ith positions, colours and redshifts. This sam ple 

is then used to  study  the evolution from r= 5  to c= 0  of four properties of 

galaxies: clustering, s ta r  form ation rates, m erging and morphologies.

The clustering of galaxies depends on how the dark  m atte r  halos are 

clustered, which in tu rn s  depends on the details of how the halos form and 

evolve. C hap ter 4 discusses the clustering of galaxies as m easured by the two- 

point projected  spa tia l correlation function. Different hierarchical m odels 

make different predictions abou t the  evolution of the clustering of galaxies 

as a function of redshift. .Although the solid angle sub tended  by the Hubble 

Deep Fields is som ew hat too sm all to  give very stringent constra in ts on these 

models, the difference in num ber counts and clustering from N orth to South 

allows one to  say som ething more definite abou t the variations in spatia l 

densities of galaxies.

In the last few years, there has been great interest in the  evolution of the 

global s ta r  form ation rate. S ta r form ation rate  density  (SFRD ) m easures the 

mass of s tars created  per tim e interval per unit volume of space, in un its  of 

M ^yr"^M pc“ '̂ . In general, the s ta r  form ation is considered to  have been more
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rap id  in the  past. The exact details of its evolution with redshift. however, 

are th e  sub ject of debate, .\lthough  most astronom ers believe th a t, a t low 

redshift, the s ta r  form ation ra te  density is steadily  increasing w ith redshift 

from c =  0 to  c =  1. there is some discussion as to the exact ra te  (Lilly et 

a i .  1996: Cowie et a i .  1999. are representative of the two opinions). . \ t  high 

redshift. some (M adau et al.. 1996. for exam ple) hold th a t the SFRD  peaks 

a t around  :  ~  1.5 and declines a t higher redshift. while o thers (Steidel et al..

1999) m ain tain  it rem ains relatively constant. com plicating factor is the 

presence of dust in galaxies, which can cause the SFR D  to be underestim ated  

by a  factor of five. Num erous surveys a t different redshifts. using different 

techniques have been used to measure the SFR D  of the Universe. Some of 

these surveys account for dust and some of which do not. C hap ter 5 presents 

m easurem ents of the  s ta r  form ation rate  density  over the entire  redshift range 

from c =  0 to  c =  4.5 using a single technique and accounting for dust.

C h ap te r 6 investigates the merger h istory of galaxies. It is clear th a t 

some, if not m ost galaxies have undergone m ergers in the past. The question 

is: how m any m ergers? One approach to answ er th is question is to look 

a t galaxies and  determ ine w hat fraction are curren tly  undergoing mergers. 

O ne can look for galaxies th a t are clearly undergoing m ergers (d isrupted 

m orphologies, tidal tails) or look for galaxies th a t  are close to  each o ther 

in space, and will likely merge in the near future. P a tto n  (1999) looked 

a t close pairs in the C X O C l ■ (Yee et al.. 1996) and C X 0 C 2  (Vee et a i .

2000) surveys and  determ ined  the merger ra te  as a  function of redshift out 

to  r  =  0.5. A nother approach is look a t the num ber of galaxies a t some

"Canadian Network for Obser%-ational Cosniolog}-
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point in the past and com pare it to the num ber of galaxies a t the present. 

Simplistically. if there is a large num ber of mergers, there will be significant 

drop in the num ber of galaxies. A lthough there  are a num ber of com plicating 

factors, this approach can be used to determ ine the overall m erger rate .

W hen one looks a t the  galaxies in the Hubble Deep Fields, one sees a 

num ber of well-formed spiral and regular elliptical galaxies. However, one's 

eye is caught by the large num ber of galaxies w ith very d istu rbed  m orpholo­

gies. the so-called "tra in  wrecks” and o ther peculiar objects. W hen observed 

spectroscopically, these galaxies are often found to be a t high redshift. T here­

fore. the naive conclusion is th a t higher redshift galaxies have increasingly 

irregular m orphologies. T he morphology of galaxies in the Hubble Deep 

Field N orth was studied  by .\b raham  et al. (1996) using q u an tita tiv e  m ea­

sures of morpholog}' as well cis visual classifications. .Abraham 's m easure of 

asym m etry. .4. is determ ined  by ro ta ting  the image of a galaxy by 180’ and 

sub trac ting  the ro ta ted  image from the original. .4 is defined as half the ra­

tio o f the absolute value of the to ta l flux in the self-subtracted  image to the 

to ta l flux in the original image. His m easure of central concentration. C  is 

the  inverse ratio  of the flux within an ou ter elliptical apertu re  (whose radius 

is determ ined from the intensity-w eighted second-order image m om ents) and 

the flux w ith in  an inner elliptical ap e rtu re  (whose radius is 0.3 th a t of the 

outer). W hile these param eters can be m easured down to 1s t  =  ‘-4  in the 

Hubble Deep Field, fain ter galaxies cannot be so classified. Lowering the 

signal-to-noise ratio  of the images of galaxies drives the  asym m etr}' to .4 =  0 

and causes the central concentration m easurem ents to be indistinguishable 

from the seeing disk. C hap ter 7 introduces ano ther q u an tita tiv e  m easure
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of morphology-. L. which m easures the "lum piness" of galaxy images, which 

can be m easured to fainter m agnitudes. T he evolution of I  w ith redshift is 

traced .



Chapter 2 

The Hubble Deep Fields

T his chap ter describes the m ethods used for detection and pho tom etry  of 

galaxies in the Hubble Deep Fields, and the definition of the galaxy sam ple 

th a t will be used for the rem ainder of th is thesis.

2.1 Description of the Hubble Deep Fields

The Hubble Deep Fields form the observational basis for this thesis. T he 

Hubble Deep Field N orth (HDFX) was observed in December 1995 using 

the W ide Field P lanetary  C am era (W F PC ) on the Hubble Space Telescope. 

It is centred a t Right .-Vscension 12*'3G"'49!4. Declination +G2°12'58"00 in 

J2000.0 coordinates. The field was chosen to be a typical "blank" bit of sky. 

T he Hubble Deep Field South (HDFS) was observed in S ep tem ber/O ctober 

1998. Instead  of an a rb itra ry  pointing, the area  of the sky in the vicinity 

of the  quasar .12233-GOG was observed. Several HST instrum ents were used. 

T he Space Telescope Imaging Spectrograph (STIS) was pointed d irectly  a t 

the quasar while the W F P C  and the N ear Infrared C am era and M ulti-O bject



C H A P T E R  2. THE HUBBLE DEEP FIELDS  9

Spectrograph  (NICM OS) were observed in parallel on nearby areas of the sky. 

T he HDFS W F P C  field is centred a t 22''32'"56f22. -62°33'02'.'69 (.12000.0).

Both fields were imaged in four HST filters: F300W . F4.50W. F606W  

and F814W . T he F300W  lies abou t .300.A. to  the blue of the .Johnson U 

band. T he o th er three filters are roughly equivalent to the B R I  bandpasses 

respectively. For simplicity, the F300W . F4.50W. F60GW and F814W  filters 

will be referred to as the U B R I  filters in this thesis. The responses of these 

filters are shown in Figure 2.1. The four images of each field are registered 

to very high accuracy: ~  0.1 pixels.

The Hubble Deep Fields have been im aged at m any o ther wavelengths 

from X-ray to radio. Indeed, the HDFX in p a rticu la r is probably the most 

carefully s tud ied  part of the sky. It has been imaged in X-rays, the L '\’- 

optical. infrared, sub-m m . and radio bands. O f po ten tia l interest for pho­

tom etric  redshift purposes are the near infrared images. U nfortunately, the 

two space-based XTCMOS images are not publicly available except its HST 

archival images, which require a degree of fu rther processing before they can 

be used. .A.Iso. the images either do not cover the entire field (Thom pson 

et a i .  1999) or are too shallow (Dickinson. 2000). The same can be said 

of the ground-based images (Hogg et a i .  1997: Dickinson et al.. 1998: Hogg 

et a i .  1999). Further, in order to com pute consistent photom etry  for both 

lower resolution infrared images and the higher resolution optical images, it 

would be necessary to  degrade the seeing of the  later. T he Hubble Deep Field 

South  has also been imaged in o ther bands (da C osta et al.. 1998). However 

the  only im aging d a ta  common to both  the HDFX and HDFS of identical 

bandpasses and  dep th  is the U B R I  imaging. Therefore, the present analysis
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will be confined to ju s t the U B R I  d a ta  from HST.

Not having infrared d a ta , while slightly vexing, is no great loss. Infrared 

d a ta  is bo th  a help and a hindrance when m easuring pho tom etric  redshifts. 

O n the plus side, it does ex tend  the wavelength coverage of BED. On the 

m inus side, spectral tem plates for the rest fram e infrared are rare and not 

reliable. In a blind test of photom etric  redshifts organized by Hogg et al.

( 1998). the inclusion of infrared d a ta  Wcis not found to improve the accuracy 

of the  photom etric  redshifts significantly.

The HD FX and the HDFS are both  freely available electronically a t 

h t t p  : / / www. s t s c i . e d u / f t p / s c i e n c e /h d f / a r c h i v e /m o s a i c s . h tm l and

h t t p  : / / www. s t s c i . e d u /f tp /s c ie n c e /h d f s o u th / r e d u c _ w f p c 2 . htm l respec­

tively. T he images are available as mosaics of the three W ide Field images 

plus the sm aller P lanetary  C am era image. The num erous images th a t make 

the  final mosaic were com bined w ith the "drizzle" algorithm  (Fruchter & 

Hook. 1998); the final pixels are 0.03985 arcseconds on a side. T he mosaics 

m easure 4096 x 4096 pixels for the HD FX and 4096 x 4600 pixels for the 

HDFS. The images as d istrib u ted  are sky-subtracted . They are scaled in 

in tensity  to 1 electron per second: th a t is to say. they are scaled as if the 

to ta l exposure had been one second. To retu rn  them  to the original scale, 

the  images were m ultiplied by the exposure tim es given in Table 2.1 which 

also lists the ST m agnitude zeropoint for each image.

http://www.stsci.edu/ftp/science/hdf/archive/mosaics.html
http://www.stsci.edu/ftp/science/hdfsouth/reduc_wfpc2.html
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Table 2.1: List of o b sen ’ations

Field F ilter
Exposure

Tim e
ST m agnitude 

zeropoint
HDFX F300W 153700 19.47
HDFX F450W 120600 21.52
HDFX F606W 109050 23.21
HDFX F814W 123600 22.90
HDFS F30ÜW 140185 19.45
HDFS F450W 100950 21.53
HDFS F606W 81275 23.21
HDFS F814W 100300 22.91

2.2 Detection

The S E .\trac to r package (B ertin  & .■X.riiouts. 1996) was used to detec t the 

galaxies in the images and to set up segm entation  m aps. This package cannot 

be praised loudly enough. It is easy to dow nload and install on any L’NTX (or 

sim ilar) system . It takes up little  disk space. It is easy to use: param eters 

can be fed to it via default files, com m and-specific files or on the com m and 

line. It is qu ite  fast. It is very well docum ented. Its m ain defect is its 

nam e, which is short for Source E x trac to r: searching for docum entation  for 

the package usually leads to web sites whose contents have little  to do w ith 

astronom y.

W hen searching for galaxies. S E x trac to r first convolves the image in 

question w ith a sm all filter th a t can be specified by the  user. For th is work
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the default filter:
I 2 I
2 4 2
1 2 I

was used. Convolving like th is improves the signal-to-noi.se ratio  for de­

tection. S E x trac to r then  scans the convolved image, looking for a  certain  

num ber of contiguous pixels above a certain  threshold. In th is case, the de­

tection threshold  was set to 3 tim es the standard  deviation of the  background 

and the num ber of pixels was 5. T his 3-sigma detection lim it works out to 

a surface brightness threshold of 26.40 m agnitudes per square arcsecond in 

1s t - SE xtrac to r then  assigns all pixels contiguous to the object.

The next step is to  deblend the galaxies. This is where S E x trac to r really 

shines. For each ob ject it detects, it splits the brightness profile into a  num ber 

of levels, from the peak flux down to the detection threshold. S E x trac to r then 

searches downw ards through the thresholds looking for secondary peaks in 

the 2-dim ensional brightness d istribu tion . If it finds any. it htis to m ake a 

decision w hether to  split the object in two or more sub-objects. The decision 

to  split or not is m ade using the following criteria: (A)  Is the ratio  of to ta l 

brightness in the prospective sub-object to  the to ta l brightness of the  original 

object g rea ter th an  a certain  con trast param eter? (B) Is condition (A) true 

for a t least one m ore sub-object (potentially, the rest of the  ob ject)?  If both  

(A) and (B) are true , then the object is split. Contiguous pixels below the 

current threshold  are reassigned to  the appropriate  sub-object.

T he relevant param eters for th is m ulti-thresholding are the num ber of 

levels (in th is case. 32) the way in which the different levels are spaced (in 

th is case, exponentially) and the contrast param eter (in th is case. 0.005).
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B ertin  &: A rnouts, (1996) recom m end these values as being the most useful 

in general. In fact, the  exact values are not critical. Changing the num ber 

of sub-thresholds by a factor of 2 either way does not make a noticeable 

difference in the segm entation image: neither does changing the contrast 

param eter by 30%.

This au tom atic  sp litting  works rem arkably well. O nly in the largest, 

b righ test and lum piest (Sc types and later) galaxies does it fail. Even in 

these relatively difficult objects, it only fails occasionally. These relatively 

few cases are quite  obvious and are easily corrected by hand. To be on the 

safe side, all the  galaxies in the sam ple were carefully scrutinized individually 

by eye to see if any had been split when they should have been merged or 

m erged when they should have been split.

S E x trac to r produces a catalog w ith x  and tj positions and photom etry. 

It also produces a segm entation image. This FITS image is the sam e size 

as the original image. It has zeros everywhere th a t the original image had 

b lank sky. W ith in  the bounds of each object (its "segm ent"), the pixels 

have a value equal to the ID num ber corresponding to the relevant object in 

the catalog. For an uncrowded object, this will be all the pixels above the 

isophotal threshold. For a crowded object, the  segment will be all the pixels 

above the isophotal threshold th a t were not assigned to  ano ther object during 

the deblending procedure. The segm entation image makes it possible to see 

which pixels were assigned to which object. This is a very interesting and 

useful diagnostic in its own right, bu t has o ther uses for further photom etry  

as will be discussed in the next section. For an  exam ple of a segm entation 

image, see Figure 2.2.
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Figure 2.2: Segm entation images in different bands. T he upper panels show 
a  subsection of the H D FN  in bo th  the /  and B  bands (left and  right re­
spectively). T he lower panels show the segm entation im age produced by 
S E x trac to r for the sam e subsection. Different shades of grey are used to 
d istinguish  different objects. N’ote the substan tia l differences in the segm en­
ta tio n  image from band to  band.
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Because of the dithering^ during the observations, some sections of the 

H D F images have substan tia lly  lower exposure tim es th an  the bulk of the 

im age. These sections are located around the  edges of the images. Because 

of the  increase in noise, there are many spurious detections in these aretis. 

T here  is also the occitsional legitim ate detection , usually  a relatively bright 

ob ject. R ather th an  try  to sort the spurious from the  leg itim ate objects, the 

edges of the images were masked off. .\11 objects whose centres lay w ithin 

the  nuisked off areiis were rejected.

2.3 Photometry

T here are several m ethods for doing galaxy photom etry . The m ethods re­

semble each o ther in as much as they all have some a lgorithm  or rule to 

decide which pixels of a  galaxy image are associated w ith the galaxy, and 

then  sum  the light from these pixels to produce a m agnitude. T he pixels are 

all given equal weight, unlike m any techniques used in s te llar photom etry. 

T he m ethods differ m ainly by the way in which the  pixels associated  with 

the  object are chosen:

•  Fixed apertu re  photom etry: This is by far the sim plest m ethod. .\11 

the  pixels w ithin a certain  circular radius are used. O f course, not all 

galaxies are  the sam e size, so fixed a p e rtu re  pho tom etry  will m easure 

a  different fraction of the to ta l light from each galaxy. If the  apertu re  

rad ius is too sm all with respect to the size of the  galaxy, some unknown

‘Dithering: small shifts in the pointing of the telescope to ensure that objects do not 
always fall on the same pixels of the detector.
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light from the galaxy will be lost, m aking it im possible mocisure to ta l 

m agnitudes. If the apertu re  is too large, a fair am ount of sky will be 

included, degrading the signal-to-noise ra tio  of the photom etry.

•  A utom atic apertu re  (Kron) photom etry: One can m atch the size of 

the apertu re  to the size of the galaxy. The size of the galaxy, ry. is 

m easured using the Kron algorithm  (K ron. 1980):

r, = 1 9 / C2.1,
One can then use a circular ap ertu re  of radius Arri. with k some con­

s tan t. generally 2 or an elliptical ap e rtu re  w ith principal axes (kr^ and 

k r i / e  (where e is the ellipticity of the gahuxy) to do the photom etry. 

One can m easure accurate to ta l m agnitudes w ith th is m ethod.

•  Isophotal photom etry: In th is m ethod, the apertu re  is not circular, nor 

any regular geom etric shape. It is the set of all pixels associated w ith 

a galaxy whose brightness is g rea ter than  some threshold. The light 

from each and every pixel likely to con tribu te  substan tia lly  to the to ta l 

is included. Conversely, no (or a t Iccist verv" few) pixels containing only 

sky are included.

•  Corrected isophotal photometn,*: S tra ight isophotal photom etry  misses 

a  fraction of the light from each galaxy. It depends on the surface 

brightness of the galaxy; the  fraction of light missed is larger for fainter 

galaxies. However a correction factor, q. can be com puted (to second
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order) following M addox et al. (1990);

A/ -  1 -  0.1961 -  0.7512 (2.2)

where .4 is the area  w ithin the isophote. t is the Isophotal threshold.

and /,so is the flux w ithin the isophote.

S E x trac to r can com pute photom etry  via all these m ethods. It also can 

com pute a "best" m agnitude (known, ap tly  enough, its MAG_BEST in SEx­

trac to r terminology’) which is either a corrected isophotal m agnitude (in the 

case where a galaxy may be subjected  to crowding) or a Kron m agnitude 

(when crowding is not a problem ). This "best" m agnitude is a robust to ta l 

m agnitude.

The question is: which m ethod of doing galaxy photom etry  is best for 

the problem  a t hand? W hen m easuring photom etric redshifts. g e tting  reli­

able colours is key: system atic errors in the colours should be m inimized. 

T he exact sam e portion  of the sky should be m easured in all bands. For this 

purpose, sm all fixed apertu res are ideal. On the o ther hand, the photom e­

try  is also used for generating  lum inosity functions and A:-corrections. For 

this, accurate  to ta l m agnitudes are necessary. This is particu larly  true  for 

the /  band, since it is in th a t band the final galaxy sam ple will be defined. 

Small fixed ap ertu re  m agnitudes do not give good to ta l m agnitudes. Isopho­

ta l m agnitudes are sub jec t to (1 4- r ) '  surface brightness dim m ing effects 

which makes m easuring lum inosity functions by the l/Vmax m ethod cjuite 

com plicated.

One can. in principle, m easure to ta l m agnitudes by the  corrected isopho­

ta l m ethod or the Kron m ethod in all bands. However, the isophotes and
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Kron radii in some bands may be considerably different than  in o thers. This 

can be clearly seen when com paring the image and segm entation m ap of the 

B  band image to  their coun terparts  in I  as shown in Figure 2.2. Because 

of these differences, the colours may not be meiisured on exactly  the sam e 

parts  of the sky. which could lead to inaccurate  colours.

T he best com prom ise is to:

•  determ ine the isophote in the I  band.

•  do photom etry  in all bands through the /  isophote

•  determ ine to ta l m agnitudes in the I  band by the corrected isophotal 

m ethod or the Kron m ethod (S E x trac to r's  MAG_BEST)

•  correct the photometry in all bands by the difference for the /  band 

between MAG_BEST and the isophotal photometry.

This procedure has m any advantages. T he colours are m easured consistently, 

through identical — if irregularly  shaped — apertures: hence they are ap­

propria te  for photom etric  redshifts. T he m agnitudes are to ta l m agnitudes, 

appropria te  for sam ple selection and the m easurem ent of lum inosity func­

tions. T he correction from isophotal to to ta l m agnitudes is sm all, typically 

less th an  0.1 mag. The only disadvantage is th a t the I  isophotes are usually 

larger than  isophotes in o ther bands. T his m eans th a t more sky pixels are 

included in the o ther bands, increasing the noise. However, the increase in 

random  errors is more th an  offset by the decrease in system atic errors.

S E xtrac to r. a lthough adm irable in m any respects, has one shortcom ­

ing: it cannot process m any images sim ultaneously. This makes m ulti-colour
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photom etry  following the m ethod described above a bit problem atic. To th is 

end. a new program'- was w ritten . It perform s photom etry  on all four im­

ages sim ultaneously, th rough identical apertures. It takes as input d a ta  the 

object catalog and the segm entation  image produced by SE x trac to r. as well 

iis all four U B R I  d a ta  images. For each object in the  catalog, the program  

first determ ines which segm ent to use based on the x and y coord inates from 

the catalog. Next, the program  sum s all the flux in th a t segm ent in each of 

the four bands. (Since the segm entation image reflects bo th  the isophotes 

and the deblending described in the previous section this is effectively "de­

blended isophotal" photom etry .) This to ta l flux in each band is converted 

into a m agnitude in the usual way: m agn itude=  - 2 .5  log(Flux). The m ag­

nitude is corrected for the zero-point and the exposure tim e. T he m agnitude 

in each band is fu rther corrected by the difference between the isophotal 

m agnitude and the to ta l (MAG_BEST) m agnitude in the I  band. Since the 

images are sky-sub tracted  as p a rt of the HST pipeline, no correction for sky 

background is m ade. T his m ethod is m ade easier by the  fact the  HDF images 

in each band are registered to very high accuracy.

T he uncertain ty  in the to ta l flux. CTf. is calculated  as follows:

ctf = \/F + (2.3 )

where F  is the to ta l flux in the apertu re , and Up,x is the num ber of pixels in 

the apertu re . T he variance in the sky. is calculated  once per image. It 

is m easured in 20 or so b lank sections of the skv. each of which is -50 x .50

•for those interested in such details, the program was written in FORTR.A..\. using the 
FITSIO libraries
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pixels. T he uncertain ty  in the corresponding m agnitude, cr^. is given by:

=  2.5 log (2.4)

The m ethod described above was applied to the Hubble Deep Fields. 

The results are shown in Figures 2.3 and 2.4. Figure 2.3 shows the num ber 

counts in all four bands. Figure 2.4 shows the  num ber counts in the I  band 

split by field. N’ote the difference in the num ber counts between the HDF 

N orth  and the HDF South. This difference will be exam ined more closely in 

C h ap te r 4.

2.4 The sample

Having m easured photom etry  for the galaxies, the next step  is to construct 

a well-defined sam ple of galaxies. Pho tom etric  redshifts will be calculated 

for the  galaxies in this sample. Therefore all the galaxies must be observed 

in a t least 3 bands. These photom etric redshifts will be used to generate 

lum inosity  functions. V/Vmax s ta tis tics  and the like. Ideally, then, the sam ple 

m ust be com plete down to a  m agnitude lim it, w ith little  or no constrain ts 

from surface brightness. T he m agnitude lim it th a t was chosen is 1s t  <28. 

7=28 in the  ST system  is equivalent to 7=27.2  in the .\B  system  and 7=26.8 

in t h e \ e g a  system .

Figure 2.5 shows 7 band num ber counts for a variety of criteria . The 

heavy solid line shows the to ta l counts. T he light lines show the 7 counts for 

the  set of galaxies detected  in all bands (dashed) in a t least the B . R  and 7 

bands (do tted) and ju st the R  and  7 bands (solid). All galaxies detected  in
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Figure 2.3: Total num ber counts for the HD FX and HDFS in the U B R I  
bands. The solid lines show the to ta l num ber counts. The dashed lines show 
the num ber counts for objects w ith /  <  28. The m agnitude scale is the  ST 
svstem  for all bands.



C H A P T E R  2. THE HUBBLE DEEP FIELDS 23

100  -

■ HDFN 

o H D F S

73

c
3
O
Ü

10 -

-  < >  <>  <>

1 -

Î

1  ?

,  o r

22 24 26
IgT m agnitude

28

Figure 2.4: f  band num ber counts for the HD FN (solid points) and the 
HDFS (open points). The error bars reflect Poisson s ta tis tic s  in each bin. 
T he dashed vertical line shows the cutoff for the sample.
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I  are also detected  in R  down to =  29: the light solid line and the heavy 

solid line are d istinguishable only in the  two faintest bins. One also sees from 

the figure th a t all but l7c of the  galaxies brighter th an  1s t  < 28 are detec ted  

in a t least three bands. All (w ith one exception) of the sm all fraction th a t  

do not have B  detections can reliably assigned redshifts of :  > 3.5 based on 

the lower lim its of their B  -  R  colours: th a t is to say. they are B -d ropou ts . 

A larger fraction of gahixies are not de tec ted  in U. This is partia lly  because 

the U  image is not as deep as the B R I  images. However, ano ther fraction of 

the  galaxies w ith no U  detections are bona fide  high redshift f '-d ro p o u ts . In 

e ither ciise. photom etric redshifts can be m easured for the entire sam ple.

T he next step  is to show th a t the sam ple is com plete, th a t is to  say. th a t  

there  is no significant population galaxies down to the lim iting m agnitude 

th a t are missed by the detection algorithm . For th is, sim ulations were used. 

.A sub-section containing no border effects or large bright galaxies was cut 

ou t of the /  image of the HDFX. G alaxies were then added at random  to th is  

image. These sim ulated galaxies had exponential profiles w ith various to ta l 

m agnitudes Lot and central surface brightnesses. ^ / .  Setting  the param eters  

exactly  as in the original ex traction  cis described above. S E x trac to r was run  

on the  image w ith ex tra  galaxies. T he fraction of artificial galaxies recovered 

gives the com pleteness as a function cen tral surface brightness and to ta l 

m agnitude. In each tria l. 10 galaxies were added to the image. For each 

com bination of Lot and /Vf. LOO tria ls were m ade. The test was done a t 0.1 

m agnitude intervals of Rot and

T he results are shown in Figure 2.6. T he dots show the to ta l I  m agnitude  

and  peak surface brightness of all the galaxies detected  in the Hubble Deep
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Figure 2.5: Pho tom etric  completeness lim its. The light lines show the /  
num ber counts including only those galaxies which were detected  in o ther 
bands. T he dashed line shows the /  counts for galaxies detected  in all bands. 
The d o tted  line shows the /  counts for galaxies detected  in a t least the  B R I  
bands. T he light solid line shows the I  counts for galaxies detected  in at 
least the  R I  bands. T he h ea \y  solid line shows the to ta l I  band num ber 
counts, regardless of w hether those galaxies were detected  in o ther bands: it 
can only be distinguished from the /  plus R  counts in the  two faintest bins. 
The vertical line shows the L s t = - 8  cutoff of the sam ple.
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Fields. T he labeled lines indicate the  90%. 70%. 50%. 30% and 10% com ­

pleteness lim its of the sam ple. The com pleteness reOects two things: F irst, 

there is the chance of recovering a faint galaxy from the noise. If a galaxy has 

e ither a low surface brightness or a faint to ta l m agnitude, it will be missed. 

In particu la r, if its peak surface brightness is below the detection threshold 

of 26.4 m ag a rc se c '- . it will always be missed. Second, there are the effects 

of crowding. Even bright galaxies can be m issed if they are superim posed 

on o ther objects. This occurs roughly 2% of the  tim e. .A.s can be soon from 

Figure 2.6. the vast m ajority  of the observed objects w ith 1st  > '-8 lie in an 

area th a t is a t least 90% com plete. Four objects lie near but slightly above 

the 90% contour line. It can be seen from Figure 2.6 (and will be further 

shown in C hap. 5) th a t surface brightness effects play only a m inor role.
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I  m agnitude and  peak surface brightness of all the  galaxies detected  in the 
Hubble Deep Fields. T he labeled lines indicate the various com pleteness 
lim its of the  sam ple. The vertical line shows the  m agnitude cut for the 
sam ple.



Chapter 3 

Photometric Redshifts

This chap ter first examines the photom etric  redshift technique from a h isto r­

ical perspective, with a brief description of every m ethod used so far. For this 

thesis, tlie tem pla te  fitting m ethod of photom etric  redshifts was used: there­

fore th is technique is described in much greater detail. The Hubble Deep 

Fields present a  challange for photom etric redshifts. The redshift range is 

very large. ,A.t high redshift. the tem plates m ust be extended further into the 

U \ th an  observations have been m ade locally. Further, although the B R I  

images are of com parable depth , the i '  image is som ew hat shallower. It is 

im p o rtan t to  distinguish between genuine i '  d ro p o u t/L y m an  break galaxies 

and  nearer galaxies that are intrinsically  faint in the C  band. The m odifica­

tions to  the  basic technique th a t are needed to apply  it to  the Hubble Deep 

Field d a ta  are discussed. Finally, the m ethod is applied to the sam ple defined 

in the previous chapter, and the photom etric  redshift d istribu tion  down to 

1s t  =  28 is presented.

28
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3.1 A brief history of photometric redshifts

T he concept of photom etric  redshifts is not new: it was first developed by 

Baum  (1937: 1962). B ut w ith the advent of the Hubble Deep Field (W illiam s 

et a i .  1996). there has been a recent revival in interest in pho tom etric  red­

shifts. Indeed, there have been more papers dealing w ith pho tom etric  red­

shifts since 1996 (Gwyn & H art wick. 1996: L anzetta  et al.. 1996: .Mobasher 

et a i .  1996: Sawicki et al.. 1997: Cowie et a i .  1996: M adau et al.. 1996: 

SubbaR ao et al.. 1996: Pellô et al.. 1996: Steidel et a i .  1996a: Steidel et a i .  

1996b: Belloni & Roser. 1996: Benitez. 1999: Brunner et a i .  1997: Connolly 

et al.. 1997: Furusaw a et a i .  1999: Giallongo et a i .  1998: Hudson et al.. 1998: 

Hogg et al.. 1998; Liu & Green. 1998: Wang et al.. 1998. am ong others) than  

in the previous 33 years (B aum . 1962: Koo. 1983: Ellis et al.. 1983: Loh & 

Spillar. 1986b: Loh & Spillar. 1986a: M acLaren et al.. 1988: Ri.xon et a i .  

1991: Connolly et al.. 1993a). Recently an entire conference (W eym ann et 

a i .  1999) has been devoted to photom etric redshifts. som ething th a t would 

have been unheard  of five years ago.

This section will outline a brief history of photom etric redshifts. The list 

of papers reviewed here is not exhaustive: however, it does cover all of the 

techniques so far developed.

3.1.1 Direct shift measurement

Baum  was the first to propose (1937) and then develop (1962) a technique 

for m easuring redshifts photom etrically. He used a photoelectric  photom e­

ter and 9 bandpasses spanning the spectrum  from 3730À to 9873A. W ith
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th is system  he observed the spectral energy d istribu tion  (SED) of 6 bright 

ellip tical galaxies in the \ 'irg o  cluster. He then  observed 3 elliptical galaxies 

in an o th er cluster (C10925+2044. also known as .\be ll 0801). By p lo tting  

the  average SED of the \ 'irg o  galaxies and the average SED of the C10925 

galaxies on the same graph using a logarithm ic wavelength scale, he was 

able to  m easure the displacem ent between the two energ>- d istribu tions, and 

hence the redshift of the second cluster. His redshift value of c =  0.19 agreed 

closely w ith the known spectroscopic value o f :  =  0.192. so he extended his 

technique to  a handful of clusters of then unknown redshifts out to m axim um  

redshift of :  =  0.46. He then derived a very rough value o f Do- B aum 's tech­

nique was fairly accurate, but because of its dependence on a large 4000.\ 

break spectra l feature, it could only work on elliptical galaxies.

3.1.2 Colour-colour diagrams

Koo (1985) followed a  different approach. F irst, he used photographic plates 

instead  of a photom eter, m aking it possible to  m easure photom etric  redshifts 

for a  large num ber of galaxies sim ultaneously. Second, instead of using 9 

filters he used only 4; C . I F X  (=  C B j R p I s ) -  T hird , instead of using an 

em pirical spectral energ>- d istribu tion , he used the theoretical B ruzual (1983. 

am ong others) no-evolution models for all galaxy types.

T he m ost im portan t difference, however, was the way the colours were 

used. Instead  of converting the photom etric colours into a  kind of low resolu­

tion  spectrum , he converted the Bruzual tem pla tes into colours, and plo tted  

lines of constan t redshift and varying spectral type, known as iso-z lines, on a 

colour-colour d iagram . F inding th a t the m ost norm al colour-colour diagram s
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(e.g. L -  ./ versus J  — F  and J  — F  versus F  — .V) were degenerate in a 

range of redshifts. he invented wiiat he called colour-shape diaijrams. T he 

shape m easured w hether the SED tu rned  up or down a t bo th  ends, th a t is. 

w hether the spectrum  was bowl shaped  or hum ped. .-\.nother way to  put it 

is th a t the colour m easured the first derivative w ith respect to wavelength of 

the  spectrum  and the shape m easured the second derivative. For colour he 

used either 2U — I F  ox U + J  — F  — .V. bo th  of which span a large wave­

length range. For shape, he used e ither - U  + 2.1 -  F  or - F  -f-./ -r F  -  .V. 

Following th is m ethod to metisure the  redshift of a galaxy. Koo calculated  

the colour and the shape from the i ' . J F X  m agnitudes and p lo tted  them  on 

the colour-shape diagram . The redshift of the galaxy was then found by 

finding the iso-z line closest to the point representing the galaxy. Koo tested  

th is m ethod on a sam ple of 100 galaxies w ith known spectroscopic redshifts 

ranging from :  =  .025 to :  =  .700.

This m ethod is sim ilar to  th a t used by Pellô et al. (1996) and M iralles. 

Pellô & Le Borgne (1996). They used the B R L IK  colours of galaxies to 

determ ine "perm itted  redshifts" in the following m anner: The colours of 

galaxies are p lo tted  as a  function of redshift from the Bruzual & C hario t 

(1993) models. Each available colour (w ith its associated uncertain ty) of 

a galaxy defines a "perm itted" redshift range on the corresponding colour- 

redshift d iagram . The intersection of the perm itted  redshift ranges for all 

the colours determ ines the redshift. This am ounts to a colour-colour-colour- 

colour d iagram  (4 dim ensions instead of 2). This m ethod was used by Pellô et 

al. (1996) to  discover a  cluster of galaxies a t c ~  .75 by looking for an excess 

in the redshift d istribu tion  in the  field of a g rav itationally  lensed quasar.
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M iralles et al. (1996) used the m ethod to  determ ine the redshift d istribu tion  

of the  Hubble Deep Field.

The "ultra-violet dropout" techniques of Steidel et al. (1996b: 1996a) 

and M adau et al. (1996) are sim ilar if sim pler. .\11 galaxy spectra  have a 

large Lym an break; shortw ard of 912.\. the continuum  drops dram atically . 

W hen th is break is redshifted into and past the C  filter, the U  flux is greatly  

reduced or non-existent, resulting in very red ultra-violet colours.

In the u ltra-violet d ropout techniques, an exact redshift of a gahuxy is 

not determ ined. R ather, the redshift is determ ined to be in the redshift 

range where the Lyman break is in or ju s t past the C  filter. Since U filters 

typically  have a central wavelength of 3o00.\. th is works out to a redshift 

o f :  ~  2.5. In practical term s, redshifted tem plate  galaxy spectra  are used 

to  determ ine a  locus on a colour-colour plot where most galaxies lie in a 

particu la r redshift range. Those galaxies whose m easured colours lie w ithin 

the locus are deemed to be in th a t redshift range. Clearly, th is m ethod is a 

lot sim pler than  th a t of Pellô et al. (1996) as only two colours are considered. 

It is also a lot less precise since the redshift is not strongly constrained. For 

bo th  these reasons it is best suited for pre-selecting galaxies a t high redshift 

for spectroscopic study. Steidel et al. (1996b) did exactly th is using the f ’.v. 

G. and  V, filters to  preselect objects for spectroscopy. M adau et al. (1996) 

applied this technique to the Hubble Deep Field using the F300W . F450W . 

F606W  and F814W  filters. The technique was extended to  higher redshifts 

by using F450W  dropouts to find galaxies of redshifts :  ~  4. By detecting 

these d ropouts, it was possible to  place constra in ts on the s ta r  form ation rate  

and  m etal production a t high redshifts.
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3.1.3 Linear regression

Perhaps the sim plest and certain ly  the m ost em pirical photom etric  redshift 

technique yet is th a t of Connolly et al. (1995a). This m ethod requires a 

"tra in ing  se t” of a large num ber of galaxies w ith m ulti-colour photom etry  and 

spectroscopic redshifts. Redshift. : .  is assum ed to he a linear or quad ra tic  

function of the m agnitudes (.\/,) of the galaxies, th a t is. if .V is the num ber 

of filters:

:  =  «0 +  51  (3.1)
1 =  1 .V

or

z =  ug -f- n ,.\/, -r  ^  n.ijM,Mj (3.2)
1 = 1  .X 1 =  1  .V

J = i  X

T he constan ts, a, and a,j. are found by linear regression. Connolly et a i  

(1995a) used a plus redshift d a ta  set extending t o :  ~  .5 of 370

galaxies. They showed th a t this m ethod could determ ine redshifts w ith un­

certain ties of (7; =  0.057 with a linear fit and cT; =  0.047 with a quad ra tic  

fit. There is little  or no loss of accuracy if colours (C. =  M, -  .U,*i) are used 

instead of m agnitudes. Using this technique they were able to m easure the 

lum inosity function out to ./ ~  24 (SubbaR ao et al.. 1996).

T he linear regression technique has two advantages and two d isadvan­

tages. T he advantages: (1) It is extrem ely simple. (2) It is com pletely 

em pirical: one does not have to assum e th a t the galaxies in question have 

the sam e spectral energv- d istribu tion  as local galaxies. The disadvantages: 

(1) .A. substan tia l collection of spectroscopic redshifts m ust have been m ea­

sured before the technique can used. (2) Extension to fainter m agnitudes or
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deeper redshifts is not possible.

3.1.4 Template fitting

T he tem pla te  fitting technique developed by Loh & Spillar (198Gb) more 

closely resembles th a t of Baum  (1962) than  th a t of Koo (1985). T he tech­

nique is described in detail in Section 3.2. but can be sum m arized as follows: 

F irst, the photom etric d a ta  for each galaxy in the fields are converted into 

spectral energy d istribu tions (SED 's). Second, a collection of tem pla te  spec­

tra  of all Hubble types and redshifts in the range of interest is compiled. 

T h ird , the  spectral energy d istribu tion  derived from the  observed m agni­

tudes of each object is com pared to each tem plate  spectrum  in tu rn . The 

best m atching spectrum  and hence the redshift is determ ined  by m inim izing 

V'-

Loh &: Spillar (1986b) observed 34 galaxies of known redshift in the 

galaxy cluster 00234-1654 through 6 non-standard  filters to test their m ethod. 

T he s tan d ard  deviation of the redshift differences (c,pec -  :pftot) was 0.12. 

T hey went on to use their technique to m easure photom etric  redshifts for 1000 

field galaxies in order to determ ine a value for the density  param eter. Qq (Loh 

&: Spillar. 1986a). Ellis et al. (1985) and M acLaren. Ellis & Couch (1988) used 

tem pla te  fitting with a 7 filter set to confirm the m em bership of galaxies in 

clusters. Gwyn (1995) tested  th is m ethod using B \ ' R I  pho tom etry  obtained 

a t  C F H T  of the Colless et al. (Colless et a i .  1990: Colless et a i .  1993) 

galaxies. N um erous au tho rs (Gwyn & Hartwick. 1996; L an ze tta  et a i .  1996; 

.Mobasher et a i .  1996; Sawicki et al.. 1997: Cowie et al.. 1996) have used this 

technique to determ ine redshifts in the Hubble Deep Field.
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3.1.5 Variations

Benitez (1998: 1999) added a twist to the tem p la te  fitting technique. In 

the  norm al technique, only the differences betw een the tem plate  and the 

observed SED are considered when calcu lating  the  likelihood of fit. In the 

Bayesian photom etric redshifts m ethod, one's expectation  of the redshift 

d is tribu tion  is also taken into account. C are is necessary when choosing the 

redshift d istribu tion  function: it is possible to bias the results. .As an extrem e 

exam ple, if one expects the redshift d is trib u tio n  to be a de lta  function at 

z = l  and uses th a t as an expectation function, then  no photom etric  redshifts 

o th er th an  c = I  would be m easured. However, w ith more reasonable and 

conservative choices. Benitez showed th a t it is possible to reduce the residuals 

in the photom etric  redshifts from A c / ( I  +  r) =  0.10 to 0.08. . \  sim ilar 

m ethod has been used by K odam a. Bell &: Bower (1999) to discrim inate 

betw een cluster m em bers and background/foreground galaxies in the field of 

•Abell 370. They propose using it for high redshift clusters.

In the  standard  tem plate  fitting technique, the  redshift and the type of 

the  galaxy are the free param eters. To these two param eters. Furusawa t t  al. 

(1999) add  2 extinction param eters. The first is in ternal absorption in the 

galaxy: the second is the am ount of in tergalactic  absorp tion . T he prescription 

for intergalactic  absorption by .Madau (1995) is ac tually  an expression for the 

m edian absorption. From Figure 1 o f M adau (1995). one can see th a t there 

is qu ite  a d istribu tion  of absorptions along different lines of sight. Indeed 

the m ode of the d istribu tion  is considerably less th an  the m edian. Furusawa 

et al. (1999) claim  th a t the accuracy of pho tom etric  redshifts is im proved if
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these two extinctions are left as free param eters.

3.2 The template fitting technique in general

A lthough the tem plate  fitting technique has been described cursorily  on nu­

m erous occasions {(j.v. the  references in the previous section), it has not 

been given com plete exegesis in the sam e way the colour d iagram  and linear 

regression techniques have. This section provides th a t description.

The tem pla te  fitting technique can be divided into three steps:

1. The photom etric  d a ta  for each galaxy (through various filters) are con­

verted into spectral energy d istribu tions (SED 's). T he m agnitude in 

each bandpass is converted to a flux (power per unit bandw id th  per 

unit apertu re  area) a t the central or effective wavelength. A„,„. of the 

bandpciss. W hen the flux is p lo tted  against wavelength for each of the 

bandpasses, a low resolution spectral energy d istribu tion  is created .

2. A set of tem plate  spectra  for different Hubble types is com piled from 

various sources. These spectra  are then redshifted. T he redshifted 

spectra  are reduced to the passband averaged fluxes a t the central 

wavelengths of the passbands in order to com pare the tem p la te  spectra  

w ith the SED 's of the observed galaxies.

3. The spectral energ}' d istribu tion  derived from the observed m agnitudes 

of each object is com pared to each tem plate spectrum  in tu rn . T he best 

m atching spectrum , and hence the redshift. is determ ined  by m inim iz­

ing f .
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III the following subsections, each of these steps is examined in turn.

3.2.1 Photometry to spectral energy distributions

It is said th a t anyone who makes a significant con tribu tion  to any field of 

endeavour becomes an obstruction to its progress in direct proportion to the 

im portance of his or her original contribution. If th is is true of anybody, it 

is true  of Pogson (1856) who formalized the m agnitude system  which has 

been alternately  a boon and a plague to  astronom ers since it was introduced 

more than  2000 years ago (H ipparchus. 130 BC: Ptolem y 140). .Although 

the m agnitude system  is convenient in m any instances, it has one m ajor 

deficiency. It is not directly  obvious w hat the shape of the spectral energy 

d istribu tion  of a source is by looking a t its m agnitudes and colours. The 

m agnitude in each bandpass must be converted to a flux (power per unit 

bandw id th  per unit apertu re  area) a t the central or effective wavelength. 

Men- of the bandpass. W hen the flux is plo tted  against wavelength for each 

of the  bandpasses, a low resolution spectral energy d istribu tion  is created.

To convert m agnitudes in some filter, m. to fluxes. F. one uses the 

following equation:

F  =  FqIO -^ '- 'T  (3.3)

where F  is the flux in un its  of and Fq is the  flux zero-point of th a t

filter system  in the sam e units. This equation is straightforw ard  to use as long 

as the  flux zero-point is known. M agnitude system s are ostensibly calibrated  

to  the  type AO sta r. \e g a . which has rn =  0 for all filters by definition. In 

practice, there is usually some small bu t significant zero-point shift between
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the \'ega  calib ration  and reality. By using inform ation from Johnson (1966). 

Koo (1985). Glass (1973). Steidel & H am ilton (1993). Fukugita. Shim asaku 

& Ichikawa (1995). and  Fukugita  et al. (1996) it is possible to derive the dux 

zero-points for the usual Johnson-C ousins U B V R I system , the photographic 

UJFN  system , the Space Telescope F300W . F450W . F606W  and F814W  

system  used in the HDF. the ugriz  system  used in the Sloan D igital Sky 

Surrey, the f ’vG R  system  of Steidel et al. . and the infrared .JHK system . 

This inform ation is sum m arized in Table 3.1.

W hen m agnitudes are specified on the .4 5  system , the flux zero-points 

are defined to be 3.651 x I Q ~ \ V  H z~ hn~ -  for all filters. Since sp ec tra  are 

usually described in it is convenient to convert the dux zero-

points to these units:

Pox = (3.4)

W here Fqa is the dux zero-point (in units of U ’.-\.“ ‘m "-). F,)̂ , is the  dux zero- 

point (in units of IF  H z '^ r r r - ) .  c is the speed of light (in m.s“ ‘ ). is the 

central wavelength (in .\)  of the  d lter in question, and 10'° is the num ber of 

angstrom s in a m etre. Using the values for the .45  system , we have;

1.095 X 1 0 - '
O A .- IB  = (3.5)

The S T  system  used by the Hubble Space Telescope is the m ost conve­

nient of all. T he dux zero-points is dedned to  be F q x s t  = 3 .63x lO “ ' '- lF . \ " 'm “ ’ 

for all dlters (Code et al.. 1980).

For sm all values, abso lu te  uncertain ties in the m agnitudes are roughly 

equivalent to relative uncertain ties in the duxes:
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Table 3.1: F ilter properties

f ^ ( x l O - ‘■ 'ir .v
F ilter ^cen " \eg a" AB ST

I' Johnson 3650.\ 4.3G 8.22 3.63
.̂Johnson 440GA G.37 5.66 3.63
 ̂Johnson 5500A 3.71 3.63 1 6 3

^Cousins G500A 2.21 2.59 3.63
■̂ Cousins 8000A 1.13 1.71 3.63
^ Kron 3GG0A 4.18 8.17 3.63
•■̂Kron 4G30A 5.5G 5.11 3.63
^Kron GI70A 2.G9 2.88 3.63

Kron 7940A 1.21 1.74 3.63
F3Ü0W 3000A 3.54 12.09 3.63
F450W 4575A 5.G1 5.23 3.63
F60GW G030A 2.71 3.01 3.63
F814VV 8000A 1.14 1.70 3.63

'̂■SDSS 3550A 3.G7 8.74 3.63

fJsDSS 4750A 5.11 4.81 3.63

''SDSS G200A 2.40 2.83 3.63

^SDSS 7G50A 1.28 1.88 3.63

-SDSS 9050A 0.783 1.34 3.63
^ .VSteidel 3570A 3.68 8.59 3.63
G'Steidel 4830A 5.05 4.69 3.63
^Steidel G930A 1.73 2.28 3.63

./ 0.318 0.760 3.63
H I.G^m 0.117 0.428 3.63
K 2.2^m 0.039 0.226 3.63
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A M  = M i -M -2

=  2.5 lo g (F ,/F i) .  if A F  = F - , -  F. 

=  2 . 5 l o g ( l - f ^ )

2.5 A F
In 10 Ft 
A F

A M  -  ^
t

(3.6)

Once the m agnitudes are converted into fiu.xes. the equivalent of a very 

low resolution spectrum  can be m ade by p lo tting  the fluxed against the cen­

tra l wavelength of the filters.

3.2.2 The template spectra

In this step, the goal is to produce a set of tem plate  spectral energ}' d istribu ­

tions spanning the redshift range of in terest. One wishes to have tem plates 

a t fairly small redshift intervals ( A c - .05). sm aller than  the expected red­

shift uncertainty. The tem plates should also cover all Hubble types, from 

ellipticals to irregulars, again a t fine intervals.

There are m any sources from which to compile tem plate  SED's:

•  Pence (1976) lists spectra  for four galaxy types(E/SO.Sab.Sbc.Sdrn- 

Im) spanning a wavelength range from either I900.A. (for ellipticals) or 

1400A (for o ther types) to 8000.A.. T he d a ta  is derived from ground- 

based and O rbiting  .\stronom ical O bservatory (0.A.0) observations.

•  Colem an. \Vu & W eedrnan (1980. frequently referred to as CW W ) give 

d a ta  for four types as well: an old ste llar population (ellipticals and
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bulges). She. Scd and Im. The wavelength range is I40ÜA to  10000A. 

T heir d a ta  is derived from A stronom ical N etherlands Satellite  (AXS). 

the OAO and  the  In ternational U ltraviolet Explorer (lU E) as well as 

ground-based d a ta .

•  Bruzual (1985) published a pair of spectra: E/SO and Irr T he wave­

length coverage extends from 1400.-\. to 33000A. The extensions to the 

infra-red were done using broad band [JHKL] photom etry.

•  More recently. Kinney et al. (1996) published 12 tem pla te  spectra  (el­

lipticals. bulges. SO. Sa. Sb. Sc and six s ta rb u rs t types). T he spectra  

ex tend  from 1200A to 10000A. The d a ta  come from lUE and  ground 

based telescopes.

•  In a different vein. B ruzual A C hario t (1993) have generated  galaxy 

spectra  based on theoretical models. The advantage of these model 

spectra  is th a t they extend bluewards all the way to  130.A. as well as 

red-wards to 25500.A. This provides full spectral coverage for the U 

filter for even the  highest redshifts. .Another advantage is th a t they  

include the effects of evolution.

•  The models of W ort hey (1994) span the spectrum  from 9 L \  to  160//m. 

T hey are available for m etallicities from [Fe/H ]=-2.0 to  [Fe/H ]=0.5 . 

ages from 1 to 18 G yr and a wide variety of in itial m ass functions.'

•  The PEG.ASE m odels of Fioc and R occa-\b lm erange (1997) have much

' They are also a\’ailable from 
h ttp  : / / WWW. a s t r o . I s a .umich. edu/users/w orthey/getm odels/d ia l_a_m odel. html

http://WWW.astro.Isa.umich.edu/users/worthey/getmodels/dial_a_model.html
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to  recom m end them . They m atch the  observed portion of the U \ ’ 

spectra  of galaxies much b e tte r  than  those of B ruzual &: C hario t and 

W ort hey. They incorporate the effects of nebular emission and dust 

(and its evolution). . \ t  the risk of showing a local prejudice, some 

m ight argue th a t the fact they use the \ 'ic to r ia  isochrones ( \a n d e n -  

Bergh et al.. 198.3) is an asset. T he m odels span the wavelength 

range from 220A to 96980A. The P E G .\S E  m odels are available from 

h t t p  : / / www. l a p . f r / u s e r s / f  ioc/PEGASE. h tm l.

To sum m arize, there are em pirical SED 's w ith  spectral coverage down to 

T200.A. in the L '\’ and model tem plates w ith much greater coverage. Since, 

if one wishes to produce tem plates for redshifts g rea ter than  :  =  1 with 

the  i '  as one of the filters, it is necessary to have coverage shortw ards of 

1200A. and since it is desirable to use em pirical d a ta , some workers {e.g. 

Sawicki et a i .  1996: Ferguson & M cGaugh. 1994) have extended the SED 's 

of CWAV either by fitting a power law to the  bluest section of the spectra  

and ex trapo la ting  or by adding sections of theoretical model spectra. In a 

sim ilar vein, it is som etim es desirable to app ly  em pirical m odifications to 

theoretical tem plates. Gwyn (1995) found th a t  sm all changes (as a function 

o f redshift and type) to the colours of the B ruzual &: C hario t (1993) tem plates 

significantly improved the photom etric redshifts. Cowie et al. (1996) made 

sim ilar m odifications to the infra-red portions of his tem plates.

Since the  SED 's come a t discrete Hubble types (E/SO. Sab. Scd. Itnm) 

whereas they really form a continuum , it is desirable to in terpolate  between 

the  available spectra  to fill in the gaps. If the gaps between tem plates are

http://www.lap.fr/users/f
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large, subtle  uncertain ties and  biases may be introduced. In terpo la ting  be­

tween types is not an unreasonable th ing  to do as the galaxy SE D ’s can be 

represented (to  first order) by a one-param eter fam ily of types from ellipticals 

to irregular. All types of galaxies can be thought of as contain ing a passively 

evolving (bulge) com ponent and a starform ing (disk) com ponent. The bulge 

contains old. red sta rs  w ith little  or no s ta r  form ation. T he disk contains 

younger, bluer s ta rs  which are constan tly  renewed. Ellipticals are pure pas­

sively evolving bulge and irregulars are pure starform ing disk; spiral galaxies 

contain bo th  com ponents in varying ratios. Thus, to construct spectra  for 

all types of galaxies, one need only mix the spectra  of an elliptical and an ir­

regular galaxy. Connolly et al. (1995b). using principal com ponent analysis, 

found th a t the spectra  of all types of galaxies could be produced to w ithin 

l9c using only two eigenspectra: an "average spectrum ’’ and a "deviation 

spectrum ". It is justifiable, then, to define a m orphological type param eter, 

f. For irregulars, t = 0: for ellipticals, t =  1. For in term ediate types, t can 

be equated  to the  bulge to  to ta l light ratio  in a spectral energ}' d istribu tion .

It is relatively straightforw ard  to redshift a spectrum . If the spectrum  is 

stored in two colum ns, wavelength and flux at th a t wavelength, one has but 

to m ultip ly  each wavelength by (1 4- : ) .  where :  is the desired redshift.

. \ t  high redshifts. the effects of absorption by the in tergalactic  m edium  

(IGM ) become im portan t. T he higher the  redshift of the galaxy, the m ore the 

wavelengths of the Lyman system  in the rest fram e of the galaxy are shifted 

into the observer fram e passbands. .A.s each Lym an transition  wavelength 

moves into the observed bands, a sharp  increase in the opacity  of the in ter­

galactic neu tra l hydrogen occurs. W hen the Lym an break moves in to the
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Figure 3.1: Intergalactic absorption. The dashed lines show the transm it­
tance of the intergalactic medium for sources a t high redshift as a function 
of observed wavelength. From right to left, the three curves correspond to 
sources a t r= 2 .5 .  c=3.5 and c=4.5. The solid lines show the bandpasses of 
the  filters used for the Hubble Deep Fields.
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band, the transm ittance  drops to almost zero. This is i llustrated in Figure

3.1. It shows the observational ptissbands of the Hubble Deep Fields (solid 

lines) and the t ransm ittance  of the IGM ris calculated by Madaii

(1995). The am ount of intergalactic extinction is a s tra ightforw ard func­

tion of the observed wavelength {Xobs) and the redshift of the em itte r  (c^,,,). 

M adau gives a  fairly simple expression for the effective optical dep th , r^;/. 

along a typical line of sight. This correction can be applied to the  tem plate 

spectra.

In order to compare the tem pla te  spectra with the SED's of the  observed 

galaxies, the redshifted spectra  are reduced to the passband averaged fluxes 

a t the central wavelengths of the passbands:

/
Fpb = T:--------------- . (3.7

A 2
T { \ ) P { X ) d X  

2̂ 
P ( X ) d X

where T { X )  is the tem plate  spectral energy distribution. P ( X )  is the  response

I
function of the passband and  Ai and X> represent the wavelengths where the 

passband response function falls to zero. -

3.2.3 Comparing the templates to the SED’s

Given a spectral energ}' d istr ibu tion  of a galaxy of unknown redshift and a 

set of templates, the next step  is to compare the SED to each of the tem plates 

in tu rn  in order to find the tem pla te  which most closely matches the SED.

"In principle, this convolution should be performed in units of photons  ' m • rather 
than In practise, the difference is completely neglible.
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The degree to which each tem plate matches the observed SED is quantified 

by in the following manner:

(3.8,
1=1

where t is the spectral type. :  is the redshift. .Vy is the number of filters in 

the set. F, and ct/.-, arc respectively the Hux and the uncertainty in the  flux in 

each bandpass of the observed galaxy. T, is the flux in each bandpass of the 

tem pla te  being considered, and a  is a normalization factor. normalization 

factor is necessary to compare the galaxies and the tem plates properly: q 

must remain a  free param eter in order to determ ine the very least \" .  For 

fixed values of t and  z. \* can be minimized with respect to a .  By setting the 

derivative of equation 3.8 with respect to a  equal to zero, a closed formula 

for a  can be found:

a = . (3.9)
• ' /  T -

Each tem pla te  is compared in tu rn  to the target galaxy SED and the smallest 

value of \ “ is found. The best m atching tem pla te  gives Z p w  the sought-after 

photometric  redshift of the galaxy, and f. the spectral type, as a  bonus.

It is also possible to do the comparison in magnitudes. Equation 3.8 

becomes:

xHt .  --) =  I  (.3.10)
1=1 FUf.

W here M n  and  are respectively the m agnitudes and the uncertain ty  in 

the m agnitudes in each bandpass of the observed galaxy. M n  is the Hux
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in each bandpass of the tem pla te  expressed as a magnitude, and  a  is a 

normalization factor given now by

-Ufi — :)

a  =  — ------   . (3.111

1=1 Atfi

3.3 The template fitting technique as used in 
this thesis

In the initial stages of this thesis only the tem plate spectra of Coleman. \Vu 

& Weedman (1980. CW W ) were used. There exist (even locally) bluer galax­

ies than  C W W s  bluest spectrum . Imm. This leads to some noticeable errors 

when the resulting photometric  redshifts were compared to the correspond­

ing spectroscopic redshifts. Therefore, the s tarburs t spectra of type SB3 and 

SB2 from Kinney et al. ( 1996) were added. .\11 these spectra  were extended 

into the infrared with .JHKL photom etry  from the compilation of Voshii &: 

Takahara  (1988). They were extended into the ultraviolet by linear extrap­

olation as far as 912.A. in the same m anner tis Ferguson & McGaugh(1994). 

Shortwards of the Lyman break at 9 I2 . \  the  exact shape of the spectra  does 

not m a t te r  because the effects of intergalactic absorption dom inate, causing 

the galaxy to be largely invisible at these wavelengths. Shortwards of the 

break, the spectra have values equal to their value at 912.4.: tha t  is. they be­

come flat in F\.  This is a somewhat a rb itra ry  decision, bu t tests have shown 

th a t  other options (e.g. linear extrapola tion  out to the far L'\') have no effect 

on the photometric  redshifts. Spectra  intermediate to the six original spectra
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were produced by interpolation for a total of 51 tem plate  spectra.

Figure 3.2 shows the tem plate spectra th a t  were used. The heavy lines 

show the  original SE D ’s. They are (from the bottom ) E/SO. Sbc. Scd. Imm. 

SB3 and  SB2. The first four are from Coleman. Wu & W eedman (1980): 

the last two are from Kinney e.t al. (199G). The light lines are interpolations 

between the original S E D ’s. The tem plate spectra were redshifted. The 

redshifts are spaced at intervals of 0.022 in lo g ; .  There are 100 intervals 

running from :  =  0.079 to ;  =  12.589 (although in practice, no galaxy in 

the sample has a redshift higher than  ;  =  6 ). Spacing the redshifts of the 

tem plates logarithmically puts more templates at low redshifts (where most 

of the galaxies lie) and fewer at high redshift (where there are relatively fewer 

galaxies). Having 100 linearly spaced redshift intervals running from ;  =  0 

to :  =  6 would a mean a spacing of Ac =  0.06. This is overkill at high 

redshift. where the typical redshift error (at c =  3. say) is rr, =  0.33. The 

spectra  were corrected for intergalactic extinction and then multiplied by the 

passbands as described in 3.2.2.

.A.S noted in Section 2 .4.  there are a substantial num ber of galaxies in 

the sample with no U photometry. There are two possible reasons for this. 

The first possibility is tha t  the galaxy lies at high redshift ( c  >  2)  and the 

Lyman break has been redshifted into the C.  The o ther  possibility is that 

the galaxy lies at low redshift but is intrinsically faint in the U band. Red 

galaxies, such as ellipticals, often fall into this later category. Obviously, just 

because a  galaxy is undetected in the i \  one cannot assign it a high redshift. 

On the o ther  hand, one cannot ignore the non-detection and determine a 

photom etric  redshift based solely on the other three bands.
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Figure 3.2: Spectral templates. T he  heavy lines show the original SED's. 
T hey  are (from the bo ttom  at 1000.A) E/SO. Sbc. Scd. Imm. SB3 and SB2. 
T he  light lines are interpolations between the original SED's.
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The situa tion  is liandleci by replacing the term  corresponding to the U 

band in the  sum  in equation 3.8. where is calculated. If the flux predicted 

by the tem pla te  is less than  the limiting flux in the U band, the term  is 

replaced with zero. If this is not case, on the o ther  hand, the  term  is replaced 

with
-  aT,:(t .z)) '-

(3.12)

where Fc,„^ is the limiting flux in the U band and  is the uncertainty

in the flux th a t  a galaxy would have at T he  rest of the symbols have

the same meaning as in Equation 3.8. Similarly, if one does the comparison 

in magnitudes, the i '  term in 3.10 becomes either zero, if the predicted 

m agnitude is less than  the limiting magnitude, or

(3.13)

otherwise. Here Mr,,„, is Hie limiting m agnitude in the C  band and 

is the uncertain ty  in the magnitude tha t  a galaxy would have a t Mv,,„- The 

rest of the  symbols have the same meaning as in Equation 3.10.

Figure 3.3 illustrates the problem and the solution. It shows two objects 

in the HD FX  for which there was no C  detection. The heavy solid lines 

and points show the photom etry  for each object. The dashed lines show the 

limiting m agnitude  for each band. The i '  band  is shown as an upper limit 

with a downwards pointing arrow. The left panel shows a  low redshift galaxy. 

If one assumes th a t  since there is no U detection, it must be a high redshift 

[ '-d ropou t,  one obtains a  photometric redshift of c ~  3.5 as shown by the 

do tted  SED. Using the prescription described above, on the o ther hand, the
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Figure 3.3: i '  dropouts. The heavy solid lines and points show the photom ­
etry' for each object: upper limits are indicated with an  arrow. The light 
solid lines show the best-fitting tem plate and the dotted  line shows an al­
terna te  (incorrect) tem plate. The dashed lines show the limiting m agnitude 
for each band. The bo ttom  axis gives the observed frame wavelengths: the 
upper axis does the same in the rest frame of the galaxies, calculated using 
its photom etric  redshift.
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best fitting tem pla te  is found to be an elliptical a t  z =  0.7; this tem pla te  is 

shown by the light solid line. This template corresponds be tte r  to what one 

can determ ine from other evidence: its appearance (it looks like an elliptical 

galaxy) and its spectroscopic redshift (z,,pec=0.37‘2). The o ther  panel shows 

the opposite case. The best fitting template, as determined by trea ting  the 

U  band as an upper limit, gives a redshift of Zp^ot =  3.2. quite close to the 

spectroscopic value of :,pgc=3.091. Ignoring the U entirely and determining 

a  photometric  redshift based solely on the B R I  photometry, gives a redshift 

-phoi =  0 .2 : this tem plate  is shown by a dotted  line.

There is an  equivalent procedure when working with fluxes. Even when 

there is no significant detection, one retains the minute (and occasionally 

negative) fluxes when doing the photometry. The errors in the Hux of a non- 

detection are determined entirely by the sky background. Tem plate m atching 

then occurs as before, using Equation 3.8. .Although the value of a  may be 

altered slightly by the presence of negative fluxes in 3.9. these d a ta  will have 

large uncertainties and will not receive much weight.

For this thesis, the \ -  minimization was done in m agnitudes ra ther than 

fluxes, using Equations 3.10 and 3.13. If the gahixy photom etry  is in ST 

magnitudes, it is much easier to do the comparison between the photom etry  

and the templates. .As a  test, photometric redshifts were also determined 

using fluxes. T he  redshifts thus derived were found to be virtually identical 

to those derived using magnitudes.
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3.4 Results

The technique described above was applied to the photometric  sample of 

C hap te r  2. Figure 3.4 shows a comparison of the photometric  redshifts with 

the 120 spectroscopic redshifts currently  available. The spectroscopic red­

shifts for the Hubble Deep Field N orth come from Cohen et al. (199G). 

Lowenthal et al. (1997). Steidel et al. (1996a). Zepf et al. (1997), Hogg et 

al. (1998). Fernandez-Soto et al. (1999). Spin rad et al. (1998) and Weynnian 

et al. (1998). Those from the Hubble Deep Field South come from: Glaze- 

brook et al. (in preparation) and Sawicki & Mallen-Ornehus (in preparation)

The agreement is generally quite  good. Since the redshift uncertainties 

scale with z. Figure 3.4 has been plotted  with logarithmic axes. The error in 

photom etric  redshift scales with redshift: th a t  is to say. <7 , y. :. The  typical 

relative error in the photometric redshifts is cr^/c =  11% over the whole range 

of redshifts.

T he error in galaxy type was also measured. For those galaxies with 

spectroscopic redshifts. the tem plate  fitting procedure was performed again. 

In this fitting, only the type w;xs allowed to vary: the redshift of the tem plates 

was set to the spectroscopic redshift of the galaxy in question. The best- 

fitting tem plate  gives the correct type for tha t  galaxy. Comparing this type 

to the  type determined by the original tem pla te  fitting (when both redshift 

and  type are allowed to vary) gives the error in galaxy type. The error in 

galaxy type was found to be cftype =  7 tem plates, or a) t  =  0.14 on a scale of 

t = 0 to t = I. roughly equivalent to a shift of one Hubble type (from Sa to
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Figure 3.4: A comparison of photometric and spectroscopic redshifts. The 
filled squares represent galaxies in the HDF North: those in the HDF South 
are shown by open diamonds.
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Sb. say). This is comparable in scale to the redshift error.

Figure 3.5 shows the photometric redshift d istr ibu tion  for gahixies brighter 

than  1s t  = 28 in the HDFX and HDFS. The bulk of the galaxies lie a t  lower 

redshifts ( :  <  2) with a poorly populated tail extending out c =  6 There is 

second peak ju s t  above z = 2.
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Figure 3.5: Photom etric  redshift d istributions for the HDF North (solid line) 
and the HDF South (dashed line).



Chapter 4 

Clustering

This chapter examines the evolution of the clustering properties of galaxies 

using correlation functions. The angular correlation function, ^'(d). measures 

the excess probability of finding a galaxy at angular separation on the sky. 

ff. away from another galaxy. If galaxies are uniformly distr ibu ted  on the 

sky. ^{0} = 0. If they are clustered. will have some non-zero value. 

Correlation functions are measured by comparing the observed nurnlter of 

pairs of galaxies a t a given angular separation to the num ber of pairs at the 

same angular separation of a  randomly generated uniform set of galaxies.

T he  angular correlation function is a projection of the spatial correlation 

function. Ç(r). where r  is distance, onto the plane of the sky. Even if galaxies 

are strongly clustered in space, when the th ird  dimension of depth  is lost 

to projection, a part  of the clustering signal is lost too. Galaxies which are 

quite distant from each other in space, and  hence uncorrelated, may end up 

quite  close together in projection. T he  deeper the sample is. the  greater the 

loss in clustering signal will be and the closer will be to zero.

Correlation functions have been measured before in Hubble Deep Field

0(
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North by \'illiimsen. Freudlong & da Costa  (1997). Not being able to split 

their sample by redshift. they split it by apparent magnitude. (This is. in 

essence, splitting by one filter photometric redshifts.) Consequently, the 

am plitudes of their correlation functions are not large. For the most part , 

they are consistent with zero within the errors at all angular separations.

It is actually quite difficult to me<isure correlation functions in the Hubble 

Deep Fields. The fields are quite  small in surface area: this means th a t  the 

num ber of galaxies in each sample will be small. T he  fields are also very 

deep. Even if the field is sliced in redshift. each slice still has a much smaller 

spatial extent in the lateral directions than  in depth. For example, a slice 

from 0 .4 <  :  < 0 .8  in one of the HD F's is about I Mpc by I .\Ipc across 

by about 500 Mpc deep. .A.S mentioned earlier, this will tend to d ilute the 

clustering signal.

4.1 Motivation

The Hubble Deep Field North resulted in dozens of papers on galaxy evolu­

tion. .4.11 these papers treat the  HDFN its a typical field: the conclusions tha t  

are drawn are assumed to hold for all fields. W ith the advent of the  HDF 

South (Williams et al. 1999) it is possible to test this hypothesis.

The two fields do show some differences. The number counts presented 

in Figure 2.4 show that  the HDFN holds 15% more galaxies. This excess 

is more visible when the differential counts are plotted as shown in Figure

4.1. Only a fraction of the galaxies in the HDFN and virtually none of 

the galaxies in the HDFS have spectroscopic redshifts. Thus, the  question



C H A P T E R  4. CLUSTERÎXG 59

3
O

U
O
2

w
C
3
O
ü
H)
>

jO
13u

4

3

2

1

1

0.9

24 25 26 27 28 29
I (F814W)

Figure 4.1: Relative number counts for the  Hubble Deep Fields. The ratio 
(N orth  divided by South) of the F814W  num ber counts in each m agnitude 
bin is shown. There  are roughly 15% more galaxies in the HDFX compared 
to the  HDFS
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“where do these excess galaxies in the HDFX lie?" must be addressed with 

photometric redshifts.

The redshift distributions for the HDF Xorth and South are shown in Fig­

ure 3.5. The two redshift d istributions are not the same. The Kolmogorov- 

Sniirnov test gives the probability of the two distributions being the same as

1.2 X 10“ '’. The redshift distributions are most different in the redshift range

0.4 <  :  <  1.2 .

It is tem pting to ascribe the differences in the Hubble Deep Fields to 

a s truc ture  present in the Xorth but not in the South. Indeed, there is a 

pronounced spike in the spectroscopic redshift d istribution of the HDFX at 

:  =  0.475 (Cohen et al. 1996). Figure 4.2 shows the /  band images of the 

Hubble Deep Fields. Oidy light from galaxies with photometric redshifts in 

the range 0.4 <  c <  0.8 is shown: the o ther  galaxies have been masked ou t . '  

The images have been convolved with a Gaussian profile (<7 =  6 arcseconds). 

The left image shows a large concentration of light in the HDFX tha t  is not 

present in the South. To measure this effect quantitatively, one must use 

correlation functions.

.A,nother reason to measure correlation functions is to see if there is any 

change in the clustering of galaxies with redshift. In the hierarchal clustering 

picture, the Universe s tarts  out uniform and unclustered: structure  grows 

as the Universe ages. Therefore, one might expect to see the correlation 

amplitudes decreasing with increasing redshift.

‘this can be done for any redshift slice: see 
http : / / astrowww.p hys.uvic. ca/grads/gw yn/pz/dice.html

http://www.phys.uvic.ca/grads/gwyn/pz/dice.html
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Figure 4.2: I  band light in the HDFX (left) and  HDFS (right) coming from 
galaxies with  photometric  redshifts in the range 0.4 <  c <  0.8. The image has 
been convolved with a 6 arcsecond radius Gaussian. Xote the concentration 
of light near the centre of the Xorth image which is not present in the South
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4.2 Method

The most common m ethods of measuring correlation functions are described 

in detail elsewhere (Infante & Pritchet. 1995; Landy k  Szalay. 1993) and 

are only briefly summ arized here. The basic idea is to generate a set of 

random  points in an area identical to the area of sky tha t  was surveyed. 

The correlation function is measured by comparing the num ber of pairs of 

d a ta  galaxies with a given angular separation to the corresponding num ber 

for the random  points. Let .Vj be the number of d a ta  galaxies. .V̂  be the 

num ber of random  points, and -\dd(f^)- A'rr(^). and Xdri&) be respectively 

the numbers of da ta -da ta .  random -random , and da ta -random  pairs in a bin. 

The appropriate ly  normalized versions of these values are D D .  R R  and D R  

respectively:

2 .\'dj(g)
D D  = 

R R  =

D R  = (4.1)

— I) 
•2.\rAd) 

-Vr(-Vr -  1)

A'rA'd

Then one has for estimators o f .

D R

which is the most basic estim ator, or alternativelv

:(9) =  -=-fr -  1 (4.2)

:«-) =  U.3)
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which is the "mininiuni variance" estim ator of Land and Szalay (1993). P lug­

ging the definitions of Equation 4.1 into 4.2 one has:

To this, it may be required make two small further corrections to eciuation

The first term  corrects the effects caused by the fact tha t  the d a ta  galax­

ies are not necessarily evenly distr ibuted within boundaries of the sample, 

whereas the random  galaxies always are. This correction. is usually

small. It is given by

The second correction is the "integral constra in t". B.  It is in essence a

correction to the mean surface density of a galaxies which is over-estimated

due to clustering. The integral constraint is given by:

.  _  S .-V rrfg .)
Z,(l4-^'(e,).Vrr(g,))

where the Y.i are sums over all the bins in angle. Since D depends on ^-(0)

in Equation 4.7 and  a:{9) depends on B  in Equation 4.5. it may be necessary

to iterate. Similar corrections must be made to Equation 4.3.

4.3 Results

The two-point angular correlation functions were com puted for various red- 

shift slices using Equation 4.4. The integral constraint. B.  was found to be
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very close to unity (within 1 part  in 10^) for aii reds hi ft slices. Therefore, 

no integral constraint corrections were m ade to correlation functions. Simi­

larly. the randorn-data cross correlation effects (as measured by u,v<i(^)) were 

found to be negligible and were ignored. The angular correlation functions 

were converted into projected spatial correlation functions -'( '>)• where r,, is 

the projected distance. This is the distance l)etween two galaxies projected 

onto the plane of the sky at the angular d iam eter  distance. r/,i. corresponding 

to the central reds hi ft of each reds hi ft slice. .A. / /q= 65  k rns“ ‘M pc“ ‘. Qo =  I 

cosmolog}' was used to calculate the angular d iam eter distance.

The correlation function was meiisured for a wide variety of redshift 

slices. Figure 4.3 shows four representative slices. The correlation func­

tions for the HDFN are shown as stpiares: those for the HDFS as triangles. 

Note th a t  it is impracticable to calculate the angular correlation function for 

slices much narrower than the ones shown without running into problems 

with small number statistics. Further, because of the uncertainties on the 

redshifts. it would be difficult to compute a reliable spatial (as opposed to 

projected spatial) correlation function.

The first thing one should note from Figure 4.3 is that,  for most redshift 

slices, the correlation functions show no difference within the errors. This is 

also true for other redshift slices not shown on the figure. The only exception 

was in the 0.4 <  :  < 0.8 redshift slice, where galaxies in the HDFN were 

significantly more clustered than  in the HDFS. This suggests the presence 

of a s truc tu re  in this redshift bin in the HDFN. As noted earlier, there is a 

sharp  peak centred at c =  0.475 in the spectroscopic redshift distribution of 

the HDFN. The spatial scale of the s truc tu re  (the HDF is ~  I Mpc across
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Figure 4.3: The project spatia l  correlation function for various redshift slices. 
The correlation functions for the  HDFX are shown by squares: the HDFS is 
shown by triangles. The error bars show Poisson uncertainties.
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at th a t  redshift) and the number of galaxies involved ( ~  50 more gahixies in 

the  North than  in the South) suggest a very poor galaxy cluster or a very 

rich group.

More generally, the differences in the redshift d istributions could be due 

to cosmic variance in the large scale galaxy distribution. This hypothesis 

was tested empirically in the following manner: The William Herschel Deep 

Field (McCracken el a i .  2000. W HDF) extends to B =  28 and has good 

coverage in the U B R I H K  bands. It covers roughly 40 square arcrninutes. 

The W H D F was divided into 9 separate areas, each the same size as the 

Hubble Deep Fields. The field-to-Reld variance was found to be 10(% (rms). 

smaller than , but not inconsistent with, the difference between the HDFN 

and HDFS.

N-body simulations computed by Stadel (private communication) indi­

cate the variance in the mass distribution along lines of sight comparable the 

HDF are abou t 20% out to c =  I. .Assuming tha t  galaxies trace the nuiss. 

at  least in a statistical sense, this variance in mass should transla te  into a 

similar variance in the redshift d istributions of the galaxies in the Hubble 

Deep Fields. .Again, this is consistent with the difference between the two 

redshift d istributions below :  =  1 as seen in Figure 3.5.

T he  second thing one should note from Figure 4.3 is that the galaxies 

become more clustered with incre^ising redshift. The hierarchal clustering 

scenario, on the other hand, predicts the opposite trend. However, the clus­

tering observed is only on the scales of ~ 1 0  kpc. roughly the size of individual 

galaxies. This  suggests tha t  we are looking at the initial assembly of galaxies 

as galaxy fragments merge. .Alternatively, it is possible th a t  fragments of
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larger galaxies are being counted as separate  galaxies, rather th an  as parts  of 

a  whole. However, it should be emphasized tha t  the galaxy catalog described 

in C hap te r  2 was constructed with great care with respect to deblending, bo th  

autom atically  (with SExtractor)  and manually (by scrutinizing each gala.xy 

individually).

The problem is typified by the objects shown in Figure 4.4. It is clear 

tha t  the four objects are separate, a lthough there are hints of faint filaments 

connecting them. The morphology is the same in the three bands in which the 

objects are detected. .4.11 four objects have photometric redshifts o f :  =  3.3: 

the spectroscopic redshift of the  brightest object i s :  =  3.210 (Steidel et 

al.. 1996b: Zepf et ai .  1997). The question is: are these bright starform ing 

regions in one larger object or are they instead smaller galaxies in the process 

of merging? . \ t  some level, it is a question of degree. If the fragments have 

not already merged, they will soon. The same holds for the clustered objects 

bringing up the correlation function at small separations at high redshift: it 

is slightly irrelevant whether or not the objects are fragments of a merged 

whole or fragments about to merge.
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Figure 4.4: Four galaxy fragments. The four objects have photom etric  
redshifts of r  =  3.3: the spectroscopic redshift of the brightest object is 
:  =  3.210. Note the complete lack of detection in the U  band due to inter- 
galactic absorption. The boxes are 2.6 arcseconds on a side, corresponding 
to 20 kpc a t  the  redshift of the objects.



Chapter 5 

Star Formation Rates

This chapter examines tlie evolution of the s ta r  formation rate density (SFRD) 

as measured by the U \ '  luminosity density. The first step is to measure the 

L '\ ' luminosity function of galaxies for a series of redshift slices. The lumi­

nosity function describes the relative abundance of galaxies per unit volume, 

as a function of magnitude. T he  luminosity function can be measured using 

the e ither the 1/1 à method or the stepwise m aximum  likelihood (SWML) 

method. This entails measuring absolute m agnitudes for galaxies, which in 

turn  entails getting t-corrections. Further  consideration must be given to 

account for surface brightness effects and the effects of the redshift uncer­

tainties inherent in the photometric  redshift method. W ith the luminosity 

functions in hand, one can generate a luminosity density function which mea­

sures the  amount of energv" density of light from galaxies per unit volume 

as a function of magnitude. In tegrating over m agnitude for the luminosity 

function in each redshift slice, one obtains the luminosity density. Since s ta r  

formation rate density is directly proportional to the U \ '  luminosity density 

(with some corrections for dust extinction), one can then measure how SFR D

69
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evolves as a function of redshift.

5.1 The 11 Va method

The l /Va  m ethod is well known (Schmidt. 1968) and has been described in 

detail elsewhere so the following description will be brief. \ is defined as 

the  volume accessible to a galaxy given its absolute m agnitude  and the limits 

defining the sample in which it is found. Formally.

/ •max fl \
— d:.  (.5.1)
dZ

where d V j d z  is the co-moving differential volume element:

d\  ' -incdj
dz  Ho(l + : ) H l - ^ 2 q o z V ^ '  

T he  luminosity distance d i  is given by equation 5.3:

(5.2)

— 77—7{<7o- +  (% — i)[ ( l  2(ioz)^'~ — 1]}. (5.3)
“ 0<7ü

where Ho is the Hubble constant (assumed to be 65 km s “ ‘M pc~‘ ) and  % is 

the  deacceleration param eter  (assumed to be :;). Note th a t  Equations 5.2 and

5.3 are considerably more complicated if A ^  0. The limits. and Zmax are 

defined as the smallest and largest redshift th a t  a given galaxy could be at 

and  still make it into the sample. These limits can be fixed, as in a volume- 

limited sample. For a m agnitude-limited sample, they must be determined 

for ever}' galaxy. The lower bound. is usually the lower redshift limit of 

the  sample or the redshift a t  which the galaxy becomes too bright to make it 

into the sample (if the sample is defined with a bright m agnitude  limit). The
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upper bound. :„iax- is either the upper redshift bound of the sample or the 

redshift a t which the galaxy becomes fainter than  the faint m agnitude limit. 

Given the absolute magnitude. ,\/. of each galaxy and the limiting

apparen t m agnitude of the sample. :,nax can be determined by solving the 

following equation:

t t î / i i n  — - i f  4"  / d ~ m u x )  "V I ^ i - m n x )  • ( Ô . 4 )

where i-L(zmax) is the distance modulus corresponding to :„,ax and A'lCmax) is 

the  ^-correction term.

Finally, to determine the luminosity function. ‘F. one uses the equation:

<î>(.\/) =  “7  51  p--  (5-5)

where A  is the area surveyed (in steradians) and A . \ /  is the bin size used.

5.2 The SWML method

The Step-Wise Maximum Likelihood (SWML) m ethod was developed by 

Efstathiou. Ellis &: Peterson (1988. frequently referred to as EEP). .\gaiu. 

this m ethod is described in detail elsewhere, and the following description 

will be brief. The probability, p,. th a t  a galaxy, i. with absolute m agnitude 

Mi  a t  redshift Zi will be in a m agnitude-limited sample is the value of the 

luminosity function ‘ï>(.Ui) normalized by the integral over the part of the 

luminosity function bright enough to be seen at T ha t  is to say.

P, X   (5.6)
r  ^ { M ) d M

f̂rnin ( )
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where Mmm{~t)  is the  faintest absolute m agnitude th a t  a galaxy could have 

at c, and still make it into the sample. The likelihood. C. th a t  all of the .V 

galaxies in the sample were bright enough to be included is the product of the
.V

probabilities th a t  each galaxy was bright enough to be included: C =  JJ/J,. 

Or. logarithmically:

.V ( ..... \
In £  =  ^  In

/  <i{M)dM
( - I  )

(5.7)

:5.8)

One can then param eterize the luminosity function and  maximize In £  with 

respect to those param eters. In the SWML method, the luminosity function 

is parameterized as a series of Sp  steps at magnitudes .\/*. of width S M .  .At 

each step. Mk.  the luminosity function has the value It is convenient to 

define n ' ( x ) .  a boxcar function with the same width as one of the luminos­

ity function bins, and  H(x)  =  ^  J \ V { x ) d x .  its integral (which is a ram p 

function). Formally:

n - (x )  =
1. - A .M /2  <  X <  A.M/2
0. otherwise

(5.9)

H{x)  =
r 0. - A .M /2  > X

x/A .M  +  1/2. - A M / 2  < X < A.M/2
1. X > A.M/2

Then Equation 5.8 becomes

V

In £  =  ^  1 r  ( .M, -  .MO In ^  In
.v„
X;<&jA.M # ( .M , -  .Mmm(:,))

(5.10)

(5.11)
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Maximizing 5.11 with respect to the (&t's. one obtains:

' t \ V { M , - M O
=  -

H ( M j -  Mm,ni=,))  -  . \ u „ ( c , ) )

(5.12)

Unfortunately. Equation 5.12 defines the «h^'s in term s of themselves. In 

practice, however, one can assume an a rb itra ry  shape for the luminosity 

function, e.g. a flat line (<I>i =  1). and iterate.

T he  luminosity function produced by solving Equation 5.12 must be 

normalized. The ‘I»i's must be multiplied by

- 1
1

(5.13)
k

where U is the effective volume of the sample. In general, the effective 

volume is the \'a corresponding to the largest redshift in the sample. If there 

are redshift limits and on the sample, then the effective volume is given 

by
fA ■

V =  — dz  (5.14)
J  Cl

where d V / d z  is the co-moving differential volume element as before.

5.3 The A:-corrections

In the previous two sections, the question of A:-corrections was glossed over; 

this section describes them  in excessive detail. W hen we observe a redshifted 

galaxy through some filter, we are not looking at the same part  of its spec­

t ru m  th a t  we would be if the galaxy was in the same restframe as we are.
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Furthermore, we are looking at smaller section of the spectrum. The k-  

correction accounts for these two effects. There  are few things in astronom y 

th a t  cause as much confusion as A;-corrections. Some authors define the k- 

correction as the shift in the centre of the bandpass and deal with change 

in width separately. Here, they are treated  together. Further, the equations 

are different if the SED's of the objects in question are measured in units 

of power per unit frequency  instead of power per unit wavelerujth. Here. F\ 

is used exclusively. Given the apparent m agnitude of a gala.\y. rn. and a 

redshift. c. the absolute magnitude. M  of a galaxy is given by

=  m - / / ( ; )  —A:(c) (5.15)

The flux measured through a passband whose response function is given 

by P(A) of a galaxy whose SED is given by T(A) at redshift c is:

F{z)  =  ----------------   (5.16)
/ P(A)r/A

T he  A:-correction is defined as the ratio (expressed in magnitudes) of the  flux 

of the galaxy through the filter when the object is at redshift :  and the flux 

when the galaxy is in the rest frame of the observer. :  =  0.

F { = )
k{=) =  ^

=  2.51ogioP(0) -  2 .51ogioP(c)

/  T { \ ) F { X ) d \  J  — m -T T
=  2.5 logio -— f ------------------- 2.5 log in------------?—r  - • '^ “^610 r

/  P(A)dA J  P{ \ ) dX
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/  T{X) P[ X) d \
=  2.5logiQ-^:—  -------------------------- +  2.51ogm(l +  c) (5.17)

J  T [ X / { l  + z ) )P{X)dX

In equation 5.17. the first term represents the shift in the bandpass and the 

second term , the change in the width of the bandpass.

The responses of the HDF filters. P{X).  are shown in Figure 2.1. When 

the photom etric  redshifts were determined, a galiocy type was determined 

as well. T he  SED of this best-fitting tem plate  is used for T{X)  in Equation 

5.17. T he  tem pla te  is normalized to the photom etry  in the same way it was 

during the photometric  redshift procedure as described by Equations .3.10 

and 3.11. Once this is done, the fiu.x for any bandpass a t any wavelength can 

be determ ined using this normalized bandpass.

.•\lternatively. one could convert the U B R I  photom etry  into fluxes, plot 

those fiuxes against the central wavelength of each filter (shifted to the rest 

frame) and linearly interpolate or ex trapola te  to  get the flux at the desired 

rest wavelength. T he  fitting described above is close to being such an in­

terpolation or an extrapolation. In particular, when the absolute m agnitude 

at 2500.\ is sought, this is essentially an in terpolation for galaxies between 

z=0.2 and z=2.25. However, the intermediate s tep  of tem plate  fitting makes 

the procedure superior to simple linear interpolation. The SED 's of galaxies 

— particularly  early-type galaxies — are not particularly  well described by 

linear segments. Figure 5.1 illustrates this. It shows the difference between 

^-corrections determ ined by strict in te rpo la tion /ex trapo la tion  and the true 

^-corrections. Linear interpolation can lead to m agnitude errors of up 0.4 

magnitudes. Extrapolation  at higher redshifts can lead to even larger errors.
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Figure 5.1; The difference between an estim ation of the flux at a rest wave­
length of 2500A by linear interpolation of i ' B R I  photom etry  and the true 
flux determined directly from the tem plate. The differences are small for late 
types of galaxies but substan tia l for earlier types.
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5.4 Comparing methods and fields

As rioted in C h ap te r  4. The HDFX and HDFS have different redshift d is tr ibu­

tions and  (at least in one redshift slice) slightly different angular correlation 

functions. It has been noted by several au thors tha t  the 1/1% can potentially 

give biased results for spatially inhoinogeneous samples. This section exam ­

ines the possibility by comparing the results of the 1/1% m ethod to those of 

the SW M L m ethod  (which is generally agreed to be unbiased) in the HDFX 

and HDFS. If the  spatial inhomogeneity is large enough to cause biases in 

the 1/1% m ethod, they should show up when the two m ethods are compared 

in the  two fields.

Figure .5.2 shows the luminosity functions a t 2500.A. for both  the fields 

measured by bo th  methods. Several redshift slices are shown. The luminosity 

functions for the HDFX are similar to those for the HDFS. for the most part, 

with the exception of the 0.5 <  :  <  1.0 slice. This is the slice tha t  contains 

an over-density of objects in the HDFX. Even in this slice, it would appear 

th a t  a small vertical shift would suffice to m atch up the two luminosity 

functions. T h a t  is to say. there are density differences between the fields, 

ra ther  than  luminosity differences. While it is possible to distinguish the 

luminosity functions for the different fields, it is considerably more difficult 

to separate  the  lines corresponding to the luminosity functions measured by 

the 1/1% m ethod  and those for the SWML method.

Figure 5.3 also shows the luminosity functions as measured by the two 

m ethods. This  time, the results for the HDFX and the HDFS have been aver­

aged. T he  differences between the two m ethods are now even less significant.
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Figure 5.2: Comparing the luminosity functions of the HDFX and HDFS 
measured by the 1/1 à and the SWML methods. The error bars reflect Poisson 
noise only. The redshift slices are noted in the upper right-hand corner of 
each panel.
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The error bars in Figure 5.3 reflect the Poisson errors ( l / \ / ! v .  where .V is the 

num ber ot points in a  bin). They also reflect the real, cosmic variance from 

field to field, as measured by the absolute difference between the values for 

North and South, divided by \/2 . These two errors are added in quad ra tu re  

to give the final uncertainty.

5.5 Surface brightness

.-Vs noted in C hap ter  2. the galaxy sample is defined in terms of a limiting 

surface brightness as well as a limiting magnitude. The surface brightness 

limit for the Hubble Deep Fields is 25.8 magnitudes per square arcseconds. 

as shown in Figure 2.6. Galaxies fainter than  this limit are detected less than  

90% of the  time. Until now in this analysis, the effects of surface brightness 

on the luminosity functions have been ignored. In a Euclidean geometry, 

distance has no effect on surface brightness: in the real Universe, the surface 

brightness of distant objects falls off as ( l  +  c)^. Clearly, there is a possibility 

th a t  surface brightness effects may alter the luminosity function. This section 

explores this possibility.

It would be difficult to include the effects surface brightness considera­

tions into the SW M L method. One would have to include a surface b right­

ness distr ibution function into the m axim um  likelihood calculations. This 

distr ibu tion  function would have to be parameterized in some way and in­

corporated  into Equation 5.11. While probably not impossible, it would be 

extremely messy. Since the SW ML and the 1/10 m ethods give very simi­

lar results when only the limiting m agnitude needs to be considered, it may
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Figure 5.3: Comparing the I /C q vs. SWML methods of m easuring luminosity 
functions averaging the HDFX and the HDFS. The two methods give very 
similar results. The error bars reflect Poisson noise and cosmic variance
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be assumed the two m ethods will give similar results when limiting surface 

brightness is also considered.

To introduce the effects of surface brightness into the 1/IÔ m ethod, the 

definition of Cmoi in Equation 5.1 was changed. For a given galaxy. is 

now the lowest of;

•  the upper limit of the redshift bin in question (Cbin)-

•  the redshift a t  which the galaxy's m agnitude becomes fainter than  I ='28

( ~niag ) •

•  the redshift a t  which the galaxy's peak surface brightness drops below 

/q= 25 .8  m agnitudes per square arcsecond (Csurf)-

The first two limits are easy to find: Cbin i* defined by the bin in tpiestion and 

“mag is given by Equation 5.4. To calculate Csurf- one must solve the following 

equation:

Mlimit =  /Wfc -  '2.Ô logio(l +  c) ‘ -f-2.5 logiofl -r Csurf) ' “  +  ^(Zsurf) (3.18)

where /.ip^ak and  :  are the peak surface brightness and the redshift of the 

galaxy in question respectively. The presence of A:-corrections in Equation 

5.18 means th a t  it must be solved by iteration.

Figure 5.4 shows the effects of surface brightness on Zmaar- Panel (a) 

shows -max(tnag)=Cmag plotted against photometric  redshift. Panel (b) is 

similar but here the  vertical axis is Cmox(niag. surf), the m inim um  of r^ag 

and  Csurf- The points in panel (b) are typically lower than  th a t  of panel (a): 

the  surface brightness cutoff can remove a galaxy from the sample a t a lower
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Figure 5.4: The effects of surface brightness on :„iax- On the axis labels. 
-pAof denotes photometric  redshift and z^ax denotes the m axim um  redshift 
the same galaxy could have and still remain in the  sample, as limited by 
the param eters  in brackets: magnitude (mag), surface brightness (surf) or 
redshift bin limits (bin). The redshift bins are shown as a series of steps in 
panels (a) and  (b). Panel (d) shows tha t ,  if the limits of the redshift bins are 
taken into account, adding a  surface brightness constraint affects Zmax only 
slightly.
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redshift than  the m agnitude cutoff would. This is shown more clearly in panel 

(c). which plots mag, surf) against c„,a.x(niag); :max(mag) can he up to 3 

times greater than  r,„„j,(inag. surf). These large changes in rncmmurn redshift 

would have comparable effects on the accessible volume. 1),. for each galaxy 

and  consequently a non-trivial effect on the luminosity function. However, 

the whole redshift sample luis been sliced into redshift bins. T he  upper limits 

of these bins, shown as a series of steps in panels (a) and (b) confine the ZrnaT^ 

and  consequently the 1 g's. W hen the upper limits are taken into account, 

panel (c) becomes panel (d) which plots the minimum of ^may -snr/- and 

Zbtn against the minimum  and In panel (d). the effects of surface 

brightness dimming are much less dram atic .

This is borne out by Figure 5.5. The solid line shows the luminosity 

function calculated ixssuming only a m agnitude limit. The dashed line shows 

the effects of taking into account the surface brightness limit. T he  two are 

extremely similar. Indeed, they can only be clearly distinguished at the faint 

end of the luminosity functions of the higher redshift bins.

Surface brightness d im m ing might have more subtle effects. .As discussed 

in Section 2.3. the photom etry  in the H D F ’s are total m agnitudes measured 

either by the Kron m ethod or the corrected isophotal m ethod. In principle, 

these to ta l m agnitudes are not subject to surface brightness d im m ing effects. 

L'n-corrected isophotal m agnitudes, on the other hand, are subject to these 

effects. .At higher redshifts. only the central portions of the galaxy are bright 

enough to make it past the isophotal threshold. This means th a t  the total 

area over which the light is sum m ed is diminished: the light from the edges 

of the galaxy is missed. This effect is of course always present when doing
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Figure 5.5: The effects of surface brightness on the luminosity functions. The 
solid line shows the luminosity function calculated assuming only a magni­
tude limit. The dashed line shows the effects of taking into account the 
surface brightness limit. The do tted  shows the effect of assuming th a t  the 
m agnitudes themselves are affected by surface brightness dimming.
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isophotal photometry. It causes fewer difficulties when all the galaxies in the 

sample are a t small redshifts and  (1 +  c)'' surface brightness d im m ing factor 

is small. W hen the gahixies are a t  higher redshifts or. cis in this analysis, 

the  galaxies are being artificially moved to higher redshift to see when they 

might drop out of the sample, the missed light is more of a problem. W ith  

the dimming, galaxies will drop out of the sample at a lower redshift: if the 

'max s are smaller, each galaxy will be weighted more heavily in the 1 /1Û. 

The  isophotal method represents a worst-case scenario, an upper limit to 

the effects surface brightness d im m ing has on photometry. Neither the Kron 

m ethod  nor the corrected isophotal m ethod (nor. for tha t  m atter ,  the hxed 

apertu re  method) will be affected by surface brightness d imm ing to nearly 

the same degree, if indeed at all.

The effects of surface brightness d imm ing on isophotal m agnitudes and 

hence on luminosity functions were measured in the following way. The red­

shift a t which the galaxy would drop  out of the sample. was determ ined 

by solving Equation 5.4 by iteration iis  before, but using isophotal magni­

tudes instead of total magnitudes. Small sub-rasters ( "postage s tam p s” ) of 

the  original HDF images were made, centred on each galaxy in the sam­

ple. For each iteration, the pho tom etry  measured for the galaxy in question 

was measured anew using the relevant sub-raster. To simulate the effects 

of surface brightness d im m ing a t  the redshift of the iteration, the  lim­

iting isophote was raised by a factor of (1 +  4- r ) ‘. where :  is the

original redshift of the galaxy. T he  flux from the pixels within this isophote 

were sum m ed to determine a new magnitude. This m agnitude was corrected 

for distance and ^-corrections as before. The limiting redshift determ ined



C H A P TE R  5. S T A R  F O R M A T IO S R A T E S  86

using isophotal m agnitudes is always less than  th a t  determ ined using total 

magnitudes. Therefore each galaxy will have greater weight in the 1/IÔ and 

therefore the  luminosity function will be shifted upwards. The dotted  lines 

in Figure 5.5 show the luminosity functions calculated by this method. .\s  

expected, the luminosity functions are slightly elevated, particularly  at the 

faint ends. However, the shifts are not large. .A.s discussed above, this repre­

sents a worst case scenario; total magnitudes should not be affected in this 

m anner and certainly not to this degree. Thus, although one does need to 

be cautious about, surface brightness, u ltimately it has very little effect on 

the luminosity functions.

It has been argued (Pascarelle nt a i .  1998) tha t  in order to compare the 

L’\ '  luminosity densities at both high and low redshift properly, one must 

apply the same intrinisc surface brightness cut to the  sample a t both  high 

and low redshifts. However Driver & Cross (2000) have shown that  there is a 

universal luminosity-surface brightness relation. Figure 5.6 shows tha t  high 

luminosity galaxies also have high surface brightnesses. This implies tha t  an 

absolute m agnitude  cut is also effectively a surface brightness cut.

5.6 Eddington corrections

In the previous two sections, it is shown th a t  it is not im portan t which 

m ethod (1/10 us. SWML) one uses to calculate luminosity function and 

tha t  surface brightness effects can be safely ignored. This section discusses 

factors th a t  do affect the shape of the luminosity functions: the errors in the 

photom etric  redshifts. the photometry and  the galaxy types. These errors
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Figure 5.6: The bivariate brightness d istr ibu tion  from Driver & Cross (2000). 
D a ta  from the 2dF survey are shown as small dots, galaxies from the local 
group are shown as stars and the o ther symbols show d a ta  from HDF's.
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propagate to errors in the luminosity functions in two ways: First, they cause 

errors in the absolute m agnitude of each galaxy. Since .1/ =  m —n { z ) —k{: . t ) .  

if both  m. f.1 (which depends on redshift. z) and k  (which depends on galaxy 

type, t) have errors, so will M .  Second, the weighting each galaxy receives in 

the l / \ 'a  m ethod is dependent on each galaxy's which in tu rn  is affected 

by errors in redshift and apparent magnitude.

The errors in the absolute m agnitude will tend to flatten the luminosity 

functions. Take, for example, the simplest case of two absolute m agnitude 

bins, one heavily populated and the other sparsely populated. Because of the 

errors in the absolute m agnitude, some fraction of galaxies will be scattered 

from one bin to the other. If the fraction is the same for bo th  bins, more 

galaxies will sca t te r  from the heavily populated bin into the sparsely popu­

lated bin than  will scatter  the other way. The result will be to equalize the 

two bins. This effect, the Eddington bias, was first noted in connection with 

stellar parallaxes (Eddington. 191.3) and was later generalized (Eddington. 

1940). .Note th a t  errors in the absolute magnitudes occur even if there are no 

errors in the redshifts: errors in apparent m agnitude cause similar difficulties. 

Thus, the problem arises in spectroscopic surveys: Efstathiou. Ellis & Peter­

son (1988) discuss it in the context of the local luminosity function. The 

errors in weighting are less serious: although they add to the uncertainty, 

they do not system atically  affect the luminosity function.

Figure -5.7 illustrates the effects of observational errors on the luminosity 

function. In all the panels, the solid line is the B  luminosity function of 

Loveday et al. (1992). The o ther  lines show the effects of increasing errors in 

the redshift. the  magnitudes and the types. The bo ttom  right panel shows
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the effects of the combination of all three errors. Note th a t  one does not 

expect the  local luminosity function to be valid for the redshift slice shown 

(1.5 <  c <  3.0). Figure 5.7 is merely an illustration of the effects of errors. 

In fact, this particular redshift slice exaggerates the effect of type error on 

the A;-corrections.

The Eddington bias can only be corrected statistically: individual galax­

ies cannot be corrected, just the final d istr ibution. The procedure to correct 

the bias is as follows:

•  Measure the luminosity function as before. Call this luminosity func­

tion ‘&o(-M).

•  Add the effects of all the errors in redshift. m agnitude and type to <&o 

(using a Monte Carlo routine) to produce a new (flatter) luminosity 

function. Call this luminosity function <f>'o(.\/).

•  For each bin. correct <I>o(.\/) by an am ount equal to ‘I>q(.U) -  ^ q(M) .  

Call this luminosity function <l>i(.\/).

•  .A.gain. add the effects of the errors to <&i(.U) to produce <I>[(.\/).

•  Correct <I»i(.\/) by an am ount equal to ‘I>'i(.U) -  <&o(.V) to produce

$2(A/)

•  Repeat n times until one obtains a luminosity function <I>„(A/). which, 

when the effects of the errors are added, reproduces ‘&o(.\/) closely 

enough tha t  further iterations would be pointless.
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Figure 5.7: The effects of observational errors on the luminosity functions. 
In ail the panels, the solid line is the B  luminosity function of Loveday et al. 
(1992). The other lines show the effects of increasing errors in the redshift. 
the  m agnitudes and the types. The bo ttom  right panel shows the effects of 
the combination of all three errors.
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In practice only a few iterations (n < 5) are ever necessary. Each iteration 

adds some degree of noise, so excessive iterations are not advisable. Figure 

•5.8 illustrates the  effects of this procedure. T he  solid line shows the real 

luminosity function (Loveday et al.. 1992). The do tted  line shows this lu­

minosity function with the effects of the errors added. The o ther lines show 

the effects of successive iterations of the procedure outlined above. By the 

second and  th ird  iterations, the match is quite  good.

5.7 Luminosity functions

T he procedure described above was applied to the  luminosity functions gen­

e ra ted  in the  previous sections. .\s  discussed in Section 3.4 the redshift error 

is CT;/c =  0.11 and  the type error is crtype =  7 tem pla tes  ( tha t  is. abou t plus 

or minus one Hubble type). For simplicity, an average m agnitude error of 

(Tniag = 0 . 1  m agnitudes was adopted. .A.s may be seen from the upper right 

hand  panel of Figure 5.7. the effects of a m agnitude  error of only (Tmag=0 1 

will be quite  small. Consequently, a more detailed trea tm ent of the magni­

tude  errors is not called for.

Figure 5.9 shows the results. . \  by-product of the Monte Carlo procedure 

described in Section 5.6 is th a t  one can accurately assess the uncertainties. 

T he  error bars in Figure 5.9 reflect the effects of errors in redshift. type 

and  m agnitude  as well as l/vCV Poisson sta tistics. These errors are added in 

quad ra tu re  with the cosmic variance measured by comparing the results from 

the H D FX  and  HDFS. The luminosity functions for the three lowest redshift 

slices show relativelv little evolution, consistent with the results of Cowie.
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Figure 5.8: Removing the Eddington bias. The solid line is the B  luminosity 
function of Loveday et al. (1992). The do tted  line shows the effects of obser­
vational errors in redshift. m agnitude and  type (as per the lower right panel 
of figure 5.7). The following lines show the results of the iterative procedure 
used to correct these errors.
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Songaila & Barger (1999). The luminosity function for the highest redshift 

slice (3 <  c <  6) lies about a m agnitude brighter than  those for the lower red­

shift slices; th a t  for the second highest (1.5 <  c <  3) another  half m agnitude 

brighter still. This relatively small am ount of evolution is a t  odds with the 3 

m agnitudes of luminosity evolution reported in Gwyn &: Hartwick (1996). .\s 

was helpfully pointed out by Bershady et al. (1997). the ^.--corrections used in 

th a t  article were based on SED's tha t  were somewhat too red. Bershady et 

al.'s ground-based work (which is wide in sky-coverage but shallow in depth) 

is tnuch more in line with the present luminosity functions.

L’p until now. a H q=Qd k m s “ 'M p c ~ ‘. Q =  1. , \  =  0 cosmolog}- luts 

been assumed. However, opinions diverge widely on the exact values of the

param eters  (Sandage. 1999: .Mould et a i .  2000: Perln iu tter  et a i .  1099. for

example). The details of the cosmolog}- affect the de te rm ination  of luminos­

ity functions with the 1 / 1 through Equations 5.2. 5.3 and 5.4. Therefore, 

some discussion of the effects of cosmology on the luminosity functions is 

warranted.

The  luminosity functions were recom puted using four variant cosmolo­

gies. tweaking the various param eters to values th a t  have been suggested by 

various authors.

•  / / q= 65 knis~^M pc“ \  (1 =  1

•  H q=Qo k m s “ ^M pc"‘ . n  =  0.3

•  H q=Qô k m s “ ^Mpc” ^  V. =  0.3. .V =  0.7

•  H q= ôO k m s “ ‘M pc“ V (1 =  1
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Figure 5.9: Luminosity functions for the Hubble Deep Fields. The different 
redshift slices are indicated by different line types. The error bars reflect 
measurement errors as well as cosmic variance.
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T he l / \ 'a  m ethod  was used, corrected for Eddington effects as described 

in the  previous section. Figure 5.10 shows the results of these tests. Each 

panel shows a different redshift slice. Luminosity functions com puted with 

different cosmologies are shown as different line types. Clearly, cosmolog}- 

does system atically  change the positions of the lundnosity functions.

The real question, however, is whether changing the cosmolog}- signifi­

cantly changes the final results. Figure 5 .I I  shows th a t  it does not. Each 

panel shows the luminosity functions for different cosmologies. .A.lthough the 

panels do show differences, overall the relative positions of the luminosity 

functions for different redshift slices remain similar.

5.8 Luminosity density

Having com puted  the luminosity functions for a series of redshift slices, com­

puting  the luminosity density of the Universe is quite  etvsy. The luminosity 

function gives the number of galaxies per cubic megaparsec a t  a given abso­

lute m agnitude. M ultiplying the luminosity function by the flux correspond­

ing to this absolute m agnitude. F ( M ) .  one obtains the luminosity density 

function. Sum m ing over the  luminosity density function gives the lurninosity 

density. L:

L = F{MYl>{M)dM.  (5.19)
J -O C

Figure 5.12 shows the luminosity density function. F { M ) ^ { M ) .  Unlike 

the luminosity functions, which are flat or rising a t  the faint ends, the lu­

minosity density function fall off a t  the faint ends. Faint galaxies, though 

numerous, do not contribu te  much light. Thus, in tegrating over the section of
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Figure 5.10: The effects of different cosmologies on the luminosity functions. 
Each panel shows a  different redshift slice. Luminosity functions computed 
with different cosmologies are shown as different line types. Clearly, cosmol­
ogy does change the  positions of the luminosity functions. T he  error bars 
have been om itted  for c lari tv.
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Figure 5.11: The effects of different cosmologies on the luminosity functions. 
Each panel shows the luminosity functions for different cosmologies. .Al­
though the panels do show differences, overall the relative positions of the 
luminosity functions for different redshift slices rem ain similar. The error 
bars have been om itted  for claritv.
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show extrapolations from the data .



C H A P TE R  5. S T A R  F O R M A T IO S  R A T E S  99

F(.\/)<I>(.\/) th a t  is measured by the present sample should be a fairly com­

plete measure of to ta l luminosity density. The luminosity density functions 

of the highest redshift bin. however, is slightly incomplete a t the faint end. 

To extend the luminosity function, it was assumed tha t  it is well described by 

a Schecter function with a  =  - 1  (that is to say. Hat at faint absolute magni­

tudes). normalized to the faintest observed point of the luminosity function. 

This correction am ounts to 20% of the to ta l luminosity density for the high­

est redshift bin. It am ounts to less than  1% in the lower bins. In contrast, 

most spectroscopic samples require quite large extrapolations. The details of 

these extrapolations can cause sizable differences. For example in the spec­

troscopic sample of Cowie c( al. (1999) changing the faint end slope of the 

luminosity function from a  =  —I.O to a  =  -1.Ô can cause a difference of a 

factor of 1.4 in the resulting luminosity densities, which is larger th an  the 

effect of ignoring the correction entirely in this photometric  redshift sample. 

The dashed sections in Figure Ô.I2 show extrapolations from the da ta .

The luminosity density was calculated at different wavelengths to make it 

easier to compare the results with the luminosity densities given by different 

authors. Figures 5.13. 5.14. 5.15. and 5.16 show the integrated luminosity 

density at 1625.A.. 2000.\. 2500.\. and 2800.\ respectively. In all four figures, 

solid symbols indicate luminosity densities which have been corrected for dust 

obscuration (as discussed below in Sec. 5.9). while open symbols indicate the 

uncorrected luminosity densities.

.A.t 1625Â (Fig. 5.13). the luminosity density at high redshift is slightly 

higher than  the measurement of M adau et al. (1996). The difference may be 

due to the more detailed consideration of accessible volumes in the present
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work. In the above discussion, each galaxy was given a weight according to 

its accessible volume. This volume is no larger than  tha t  of the redshift slice 

in question and is generally smaller. M adau et al. (1996) assume tha t  "...this 

redshift interval has been uniformly probed...", effectively equating the ac­

cessible volume with the volume of the redshift slice. Since each galaxy has 

a weight equal to l /K , .  M adau et a/.'s weights — and hence their luminosity 

densities — will be generally smaller than  those determ ined when magnitude 

and surface brightness effects are taken into account.

. \ t  2000.\ and  250G.A,(Figs. .5.14 and 5.15). the present determ ination of 

luminosity density are generally consistent with tha t  of Cowie et al. (1999) 

and the local measurement of Sullivan et al. (2000).

. \ t  2800 . \  (Fig. 5.16) the luminosity density measurements are not 

unlike those of Lilly et al. (Lilly et al.. 1996) and Connolly et al. (1997). 

However the slope of the redshift-luminosity density relation is somewhat 

shallower than  th a t  found by Lilly et al. (Lilly et a i .  1996). .A. similar result 

is noted by Cowie et al. (1999) and Sullivan et al. (2000).

5.9 The effects of dust

The luminosity densities discussed above have not been corrected for effects 

of internal dust absorption. These effects are sizable a t the L '\ ' wavelengths 

being considered here. Ideally, one would like to apply a dust correction to 

the UM luminosity of each galaxy individually. However, for the most part, 

it is not possible to measure the extinction in a galaxy using only broad band
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colours.‘ Therefore, only an average correction can be applied.

Naively, one would expect th a t  different types of galaxies would have dif­

fering am ounts of dust absorption. One would expect later types to be more 

dusty, earlier galaxies, less so. To investigate the amount of dust absorption 

as a function of galaxy type, three samples were examined: the U\'-selected 

sample of Sullivan et al. (2000). the sub-sample of the Canada-France Red­

shift Survey (CFRS) survey discussed by Tresse et al. (1996) and the survey 

of local galaxies of Kennicutt ( 1992). These three samples have all have pho­

tom etry  or visual morphologies, which can be used to determ ine type, and 

H a  and  H d equivalent widths which can be used to measure extinction.

Extinction, parameterized by the colour excess. E { B  — \ ')  can be deter­

mined by comparing the measured values of the Balmer line fluxes. F (H a )  

and  F ( H J ) .  to their expected values:

F (H a )
F(HJ) observed

lO-o.i.-ij f ( H J )
em it ted

F(HJ)

_  j q̂ - 0 . . 1 £ ( S - V ) ( . V „ - . V j ) ^

em it ted

F (H a )
(Ô.20)

em it tedF(HJ)

where A \  is the extinction in m agnitudes and A'(A) =  .A x /E {B  -  \ ') is the 

extinction law. Equation 5.20 can be rearranged to give

-.2.3 log ( /  fLUisll )
   \  r  ( H j )  lobse rved /  ^ Icm i t ted /

(A'a -  Aj)

' The exception is the special case of starburst galaxies, which have verj- similar intrinsic 
SED's. It is possible to relate the UV spectral slope of starburst galaxies to their extinction 
(Meurer et ai. 1999).
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The ratio of the em itted  Balmer line strengths is known theoretically to be 

F ( H t t ) / F ( H J )  =  2.86. for case B recotnbination and a  nebular tem pera ture  

of 10 000 K and a density of 100 c m " '  (Osterbrock. 1989). The extinction 

law is well known at optical wavelength: Seaton (1979) gives A 'q - . V j  =  1.19: 

Calzetti  (1997) gives a similar value. Thus if F ( H a ) /F ( H . i )  can be measured 

for a galaxy, its extinction can be known.

T he Hft and H.i equivalent widths must be corrected for stellar absorp­

tion. More properly, this is the drop  in the galactic continuum  underneath  the 

nebular emission lines due to Balmer absorption in the  ste llar  atmospheres.

The sample of Sullivan et al. (2000) and Treyer et al. (1999) is selected in 

the  L '\ '  with a filter centred a t  2000.A.. The median redshift of the sample is 

abou t  :  = 0 .1 .  From the information in these papers, it is possible to derive 

E { B  — I ')  for each galaxy in the sample. They also list galaxy type, de te r­

mined by comparing the rest-frame E \ ’-B  colour to the spectral templates 

of Poggianti (1997). These types were adopted, ra ther  than  re-determining 

the type based on the tem plates described in Section 3.3.

T he sample of Tresse et al. (1996) consists of those galaxies in the CFRS 

sample with redshifts less than  z =  0.3. Their Table 2 lists .4 v (=  3.2 x F ( B -  

V’)), as calculated from H a  and H.j (corrected for stellar absorption), so no 

further calculations are needed to determine the dust content. The type of 

each galaxy was determ ined by comparing its given \ ' — I  colour to spectral 

tem plates. .A.gain. the tem plates used were those adop ted  by the au tho rs  (in 

this case the GISSEL models (Bruzual & Chariot. 1993) were used) ra ther 

than  the tem plates used in this thesis.

K ennicutt 's  (1992) sample is a set of local, c <  0.02. galaxies. The
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tabu la ted  values of H a  and H.i equivalent widths were corrected for stellar 

absorption. Regrettably, there was insufficient information to make individ­

ual corrections for each gahixy: an average correction of 5.A. was applied. 

On the o ther  hand, corrections were made for the contam ination  of the Ha 

line for the nearby [XII] line. The corrected H a  and H.i were used to de­

term ine E ( B  -  r )  using Equation .5.21. K ennicutt gives visually classified 

morphologies for all the galaxies in his sample.

Figure 5.17 shows E { B  -  \ ') p lotted against galaxy type for the three 

samples. There is a considerable am ount of scatter: E { B  -  \ ') ranges from 

0 to 0.8; this corresponds to a range in .-Iv from 0 to 2.56. in agreement 

with other authors. The surprising thing abou t Figure 5.17 is th a t  there 

does not appear  to be any correlation of extinction with galaxy type. This is 

true if type is determined by colour (as in the Sullivan et al. (2000) and  the 

Tresse et al. (1996) samples) or by visual morphology (as in the Kennicutt 

(1992) sample), . \ lthough the scatter  for each type is large, the m edian is 

remarkably constant. .A.s shown in Table 5.1. the  median values of £ ( B  — \ ')  

for each of the three samples are quite similar.

Table 5.1: Median E ( B  -  \ '] for various samples
Sample E ( B - V )

Sullivan et al. (2000) 0.30 0.13
Tresse et al. (1996) 0.30 0.22
Kennicutt (1992) 0.33 0.12

.A. dust correction of E ( B - \ ' ) = 0 . 3  was adopted for all galaxies. .Adopting 

the Calzetti  (1997) reddening law. this translates to an extinction at 2500.A of
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-■̂ ■2500 =  1-14 magnitudes. This am ounts to a correction to the L’\ ’ luminosity 

density of about a factor of three, . \ l though  it would be preferable to apply 

an  individual correction for each galaxy, this is not feasible unless H a and H.i 

are measured for each galaxy. This is obviously not feasible for a photometric 

redshift survey. The dust-corrected luminosity densities are shown as filled 

squares in Figures 5.13. 5.14. 5.15. and 5.16.

5.10 Star formation rates

The far U \ ’ light of a galaxy is dom inated by the brightest, bluest stars of 

the  main sequence. Because these stars have a short life-time, and therefore 

must have been recently formed, the L’\ '  luminosity of a galaxy is a good 

measure of the s ta r  formation rate (SFR) of a galaxy. U \ ’ luminosity. L e v .  

is directly proportional to SFR:

SFR ( . \ / .y r ~ ‘) =  constant x A cr(ergs  s " ‘H z"‘ ) (5.22)

The  value of the constant in Equation 5.22 must be determined from theo­

retical models of galaxy spectral evolution. Fortunately, the constant is not 

sensitive to the details of the construction of these models, nor is it sensitive 

to the prior s ta r  formation history of a galaxy. Unfortunately, it is sensitive 

to one's choice of initial mass function (IM F). The choice of IMF is the largest 

single source of uncertainty in the mecisurement of s ta r  formation rates. The 

constant depends somewhat on exactly which part of the U \ ’ continuum is 

being measured, \a lu e s  of the constant are summ arized in Table 5.2 for 

the  Scalo (1986) and Salpeter (1955) IM F 's  as given by Madau. Pozzetti &: 

Dickinson (1998).
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Table 5.2: Conversion of U \ '  densitv to SFR
LMF Wavelength constant
Scalo
Scalo
Salpeter
Salpeter

1500A
2800À
1500A 
2800A

2.86x10--*
1.96x10-'-*
1.25x10--*
1.27x10-'-*

The L’\ '  luminosity densities a t  2500.\ from Figure 5.15 were converted 

into s ta r  formation ra te  densities by adopting a Salpeter IMF. The results 

are shown in Figure 5.18 as solid squares. Since the conversion is a simple 

multiplication, the relative evolution of the SFR density is exactly the  same 

as the tha t  of U \ ’ luminosity density. T ha t  is to say. it is fairly constant at 

high redshift. and drops slowly below :  =  1.5

Star formation rates have been measured from dust-corrected L’\ '  lumi­

nosities by o ther  authors. The high redshift results of M adau et al. (1998) 

and  Steidel et al. (1999). as well as the local results of Sullivan et al. (2000) 

are also shown in Figure 5.18 as various four-sided points. Except for the 

highest redshift point of M adau et a i .  they are consistent with the results of 

the present photometric  sample.

There are several ways to measure the SFR D  at other wavelengths. S tar 

formation rates have been measured using observations a t sub-millimetre 

wavelengths. W hen dust in galaxies absorbs light at U\" wavelengths it is 

heated. The dust then radiates thermally a t  a broad range of wavelengths 

from the far-infrared to the sub-millimetre (8-1000/rm) with a peak at ~  

60/im. The integrated luminosity over these wavelengths is related to s ta r
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formation rate  by

SFR {.\TyT~^)  =  4.5 x 10“‘‘‘‘ x L(IR)(ergs s~^) (5.23)

(Kennicutt, 1998). The advent of the Sub-millimetre Common User Bolo- 

metric . \rray  (SCUBA) has made it possible to measure the flux at SôÜ/zru. 

Measurements a t this wavelength can be extrapolated  to measure the full in­

tegrated IR flux and hence the s ta r  formation rate. .\s  an interesting- aside, 

because the sulj-rnm images are of such low resolution, it is often hard  to 

make reliable optical identifications. This means tha t  it is sometimes hard 

to assign a redshift to the objects. However, radio identifications have been 

m ade at 21cm. so it is possible to determine "millimetric redshifts". . \  red­

shift is determined by comparing the flux ratio F(850/zm )/F(2Icm ) to the 

flux ratio tha t  one obtains by redshifting a tem plate  galaxy (.A.rp 22Ü). The 

sub-m m  measurements of the SFR from Hughes et al. (1998) and Barger. 

Cowie & Richards (2000) are shown on Figure 5.18 as circles.

Similarly, one can ex trapola te  from the flux at 15//in to measure the 

to ta l luminosity from dust and hence measure s ta r  formation rates. This 

was done by Flores et al. (1999) who used the Infrared Space Observatory 

(ISO) to obtain images of a CFRS field. The resulting s ta r  formation rates 

a t  r  <  1 are shown as s tars  in Figure 5.18.

Finally, s ta r  formation rates have been measured using Ha fluxes. .Al­

most all the U \ ’ light shortwards of the Lyman limit em itted  by young hot 

s tars  in a galaxy is absorbed by interstellar hydrogen and re-emitted in recom­

bination lines. Thus, measuring the strength  of these lines is a measurem ent

-interesting at least to photometric redshift aficionados
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of the U \ ’ luminosity shortwards of 912À. which is a  measurem ent of the  s ta r  

formation rate. In principle any recombination line could be used. However, 

the Paschen lines lie in the infrared and are difficult to measure, and  the 

Lyman series are strongly affected by dust. Thus most such measurements 

are done using the strongest Balnier line. Ho. which is only weakly affected 

by dust. Ho luminosity L(Ho) is converted into a s ta r  formation rate  thus;

SFR ( . \ / . ;y r“ ‘) =  7.9 x 10“ ’" x Ho)(ergs s “ ‘) (5.24)

(Kennicutt. 1998). G allego cf al. (1995) made a local determ ination  of the 

S F R  from Ho measurements. . \ t  slightly higher redshifts. Tresse & Maddox 

(1998) did the same for a sample of CFRS galaxies a t :  <  0.3. At higher 

redshifts. the Ho line moves into the infrared, making observations more 

difficult. However, two measurements have been a t :  ~  1: Glazebrook et 

al. (1999) used the CGS4 infrared spectrograph on UKIRT to observe CFRS 

galaxies and Van et al. (1999) made measurements using slitless spectroscopy 

with NICMOS on HST. The s ta r  formation rate  determ ined by these surveys 

are shown as triangles on Figure 5.18

.All the m easurements discussed above assume or have been corrected to 

a  Ho=6S k m s “ ’M p c " ’ . =  1. A =  0 cosmology. The general shape of Fig­

ure 5.18 is not changed by altering this cosmology. S ta r  formation is directly 

proportional to luminosity density. Luminosity density is directly propor­

tional to the sciuare of the luminosity distance d i  and  inversely proportional 

to  the CO moving volume element d V /d z .  T h a t  is to say. L x  d i { d \ ' /d z ) ~ ^ . 

Although d \ ' / d z  is very sensitive to cosmolog}-. this sensitivity is partially 

cancelled out by the c/| term . Thus, changes in Hq a lte r  the SFR D  by a
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factor of Ho/60,  which translates  to a simple vertical shift in Figure 5.18. 

T he  effects of changing Q and A are shown in Figure 5.19. T he  solid lines 

show the evolution of the SFRD for various cosmologies, as labeled. Even at 

high redshift. the  difference between the two extremes ( 0 = 1 .  A=0 e.s. 0 = 0 .3 .  

A=0.7. k=0)  is smaller than  the typical uncertainties of each measurement.

The different meiisurernents of the SFRD shown in Figure 5.18 are quite 

consistent, with one or two exceptions. The highest redshift point of Madau 

et al. (1998) was discussed earlier. There is also a general disagreement at 

low redshift between the U \ ’ measurements and H a measurem ents. However, 

given th a t  all the  m ethods of measuring the SFRD are subject to systematic 

uncertainties on the order of a factor of two. Figure 5.18 shows a remarkable 

consistency. .Although several authors have claimed tha t  the s ta r  formation 

seen in the sul)-millimetre occurs in a separate population of unusually bright 

and dusty  objects, visible only in the sub-rnm. .Adelberger & Steidel (2000) 

have shown th a t  a single population of normal s ta rbu rs t  galaxies can account 

for all the sub-millimetre observations as well as the U \  observations. Indeed. 

Figure 5.18 shows tha t  the sub-m m  and L '\’ observations give consistent 

answers even though they measure s ta r  formation in very different ways.

The general picture shown in Figure 5.18 would appear  to  be one where 

the Universe forms s tars  a t  a  constant rate until a point a round :  ~  1.5 when 

s ta r  formation begins to decay. But if the same d a ta  are p lo tted  against the 

age of the Universe instead of redshift. iis shown in Figure 5.20. a different 

picture emerges. P lo tt ing  in this m anner compresses the high redshift points 

(where the SFR D  appeared flat) considerably. Now it appears  th a t  the best 

description of the s ta r  formation histor>- of the Universe is an exponential
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decay with a time constant of r  ~  4 Gyr.

T ha t  the SFR  should decay exponentially is perhaps not surprising. If 

the rate  a t  which gas is converted into stars  is proportional to the amount 

of gas available in an individual gahtxy. then the am ount of gas will decline 

exponentially. If is the nuuss of gas in a galaxy and C  = 1 / r  is a 

proportionality  constant, then one can write:

X  (5.25)

The  solution to this differential equation is x  exp(—Cf) x  e x p ( - t / r ) .  

Since the rate a t  which stars are formed is the same at which gas is depleted 

the s ta r  formation rate. SFR =  will also decline exponen­

tially in this simplified case.
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Chapter 6 

Merging

This chapter examines the change in the number density of galaxies using 

the V y i’max s ta tis tic  and the B  band luminosity function.

The V/Vmax statistic is a robust way of measuring the density a n d /o r  

luminosity evolution of a population of objects. In this chapter, it is used as 

a first a t te m p t  to get some idea of the nature  of the density evolution. While 

the  \ ’/ \m ax  Statistic is robust, it lacks subtlety. To investigate the merging 

history of galaxies more carefully, one must instead examine the evolution of 

the luminosity function.

In the simplest case, all galaxies would have a fixed absolute magnitude. 

In this case, it would be easy to calculate the merger rate. One would just 

measure the space density of galaxies a t r  =  5 (as measured by the luminosity 

function), and again at c =  0. The difference would be due to the mergers: if 

there were twice as many galaxies at c =  5 than  at :  =  0. then every galaxy 

must be the product of the merger of two progenitors. In this case, even 

though the num ber density of galaxies would decline with time, the number 

of s tars  (as measured by the luminosity density) would remain constant.

118
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In reality, the s itua tion  is much more complicated. In addition to fading, 

galaxies also age with time, becoming redder. .A.s time goes on. the red 

galaxies will become more numerous at the expense of the blue galaxies. 

Furthermore, the to ta l num ber density of gahixies cannot be calculated. The 

luminosity function does not drop off at the faintest observable magnitudes: 

any integral over a faint end ex trapola tion  will be infinite. Despite these 

complicating factors, it is still possible to deduce the merger rate  from the 

evolution of the B  band luminosity function by introducing a simple model 

for the data .

Working in the B  band represents a compromise. Ideally, one would like 

to work in an infrared band, such as A', which is an excellent tracer of to ta l 

stellar mass, and is not much affected by transitory bursts of s ta r  formation. 

Working in K .  however, represents an extrapolation from the HST F814W 

filter of a factor of 2 in wavelength, even a t  c =  0. Thus, in order to mini­

mize the Ar-corrections. one would like to work in the ultraviolet. Measuring 

m agnitudes a t I500A. as in C hap te r  5. one does not have to ex trapo la te  the 

SED of a  galaxy beyond the F814W  filter until c =  4.5. But L'\* flux closely 

traces s ta r  formation and the num ber of hot stars, ra ther than  the stellar 

population in general. The B  band  is intermediate to these two extremes: 

it is more quiescent than  the 1500.A, and  requires smaller A-corrections th an  

the A band. Furthermore, generating  luminosity functions in B  allows one 

to  compare results with the large num ber of B  band luminosity functions in 

the literature.

For this chapter, the galaxy sample was split by colour into a red sample 

and  a blue sample. The tem pla te  fitting m ethod described in Section 3.3
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determines a galaxy type at the same time it measures a photometric  redshift. 

This  assigned type is used to make the colour cut. Those galaxies whose 

pho tom etry  best matches the SED of a She galaxy or earlier are assigned 

to the red sample. Those with later types are assigned to the blue sample. 

This  cut at Sbc is the same one adopted by the Canada-France Redshift 

S urrey  (Lilly et a i .  1995a. C FRS). so d a ta  from th a t  survey can easily be 

incorporated  to the present analysis. Locally. Sbc is roughly the median 

colour; sp lit ting  at this type divides the sample into two roughly equal groups 

a t  low redshift. .A.t high redshift of course, most galaxies are blue: by :  .3.

there are no red galaxies at all. Type can only be determined for the galaxies 

out to c =  4.5; at higher redshifts. the galaxies become R  band drop-outs. 

W ithou t  the colour information afforded by R — I. the type assigned by 

the tem pla te  fitting m ethod is meaningless. Therefore, those galaxies with 

z >  4.5 were excluded from the sample. Since there are only 8 such galaxies 

in the to ta l sample of 1694. it is unlikely tha t  this will have much of an 

im pact on the results.

6.1 The VIVmax statistic

T he  I / I  maz statistic  is a measure of the radial position of an object, within 

the volume available to it in a  sample. It is related to the 1/f Ô m ethod for 

determ ining luminosity functions discussed in C hap te r  5. \ '  is the  volume 

enclosed within the radius at which the object lies; I is the volume within 

the m axim um  radius a t which the object could lie and still be included in the 

sample. The value of \ '/\'rnax for a given galaxy can vary anywhere from zero
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to one. A value of zero for V/V,nax means tha t  galaxy lies directly on top  of 

the observer or a t  the inner limit of the sample. .A value of one means th a t  

the object was almost too distant to make it into the sample. If the objects in 

a sample are evenly d istr ibu ted  in space and if the luminosity function of the 

population does not change over the  region being surveyed, then the mean 

value of should be {V/Vmax) =  0.5: the d istribution of \ ' / I s h o u l d

be a flat, boxcar d istr ibution from 0 to 1. If the d istribution of V/V,nax 1̂  not 

flat, then either some evolution either in luminosity or density is occurring 

or the volumes have not been calculated correctly.' This is most obvious 

for a purely volume-limited sample in a Euclidean cosmology. Clearly, if the 

objects are evenly d istr ibu ted  in this space, half the objects will lie in the 

closest half of the volume and half the objects will lie in the far half.

The m ethod was devised by Schmidt (1968). who used it to show

th a t  quasars are not uniformly distr ibu ted  in space, but were more common 

a t the high redshift end of his sample. The m ethod was used more recently 

to show th a t  gam m a ray bursters lie outside the galaxy (Meegan nt a i .  1992: 

Schmidt et a i .  1988) before any GRB redshifts had been measured.

For a given object, the volumes are calculated using Equation 6.1:

( 6 . 1 )

The limits depend on the sample criteria. .Although the original \ ' / \ ’max 

(Schmidt. 1968) s ta tis tic  was defined in terms of a purely m agnitude-lim ited  

sample, \ ' / \ ’max can be used for any sample whose limits are defined in any 

way using any criteria, provided those limits are well-defined. .A.s long as

‘For example, if the wrong cosmolog}- is assumed.
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exactly the same cuts th a t  are applied to the sample are applied to the 

volumes. V/\'max is a valid statistic. In general. Cmm will be zero for both  \ ' 

and I max- However, if the sample has a lower redshift limit then will be 

th a t  limit. For \ '. z^nax is the redshift of the object in question. For \Aax- 

z„iax is the highest redshift th a t  the object could be a t and still be included 

in the sample. If the sample is volume-limited, then :,nax will be the high 

redshift limit. If the sample is magnitude-limited, then :,nax is determined 

using Equation 3.4. If the sample is surface brightness-limited, then r„,ux is 

determ ined using Equation 5.18. More generally, a  sample can be defined by 

a  combination of these limits: in which case. c„,„x will be the smallest of the 

limits.

It was shown in Section 5.5 that surface brightness effects are not im por­

tan t for the I /I 'a  m ethod because the galaxies were split into multiple redshift 

bins. Panel (d) of Figure 5.4 shows this clearly. However, in the  case of the 

C/Vmai method, these redshift bins are not present and surface brightness 

limits are relevant and cannot be ignored. In panel (c) of Figure 5.4. it can 

be seen th a t  — in the absence of bins — the m axim um  redshift determined 

by the limiting m agnitude  and the maximum redshift determined by both 

the limiting m agnitude and the limiting surface brightness are significantly 

different.

Because I / I  max 1̂) a  ratio, one does not have to worry abou t  the angular 

size of the sample. Further, in the case where the /^-corrections are negligible 

and where the volumes are in Euclidean space, it is not even necessary to 

know the distances to the objects. In the more general case, the fact tha t  

it is a  ratio means th a t  V/\'max is a more robust s ta tis tic  when there arc
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uncertainties in the  redshifts of the objects in the sample.

T he  uncertainty associated with the average value of \ • cr,v/Vm,.z-

is given by;

=  7 m -

where X is the num ber of objects in the sample.

T he  \ s ta tis tic  was measured for the HDF sample, split by colour

as described above. Figure 6.1 shows the results. The left panel shows the 

range of V/Vmax for the blue galaxies. The average value of {V/Vmax ) = 

0.53 ±  0.01 shows th a t  there are more blue galaxies in the further half of 

the sample. The Kolomogorov-Smirnoff test was applied to the sample. The 

probability tha t  the VIVmax d istr ibution is consistent with a uniform dis­

tribu tion  is 4.04 X 10"'^. indicating tha t  evolution is definitely occurring. 

The right panel shows the VjVmax d istr ibu tion  for the red galaxies. The red 

galaxies are clearly evolving the o ther  way: with more red galaxies in the 

near half of the sample, the average value is ( i ' / l  maz ) =  0.44 ±  0.02. The 

overall picture is tha t  the blue galaxies are steadily  increasing in number 

with distance, while the red galaxies are decreasing in number. If distance 

is viewed as the converse of the age of the Universe, then the blue galaxies 

are decreasing in num ber with time and the reds are increasing. This result, 

a lthough robust, is somewhat vague. There  is no indication whether the blue 

galaxies are d isappearing because they are becoming red galaxies or whether 

they are decreasing in number densities due to mergers. For a more detailed 

picture, it is necessarj' to tu rn  to an analysis of the B  luminosity functions.
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Figure 6.1: VIVmax distributions for sub-samples split by colour.
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6.2 B band luminosity and luminosity den­
sity functions

The B  band  luminosity functions (LF's) were generated using the l / l j ,  

m ethod described at length in Chap ter  5. The accessible volumes were cal­

culated in exactly  the same way. using the 1s t  = 28 limit bu t ignoring the 

effects of surface brightness. The Eddington corrections described in Section 

5.6 were applied as before. .Absolute m agnitudes were calculated in the 

same m anner tts the 2500.\ magnitudes were calculated, using the appropri­

a te  A:-corrections derived from the templates. The main difference is th a t  the 

sample was split by colour. Figure 6.2 shows these luminosity functions.

The Hubble Deep Fields sample a relatively small volume at low red­

shift. Further, bright galaxies are relatively rare. Consequently, the bright 

end of luminosity functions measured in the H D F ’s at low redshift are not 

well-defined. To remedy the situation, the LF's were supplemented by lu­

minosity functions measured from the Canada-France Redshift Survey (Lilly 

et al.. 1995b. C F R S - \ ’I). The "best" Schecter functions listed in Table I 

of C F R S - \  I were shifted from / /o = 5 0 k m s “ ‘M pc“ 4 o  //q=65  k m s “ ‘M pc“ '. 

The Schecter functions were only used in the  absolute m agnitude range in 

which they are valid. These CFRS luminosity functions were used indepen­

dently of the HDF luminosity functions to measure the evolution of the num ­

ber density, where one follows each absolute m agnitude interval separately. 

On the o ther  hand, to measure the evolution of the luminosity density, it is 

necessary to  integrate over the function as a whole. For this purpose, the 

two luminosity functions were merged. In the case of overlap between the
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Figure 6.2: The B  band luminosity functions for different redshift slices. 
The heavy lines a t the bright ends of the lower redshift slices show the C FR S 
extensions. The dashed lines a t the faint ends show an a  =  — I extrapolation.
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Figure 6.3: The B  band luminosity density functions for different redshift 
slices. The heavy lines at the bright ends of the lower redshift slices show 
the C FR S extensions. The dashed lines a t the faint ends show an a  =  — 1 
extrapolation.
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H D F lum inosity functions and those from the CFRS. the former were used. 

F igure 6.2 shows the extensions to the HDF lum inosity functions as heavy 

lines. , \ t  the faint end. the lum inosity functions were extended by assum ing 

a Schecter function w ith o  =  - I ;  th a t is to say. the LF was assum ed to be 

Hat.

The B  band lum inosity functions were converted into lunnnosity density 

functions by m ultiplying the lum inosity function by the tiux corresponding to 

each absolute m agnitude, as described previously in Section 5.8. Figure 6.3 

shows the lunnnosity  density  functions. Xow the im portance of extending the 

H D F lum inosity functions brightw ards w ith the CFRS lum inosity functions 

becomes apparent. Especially in the lowest redshift bin. the peak of the 

lum inosity density function — which contribu tes the most to the in tegrated  

lum inosity density — lies in the CFR S extension. , \ t  high redshift. the details 

of the ex trapo la tion  at the faint end of the lum inosity density function have a 

sm all effect but are not particu larly  im portan t. Assum ing n =  -1 .5  instead 

of Q =  — I changes the in tegrated  lum inosity density by 25%. For the lower 

redshift bins, changing the ex trapo lation  has no significant effect.

In tegrating  over the  B  band lum inosity density function, one obtains 

the  to ta l lum inosity density. ,\s  m entioned earlier, bo th  the HDF and CFRS 

lum inosity  functions are com bined to get the lum inosity density. Figure 6.5 

shows the evolution of lum inosity density w ith redshift. Least-squares fits to 

the  d a ta  are shown. T he lum inosity density due to blue galaxies increases 

w ith  redshift. while th a t from red galaxies decreases w ith redshift. Overall, 

th e  to ta l B  band lum inosity density  drops by a factor of ~  2.5. from c =  5 

to  c =  0.2. as calculated from the fit.
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Figure 6.4: T he evolution of B  band num ber density  of galaxies per cubic 
m egaparsec from z= 5 to z=0.2 for red and blue galaxies in three different 
absolute m agnitude bins. The solid symbols are from this work, based on 
the  H D F’s. T he open sym bols are from the C FR S. The lines show linear fits 
to  the  d a ta . T he ratio  of the num ber of galaxies a t z= ô  over th a t a t z=0.2 
as determ ined from the  linear fit is shown for each co lou r/m agn itude  bin.
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Figure 6.5: The evolution of B  band  lum inosity density  from z= 5  to z=0.2. 
T he d a ta  points show m easured lum inosity density from the com bined HDF 
and CFR S lum inosity functions. The lines are linear fits to  the d a ta . The 
squares and the heavy solid line show the to ta l lum inosity density, the tri­
angles and the do tted  line show the  lum inosity density  of blue galaxies, and 
the  circles and the dashed line show th a t of red galaxies. Overall. B  band 
lum inosity  density  drops by a factor of ~  2.5.
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To b e tte r  trace the evolution of the  num ber density  of galaxies, one m ust 

plot the lum inosity  functions in slightly different way. Normally, lum inosity 

functions are shown as num ber density  p lo tted  against absolute m agnitude 

for various redshift cuts, as shown in Figure 6.2. Instead, one should plot 

num ber density  against redshift for various absolute m agnitude cuts. Figure 

6.4 shows the evolution of num ber density  in this way. The left-hand panels 

show the num ber density of blue galaxies steadily  increasing w ith redshift. 

while the  righ t-hand  panels show th a t the red galaxies are steadily  decreasing 

in num ber a t higher redshifts. Each panel shows a  least-squares fit to the 

d a ta . T he ra tio  of num ber density of galaxies a t r  =  5 over th a t a t :  =  0.2 

as determ ined  from the fit is also noted in each panel.

6.3 Interpretation

There are three processes affecting the num ber and lum inosity density  of 

galaxies, as illustrated  schem atically by Figure 6.6:

• Merging converts two fainter galaxies into a single b righter one. M erg­

ing causes a drop in the num ber of d istinct galaxies but does not cause 

a drop in the to ta l lum inosity  density. In an  individual m erger, the 

num ber of galaxies involved goes from two to  one. but no sta rs  are 

lost so the net effect on the lum inosity density  is nil. Indeed, if there  is 

m erger-induced s ta r  form ation, the to ta l lum inosity of the final p roduct 

will increase.

• Fading changes a bright galaxy into a fainter one. Disk galaxies will 

fade as they  deplete the ir reservoir of gas and  their s ta r  form ation
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Figure 6.6: The processes of galaxy evolution
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rates fall. A galaxy w ith a sim ple, single burst population  will fade 

m ore rap id ly  as its more massive stars die off. Fading decreases the 

to ta l lum inosity density, bu t leaves the to ta l num ber density  of galaxies 

in tac t.

• Aging tu rn s a blue galaxy into a red galaxy. .A.ging will occur when a 

galaxy is s tripped  of gas and dust and can no longer form new stars .- 

.Aging increases the num ber density of red galaxies a t the expense of 

blue galaxies. .Aging and fading are different ixspects of the sam e pro­

cess: as galaxies become redder through aging, they  will also becom e 

fainter.

Clearly, fading and aging m ust be occurring to  some degree. O n the 

whole, galaxies cannot continuously pum p out s ta rs  a t a constan t ra te  for all 

tim e. Even if individual galaxies brighten due bu rsts of s ta r  form ation, and 

even if the s ta r  form ation rates of some galaxies rem ain relatively constan t 

over the age of the Universe. Figure 6.5 shows th a t the  to ta l am ount of B  

band light from all galaxies has decreased by a factor of two or three since 

:  =  5. Therefore, some fading is occurring.

F urther, the am ount of B  band  light from blue galaxies has decreased 

by a factor of three or four since z=5. while the light from  red galaxies is 

increasing, from  no m easurable light a t z= 5  to abou t a th ird  of the to ta l a t 

low redshift. Therefore some aging is occurring. Plausibly, reverse processes

-Note that not all such evolved galaxies are elliptical in morphologj-. Even if a galaxy 
has a significant disk, as long as its red bulge dominates (ie. it is of type Sbc or earlier) 
it will still be classified as a red galaxy.
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may be occuring too. Old red galaxies may be rejuvenated by s ta rb u rs ts  and 

become bluer. The net trend, however, is th a t galaxies are growing older.

Some m erging m ust be occurring too. T he brightest blue galaxies (the 

top left panel of Fig. 6.4) do not ap p ear to evolve in num ber density  a t all. 

Since they  are being depleted by aging and fading, their num bers m ust be 

replenished a t the sam e rate by the m erging of fain ter blue galaxies.

T he fain ter blue galaxies show a significant drop in num ber. .A.lthough 

some fading is occurring, as evidenced by the  factor of three drop in lum inos­

ity density  of the overall population shown in Figure 6.5. the drop in num ber 

density  of individual objects is g rea ter still: a factor of 8 to 18. as shown in 

the lower left-hand panels of Figure 6.4. Some aging is occurring too; the 

red galaxies in the corresponding m agnitude bins are steadily  increasing. But 

their num bers are relatively sm all (note the log scale) and should not have 

a large effect on the num bers of blue galaxies. Therefore, the fainter blue 

galaxies are being depleted by m erging.

T he  red galaxies show a ten-fold increase in num bers since c =  2 (the 

highest redshift a t which red galaxies are m easurable). However m erging also 

affects the  red galaxies: the faintest m agnitude bin rem ains alm ost constan t, 

even though it m ust be gaining some galaxies through the aging of blue 

galaxies.

It is w orth noting th a t, locally, the  brightest red galaxies have the same 

abso lu te  m agnitudes as their blue coun terparts: M b =  —23. .\ccord ing  to 

the  PE G A SE  galaxy ste llar population  m odels (Fioc & R occa-\o lm erange. 

1997). as a galaxy w ith a simple, single burst popu lation  changes in colour
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from blue to red it will fade by 2 magnitudes.'^ Therefore, if red galaxies 

form ed solely through the aging of blue galaxies, there would have to be a 

population of M g =  - 2 5  bright blue galaxies, because aging also implies a 

fading of 2 m agnitudes. T hus it would take 7 or so of the b rightest M g  =  - 2 3  

progenitors to produce one of the brightest present day red galaxies. .Alter­

natively of course, the progenitors of the brightest elliptical galaxies could be 

single, massive objects whose B  band light is alm ost com pletely absorbed by 

dust. These objects would be visible a t subm illim etre wavelengths but not 

in the optical. However. .Adelberger k  Steidel (200Ü) have shown th a t the 

vast m ajority  of the observed 850/mi flux can be a ttr ib u ted  to fairly norm al 

galaxies th a t can be detected  in the L '\’.

The balance is different for the different absolute m agnitude bins. The 

change in num ber density  is greater for the faintest galaxies in the sam ple, 

those with m agnitude - 1 7  >  M b > -1 9 .  th an  for the galaxies w ith - 1 9  <  

M b < -2 1 . This suggests th a t m erging affects the num ber density  of sm aller 

galaxies more than  the larger galaxies. However, this does not necessarily 

m ean th a t faint galaxies are involved in m ore mergers. Since m ergers tu rn  

two fainter galaxies into a brighter one. the brighter m agnitude bins gain a t 

the  expense of the fain ter bins.

These qualita tive  sta tem en ts can be pu t on a more q u an tita tiv e  footing 

w ith a simple model. T he basic idea is to  replace each of the boxes in 

the  diagram  in in Figure 6.6 w ith the num ber density. .V. of an absolute

^Here “from blue to red’’ means from a typical blue galaxy, of type Im (B — H=0.5 in 
the Vega system. r -/.4B = 0.17) to the corresponding typical red galax}-. an Sa { B - R = l . ô  
\ega. V -  /.4b=0.70).



C H A P T E R  6. MERGIXG  136

m agnitude bin and replace each of the  arrows in the  d iagram  w ith a rate- 

of-change term . d X / d t .  in a differential equation describing the evolution of 

galaxies. An arrow  leaving a box m eans a  decrease in the num ber density in 

th a t  absolute m agnitude bin: an arrow entering a  box m eans a corresponding 

increase.

Assume the following:

•  m erger causes two galaxies of the sam e m agnitude to  become a single 

object th a t is 0.75 (=2.5  log(2) ) m agnitudes brighter.

•  All galaxies fade a t the same ra te  — th a t of the decrease in to ta l 

lum inosity density.

•  Aging can be described sim ply as the m ovem ent of a galaxy from a 

blue bin to a red bin and is independent of fading. Further, the aging 

process rem ains constant with redshift.

•  Initially, there are no red galaxies a t all.

T hen  one can calculate a detailed balance. Note th a t only the forward pro­

cesses (aging and  fading) are considered. Including the reverse processes 

(rejuvenation and  rebrightening through s ta r  bursts) is functionally equiva­

lent to  reducing the streng th  of the forward processes. M oving diagonally in 

Figure 6.6 is equivalent to a vertical (fad ing /brigh ten ing) move followed by 

a horizontal (aging/rejuvenation) move.

Brightening and  fading are. of course, increm ental processes. Reconciling 

th is w ith the discrete m agnitude bins is handled in the following way: If a 

process causes a  change in m agnitude of S M  and  the bins are X M  wide, then
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a fraction ÔM/N.M  are deem ed to  have moved into the next bin and  the rest 

(1 — 6 M / N M )  are deem ed to rem ain in the original bin.

Formally:

•  let be the  num ber of blue galaxies w ith - 2 3  < M b < - 2 1 . 

let .V(,2o be the  num ber of blue galaxies w ith -2 1  <  M b < - 1 9 . 

let be the num ber of blue galaxies w ith - 1 9  < M b < - I T .  

let .\v j2 be the  num ber of red galaxies w ith - 2 3  <  M b < —21. 

let .Vr-20 be the num ber of red galaxies w ith -2 1  < M b < —19. 

let .\Vi8 be the  num ber of red galaxies w ith - 1 9  < M b < - I T .

•  let M  be the m erger ra te  for galaxies as meiisured in units of m ergers 

per individual galaxy per gigayear or — equivalently — the fraction of 

the galaxy population th a t undergoes a m erger per Gyr. M  depends 

on redshift:

" ' : )  =  { X s '

•  let B,  the brightening param eter, be the ratio  of the increase in lu­

m inosity due to m erging (m easured in m agnitudes) divided by the 

w idth of each m agnitude bin. Since it is assum ed th a t a galaxy dou­

bles in brightness after a m erger and the bins are 2 m agnitudes wide. 

B  =  2.5 lo g io (2 ) /2 ^  0.38.

•  let F. the fading param eter, be the ra tio  of the decrease in lum inosity 

(m easured in m agnitudes) per gigayear divided by the w idth  of each 

m agnitude bin. T he global decrease in lum inosity density  from z =  5.0
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to c =  0.2 is a factor of ~  2.4 over a span o f 6.9 G yr. Since it is assum ed 

th a t all galaxies fade a t the  same rate. F  =  2.5 log io (2 .4 )/6 .9G yr/2  ~  

0 .0 6 9 G y r- \

•  let .4. the  aging param eter be the fraction per gigayear of blue galaxies 

th a t becom e old enough (or bulge-dom inated enough) to be chissified 

as red galaxies.

•  let the  age of the  Universe, t. and redshift. z. be rela ted  by

t (z)  =  H q y  ' ' [ f î / j  -  ko +  ̂ (Ix. w here x =   ̂ (6.4)

-A. Ho =  65 k m s '^ M p c " '.  Q =  I. .\ =  0 cosmology is assum ed.

Then one has:

Merging : Fading : Aging :

num eric
losses

out to 
brighter

in from 
fainter

out to 
fain ter

in from 
brighter

out to 
red

in from 
blue

dt
= — ^ N b 2 2 — B ^  Sb2'2 4-B4/-.\(,2o -F . \b22 -A. \b22

d.\b-20
dt

= — ^  .\b'20 — B^Nb '2o ~FAb2o ■i"F.\(,22 ~  A.\(,2o

dNbis
dt

= M  V — B ^ N b i s 4-5  ̂ . \  (,16 ~F. \b l8 4-F  -\620 — A.\bl8

dNrO-2
dt = 4 /  V —b 4/-.\> j2 + B  4/-.\>20 ~F.\ r22 4-.4.\(,22

d .\  r3fl
dt = ~ ^ ^ r - 2 0 — B ^ N r 2 0 - r B ^ A r i s — F  . \  r20 +  F  .\r'22 4-.4.\/,2G

d X - i i
dt

= — ̂ N r l S — B ^ N r l S - r B ^ N r i o 4-F.\r20 4-.4-\6tS

( 6.5 )
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The five free param eters in th is equation are the  initial (c =  5) values of 

the  num ber densities in each m agnitude bin for the  blue galaxies. .NVjo. -Vwo 

and  -Vftig. the aging param eter. .4. and the m erging param eter. .\/q. For a 

given set of param eters. E quation 6.5 can be solved, predicting the evolution 

of the  num ber density of galaxies as a function of redshift. In principle, since 

it is a system  of first order linear differential equations. E quation 6.5 can 

be solved analytically using eigenfunctions for any fixed set of param eters. 

In practice, the equation was solved num erically using a  fourth-order Runge 

K u tta  m ethod.

In reality, there are more th an  ju st 3 m agnitude bins: the lum inosity 

function extends to much fainter m agnitudes. The num ber of galaxies in the 

next fainter bin ( - 1 7  <  .l/g  <  - 1 5 )  is in fact included in these calculations 

(.ViiG and A'rifi in equation 6.5) bu t not com pared to the observations. The 

exact values of A ms and .\'rtG have alm ost no effect on the final results.

T he 5-dim ensional param eter space was explored thoroughly. For each 

point in the param eter space, the  predicted num ber densities a t different 

redshifts were com pared to the observations shown in Figure 6.4. The differ­

ence between the predictions and the  observations was quantified using a 

s ta tis tic . The best values of the param eters are found by m inim izing \* .

Figure 6.7 shows slices through the 5-dim ensional param eter space. In 

each panel, one of the five param eters (.V^s- AVjq. A'bis- A.  Mo) is varied 

th roughout its range. For each panel. is m inim ized w ith respect to the 

o th e r four param eters and p lo tted  on the vertical axis. Figure 6.7 allows one 

to  exam ine the  sensitivity of the  fit to  each of the  param eters. The fit is 

relatively insensitive to initial ( r  =  5) values of the num ber densities, but
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fairly sensitive to the evolutionary param eters A  and M q.

T he best fit for the param eters gives \ ‘ =27. There are 34 d a ta  points 

in Figure 6.4 and five free param eter in E quation  6.5 so there are 34 — 5 =  

29 degrees of freedom. This m eans th a t the  reduced is 27 /29  =  0.93. 

reassuringly close to the expected value of 1. Figure 6.8 shows the best 

m odel fit to the d a ta  of Figure 6.4. T he curves accurately  describe the d a ta  

w ith in  the uncertainties.

It is im portan t to note th a t this sim ple description is not a "model" 

in the sam e sense as hierarchical clustering sim ulations are “m odels". For 

exam ple, in the sim ple case where all galaxies have the same m agnitude, and 

aging and fading can be ignored. Equation 6.5 simplifies to

g " #
W hich has the sim ple solution:

S { t )  = A o e - ''/ -  (6.7)

In th is case, deriving the m erger ra te  is quite sim ple. The ratio  of the num ber 

density  a t two different epochs gives the m erger rate . W hile E quation  6.5 

is considerably m ore com plex th an  E quation 6.6. the spirit is the  same: the 

in ten t is to deduce the m erger ra te  from the d a ta , not to  see if a  given theory 

fits the data .

F igure 6.9 shows the relative im portance of the different evolutionary 

effects for each colour-m agnitude bin. R ate  of change for each of the three 

processes, either positive or negative, is p lo tted  against redshift. R ate of 

change is m easured by the size of the relevant term s in E quation 6.5 for the
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Figure 6.8: A model for the  evolution of B  band num ber density from c= 5  
to r= 0 .2 . T he sym bols have the sam e m eaning as Figure 6.4: the  lines show 
the sim ple m erging, fading and aging m odel described in the  tex t.
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best fitting param eters. For exam ple, the negative m erging term s for the 

brigh test blue galaxies are -4 /-.\V j2  -  B ^ S b n  while the positive fading 

term  for the  faintest red galaxies is +FSr>o- From Figure 6.9 it can be seen 

th a t  m erging (the solid line) is the dom inant process, more im portan t than 

e ith e r fading (dashed line) or aging (do tted  line).

In tegrating  over the merger rate  from z =  ô to the present, one finds th a t, 

on average, a present day galaxy is the p roduct of 3.2 gahixies. This result is 

in line w ith analysis of the merger trees of the sem i-analytic models of Taylor 

& B abul (in preparation) and Somerville et al. (2000). Taylor & Babul follow 

present day gahixies backwards in tim e, noting when a  m ajor m erger occurs. 

■A. m ajo r m erger is defined as one where the galaxy being accreted has a mass 

a t least 50% of th a t of the main gahuxy. Based on their results, a present 

day galaxy undergoes an average of 2.2 such m ergers since z= 6. im plying the 

average num ber of progenitors is 3.2. rem arkably sim ilar to the observations. 

Figure 6.10 shows the d istribu tion  of the  num ber of m ajor m ergers for 100 

sim ulated  galaxies. Somerville et al. (2000) followed dark  m atte r  halos in 

a sim ilar fashion. Their Figure 6 shows the p robability  th a t a present day 

galaxy had X progenitors a t z=2 as a  function of X. The d istribu tion  has 

a m ean of X =2.3  and peaks a t .X=2. O f course, these theoretical results 

from hierarchical clustering models are not d irectly  com parable to the da ta  

a t hand. T he underlying assum ption in deducing the m erger rate  from the 

d a ta  is th a t only galaxies of equal m ass merge, while in the more detailed 

m odels, a range of galaxy masses are involved in a  merger. .Also note th a t it 

is the  dark  m a tte r  halos which are being follo'ved in the  m erger trees, not the 

galaxies them selves, although one can assum e th a t the galaxies themselves
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overall rate  of change. T he  th in  solid line shows the ra te  of change due to 
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and  aging respectively. X ote the discontinuity  in the vertical axis a t zero.
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m erge shortly  after their halos. X otw ithstanding these caveats, the general 

agreem ent betw een the models and the d a ta  is in teresting.
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m odels of Tavlor k. Babul. 100 realizations of their models are shown.



Chapter 7 

Morphologies

T his chap ter exam ines the evolution of the morphologies of galaxies. .A.n 

objective m easure of morphology, "lumpiness" (denoted L) is introduced. 

To avoid the observational effects caused by redshift. the U B RI  images of 

the Hubble Deep Fields are used to make rest D images of the fields by 

applying A:-corrections on a pixel-by-pixel basis. L is then  m easured for the 

galaxies in th is rest B  image.

7.1 The L parameter

T raditionally , the  appearance of galaxies, described by Hubble type, has been 

m easured by eye. E xpert observers would exam ine an image of a  galaxy and 

classify its morpholog}- based on various distinguishing characteristics (van 

den Bergh. 1998). A lthough these characteristics (presence/prom inence of 

spiral arm s, size of bulge, d istu rbed  shape etc.) are generally agreed on by all 

the experts concerned, there is no way to quantify  the Hubble type directly  

and objectively.

147
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O ne aspect of the appearance o f a galaxy th a t  changes in a system atic  

way along the  Hubble sequence is a galaxy 's "lum piness". E lliptical galaxies 

have a sm ooth  appearance, while la te  type spirals have num erous knots of s ta r  

form ation. These knots are essentially local peaks in the spatia l lum inosity 

d istribu tion  of a galaxy. Hence, one can define a "lum piness " param eter. 

L.  as the num ber of local nuixim a dissociated w ith  an object. ,\n  elliptical 

galaxy would have 1 =  1. while a  star-form ing galaxy with m any HII regions 

m ight h a w  I  =  .50. L is not an absolu te  num ber for a given galaxy. Different 

images of the  same object may give different values of L as more lum ps are 

revealed. For exam ple, a  higher resolution image or an image w ith a  longer 

exposure tim e of the sam e galaxy m ay yield a higher value of L. This is not 

a  concern, of course, for the Hubble Deep Fields where the image quality  is 

consistent.

To m easure L for a given galaxy image, one m ust decide w hat are the 

criteria  th a t define a local m axim um . T h a t is to say. how m any neighbouring 

pixels should be considered when m easuring a local m axim um  and w hat is 

the m inim um  contrast th a t pixel m ust have w ith respect to its neighbours. 

F urther, one m ust decide w hat p a rts  of the image of a  galaxy are ac tually  

associated  w ith  th a t galaxy and are not sky or p a rts  of o ther nearby galaxies. 

To m easure L for the Hubble Deep Field galaxies, two approaches were used;

In the first approach, the image is sm oothed w ith a  5 x 5 kernel. T hen, 

each pixel w ith in  the isophotes of the  galaxy in question is exam ined in tu rn . 

Each pixel is deemed to  be a local m axim um  if it is the brightest pixel in a 

5 x 5  pixel area. The isophotes in question are those produced by S E x trac to r 

when the in itia l catalog  was generated  (see C hap. 2). T his m ethod is qu ite
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sim ple bu t will not detect as lumps those m axim a which lie near a galaxy in 

space, but not qu ite  near enough on the image to be w ith in  its isophote.

The second approach is som ew hat different. T he im age is processed 

using S E x trac to r w ith  its deblending contrast param eter (see section 2.2) set 

to a very low level (10~* instead of 0.005). This m eans th a t  every lum inosity  

enhancem ent is detected  as a separate  object. Xote th a t , since S E x trac to r 

convolves the image w ith a kernel as part of the detection  process, spurious 

noise peaks are not detected . To m easure L for a given galaxy in the original 

(norm ally ex tracted) catalog, one adds up the num ber of detected  objects 

th a t arc near th a t galaxy. .A.n object is "near" a  galaxy in the  original cata log  

if the difference in photom etric redshifts is less than  A :  =  0.1. Further, it 

m ust lie less than  15 kpc in projected separation  from the catalog galaxy 

or lie w ithin 15 kpc of an object which is "near" a catalog  galaxy. T h a t is 

to say. the  neighbour-of-a-neighbour is also a neighbour. T his m ethod takes 

advantage of the  fact th a t, for photom etric redshifts. the internal sc a tte r  

(-p/ioi Co ^phot) is much lower than  their external sca tte r  [Zphot to  c,p«c)-

O f course, since the deblending param eter has been set so low. m any 

more objects will be detected , m ost of which will not be in the original c a ta ­

log. To determ ine which galaxies are neighbours, pho tom etric  redshifts m ust 

be assigned. For the most part, these new objects lie w ith in  the isophotes of 

a galaxy in the  original catalog. T h a t is to  say. it is not a new object bu t 

ra th e r p a rt of an  old object which is now more segm ented. In this case, the 

photom etric  redshift of the  lum p is ju s t the same as the  original galaxy. Less 

often, the  newly-found lum p is an object th a t lies outside the  isophote of any 

galaxy in the  original catalog. These galaxies were de tec ted  originally bu t
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did  not m ake the  7=28 m agnitude cu t. For these objects, photom etry  was 

done using the sam e algorithm  as described in C hap ter 2 and  photom etric 

redshifts were generated  as before. T he quality  of these second run photo­

m etric redshifts is generally poorer th an  those of the first run: the galaxies 

are fainter, and  som etim es the object is not detected  in all 4 bands. On a 

few occasions, it was impossible to determ ine a pho tom etric  redshift a t all 

because the galaxy was only detected in the I  band  and the lower lim it on 

its 72 -  7 colour was not large enough to identify it as an R  band dropout. 

However, since these galaxies are a sm all m inority, the inclusion of these 

lower quality  photom etric  redshifts in the  analysis should not a lte r the final 

conclusions.

In th is second m ethod of determ ining L. all lum ps near a given galaxy are 

counted properly; this justifies the add itional com plications. In particular, 

ob jects like those shown in Figure 4.4. which are not uncom m on a t high 

redshift. are properly described. In fact, a lthough the two m ethods often 

give different values for L for the same galaxy, the overall conclusions on the 

evolution of morpholog}' are the same, regardless of which m ethod is used. 

F igure 7.1 shows four exam ples of this technique im plem ented on the 7 band 

im age of the  HDFX.

.A.S a first test, the second m ethod of m easuring L was applied to the 7 

band  images of the two H D F's. Lum piness was m easured for each galaxy in 

the  catalog  described in C hap ter 2. T he galaxy catalog  was split into three 

groups: galaxies w ith but a single local m axim um , those w ith two to four 

local m axim a and  those w ith five or m ore. For each of these groups, num ber 

counts were calculated. Figure 7.2 shows the results. .A.t bright m agnitudes.
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Figure 7.1: Four exam ples of lum p finding and grouping. The circles show the 
central galaxy. T he rays link the centre to the various sub-lum ps. T he red­
shifts of the objects are (clockwise from the upper left) z =  0.199. z =  0.089. 
z =  .3.216. and z =  3.181.



C H A P T E R  7. MORPHOLOGIES  152

m ost galaxies have m ultip le m axim a. . \ t  faint m agnitudes most have but a 

single m axim um . T he m ain conclusion to be draw n from this graph is th a t 

lum piness correlates strongly with m agnitude: bright objects are lumpier.

7.2 Rest B images

T he problem  w ith working solely w ithin one observed band is th a t th a t band 

is sam pling  different parts  of the spectrum  a t different redshifts. Since galax­

ies do not generally have the same appearance a t different rest wavelengths, 

it is not valid to com pare the m orphology of galaxies viewed in the same 

band  b u t a t different redshifts. For exam ple, an /  band image of a galaxy at 

c =  0 shows th a t galaxy at ~  8000.\. This wavelength is dom inated by the 

light of older s tars , which are. generally speaking, evenly d istribu ted  about 

the  galaxy. At  :  =  2. the I  band shows the  galaxy at ~  2700.\. . \ t  this 

wavelength, m ost of the light comes from tigh t knots of young stars and HII 

regions, lending the galaxy a much less regular appearance. Thus, a galaxy 

a t c =  0 m ight have a lumpiness of £ =  1. while the  sam e galaxy viewed in 

the  I  band  a t c =  2 m ight have £ =  30. Therefore, it highly desirable to 

construc t a image where all the galaxies are viewed at the sam e wavelength.

T he B  band  was chosen for much the sam e reasons discussed in C hap ter 

6. It represents the best comprom ise between stray ing  too far into the U \‘ 

where the  light is dom inated  by transient features while lim iting the required 

am ount of ex trap o la tio n  beyond the observed wavelengths.

To m ake a rest B  band  image of the Hubble Deep Fields, each pixel must 

be individually  ^-corrected to the B  band based on its photom etric redshift.
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If a  pixel lies w ith in  the isophote of a galaxy whose redshift is known, it is 

assigned th a t  redshift. If a  pixel does not lie w ithin an isophote. it is assum ed 

to  be a sky pixel and is assigned a redshift of c =  0. Sim ilarly, if a pixel lies 

w ithin the isophote of a galaxy whose redshift is not known (for exam ple if 

the galaxy was so faint a  photom etric redshift could not be meitsured) it is 

assigned a redshift of c =  0. If a pixel’s redshift is :  =  0. then  it does not 

need to be k-corrected a t all: here the observed B  im age is the  sam e as the 

rest B  image.

Several different m ethods of increasing com plexity were tried in order 

to  Â:-correct the  non-zero redshift pixels. The sim plest is to take the image 

of the galaxy in the band nearest the correct rest wavelength. T hus if the 

galaxy lies a t c =  0.89. the D band image would be used: if the galaxy lies 

a t c =  0.35 the 4500 x ( l  +  0.35) =  6075.A. or R  band would be used. This 

m ethod is robust in as much as it uses the original unm odified images. W hile 

ideal in th is respect and also very sim ple, this m ethod cannot be used beyond 

c ~  1. when B  shifts beyond the I  band.

The next sim plest m ethod is to  use the flux in each band a t each pixel 

to  construct a spectra l energ}' d istribu tion  for th a t  pixel. This SED can 

be transfered to  the rest frame by dividing the w avelength of each band by 

(I 4- : ) .  G iven flux as a function of rest wavelength, one can in terpo late  or 

ex trap o la te  as appropria te  to  the B  band (4500.\). T his is still fairly sim ple. 

However, F igure 5.1 shows th a t this is not always very accurate. .A.s was 

shown in Section 5.3. Ar-correcting using tem plate  fitting  is superior, if more 

com plicated.

A tem p la te  type m ust be determ ined for each pixel in order to  make the
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A:-correction. A type is assigned a t the  sam e tim e the photom etric redshift 

is m easured for a galaxy. In principle, one could use this type to  Ar-correct 

each pixel belonging to th a t galaxy. W hile this m ethod is relatively sim ple, 

using it will not actually  change the appearance of the galaxy in question. 

It will merely make the galaxy b righ ter or fainter as a whole, ra th e r than  

sm oothing out any peaks.

Therefore, it is necessary to  determ ine a type for each pixel of each 

galaxy to determ ine the ^-corrections. .A. spectral energy d istribu tion  was 

constructed  for each pixel. The tem plates described in Section 3.3 were com ­

pared to this SED using fitting. R edshift was not left as a free param eter: 

the fitting was done a t the redshift of the gahtxy.

Initially, only the flux of the pixel in question was used to determ ine the 

tem plate. However, it was found th a t there is not always enough signal in 

a single pixel to determ ine a type robustly. Near the fringes of a galaxy in 

particu lar, sky noise can have a non-negligible effect on the flux of a single 

pixel, altering the SED — and hence the derived type — significantly. This 

shows up on the rest B  images as isolated spikes, pixels with very different 

fluxes than  their neighbours. Therefore, the average flux of the 9 nearest 

pixels (in a 3 X 3 grid) in each band are used to make the SED and th is 

SED is used to determ ine the type of the central pixel. This sm ooths the k- 

corrections and elim inates the spikes. Note th a t the ^-corrections could not 

m eaningfully be determ ined on a  sm aller scale in any case since the FW HM  

of the H D F's is abou t 3.5 pixels. In some cases, even w ith the increased 

signal-to-noise. there was no m easurable flux in two or more bands and  a 

type could not be m easured. In th is case, the  type of parent galaxy was used
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to  determ ine ^-corrections for th a t pixel.

Once the tem pla te  type was fit to the fluxes in a pixel, the rest B  flux 

was determ ined  by in terpo la ting  or ex trapo la ting  as rec^uired along the SED 

of the tem pla te  to 4500A. Finally, the (I -f surface brightness dim m ing 

correction was applied  to each pixel. This whole procedure is analagous to 

determ ining  the absolute m agntiude for a galaxy as a  whole. T he tem pla te  

fitting Â:-correction procedure is the sam e in both  civses and the (I 4-  ' term

corresponds to the  distance m odulus.

F igure 7.3 shows an exam ple of the rest B  image. The original observed- 

frame B  image is shown in the  left panel and the rest-fram e B  image is 

shown in the right. The rest B  image is noticably sm oother and  brighter. 

The galaxies are sm oother, because rest B  is redder th an  the observed frame. 

They are b righ ter because of the brightness dim m ing correction. Lym an 

break galaxies have large positive /^-corrections: the  galaxy a t ;  =  4.540 

lying near the  right bo ttom  corner of each panel in Figure 7.3 is invisible in 

observed B  bu t is quite  prom inent in rest B.

7.3 Results

T he lum piness param eter was m easured on the rest B  images described 

in the previous section. Figure 7.4 shows the results for bright galaxies. 

It shows the lum piness of each galaxy brighter th an  I  =  25 (the  lim iting 

m agnitude of A braham  et al. . 1996) as points. T he m edian value of L is 

p lo tted  as a heavy line. Based on th is plot, the lum piness of galaxies would 

appear to correlate  strongly w ith  redshift. The m edian value of lum piness
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goes from L = 2 at low redshift to  I  =  8 a t high redshift. a four-fold increase.

T he correlation shown in Figure 7.4 is po ten tia lly  m isleading. T he HDF 

sam ple is m agnitude-lim ited . This m eans a t each redshift a different range of 

absolu te m agnitudes will be present in the sam ple. A t  high redshifts. only the 

b rightest galaxies will be present. These galaxies m ay or may not have the 

sam e value of Z, as their fainter coun terparts. For exam ple, bright galaxies 

will have a  larger surface area and the po ten tia l for m ore local m axim a. T his 

will tend  to exagerate the lum piness a t high redshifts.

In sho rt, lum piness is expected to  increase with:

•  increasing apparen t brightness

•  increasing absolute brightness

•  increasing redshift.

T h a t is to  say L =  / , ( / .  A /s .r ) .  Since it is fairly difficult to view a four­

dim ensional surface, to  disentangle these effects one m ust slice the sam ple 

by each of these three param eters and  note the trends w ithin each slice. The 

following three figures (Figs. 7.5. 7.6. 7.7) show slices of the four-dim ensional 

surface.

Figure 7.5 shows the lum piness of galaxies as a function of apparen t I  

m agnitude for different slices in redshift and in absolute B  m agnitude. Fol­

lowing the individual lines for each slice as denoted by the different sym bols 

in each panel, one can see the correlation of I  w ith apparen t m agnitude. 

Clearly, the  brighter galaxies do indeed have higher values of L. This effect 

is purely an  observational one.

Figure 7.6 shows the lum piness of galaxies as a function of absolu te B
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Figure 7.5: The lum piness of galaxies as a function of apparen t I  m agnitude. 
The different panels and  point types indicate different abso lu te  m agnitude 
and redshift ranges, as labeled. By following lines from a  single :  — M b bin. 
it can be seen th a t lum piness correlates w ith apparen t m agnitude. B righter 
galaxies are lumpier.
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seen th a t lum piness correlates w ith redshift. albeit slightly. High redshift 
galaxies are lum pier.
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m agnitude for different slices in reds hi ft and apparent m agnitude, .\gain . 

by following each slice, one can see th a t a t a given redshift and for given 

observational conditions. L correlates w ith absolute m agnitude. Intrinsically 

bright galaxies are lum pier. Faint galaxies tend to be single com pact sources.

Finally. Figure 7.7 shows the lum piness of galaxies as a function of red­

shift for fixed slices in apparent and absolute m agnitude. Overall, the trend 

of increasing lum piness with increasing redshift is apparent. Galaxies a t high 

redshift are more irregular than  those a t low : .  This correlation, however, is 

not nearly  as strik ing as it was in Figure 7.4. In particu lar, the trend  in the 

22 <  /  <  24 panel suggests the reverse. F urther, the intrinsically  faintest 

galaxies ( - 1 9  < M b < - 1 7 . shown by open triangles) show little  trend  with 

redshift. T he bulk of these faint galaxies have Z, =  1. In short, although the 

trend  for high redshift galaxies to  have m ore d istu rbed  m orphologies is real, 

it is exaggerated by observational effects. W hen these effects are removed, 

the correla tion  is m oderated considerablv.



Chapter 8 

Conclusion

8.1 Summary

T he photom etric  redshift m ethod was used in the H D F's down to a m agnitude 

lim it of /= 2 8 . The large sam ple and  the unprecedented dep th  of the Hubble 

Deep Fields allow one to trace the evolution of several p roperties of galaxies 

from c =  5 to the present in a s ta tis tica lly  significant m anner. This thesis 

stud ied  several such aspects.

The clustering of galaxies was exam ined by m easuring the pro jected  spa­

tial correlation function. The clustering signal is ra ther weak in the  sm all 

area of the Hubble Deep Fields except on the scale of individual galaxies. 

There is a slight increase in clustering around c=0.5  in the HDF-N’o rth  rel­

ative to  the  H D F-South. W hen the redshift d istribu tions of the HD FX  and 

the HDFS are com pared, one finds a significantly greater num ber of galaxies 

a t th is sam e redshift. which also shows as a veiy narrow peak in the spectro­

scopic redshift d istribu tion . T his suggests the  presence of a s tru c tu re  (on the 

scale of a very weak cluster or a very strong  group) in the H D F-X orth . T he

164
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size of th is inhom ogeneity is not out of line w ith the predictions o f num erical 

sim ulations of s truc tu re  form ation.

The s ta r  form ation ra te  density  (SFRD ) was determ ined by m easuring 

the L’\'-lu rn inosity  density. A fter correcting for dust ex tinction , the s ta r  for­

m ation ra te  was found to decrease exponentially w ith tim e w ith an c-folding 

period of abou t 4 Gyr. This result, based on a single m ethod of determ ining  

the SFR D  and m easured from a homogeneous sam ple ex tending  from c =  0 

to c =  4.5. is consistent w ith the various results in the  lite ra tu re , which 

are based on a wide variety of m ethods and sam ples a t different redshifts. 

Further, th ree low-redshift sam ples of galaxies were used to s tu d y  the depen­

dence of the am ount of dust extinction w ith galaxy type. .Although there is 

considerable scatter, the average extinction is the sam e for all galaxy types.

The B  band galaxy num ber and lum inosity densities were stud ied  sim ul­

taneously to  exam ine the m erging history of the Universe. W hile the  to ta l 

B  band lum inosity density  of the Universe decretises only slightly  w ith tim e 

since c =  4.5. the num ber density  of galaxies drops considerably more. This 

difference in rates of declines makes it possible to quantify  the m erger rate. 

It was found th a t, on average, a present day galaxy is the p roduct of 3 

progenitors.

T he m orpholog)' of galaxies was quantified using a "lum piness" param e­

ter. L. L was m easured on rest-fram e. B  band images m ade by ^-correcting 

each pixel of each galaxy. It was found th a t L increases w ith  increasing 

apparen t brightness, increasing absolute brightness and  increasing redshift. 

The first correlation is an  observational effect while the second two are phys­

ically m eaningful. W hile the brightest high redshift galaxies have d istu rbed
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m orphologies, the m ore typical object is m ore uniform  and com pact.

8.2 Future work

There are several obvious extensions to th is thesis concerning high redshift 

galaxies and photom etric redshifts:

8.2.1 Galaxies at 1 < z < 2

A lthough over 300 redshifts for Lym an break (c >  2) galaxies have been 

m easured by Steidel et al. (1998) and considerably larger num ber have been 

s tudied  a t z <  1. very few galaxies have been observed at intervening red­

shifts. T he galaxies in this gap are in teresting because they lie a t a transition  

point in galaxy evolution. The galaxies a t higher redshifts are all very young 

star-form ing  galaxies. Those a t lower redshifts are more evolved objects. 

T he galaxies a t c ~  1 are basically sim ilar to  those a t c =  0. albeit slightly 

younger (on average) and hence bluer and brighter. W hile all galaxies at 

z > 2 are actively form ing sta rs , m any a t c ~  1 are already passively evolv­

ing. T he interm ediate redshift galaxies presum ably are a t an in term ediate 

s ta te  of evolution. O f particu la r in terest is when the first evolved ( th a t is to 

say. non-star forming) objects appear.

\ e r y  few redshifts have been m easured in th is range because of the  lack 

of spectral features in galaxies a t these redshifts in the optical region used 

by m ost telescopes. Therefore, it is necessary to follow the usual lines used 

for redshift determ ination  ([O il]. [OIII] Balm er lines) into the infrared.

Infrared spectroscopy is considerably more tim e-consum ing than  optical
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spectroscopy. Further, m ost galaxies do not lie a t redshifts 1 <  c <  2. In 

any m agnitude-lim ited  sam ple, the bulk of gaUixies lie a t low redshift. It is 

necessary to separa te  the high redshift galaxies from these less in teresting  

objects with photom etric  redshifts. Galaxies a t higher redshifts ( ;  >  2) are 

relatively easy to select. , \ t  those redshifts. in tergalactic Hydrogen causes a 

ver\’ pronounced break in the  SED 's of galaxies which is easily m easurable 

w ith broad band filters. Sim ple colour cu ts are all th a t is required to  select 

: >  2 galaxies. . \ t  lower redshifts one must use photom etric redshifts to 

select one's sam ple.

This project was a tte m p te d  (as part of this thesis) a t C F H T  using OSIS- 

IR  m ulti-object spectroscopy. T he required exposures were qu ite  long (10 or 

so 45 m inute in tegrations per m ask). Regrettably, the bias level of the Red­

eye detec to r used on th is in strum en t was not stable over the long in tegrations 

and so the individual images could not be co-added. W ith  the advent of in­

frared spectrographs on 8 -m etre telescopes, this project becomes m uch more 

feasible.

8.2.2 Dust at high redshift

Currently, most high redshift determ inations of the SFRD  (including those 

in C hap ter 5) are m ade by m easuring the L*\' flux of galaxies which is a 

m easurem ent of the num ber o f massive stars into those galaxies, which in 

tu rn  is a m easure of s ta r  form ation . These m easurem ents are susceptib le to  

uncertain ties due to  dust obscuration  of the UN  light.

However, if Hq is observed, one can make a m easurem ent of the  s ta r  

form ation ra te  which is not sub jec t to  dust obscuration to nearly  the sam e
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degree. Further, if bo th  the H.i and tlie H a  line are observed it is possible to 

m ake a direct m easurem ent of the dust obscuration , as discussed a t length 

in Section 5.9

.A.n application  for tim e on X IR SPEC  on Keck (through G EM IN I) has 

been subm itted  for this project. Obviously, the sm all fraction of a night th a t 

will be available for th is project on Keck is insufficient for an extensive survey. 

However, a sm all sam ple of galaxies in the Hubble Deep Field N orth  has been 

assem bled. The galaxies are chosen to  have K  < 20.5 and to have m easured 

spectroscopic redshifts in the  range 2 <  c <  2.9 (at higher redshifts. the 

H a  line is shifted into a  region of greatly  reduced atm ospheric transm ission). 

F urther, the redshift has to be such th a t neither the H a line nor the H.i line 

lies on top of one of the OH night sky em ission lines. .\voiding the night sky 

lines in th is way dram atically  decreases the  required exposure tim es. There 

are 4 galaxies in the sam ple, two of which lie close enough to each o ther th a t 

they  can be observed in a single pointing.

8.2.3 Large scale structure in the ACS parallel fields

W hen the .A.dvanced C am era for Surveys (ACS) is installed  on HST in 2001. 

one of its projects will be the .\CS default pure parallel program  (Sparks 

et al., 2000). In this project, parallel observations will be m ade through 

the HST equivalents of the SDSS g n z  filters w ith the .ACS while o ther HST 

instrum ents are m aking prim ary observations. T his will generate a large 

num ber of fields com parable in depth  to the  Hubble Deep Fields. Poten tially  

all of the aspects of galactic evolution investigated in th is thesis (clustering, 

s ta r  form ation, m erging and  morphologv ) could be fu rther investigated in
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these fields. Larger sam ples along several different lines of sight would greatly  

improve the study  of each of these four galaxy properties. The absence of a 

U filter makes photom etric redshifts slightly harder to m easure a t very low 

redshift. On the o ther hand, the presence the :  (F85ÜLP) filter makes it 

possible to  follow the Balm er break in galaxies to higher redshifts.

In particu lar, one in teresting  result from this thesis is the difference 

in num ber counts and photom etric  redshift d istribu tions between the HDF 

N orth  and the HDF South described in C hap ter 4. However, this pair of 

observations gives only a single m easure of the variance. The large num ber 

of diverse lines of sight afforded by the .A.CS parallel program  will g reatly  ex­

pand on th is result. T he num ber and redshift of these over dense regions is a 

m easure of the evolution of the  hierarchical clustering of galaxies. Currently, 

there are several theoretical X -body/sem i-analy tic  model projects underway 

whose goal is to predict the am ount of variation along such lines of sight 

(C olberg et a i .  1998. am ong m any others). It will be very in teresting  to 

com pare the results from the .ACS fields w ith these sim ulations.

8.2.4 Improved spectral templates

.As discussed in Section .3.2.2. one of the m ajor problem s when doing photo­

m etric redshifts is the lack of adequate  tem plates. The ideal set of tem plates 

would:

1. span the full range of galaxy types, from the bluest irregulars to the 

reddest ellipticals.

2. have a  large spectral range, from the A' band  to the Lym an break.
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3. be em pirical or a t least accurately m atch the SED 's of real galaxies.

C urrently , the available sets of tem plates meet 2 out of 3 of these crite­

ria. T he theoretical tem plates (Bruzual & C hario t. 1993. for exam ple) are 

available for a range of galaxy types and have excellent spectra l coverage but 

do not always m atch the observed SED 's. T he em pirical tem plates (Colem an 

et a i .  1980: Kinney et a i.  1993. for exam ple) are available for m any galaxy 

types bu t only extend bluewards to  1200.A. and redw ards to  10000.\.

Besides photom etric  redshifts. improved em pirical tem plates would also 

be useful for:

1. M aking galaxy num ber count predictions.

2. C om paring local galaxy SED 's with those at high redshift.

3. C om paring with theoretical model galaxy spectra.

These ideal tem plates can be generated in two ways:

F irst, tem plates can be generated from observations of high redshift 

galaxies. Ironically, the L’V spectra  of high redshift galaxies have been stud­

ied m ore thoroughly  than  those of nearby galaxies because it has been shifted 

into the m ore easily observed optical region of the spectrum . T he photom e- 

tr>’ of a high redshift galaxy can be converted into a observed-fram e SED. If 

the  redshift of th is object is known, this SED can be converted into a rest- 

fram e SED . By com bining the rest-fram e SED 's of several galaxies a t different 

redshifts. a  librar}' of SED 's w ith full spectral coverage can be m ade. M ulti- 

passband {U B V R IJH K ) photom etry  is available for over 100 high-redshift 

galaxies w ith  spectroscopic redshifts in the  Hubble Deep Fields alone. There
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are also num erous o ther surveys which can be incorporated  into such a study. 

Note th a t the d a ta  set does not need to  be homogeneous in any way. This 

m eans th a t archival d a ta  from many sources can be used.

Second, tem plates can be m easured locally a t the m issing rest wave­

lengths. There exists a  lot of broad-band photom etric  d a ta  in the infrared 

for local galaxies. This can be m atched w ith the optical fairly easily although 

there are some concerns abou t correctly m atching apertures. The U \’ portion 

is harder to  m easure directly  since it cannot be m easured from the ground. 

Some d a ta  from the Hopkins U ltraviolet Telescope have been published for 

elliptical galaxies (Brown et nl.. 1997). Unpublished d a ta  (Ferguson 1999. 

private com m unication) is also available. .A.gain. it is a question of carefully 

m atching the photom etric  d a ta  from different spectral regions in order to 

produce a com plete SED.
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