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Abstract

This thesis is a study of several aspects of the evolution of galaxies using

photometric redshifts in the Hubble Deep Fields (HDF's). The photometric

redshift method is used in the HDF's down to a magnitude limit of / = 28.

The large sample and the unprecedented depth of the Hubble Deep Fields

allow one to trace the evolution of several properties of galaxies from z = 5

to the present in a statistical manner. This thesis studies four such aspects:

L.

(V]

The clustering of galaxies is examined. When the redshift distributions
of the HDF-North and the HDF-South are compared. one finds a sig-
nificantly greater number of galaxies around :=0.5. This suggests the
presence of a structure (a very weak cluster or a very strong group) in

the HDF-North.

. The star formation rate density (SFRD) is determined by measuring

the UV-luminosity density. After correcting for dust extinction. the
star formation rate is found to decrease exponentially with time with

an e-folding period of about 4 Gyr.

. The difference between the the rate of declines of the B band galaxy

number density and the luminosity densities are used to examine the
merging history of the Universe. While the total B band luminosity
density of the Universe decreases only slightly with time since : = 5.
the number density of galaxies drops considerably more. On average.

a present day galaxy is the product of ~ 3 progenitors.

ii



i

4. The morphology of galaxies is quantified using a “lumpiness™ param-
eter. L. which measures the number of local maxima in the image
of a galaxy. Rest-frame B band images are made of both HDF's by
k-correcting each pixel of each galaxy in the frames using the photo-
metric redshifts of the parent galaxies. It is found that L increases
with increasing absolute brightness and increasing redshift. albeit only
slightly.
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Chapter 1

Introduction

In the beginning, according to the standard model of galaxy formation through
hierarchical clustering. the Universe is filled with an almost perfectly smooth
distribution of dark matter and a comparatively small amount of barvonic
gas. Under the influence of gravity. this dark matter collapses into filaments
which in turn collapse onto large clumps of dark matter halos. The gas cools
onto these halos. forming disks. In the disks. the gas is transformed into
stars. As long as there is a supply of gas. star formation continues and the
galaxy will contain young. blue stars. When the gas is depleted. blown out
by supernovae. or stripped by interactions with other galaxies. no more stars
can form: the stellar population ages. Hot blue stars have relatively short
life spans: when theyv die. they leave behind a population of longer-lived cool
red stars. The cool stars are fainter than the hot stars: the galaxies fade
as thev age. The dark matter halos. and the galaxies inside them. can un-
dergo mergers. If the merger is between two galaxies of different masses. the
smaller galaxy will be absorbed by the larger galaxy. which will undergo a

burst of star formation as its gas is perturbed. If the merger is between two
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(V]

galaxies of roughly equal mass. both will be disrupted and will reform into
an elliptical galaxy. This elliptical galaxy can then accrete other. smaller
galaxies. becoming a bulge in the centre of disk galaxy.

The Hubble Deep Fields are the deepest optical images of the sky vet
obtained. Observed with Hubble Space Telescope with week-long exposures.
they probe the Universe to the point where the Universe was only a tenth
its present age. Because the observations were made from space. bevond the
distorting effects of the atmosphere. the quality of the images of the galaxies
is extraordinary. Thus. the Hubble Deep Fields are the ideal places in which
to study the evolution of galaxies.

The Hubble Deep Fields (HDF's) are so deep in fact that most of the
galaxies are too faint to be observed spectroscopically with current telescopes.
Only the brightest 10% of the galaxies have spectroscopic redshifts. To learn
more about the remaining 90%. one must use photometric redshifts. Indeed.
the HDF's and photometric redshifts seem made for each other. While the
Hubble Deep Fields contain galaxies at redshifts of z = 5. most of these
galaxies cannot be observed spectroscopically. Hence. photometric redshifts
are needed to study the Hubble Deep Fields. On the other hand. for photo-
metric redshifts to be feasible. one needs an imaging survey in at least four
passbands. Further. for photometric redshifts to be useful. this survey must
ne largely unstudied spectroscopically. The HDF's meet both these criteria.
This thesis is a study of galaxy evolution in the Hubble Deep Fields using
photometric redshifts.

Rather than observing narrow spectral features of galaxy spectra. such

as lines, the photometric redshift technique concentrates on broad features.
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such as the 4000A break and the overall shape of a spectrum. In this method.
the photometry of observed galaxies is converted into low resolution spectral
energy distributions (SED’s). Redshifts are determined by comparing these
SED’'s to redshifted template galaxy spectra.

The chief advantage of using the photometric redshift technique is speed.
[n spectroscopy. the light from the galaxy is separated into narrow wavelength
bins a few angstroms across. Each bin then receives only a small fraction of
the total light from the galaxy. Hence. to achieve a sufficiently high signal-to-
noise ratio in each bin. long integration times are required. For photometry.
however the bins are much larger. typically 1000\ wide. [t requires only a
short exposure time to reach the same signal-to-noise ratio. For very faint
objects. the exposure times required for spectroscopic observation rapidly
become prohibitive. [t is possible to measure photometric redshifts in the
Hubble Deep Field down to [¢r = 28.! It would take vears to obtain spec-
troscopic redshifts for the same galaxies using Keck. currently the largest
telescope in the world.

The main disadvantage of using photometric redshifts is that they are
less precise. The uncertainties of spectroscopically measured redshifts are
on the order of A:=20.001. while photometric redshift uncertainties are
typically Az=+0.1. For studying individual galaxies. this level of uncertainty
is generally too large. For determining properties of large numbers of galaxies

in a statistical manner. however. this uncertainty is quite acceptable.

Lfor simplicity, Ust.Bst.Rst and IsT will be used to denote magnitudes in the F300W.
F450W. F606W and F814W bands respectively. The ST zero-point system is used unless
otherwise specified.
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To measure photometric redshifts for galaxies. one must first obtain pho-
tometry for those galaxies. In particular. accurate colours must be deter-
mined. Chapter 2 describes the detection and photometry of galaxies in the
HDF images. A sample of 1694 galaxies. complete down to Isr = 28 is
generated.

Chapter 3 gives a history of the various photometric redshift techniques
used in the past and describes in detail the photometric redshift technique
used in this thesis. Applyving this technique to the photometric sample. we
obtain a catalog of galaxies with positions. colours and redshifts. This sample
is then used to study the evolution from :=3 to :=0 of four properties of
galaxies: clustering, star formation rates, merging and morphologies.

The clustering of galaxies depends on how the dark matter halos are
clustered. which in turns depends on the details of how the halos form and
evolve. Chapter 4 discusses the clustering of galaxies as measured by the two-
point projected spatial correlation function. Different hierarchical models
make different predictions about the evolution of the clustering of galaxies
as a function of redshift. Although the solid angle subtended by the Hubble
Deep Fields is somewhat too small to give very stringent constraints on these
models. the difference in number counts and clustering from North to South
allows one to say something more definite about the variations in spatial
densities of galaxies.

In the last few vears. there has been great interest in the evolution of the
global star formation rate. Star formation rate density (SFRD) measures the
mass of stars created per time interval per unit volume of space. in units of

M.yr~'Mpe™2. In general. the star formation is considered to have been more
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rapid in the past. The exact details of its evolution with redshift. however.
are the subject of debate. Although most astronomers believe that. at low
redshift, the star formation rate density is steadily increasing with redshift
from z = 0 to z = 1. there is some discussion as to the exact rate (Lilly et
al.. 1996: Cowie et al.. 1999. are representative of the two opinions). At high
redshift. some (Madau et al.. 1996. for example) hold that the SFRD peaks
at around : ~ 1.5 and declines at higher redshift. while others (Steidel et al..
1999) maintain it remains relatively constant. A complicating factor is the
presence of dust in galaxies. which can cause the SFRD to be underestimated
bv a factor of five. Numerous surveys at different redshifts. using different
techniques have been used to measure the SFRD of the Universe. Some of
these survevs account for dust and some of which do not. Chapter 3 presents
measurements of the star formation rate density over the entire redshift range
from : =0 to z = 4.5 using a single technique and accounting for dust.
Chapter 6 investigates the merger historv of galaxies. It is clear that
some, if not most galaxies have undergone mergers in the past. The question
is: how many mergers? One approach to answer this question is to look
at galaxies and determine what fraction are currently undergoing mergers.
One can look for galaxies that are clearly undergoing mergers (disrupted
morphologies. tidal tails) or look for galaxies that are close to each other
in space, and will likely merge in the near future. Patton (1999) looked
at close pairs in the CNOC1 ? (Yee et al.. 1996) and CNOC2 (Yee et al..
2000) survevs and determined the merger rate as a function of redshift out

to = = 0.5. Another approach is look at the number of galaxies at some

2Canadian Network for Observational Cosmology
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point in the past and compare it to the number of galaxies at the present.
Simplistically, if there is a large number of mergers. there will be significant
drop in the number of galaxies. Although there are a number of complicating
factors. this approach can be used to determine the overall merger rate.
When one looks at the galaxies in the Hubble Deep Fields. one sees a
number of well-formed spiral and regular elliptical galaxies. However. one's
eve is caught by the large number of galaxies with very disturbed morpholo-
gies. the so-called “train wrecks™ and other peculiar objects. When observed
spectroscopically. these galaxies are often found to be at high redshift. There-
fore. the naive conclusion is that higher redshift galaxies have increasingly
irregular morphologies. The morphology of galaxies in the Hubble Deep
Field North was studied by Abraham et al. (1996) using quantitative mea-
sures of morphology as well as visual classifications. Abraham’s measure of
asymmetry. . is determined by rotating the image of a galaxy by 180° and
subtracting the rotated image from the original. A is defined as half the ra-
tio of the absolute value of the total flux in the self-subtracted image to the
total flux in the original image. His measure of central concentration. C is
the inverse ratio of the flux within an outer elliptical aperture (whose radius
is determined from the intensity-weighted second-order image moments) and
the flux within an inner elliptical aperture (whose radius is 0.3 that of the
outer). While these parameters can be measured down to Is7 = 24 in the
Hubble Deep Field. fainter galaxies cannot be so classified. Lowering the
signal-to-noise ratio of the images of galaxies drives the asymmetry to 4 =0
and causes the central concentration measurements to be indistinguishable

from the seeing disk. Chapter 7 introduces another quantitative measure
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of morphology. L. which measures the “lumpiness™ of galaxy images. which
can be measured to fainter magnitudes. The evolution of L with redshift is

traced.



Chapter 2
The Hubble Deep Fields

This chapter describes the methods used for detection and photometry of
galaxies in the Hubble Deep Fields. and the definition of the galaxy sample

that will be used for the remainder of this thesis.

2.1 Description of the Hubble Deep Fields

The Hubble Deep Fields form the observational basis for this thesis. The
Hubble Deep Field North (HDEFN) was observed in December 1995 using
the Wide Field Planetary Camera (WEPC) on the Hubble Space Telescope.
It is centred at Right Ascension 12P36™49%4. Declination +62°12'58"”00 in
J2000.0 coordinates. The field was chosen to be a typical “blank™ bit of sky.
The Hubble Deep Field South (HDFS) was observed in September/October
1998. Instead of an arbitrary pointing. the area of the sky in the vicinity
of the quasar J2233-606 was observed. Several HST instruments were used.
The Space Telescope Imaging Spectrograph (STIS) was pointed directly at
the quasar while the WFPC and the Near Infrared Camera and Multi-Object
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Spectrograph (NICMOS) were observed in parallel on nearby areas of the sky.
The HDFS WFPC field is centred at 22"32™56%22, -62°33'02"69 (.J2000.0).

Both fields were imaged in four HST filters: F300\W, F450W. F606\W
and F814W. The F300W lies about 300A to the blue of the Johnson U
band. The other three filters are roughly equivalent to the BRI bandpasses
respectively. For simplicity. the F300W. F130W, F606W and F814W filters
will be referred to as the BRI filters in this thesis. The responses of these
filters are shown in Figure 2.1. The four images of each field are registered
to very high accuracy: ~ 0.1 pixels.

The Hubble Deep Fields have been imaged at many other wavelengths
from X-ray to radio. Indeed. the HDFN in particular is probably the most
carefully studied part of the sky. [t has been imaged in X-rayvs. the UV-
optical. infrared. sub-mm. and radio bands. Of potential interest for pho-
tometric redshift purposes are the near infrared images. Unfortunately. the
two space-based NICMOS images are not publicly available except as HST
archival images. which require a degree of further processing before they can
be used. Also. the images either do not cover the entire field (Thompson
et al.. 1999) or are too shallow (Dickinson. 2000). The same can be said
of the ground-based images (Hogg et al.. 1997: Dickinson et al.. 1998: Hogg
et al.. 1999). Further. in order to compute consistent photometry for both
lower resolution infrared images and the higher resolution optical images. it
would be necessary to degrade the seeing of the later. The Hubble Deep Field
South has also been imaged in other bands (da Costa et al.. 1998). However
the only imaging data common to both the HDFN and HDFS of identical

bandpasses and depth is the ' BRI imaging. Therefore. the present analysis
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will be confined to just the UBRI data from HST.

Not having infrared data. while slightly vexing. is no great loss. Infrared
data is both a help and a hindrance when measuring photometric redshifts.
On the plus side. it does extend the wavelength coverage of SED. On the
minus side. spectral templates for the rest frame infrared are rare and not
reliable. In a blind test of photometric redshifts organized by Hogg et al.
(1998). the inclusion of infrared data was not found to improve the accuracy
of the photometric redshifts significantly.

The HDFN and the HDFS are both freely available electronically at
http://www.stsci.edu/ftp/science/hdf/archive/mosaics.html  and
http://www.stsci.edu/ftp/science/hdfsouth/reduc_wfpc2.html respec-
tively. The images are available as mosaics of the three Wide Field images
plus the smaller Planetary Camera image. The numerous images that make
the final mosaic were combined with the “drizzle” algorithm (Fruchter &
Hook. 1998): the final pixels are 0.03985 arcseconds on a side. The mosaics
measure 4096 x 4096 pixels for the HDEN and 4096 x 4600 pixels for the
HDFS. The images as distributed are sky-subtracted. Theyv are scaled in
intensity to 1 electron per second: that is to say. theyv are scaled as if the
total exposure had been one second. To return them to the original scale.
the images were multiplied by the exposure times given in Table 2.1 which

also lists the ST magnitude zeropoint for each image.
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Table 2.1: List of observations

Exposure | ST magnitude
Field | Filter Time zeropoint
HDFN | F300W 133700 19.47
HDEN | F450W 120600 21.52
HDEN | F606W 109050 23.21
HDFEN | F814W 123600 22.90
HDFS | F300W 140185 19.45
HDFS | F450W 100930 21.53
HDFS | F606\W 81275 23.21
HDFS | F814W 100300 2291

2.2 Detection

The SExtractor package (Bertin & Arnouts. 1996} was used to detect the
galaxies in the images and to set up segmentation maps. This package cannot
be praised loudly enough. It is easy to download and install on any UNIX (or
similar) system. [t takes up little disk space. It is easy to use: parameters
can be fed to it via default files. command-specific files or on the command
line. It is quite fast. It is very well documented. [ts main defect is its
name. which is short for Source Extractor: searching for documentation for
the package usually leads to web sites whose contents have little to do with
astronomy.

When searching for galaxies. SExtractor first convolves the image in

question with a small filter that can be specified by the user. For this work
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the default filter:

— o
(SR S N
— Ny

was used. Convolving like this improves the signal-to-noise ratio for de-
tection. SExtractor then scans the convolved image. looking for a certain
number of contiguous pixels above a certain threshold. In this case. the de-
tection threshold was set to 3 times the standard deviation of the background
and the number of pixels was 5. This 3-sigma detection limit works out to
a surface brightness threshold of 26.40 magnitudes per square arcsecond in
I¢. SExtractor then assigns all pixels contiguous to the object.

The next step is to deblend the galaxies. This is where SExtractor really
shines. For each object it detects. it splits the brightness profile into a number
of levels. from the peak flux down to the detection threshold. SExtractor then
searches downwards through the thresholds looking for secondary peaks in
the 2-dimensional brightness distribution. If it finds any. it has to make a
decision whether to split the object in two or more sub-objects. The decision
to split or not is made using the following criteria: (A) Is the ratio of total
brightness in the prospective sub-object to the total brightness of the original
object greater than a certain contrast parameter? (B) Is condition (A) true
for at least one more sub-object (potentially. the rest of the object)? If both
(A) and (B) are true. then the object is split. Contiguous pixels below the
current threshold are reassigned to the appropriate sub-object.

The relevant parameters for this multi-thresholding are the number of
levels (in this case. 32) the way in which the different levels are spaced (in

this case. exponentially) and the contrast parameter (in this case, 0.003).
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Bertin & Arnouts, (1996) recommend these values as being the most useful
in general. In fact. the exact values are not critical. Changing the number
of sub-thresholds by a factor of 2 either way does not make a noticeable
difference in the segmentation image: neither does changing the contrast
parameter by 30%.

This automatic splitting works remarkably well. Only in the largest.
brightest and lumpiest (Sc types and later) galaxies does it fail. Even in
these relatively difficult objects. it only fails occasionally. These relatively
few cases are quite obvious and are easily corrected by hand. To be on the
safe side. all the galaxies in the sample were carefully scrutinized individually
by eve to see if any had been split when they should have been merged or
merged when they should have been split.

SExtractor produces a catalog with & and y positions and photometry.
[t also produces a segmentation image. This FITS image is the same size
as the original image. It has zeros evervwhere that the original image had
blank sky. Within the bounds of each object (its “segment™). the pixels
have a value equal to the ID number corresponding to the relevant object in
the catalog. For an uncrowded object. this will be all the pixels above the
isophotal threshold. For a crowded object. the segment will be all the pixels
above the isophotal threshold that were not assigned to another object during
the deblending procedure. The segmentation image makes it possible to see
which pixels were assigned to which object. This is a very interesting and
useful diagnostic in its own right. but has other uses for further photometry
as will be discussed in the next section. For an example of a segmentation

image. see Figure 2.2
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Figure 2.2: Segmentation images in different bands. The upper panels show
a subsection of the HDFN in both the [ and B bands (left and right re-
spectivelv). The lower panels show the segmentation image produced by
SExtractor for the same subsection. Different shades of grey are used to
distinguish different objects. Note the substantial differences in the segmen-
tation image from band to band.
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Because of the dithering! during the observations. some sections of the
HDF images have substantially lower exposure times than the bulk of the
image. These sections are located around the edges of the images. Because
of the increase in noise. there are many spurious detections in these areas.
There is also the occasional legitimate detection. usually a relatively bright
object. Rather than try to sort the spurious from the legitimate objects. the
edges of the images were masked off. All objects whose centres lay within

the masked off areas were rejected.

2.3 Photometry

There are several methods for doing galaxy photometry. The methods re-
semble each other in as much as thev all have some algorithm or rule to
decide which pixels of a galaxy image are associated with the galaxy. and
then sum the light from these pixels to produce a magnitude. The pixels are
all given equal weight. unlike many techniques used in stellar photometry.
The methods differ mainly by the way in which the pixels associated with

the object are chosen:

e Fixed aperture photometry: This is by far the simplest method. All
the pixels within a certain circular radius are used. Of course. not all
galaxies are the same size. so fixed aperture photometry will measure
a different fraction of the total light from each galaxy. If the aperture

radius is too small with respect to the size of the galaxy. some unknown

'Dithering: small shifts in the pointing of the telescope to ensure that objects do not
always fall on the same pixels of the detector.
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light from the galaxy will be lost. making it impossible measure total
magnitudes. If the aperture is too large, a fair amount of sky will be

included. degrading the signal-to-noise ratio of the photometry.

e Automatic aperture (Kron) photometry: One can match the size of
the aperture to the size of the galaxy. The size of the galaxy. ry. is

measured using the Kron algorithm (Kron. 1980):

= =00 (2.1)

NG
One can then use a circular aperture of radius kr,. with & some con-
stant. generally 2 or an elliptical aperture with principal axes ekr, and
kry/e (where € is the ellipticity of the galaxy) to do the photometry.

One can measure accurate total magnitudes with this method.

e [sophotal photometry: In this method. the aperture is not circular. nor
any regular geometric shape. It is the set of all pixels associated with
a galaxy whose brightness is greater than some threshold. The light
from each and every pixel likely to contribute substantially to the total
is included. Conversely. no (or at least very few) pixels containing only

sky are included.

e Corrected isophotal photometry: Straight isophotal photometry misses
a fraction of the light from each galaxy. It depends on the surface
brightness of the galaxy: the fraction of light missed is larger for fainter

galaxies. However a correction factor. 7. can be computed (to second
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order) following Maddox et al. (1990):

At At\?
~ 1 - 0.1961 (-)- 75 2( )
r} 1 Iiso 0 ‘31 Ii.so (

where 4 is the area within the isophote. ¢ is the isophotal threshold.

o
I~
~

and [y, is the flux within the isophote.

SExtractor can compute photometry via all these methods. It also can
compute a “best” magnitude (known. aptly enough. as MAG_BEST in SEx-
tractor terminology) which is either a corrected isophotal magnitude (in the
case where a galaxy may be subjected to crowding) or a Kron magnitude
(when crowding is not a problem). This “best™ magnitude is a robust total
magnitude.

The question is: which method of doing galaxy photometry is best for
the problem at hand? When measuring photometric redshifts. getting reli-
able colours is key: systematic errors in the colours should be minimized.
The exact same portion of the sky should be measured in all bands. For this
purpose. small fixed apertures are ideal. On the other hand. the photome-
try is also used for generating luminosity functions and k-corrections. For
this. accurate total magnitudes are necessary. This is particularly true for
the I band. since it is in that band the final galaxy sample will be defined.
Small fixed aperture magnitudes do not give good total magnitudes. Isopho-

tal magnitudes are subject to (1 + z)*

surface brightness dimming effects
which makes measuring luminosity functions by the 1/1},,; method quite
complicated.

One can. in principle. measure total magnitudes by the corrected isopho-

tal method or the Kron method in all bands. However. the isophotes and
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Kron radii in some bands may be considerably different than in others. This
can be clearly seen when comparing the image and segmentation map of the
B band image to their counterparts in [ as shown in Figure 2.2, Because
of these differences. the colours may not be measured on exactly the same
parts of the sky. which could lead to inaccurate colours.

The best compromise is to:

e determine the isophote in the I band.
e do photometry in all bands through the I isophote

e determine total magnitudes in the [ band by the corrected isophotal

method or the Kron method (SExtractor's MAG_BEST)

e correct the photometry in all bands by the difference for the [ band

between MAG_BEST and the isophotal photometry.

This procedure has many advantages. The colours are measured consistently.
through identical — if irregularly shaped — apertures: hence they are ap-
propriate for photometric redshifts. The magnitudes are total magnitudes.
appropriate for sample selection and the measurement of luminosity func-
tions. The correction from isophotal to total magnitudes is small. typically
less than 0.1 mag. The only disadvantage is that the I isophotes are usually
larger than isophotes in other bands. This means that more sky pixels are
included in the other bands. increasing the noise. However, the increase in
random errors is more than offset by the decrease in systematic errors.
SExtractor. although admirable in many respects. has one shortcom-

ing: it cannot process many images simultaneously. This makes multi-colour
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photometry following the method described above a bit problematic. To this
end. a new program’® was written. [t performs photometry on all four im-
ages simultaneously. through identical apertures. It takes as input data the
object catalog and the segmentation image produced by SExtractor. as well
as all four BRI data images. For each object in the catalog. the program
first determines which segment to use based on the x and v coordinates from
the catalog. Next. the program sums all the flux in that segment in each of
the four bands. (Since the segmentation image reflects both the isophotes
and the deblending described in the previous section this is effectively “de-
blended isophotal™ photometry.) This total flux in each band is converted
into a magnitude in the usual way: magnitude= —2.3 log(Flux). The mag-
nitude is corrected for the zero-point and the exposure time. The magnitude
in each band is further corrected by the difference between the isophotal
magnitude and the total (MAG_BEST) magnitude in the [ band. Since the
images are sky-subtracted as part of the HST pipeline. no correction for sky
background is made. This method is made easier by the fact the HDF images
in each band are registered to very high accuracy.

The uncertainty in the total flux. of. is calculated as follows:

orF =\/F + n,,,xo_';’ky (2.3)

where F is the total flux in the aperture. and n,,; is the number of pixels in
the aperture. The variance in the sky. o, . is calculated once per image. It

is measured in 20 or so blank sections of the sky. each of which is 50 x 30

*for those interested in such details. the program was written in FORTRAN. using the
FITSIO libraries
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pixels. The uncertainty in the corresponding magnitude. o,,. is given by:

om = 2.3 log (1 + ‘%) (2.4)

The method described above was applied to the Hubble Decp Fields.
The results are shown in Figures 2.3 and 2.4. Figure 2.3 shows the number
counts in all four bands. Figure 2.4 shows the number counts in the [ band
split by field. Note the difference in the number counts between the HDF

North and the HDF South. This difference will be examined more closely in

Chapter 4.

2.4 The sample

Having measured photometry for the galaxies. the next step is to construct
a well-defined sample of galaxies. Photometric redshifts will be calculated
for the galaxies in this sample. Therefore all the galaxies must be observed
in at least 3 bands. These photometric redshifts will be used to generate
luminosity functions. V'/V ., statistics and the like. [deally. then. the sample
must be complete down to a magnitude limit. with little or no constraints
from surface brightness. The magnitude limit that was chosen is [sp <28.
[=28 in the ST system is equivalent to /=27.2 in the AB system and [=26.8
in the Vega system.

Figure 2.5 shows [ band number counts for a variety of criteria. The
heavy solid line shows the total counts. The light lines show the I counts for
the set of galaxies detected in all bands (dashed) in at least the B. R and [

bands (dotted) and just the R and I bands (solid). All galaxies detected in
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Figure 2.3: Total number counts for the HDFN and HDFS in the U'BRI
bands. The solid lines show the total number counts. The dashed lines show
the number counts for objects with I < 28. The magnitude scale is the ST
svstem for all bands.
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Figure 2.4: [ band number counts for the HDFN (solid points) and the
HDFS (open points). The error bars reflect Poisson statistics in each bin.
The dashed vertical line shows the cutoff for the sample.
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[ are also detected in R down to [y = 29: the light solid line and the heavy
solid line are distinguishable only in the two faintest bins. One also sees from
the figure that all but 1% of the galaxies brighter than Iy < 28 are detected
in at least three bands. All (with one exception) of the small fraction that
do not have B detections can reliably assigned redshifts of z > 3.5 based on
the lower limits of their B — R colours: that is to say. they are B-dropouts.
A larger fraction of galaxies are not detected in L. This is partially because
the U image is not as deep as the BRI images. However. another fraction of
the galaxies with no U detections are bona fide high redshift {"-dropouts. In
either case. photometric redshifts can be measured for the entire sample.

The next step is to show that the sample is complete. that is to say. that
there is no significant population galaxies down to the limiting magnitude
that are missed by the detection algorithm. For this. simulations were used.
A sub-section containing no border effects or large bright galaxies was cut
out of the I image of the HDFN. Galaxies were then added at random to this
image. These simulated galaxies had exponential profiles with various toral
magnitudes [, and central surface brightnesses. u;. Setting the parameters
exactly as in the original extraction as described above. SExtractor was run
on the image with extra galaxies. The fraction of artificial galaxies recovered
gives the completeness as a function central surface brightness and total
magnitude. In each trial. 10 galaxies were added to the image. For each
combination of [, and ;. 100 trials were made. The test was done at 0.1
magnitude intervals of [,,, and p;

The results are shown in Figure 2.6. The dots show the total / magnitude

and peak surface brightness of all the galaxies detected in the Hubble Deep
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Figure 2.5: Photometric completeness limits. The light lines show the [
number counts including only those galaxies which were detected in other
bands. The dashed line shows the I counts for galaxies detected in all bands.
The dotted line shows the I counts for galaxies detected in at least the BRI
bands. The light solid line shows the [ counts for galaxies detected in at
least the RI bands. The heavy solid line shows the total / band number
counts. regardless of whether those galaxies were detected in other bands: it
can only be distinguished from the [ plus R counts in the two faintest bins.
The vertical line shows the Is7=28 cutoff of the sample.
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Fields. The labeled lines indicate the 90%. T0%. 50%. 30% and 10% com-
pleteness limits of the sample. The completeness reflects two things: First.
there is the chance of recovering a faint galaxy from the noise. If a galaxy has
either a low surface brightness or a faint total magnitude. it will be missed.
In particular. if its peak surface brightness is below the detection threshold
of 26.4 mag arcsec™?. it will always be missed. Second. there are the effects
of crowding. Even bright galaxies can be missed if they are superimposed
on other objects. This occurs roughly 2% of the time. As can be seen from
Figure 2.6. the vast majority of the observed objects with [y > 28 lie in an
area that is at least 90% complete. Four objects lie near but slightly above
the 90% contour line. It can be secen from Figure 2.6 (and will be further

shown in Chap. 3) that surface brightness effects play only a minor role.
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Figure 2.6: Surface brightness completeness limits. The dots show the total
I magnitude and peak surface brightness of all the galaxies detected in the
Hubble Deep Fields. The labeled lines indicate the various completeness

limits of the sample. The vertical line shows the magnitude cut for the
sample.



Chapter 3

Photometric Redshifts

This chapter first examines the photometric redshift technique from a histor-
ical perspective. with a brief description of every method used so far. For this
thesis. the template fitting method of photometric redshifts was used: there-
fore this technique is described in much greater detail. The Hubble Deep
Fields present a challange for photometric redshifts. The redshift range is
very large. At high redshift. the templates must be extended further into the
UV than observations have been made locally. Further. although the BR/
images are of comparable depth. the U image is somewhat shallower. [t is
important to distinguish between genuine (" dropout/Lyman break galaxies
and nearer galaxies that are intrinsically faint in the " band. The modifica-
tions to the basic technique that are needed to apply it to the Hubble Deep
Field data are discussed. Finally, the method is applied to the sample defined
in the previous chapter. and the photometric redshift distribution down to

[st = 28 is presented.
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3.1 A brief history of photometric redshifts

The concept of photometric redshifts is not new: it was first developed by
Baum (1957: 1962). But with the advent of the Hubble Deep Field (Williams
et al.. 1996). there has been a recent revival in interest in photometric red-
shifts. Indeed. there have been more papers dealing with photometric red-
shifts since 1996 (Gwyn & Hartwick. 1996: Lanzetta et al.. 1996: Mobasher
et al.. 1996: Sawicki et al.. 1997: Cowie et al.. 1996: Madau et al.. 1996:
SubbaRao et al.. 1996: Pell6 et al.. 1996: Steidel et al.. 1996a: Steidel et al..
1996b: Belloni & Rdéser. 1996: Benitez. 1999: Brunner et al.. 1997: Connolly
et al.. 1997: Furusawa et al.. 1999: Giallongo et al.. 1998: Hudson et al.. 1998:
Hogg et al.. 1998: Liu & Green. 1998: Wang et al.. 1998. among others) than
in the previous 35 vears (Baum. 1962: Koo. 1983: Ellis et al.. 1985: Loh &
Spillar. 1986b: Loh & Spillar. 1986a: MacLaren et al.. 1988: Rixon et al..
1991: Connolly et al.. 1995a). Recently an entire conference (Wevmann et
al.. 1999) has been devoted to photometric redshifts. something that would
have been unheard of five vears ago.

This section will outline a brief history of photometric redshifts. The list
of papers reviewed here is not exhaustive: however. it does cover all of the

techniques so far developed.

3.1.1 Direct shift measurement

Baum was the first to propose (1957) and then develop (1962) a technique
for measuring redshifts photometrically. He used a photoelectric photome-

ter and 9 bandpasses spanning the spectrum from 3730A to 9875A. With
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this system he observed the spectral energy distribution (SED) of 6 bright
elliptical galaxies in the Virgo cluster. He then observed 3 elliptical galaxies
in another cluster (C10925+2044. also known as Abell 0801). By plotting
the average SED of the Virgo galaxies and the average SED of the Cl0925
galaxies on the same graph using a logarithmic wavelength scale. he was
able to measure the displacement between the two energy distributions. and
hence the redshift of the second cluster. His redshift value of z = 0.19 agreed
closely with the known spectroscopic value of = = 0.192. so he extended his
technique to a handful of clusters of then unknown redshifts out to maximum
redshift of = = 0.46. He then derived a very rough value of ;. Baum's tech-
nique was fairly accurate. but because of its dependence on a large 4000\

break spectral feature. it could only work on elliptical galaxies.

3.1.2 Colour-colour diagrams

Koo (1983) followed a different approach. First. he used photographic plates
instead of a photometer. making it possible to measure photometric redshifts
for a large number of galaxies simultancously. Second. instead of using 9
filters he used only 4: UJFYN (= UBjRgIy). Third. instead of using an
empirical spectral energy distribution. he used the theoretical Bruzual (1983.
among others) no-evolution models for all galaxy types.

The most important difference. however. was the wayv the colours were
used. Instead of converting the photometric colours into a kind of low resolu-
tion spectrum. he converted the Bruzual templates into colours. and plotted
lines of constant redshift and varving spectral type. known as iso-z lines. on a

colour-colour diagram. Finding that the most normal colour-colour diagrams
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(e.g. U= J versus J — F and J — F versus F — V) were degenerate in a
range of redshifts. he invented what he called colour-shape diagrams. The
shape measured whether the SED turned up or down at both ends. that is.
whether the spectrum was bowl shaped or humped. Another way to put it
is that the colour measured the first derivative with respect to wavelength of
the spectrum and the shape measured the second derivative. For colour he
used either 20" — 2F or U +.J — F — N both of which span a large wave-
length range. For shape. he used either —{" +2J - For -U +.J+ F - \.
Following this method to measure the redshift of a galaxy. Koo calculated
the colour and the shape from the U".JF.N magnitudes and plotted them on
the colour-shape diagram. The redshift of the galaxy was then found by
finding the iso-z line closest to the point representing the galaxy. Koo tested
this method on a sample of 100 galaxies with known spectroscopic redshifts
ranging from : =.025 to = = .700.

This method is similar to that used by Pelld et al. (1996) and Miralles.
Pellé & Le Borgne (1996). They used the BRIJK colours of galaxies to
determine “permitted redshifts™ in the following manner: The colours of
galaxies are plotted as a function of redshift from the Bruzual & Charlot
(1993) models. Each available colour (with its associated uncertainty) of
a galaxy defines a “permitted” redshift range on the corresponding colour-
redshift diagram. The intersection of the permitted redshift ranges for all
the colours determines the redshift. This amounts to a colour-colour-colour-
colour diagram (4 dimensions instead of 2). This method was used by Pell6 et
al. (1996) to discover a cluster of galaxies at = >~ .75 by looking for an excess

in the redshift distribution in the field of a gravitationally lensed quasar.
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Miralles et al. (1996) used the method to determine the redshift distribution
of the Hubble Deep Field.

The rultra-violet dropout™ techniques of Steidel et «l. (1996b: 1996a)
and Madau et al. (1996) are similar if simpler. All galaxy spectra have a
large Lyman break: shortward of 912A. the continuum drops dramatically.
When this break is redshifted into and past the U filter. the U flux is greatly
reduced or non-existent. resulting in very red ultra-violet colours.

In the ultra-violet dropout techniques. an exact redshift of a galaxy is
not determined. Rather. the redshift is determined to be in the redshift
range where the Lyman break is in or just past the { filter. Since U filters
typically have a central wavelength of 3500A. this works out to a redshift
of = ~ 2.5. In practical terms. redshifted template galaxy spectra are used
to determine a locus on a colour-colour plot where most galaxies lie in a
particular redshift range. Those galaxies whose measured colours lie within
the locus are deemed to be in that redshift range. Clearly. this method is a
lot simpler than that of Pelld et al. (1996) as only two colours are considered.
[t is also a lot less precise since the redshift is not strongly constrained. For
both these reasons it is best suited for pre-selecting galaxies at high redshift
for spectroscopic study. Steidel et al. (1996b) did exactly this using the Uy
G. and R filters to preselect objects for spectroscopy. Madau et al. (1996)
applied this technique to the Hubble Deep Field using the F300W. F450W.
F606W and F814W filters. The technique was extended to higher redshifts
by using F450W dropouts to find galaxies of redshifts = ~ 4. By detecting
these dropouts. it was possible to place constraints on the star formation rate

and metal production at high redshifts.
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3.1.3 Linear regression

Perhaps the simplest and certainly the most empirical photometric redshift
technique vet is that of Connolly et al (1995a). This method requires a
“training set” of a large number of galaxies with multi-colour photometry and
spectroscopic redshifts. Redshift. z. is assumed to be a linear or quadratic

function of the magnitudes (M,) of the galaxies. that is. if V is the number

of filters:
I=ag+ Z a, VM, (3.1)
=15
or
s=aq+ Y aM o+ Y e, (3.2)
1=1.....¥ =LY
J=LLLY

The constants. a, and a;,. are found by linear regression. Connolly et al.
(1995a) used a U'JF.N plus redshift data set extending to : ~ .5 of 370
galaxies. They showed that this method could determine redshifts with un-
certainties of o. = 0.037 with a linear fit and ¢. = 0.047 with a quadratic
fit. There is little or no loss of accuracy if colours (C, = M, — M,.,) are used
instead of magnitudes. Using this technique they were able to measure the
luminosity function out to .J ~ 24 (SubbaRao et al.. 1996).

The linear regression technique has two advantages and two disadvan-
tages. The advantages: (1) It is extremely simple. (2) It is completely
empirical: one does not have to assume that the galaxies in question have
the same spectral energy distribution as local galaxies. The disadvantages:
(1) A substantial collection of spectroscopic redshifts must have been mea-

sured before the technique can used. (2) Extension to fainter magnitudes or
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deeper redshifts is not possible.

3.1.4 Template fitting

The templare fitting technique developed by Loh & Spillar (1986b) more
closely resembles that of Baum (1962) than that of Koo (1983). The tech-
nique is described in detail in Section 3.2. but can be summarized as follows:
First. the photometric data for each galaxy in the fields are converted into
spectral energy distributions (SED’s). Second. a collection of template spec-
tra of all Hubble types and redshifts in the range of interest is compiled.
Third. the spectral energy distribution derived from the observed magni-
tudes of each object is compared to each template spectrum in turn. The
best matching spectrum and hence the redshift is determined by minimizing
G

Loh & Spillar (1986b) observed 34 galaxies of known redshift in the
galaxy cluster 0023+1654 through 6 non-standard filters to test their method.
The standard deviation of the redshift differences (z;pec — phar) was 0.12.
They went on to use their technique to measure photometric redshifts for 1000
field galaxies in order to determine a value for the density parameter. , (Loh
& Spillar. 1986a). Ellis et al. (1985) and MacLaren. Ellis & Couch (1988) used
template fitting with a 7 filter set to confirm the membership of galaxies in
clusters. Gwyn (1995) tested this method using BV'R[ photometry obtained
at CFHT of the Colless et al. (Colless et al.. 1990: Colless et al.. 1993)
galaxies. Numerous authors (Gwyn & Hartwick. 1996: Lanzetta et al.. 1996:
Mobasher et al.. 1996: Sawicki et al.. 1997: Cowie et al.. 1996) have used this

technique to determine redshifts in the Hubble Deep Field.
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3.1.5 Variations

Benitez (1998: 1999) added a twist to the template fitting technique. In
the normal technique. only the differences between the template and the
observed SED are considered when calculating the likelihood of fit. In the
Bayesian photometric redshifts method. one’s expectation of the redshift
distribution is also taken into account. Care is necessary when choosing the
redshift distribution function: it is possible to bias the results. As an extreme
example. if one expects the redshift distribution to be a delta function at
>=1 and uses that as an expectation function. then no photometric redshifts
other than :=1 would be measured. However. with more reasonable and
conservative choices. Benitez showed that it is possible to reduce the residuals
in the photometric redshifts from A:/(1 + z) = 0.10 to 0.08. A similar
method has been used by Kodama. Bell & Bower (1999) to discriminate
between cluster members and background/foreground galaxies in the field of
Abell 370. They propose using it for high redshift clusters.

In the standard template fitting technique. the redshift and the type of
the galaxy are the free parameters. To these two parameters. Furusawa et al.
(1999) add 2 extinction parameters. The first is internal absorption in the
galaxy: the second is the amount of intergalactic absorption. The prescription
for intergalactic absorption by Madau (1995) is actually an expression for the
median absorption. From Figure 1 of Madau (1993). one can see that there
is quite a distribution of absorptions along different lines of sight. Indeed
the mode of the distribution is considerably less than the median. Furusawa

et al. (1999) claim that the accuracy of photometric redshifts is improved if
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these two extinctions are left as free parameters.

3.2 The template fitting technique in general

Although the template fitting technique has been described cursorily on nu-
g p g { A

merous occasions (¢.v. the references in the previous section). it has not

been given complete exegesis in the same way the colour diagram and linear

regression techniques have. This section provides that description.

1

[ V]

The template fitting technique can be divided into three steps:

. The photometric data for each galaxy (through various filters) are con-
verted into spectral energy distributions (SED’s). The magnitude in
each bandpass is converted to a flux (power per unit bandwidth per
unit aperture area) at the central or effective wavelength. \..,.. of the
bandpass. When the flux is plotted against wavelength for each of the

bandpasses. a low resolution spectral energy distribution is created.

. A set of template spectra for different Hubble types is compiled from
various sources. These spectra are then redshifted. The redshifted
spectra are reduced to the passband averaged fluxes at the central
wavelengths of the passbands in order to compare the template spectra

with the SED’s of the observed galaxies.

. The spectral energy distribution derived from the observed magnitudes
of each object is compared to each template spectrum in turn. The best

matching spectrum. and hence the redshift. is determined by minimiz-

ing >
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In the following subsections. each of these steps is examined in turn.

3.2.1 Photometry to spectral energy distributions

[t is said that anyone who makes a significant contribution to anyv field of
endeavour becomes an obstruction to its progress in direct proportion to the
importance of his or her original contribution. If this is true of anybody. it
is true of Pogson (1836) who formalized the magnitude svstem which has
been alternately a boon and a plague to astronomers since it was introduced
more than 2000 yvears ago (Hipparchus. 130 BC: Ptolemy 140). Although
the magnitude system is convenient in many instances, it has one major
deficiency. It is not directly obvious what the shape of the spectral energy
distribution of a source is by looking at its magnitudes and colours. The
magnitude in each bandpass must be converted to a flux (power per unit
bandwidth per unit aperture area) at the central or effective wavelength.
Acen. Of the bandpass. When the flux is plotted against wavelength for each
of the bandpasses. a low resolution spectral energy distribution is created.

To convert magnitudes in some filter. m. to fluxes. F. one uses the
following equation:

F = Fy10~™/%5, (3.3)

where F is the flux in units of 11"A~'m=2 and F; is the flux zero-point of that
filter system in the same units. This equation is straightforward to use as long
as the flux zero-point is known. Magnitude systems are ostensibly calibrated
to the type AOQ star. Vega. which has m = 0 for all filters by definition. In

practice. there is usually some small but significant zero-point shift between



CHAPTER 3. PHOTOMETRIC REDSHIFTS 38

the Vega calibration and reality. By using information from Johnson (1966).
Koo (19853). Glass (1973). Steidel & Hamilton (1993). Fukugita. Shimasaku
& Ichikawa (1993). and Fukugita et al. (1996) it is possible to derive the fux
zero-points for the usual Johnson-Cousins UBVRI system. the photographic
UJFN system. the Space Telescope F300W. F430\W. F606W and FS14W
svstem used in the HDF. the ugriz system used in the Sloan Digital Sky
Survey. the UyGR system of Steidel et al. . and the infrared JHK syvstem.
This information is summarized in Table 3.1.

When magnitudes are specified on the AB system. the flux zero-points
are defined to be 3.651 x 10=%11" Hz"'m~? for all filters. Since spectra are
usually described in WA~Yn=2 it is convenient to convert the flux zero-

points to these units:
C

\'.’

‘een

F(),\ e lolOFgu (34)

Where Fy, is the flux zero-point (in units of W A~'m=2). F,, is the Aux zero-
point (in units of 1" Hz~'n~2), ¢ is the speed of light (in ms=1). Aeen is the
central wavelength (in A) of the filter in question. and 10' is the number of

angstroms in a metre. Using the values for the AB system. we have:

1.095 x 104 )
Foxap = ) (3.3)

The ST system used by the Hubble Space Telescope is the most conve-
nient of all. The flux zero-points is defined to be Foys7 = 3.63x 10~ 211" A~tm~?
for all filters (Code et al.. 1980).

For small values. absolute uncertainties in the magnitudes are roughly

equivalent to relative uncertainties in the fluxes:
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Table 3.1: Filter properties

Fo (x107217A-tm~?%)

Filter | Aen | "Vega™ | AB | ST
Ulohnson | 3630A | 4.36 [ 822 | 3.63
Bonnson | 4400A | 6.37 | 5.66 | 3.63
Vlohnson | 3300 | 3.71 | 3.63 | 3.63
Reousins | 6300A | 221 | 239 | 3.63
Tcousins | 8000A | 1.13 | 1.71 | 3.63
Ukron | 3660A | 118 | 8.17 | 3.63
Jiron | 4630A | 5.36 | 5.11 | 3.63
Firon | 6170A | 2.69 | 2.88 | 3.63
Naron | TO40A ] 121 P 174 | 3.63
F300W | 3000\ | 3.54 | 12.09| 3.63
F450W | 4575 | 3.61 | 3.23 | 3.63
F606W | 6030A | 2.71 | 3.01 | 3.63
F814W [ 8000A | 1.14 | L70 | 3.63
Wspss | 3330A | 3.67 | 874 | 3.63
Jspss | 47T30A 1 5.1 | 4.81 | 3.63
rspss | 6200A | 240 | 2.83 | 3.63
spss | T630A | 1.28 | 1.88 | 3.63
“ipss 1 9050A | 0.783 | 1.34 | 3.63
Uvseeider | 3970A | 3.68 | 8.39 | 3.63
Gswiger | 4830A | 5.05 | 169 | 3.63
Rseicer | 6930A | 1.73 | 2.28 | 3.63
J 1.2um | 0.318 | 0.760 | 3.63
H 1.6pum | 0.117 | 0.428 | 3.63
K 22um | 0.039 |0.226| 3.63
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Once the magnitudes are converted into Hluxes. the equivalent of a very
low resolution spectrum can be made by plotting the fluxed against the cen-

tral wavelength of the filters.

3.2.2 The template spectra

In this step. the goal is to produce a set of template spectral energyv distribu-
tions spanning the redshift range of interest. One wishes to have templates
at fairly small redshift intervals (A:<.05). smaller than the expected red-
shift uncertainty. The templates should also cover all Hubble types. from
ellipticals to irregulars. again at fine intervals.

There are many sources from which to compile template SED’s:

e Pence (1976) lists spectra for four galaxy tvpes(E/S0.Sab.Sbc.Sdm-
Im) spanning a wavelength range from either 1900A (for ellipticals) or
1400A (for other types) to 8000A. The data is derived from ground-

based and Orbiting Astronomical Observatory (OAQ) observations.

e Coleman. Wu & Weedman (1980. frequently referred to as CWW) give

data for four types as well: an old stellar population (ellipticals and
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bulges). Sbe. Sed and Im. The wavelength range is 1400A to 100004.
Their data is derived from Astronomical Netherlands Satellite (ANS).
the OAO and the International Ultraviolet Explorer (IUE) as well as

ground-based data.

e Bruzual (1983) published a pair of spectra: E/SO and Irr The wave-
length coverage extends from 1400A to 33000A. The extensions to the

infra-red were done using broad band (JHRL) photometry.

e \More recently. Kinney et al. (1996) published 12 template spectra (el-
lipticals. bulges. S0. Sa. Sbh. Sc and six starburst types). The spectra
extend from 1200 to 10000A. The data come from IUE and ground

based telescopes.

e In a different vein. Bruzual & Charlot (1993) have generated galaxy
spectra based on theoretical models. The advantage of these model
spectra is that theyv extend bluewards all the way to 150A as well as
red-wards to 25300A. This provides full spectral coverage for the U
filter for even the highest redshifts. Another advantage is that theyv

include the effects of evolution.

e The models of Worthey (1994) span the spectrum from 91A to 160 m.
They are available for metallicities from [Fe/H]=-2.0 to [Fe/H|=0.5.

ages from 1 to 18 Gyt and a wide variety of initial mass functions.}

e The PEGASE models of Fioc and Rocca-Volmerange (1997) have much

I They are also available from
http://www.astro.lsa.umich.edu/users/worthey/getmodels/dial_a_model.html


http://WWW.astro.Isa.umich.edu/users/worthey/getmodels/dial_a_model.html

CHAPTER 3. PHOTOMETRIC REDSHIFTS 42

to recommend them. Thev match the observed portion of the UV
spectra of galaxies much better than those of Bruzual & Charlot and
Worthey. They incorporate the effects of nebular emission and dust
(and its evolution). At the risk of showing a local prejudice. some
might argue that the fact theyv use the Victoria isochrones (Vanden-
Bergh et al.. 1983) is an asset. The models span the wavelength
range from 220A to 96980A. The PEGASE models are available from
http://www.iap.fr/users/fioc/PEGASE.html.

To summarize. there are empirical SED’s with spectral coverage down to
12004 in the UV and model templates with much greater coverage. Since.
if one wishes to produce templates for redshifts greater than : = 1 with
the U as one of the filters. it is necessarv to have coverage shortwards of
1200A. and since it is desirable to use empirical data. some workers (e.qg.
Sawicki et al.. 1996: Ferguson & McGaugh. 1994) have extended the SED’s
of CWW either by fitting a power law to the bluest section of the spectra
and extrapolating or by adding sections of theoretical model spectra. In a
similar vein. it is sometimes desirable to apply empirical modifications to
theoretical templates. Gwyn (1995) found that small changes (as a function
of redshift and type) to the colours of the Bruzual & Charlot (1993) templates
significantly improved the photometric redshifts. Cowie et al. (1996) made
similar modifications to the infra-red portions of his templates.

Since the SED’s come at discrete Hubble types (E/S0. Sab. Scd. Imm)
whereas they really form a continuum. it is desirable to interpolate between

the available spectra to fill in the gaps. If the gaps between templates are


http://www.lap.fr/users/f
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large, subtle uncertainties and biases may be introduced. Interpolating be-
tween types is not an unreasonable thing to do as the galaxy SED’s can be
represented (to first order) by a one-parameter family of types from ellipticals
to irregular. All types of galaxies can be thought of as containing a passively
evolving (bulge) component and a starforming (disk) component. The bulge
contains old. red stars with little or no star formation. The disk contains
vounger. bluer stars which are constantly renewed. Ellipticals are pure pas-
sively evolving bulge and irregulars are pure starforming disk: spiral galaxies
contain both components in varving ratios. Thus. to construct spectra for
all types of galaxies. one need only mix the spectra of an elliptical and an ir-
regular galaxy. Connolly et al. (1993b). using principal component analysis.
found that the spectra of all types of galaxies could be produced to within
1% using only two eigenspectra: an “average spectrum” and a “deviation
spectrum”. It is justifiable. then. to define a morphological type parameter.
t. For irregulars, ¢t = 0: for ellipticals. ¢ = 1. For intermediate tvpes. ¢ can
be equated to the bulge to total light ratio in a spectral energy distribution.

[t is relatively straightforward to redshift a spectrum. If the spectrum is
stored in two columns. wavelength and flux at that wavelength. one has but
to multiply each wavelength by (1 + z). where = is the desired redshift.

At high redshifts. the effects of absorption by the intergalactic medium
(IGM) become important. The higher the redshift of the galaxy. the more the
wavelengths of the Lyman system in the rest frame of the galaxy are shifted
into the observer frame passbands. As each Lyman transition wavelength
moves into the observed bands. a sharp increase in the opacity of the inter-

galactic neutral hydrogen occurs. When the Lyman break moves in to the
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Figure 3.1: Intergalactic absorption. The dashed lines show the transmit-
tance of the intergalactic medium for sources at high redshift as a function
of observed wavelength. From right to left. the three curves correspond to
sources at :=2.3. z=3.5 and :=4.53. The solid lines show the bandpasses of
the filters used for the Hubble Deep Fields.
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band. the transmittance drops to almost zero. This is illustrated in Figure
3.1. It shows the observational passbands of the Hubble Deep Fields (solid
lines) and the transmittance (e~™//) of the IGM as calculated by Madau
(1995). The amount of intergalactic extinction is a straightforward func-
tion of the observed wavelength (\g) and the redshift of the emitter (z.,,).
Madau gives a fairly simple expression for the effective optical depth. =.f.
along a typical line of sight. This correction can be applied to the template
spectra.

In order to compare the template spectra with the SED’s of the observed
galaxies. the redshifted spectra are reduced to the passband averaged fluxes
at the central wavelengths of the passbhands:

A2
/ T(A\)P(\)dA
Fpp = . (3.7)
[ Piax
A
where T(\) is the template spectral energy distribution. P(A) is the response

function of the passband and A; and A, represent the wavelengths where the

passhand response function falls to zero. 2

3.2.3 Comparing the templates to the SED’s

Given a spectral energy distribution of a galaxy of unknown redshift and a
set of templates. the next step is to compare the SED to each of the templates

in turn in order to find the template which most closely matches the SED.

*In principle. this convolution should be performed in units of photons A-'m~? rather
than 5" A~!'m~2. In practise. the difference is completely neglible.
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The degree to which each template matches the observed SED is quantified

by 2 in the following manner:

) N (F, - aT,(t. 2))?
Vit z) = Z ( 5 (¢.2)) . (3.8)
=1 UF:

where ¢ is the spectral type. z is the redshift. Ny is the number of filters in
the set. F; and o, are respectively the flux and the uncertainty in the flux in
each bandpass of the observed galaxy. T, is the flux in each bandpass of the
template being considered. and « is a normalization factor. A normalization
factor is necessary to compare the galaxies and the templates properly: a
must remain a free parameter in order to determine the very least \*. For
fixed values of ¢ and z. \* can be minimized with respect to a. By setting the
derivative of equation 3.8 with respect to a equal to zero. a closed formula

for & can be found: )
N ET
1=1 0’.;)-[

=1 IF,
Each template is compared in turn to the target galaxy SED and the smallest
value of \? is found. The best matching template gives zppq. the sought-after
photometric redshift of the galaxy. and t. the spectral type. as a bonus.
[t is also possible to do the comparison in magnitudes. Equation 3.8
becomes:

Ny

» Mg, = Mpi(t.z) — a)?
‘('(f-l)=z( F Ti(t. 2) a).

2
i=1 O\,

(3.10)

Where Mg; and oy, are respectively the magnitudes and the uncertainty in

the magnitudes in each bandpass of the observed galaxy. \M7; is the flux
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in each bandpass of the template expressed as a magnitude. and o is a

normalization factor given now by

% Me, = Mr(t.2)

- o3

a = =1 v "I’F' . (3.11)
1=1 0':'(“:..

3.3 The template fitting technique as used in
this thesis

In the initial stages of this thesis only the template spectra of Coleman. Wu
& Weedman (1980. CWW) were used. There exist (even locally) bluer galax-
ies than CWW's bluest spectrum. Imm. This leads to some noticeable errors
when the resulting photometric redshifts were compared to the correspond-
ing spectroscopic redshifts. Therefore. the starburst spectra of tvpe SB3 and
SB2 from Kinney et al. (1996) were added. All these spectra were extended
into the infrared with JHKL photometry from the compilation of Yoshii &
Takahara (1988). They were extended into the ultraviolet by linear extrap-
olation as far as 912A in the same manner as Ferguson & McGaugh(1994).
Shortwards of the Lyman break at 912 the exact shape of the spectra does
not matter because the effects of intergalactic absorption dominate. causing
the galaxy to be largely invisible at these wavelengths. Shortwards of the
break. the spectra have values equal to their value at 912A: that is. they be-
come flat in F\. This is a somewhat arbitrary decision. but tests have shown
that other options (e.g. linear extrapolation out to the far UV) have no effect

on the photometric redshifts. Spectra intermediate to the six original spectra
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were produced by interpolation for a total of 51 template spectra.

Figure 3.2 shows the template spectra that were used. The heavy lines
show the original SED’s. They are (from the bottom) E/S0. Sbhe. Sed. Imm.
SB3 and SB2. The first four are from Coleman. Wu & Weedman (1980):
the last two are from Kinneyv et al. (1996). The light lines are interpolations
between the original SED’s. The template spectra were redshifted. The
redshifts are spaced at intervals of 0.022 in log:. There are 100 intervals
running from = = 0.079 to = = 12.589 (although in practice. no galaxy in
the sample has a redshift higher than : = 6). Spacing the redshifts of the
templates logarithmically puts more templates at low redshifts (where most
of the galaxies lie) and fewer at high redshift (where there are relatively fewer
galaxies). Having 100 linearly spaced redshift intervals running from =z =0
to = = 6 would a mean a spacing of Nz = 0.06. This is overkill at high
redshift. where the typical redshift error (at z = 3. say) is 7. = 0.33. The
spectra were corrected for intergalactic extinction and then multiplied by the
passbands as described in 3.2.2.

As noted in Section 2.4. there are a substantial number of galaxies in
the sample with no L photometry. There are two possible reasons for this.
The first possibility is that the galaxy lies at high redshift (z > 2) and the
Lyman break has been redshifted into the {". The other possibility is that
the galaxy lies at low redshift but is intrinsically faint in the " band. Red
galaxies. such as ellipticals. often fall into this later category. Obviously. just
because a galaxy is undetected in the L. one cannot assign it a high redshift.
On the other hand. one cannot ignore the non-detection and determine a

photometric redshift based solely on the other three bands.
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Figure 3.2: Spectral templates. The heavy lines show the original SED’s.
They are (from the bottom at 1000A) E/S0. Sbe. Sed. Imm. SB3 and SB2.
The light lines are interpolations between the original SED’s.
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The situation is handled by replacing the term corresponding to the U
band in the sum in equation 3.8. where \? is calculated. If the flux predicted
by the template is less than the limiting flux in the " band. the term is
replaced with zero. If this is not case. on the other hand. the term is replaced
with

(Fr,,, —ali(t.2))? (3.12)

where Fi,  is the limiting flux in the U" band and U%L,hm is the uncertainty
in the flux that a galaxy would have at Fi; . The rest of the symbols have
the same meaning as in Equation 3.8. Similarly. if one does the comparison
in magnitudes. the " term in 3.10 becomes either zero. if the predicted

magnitude is less than the limiting magnitude. or

My = Mp(t.2) —a)?
(M, — Mr. (8. 2) “)‘ (3.13)

otherwise. Here M- is the limiting magnitude in the (" band and 0’_{,,7,“'"
is the uncertainty in the magnitude that a galaxy would have at M . The
rest of the symbols have the same meaning as in Equation 3.10.

Figure 3.3 illustrates the problem and the solution. It shows two objects
in the HDFN for which there was no U detection. The heavy solid lines
and points show the photometry for each object. The dashed lines show the
limiting magnitude for each band. The U band is shown as an upper limit
with a downwards pointing arrow. The left panel shows a low redshift galaxy.
If one assumes that since there is no U detection. it must be a high redshift

U-dropout. one obtains a photometric redshift of = ~ 3.5 as shown by the

dotted SED. Using the prescription described above. on the other hand. the
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Figure 3.3: L dropouts. The heavy solid lines and points show the photom-
etry for each object: upper limits are indicated with an arrow. The light
solid lines show the best-fitting template and the dotted line shows an al-
ternate (incorrect) template. The dashed lines show the limiting magnitude
for each band. The bottom axis gives the observed frame wavelengths: the

upper axis does the same in the rest frame of the galaxies. calculated using
its photometric redshift.
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best fitting template is found to be an elliptical at = = 0.7: this template is
shown by the light solid line. This template corresponds better to what one
can determine from other evidence: its appearance (it looks like an elliptical
galaxy) and its spectroscopic redshift (z,p..=0.372). The other panel shows
the opposite case. The best fitting template. as determined by treating the
U band as an upper limit. gives a redshift of 2, = 3.2. quite close to the
spectroscopic value of z,,.=2.991. Ignoring the U entirely and determining
a photometric redshift based solely on the BRI photometry. gives a redshift
zphot = 0.2: this template is shown by a dotted line.

There is an equivalent procedure when working with fluxes. Even when
there is no significant detection. vne retains the minute (and vccasionally
negative) fluxes when doing the photometry. The errors in the flux of a non-
detection are determined entirely by the sky backgronnd. Template matching
then occurs as before. using Equation 3.8. Although the value of a may be
altered slightly by the presence of negative fluxes in 3.9. these data will have
large uncertainties and will not receive much weight.

For this thesis. the \? minimization was done in magnitudes rather than
fluxes. using Equations 3.10 and 3.13. If the galaxy photometry is in ST
magnitudes. it is much easier to do the comparison between the photometry
and the templates. As a test. photometric redshifts were also determined
using fluxes. The redshifts thus derived were found to be virtually identical

to those derived using magnitudes.
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3.4 Results

The technique described above was applied to the photometric sample of
Chapter 2. Figure 3.4 shows a comparison of the photometric redshifts with
the 120 spectroscopic redshifts currently available. The spectroscopic red-
shifts for the Hubble Deep Field North come from Cohen et al. (1996).
Lowenthal et al. (1997), Steidel et al. (1996a). Zepf et al. (1997). Hogg et
al. (1998). Fernandez-Soto et al. (1999). Spinrad et al. (1998) and Wevnman
et al. (1998). Those from the Hubble Deep Field South come from: Glaze-

brook et al. (in preparation) and Sawicki & Mallen-Ornelas (in preparation)

The agreement is generally quite good. Since the redshift uncertainties
scale with z. Figure 3.4 has been plotted with logarithmic axes. The error in
photometric redshift scales with redshift: that is to say. o, x z. The typical
relative error in the photometric redshifts is ¢./z = 11% over the whole range
of redshifts.

The error in galaxy tyvpe was also measured. For those galaxies with
spectroscopic redshifts. the template fitting procedure was performed again.
In this fitting. only the type was allowed to vary: the redshift of the templates
was set to the spectroscopic redshift of the galaxy in question. The best-
fitting template gives the correct type for that galaxy. Comparing this type
to the tvpe determined by the original template fitting (when both redshift
and type are allowed to vary) gives the error in galaxy type. The error in
galaxy type was found to be o, = 7 templates. or )t = 0.14 on a scale of

t =0 to t = 1. roughly equivalent to a shift of one Hubble type (from Sa to
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Figure 3.4: A comparison of photometric and spectroscopic redshifts. The
filled squares represent galaxies in the HDF North: those in the HDF South
are shown by open diamonds.
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Sb. say). This is comparable in scale to the redshift error.

Figure 3.5 shows the photometric redshift distribution for galaxies brighter
than Isr = 28 in the HDFN and HDFS. The bulk of the galaxies lie at lower
redshifts (z < 2) with a poorly populated tail extending out = = 6 There is

second peak just above > = 2.



CHAPTER 3. PHOTOMETRIC REDSHIFTS 36

250 I-l T 1 T l T T 7T T ] T T T T ] T T 1 1 I 1t 11 T T I T T 1
i —— HDFN ]
200 - ——  HDFS -
150 — -
3 T ]
o - I 4
3 L [ ‘

Q 1 )
Q - ! L ﬂ
100 . ——-——1 ‘1 —
|

L | _
| 4
50 - [ .
i N ]

O 1 1 1 LI ) I l J - . ! l 1 1 1 1 l s |—'—‘—L —
0 1 2 3 4 5 6

photometric redshift

Figure 3.5: Photometric redshift distributions for the HDF North (solid line)
and the HDF South (dashed line).



Chapter 4

Clustering

This chapter examines the evolution of the clustering properties of galaxies
using correlation functions. The angular correlation function. « (). measures
the excess probability of finding a galaxy at angular separation on the sky.
f. away from another galaxy. If galaxies are uniformly distributed on the
sky. w(f) = 0. If they are clustered. »(#) will have some non-zero value.
Correlation functions are measured by comparing the observed number of
pairs of galaxies at a given angular separation to the number of pairs at the
same angular separation of a randomly generated uniform set of galaxies.

The angular correlation function is a projection of the spatial correlation
function. £(r). where r is distance. onto the plane of the sky. Even if galaxies
are strongly clustered in space. when the third dimension of depth is lost
to projection. a part of the clustering signal is lost too. Galaxies which are
quite distant from each other in space. and hence uncorrelated. may end up
quite close together in projection. The deeper the sample is, the greater the
loss in clustering signal will be and the closer »() will be to zero.

Correlation functions have been measured before in Hubble Deep Field

(1]
=1
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North by Villumsen. Freudlong & da Costa (1997). Not being able to split
their sample by redshift. they split it by apparent magnitude. (This is. in
essence. splitting by one filter photometric redshifts.) Consequently. the
amplitudes of their correlation functions are not large. For the most part.
they are consistent with zero within the errors at all angular separations.

[t is actually quite difficult to measure correlation functions in the Hubble
Deep Fields. The fields are quite small in surface arca: this means that the
number of galaxies in each sample will be small. The fields are also very
deep. Even if the field is sliced in redshift. each slice still has a much smaller
spatial extent in the lateral directions than in depth. For example. a slice
from 0.4< : <0.8 in one of the HDF's is about 1 Mpc by 1 Mpe across
by about 500 Mpc deep. As mentioned earlier. this will tend to dilute the

clustering signal.

4.1 Motivation

The Hubble Deep Field North resulted in dozens of papers on galaxy evolu-
tion. All these papers treat the HDFN as a typical field: the conclusions that
are drawn are assumed to hold for all fields. With the advent of the HDF
South (Williams et al. 1999) it is possible to test this hypothesis.

The two fields do show some differences. The number counts presented
in Figure 2.4 show that the HDFN holds 15% more galaxies. This excess
is more visible when the differential counts are plotted as shown in Figure
4.1. Only a fraction of the galaxies in the HDFN and virtually none of

the galaxies in the HDFS have spectroscopic redshifts. Thus. the question
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Figure 4.1: Relative number counts for the Hubble Deep Fields. The ratio
(North divided by South) of the F814\W number counts in each magnitude

bin is shown. There are roughly 15% more galaxies in the HDFN compared
to the HDFS
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“where do these excess galaxies in the HDFN lie?” must be addressed with
photometric redshifts.

The redshift distributions for the HDF North and South are shown in Fig-
ure 3.5. The two redshift distributions are not the same. The Kolmogorov-
Smirnov test gives the probability of the two distributions being the same as
1.2 x 107®. The redshift distributions are most different in the redshift range
0d<:< 1.2

[t is tempting to ascribe the differences in the Hubble Deep Fields to
a structure present in the North but not in the South. Indeed. there is a
pronounced spike in the spectroscopic redshift distribution of the HDFN art
: = 0475 (Cohen et al. 1996). Figure 4.2 shows the [ band images of the
Hubble Deep Fields. Ouly light from galaxies with photometric redshifts in
the range 0.4 < = < 0.8 is shown: the other galaxies have been masked out.!
The images have been convolved with a Gaussian profile (¢ = 6 arcseconds).
The left image shows a large concentration of light in the HDFN that is not
present in the South. To measure this effect quantitatively. one must use
correlation functions.

Another reason to measure correlation functions is to see if there is any
change in the clustering of galaxies with redshift. In the hierarchal clustering
picture, the Universe starts out uniform and unclustered: structure grows
as the Universe ages. Therefore. one might expect to see the correlation

amplitudes decreasing with increasing redshift.

Lthis can be done for any redshift slice: see
http://astrowww.phys.uvic.ca/grads/gwyn/pz/dice.html


http://www.phys.uvic.ca/grads/gwyn/pz/dice.html
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Figure 4.2: [ band light in the HDEN (left) and HDFS (right) coming from
galaxies with photometric redshifts in the range 0.4 < z < 0.8. The image has
been convolved with a 6 arcsecond radius Gaussian. Note the concentration
of light near the centre of the North image which is not present in the South
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4.2 Method

The most common methods of measuring correlation functions are described
in detail elsewhere (Infante & Pritchet. 1993: Landy & Szalav. 1993) and
are only brieflv summarized here. The basic idea is to generate a set of
random points in an area identical to the area of sky that was surveved.
The correlation function is measured by comparing the number of pairs of
data galaxies with a given angular separation to the corresponding number
for the random points. Let Ny be the number of data galaxies. .\, be the
number of random points. and Ny(#). N.-(8). and N4 (8) be respectively
the numbers of data-data. random-random. and data-random pairs in a bin.

The appropriately normalized versions of these values are DD. RR and DR

respectively:
2 Vu(6)
DD = T
Na(Ng = 1)
_2N.(0)
RE = -\’r(~\'r - 1)
_ Nar(8)
Then one has for estimators of .
DD
<(0)= =% -1 1.2
(8) DR (4.2)

which is the most basic estimator. or alternatively

_ DD-2DR+RR

.‘.'(9) RR
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which is the “minimum variance™ estimator of Land and Szalay (1993). Plug-

ging the definitions of Equation 4.1 into 4.2 one has:

2N, A
L+ o(8) = ad(0).

ERVRCITEVEY (34)

To this. it may be required make two small further corrections to equation

4.4
o 2hvy(0)., '
T BN, (B)(Ng-1)

The first term corrects the effects caused by the fact that the data galax-

1+.&.’(9)

(4.3)

ies are not necessarily evenly distributed within boundaries of the sample.
whereas the random galaxies alwayvs are. This correction. w.q(#). is usually
small. [t is given by

DR Ny (B)(N, - 1)
RR ™~ 2N.. (BN,

1+ wpqlf) = (4.6)

The second correction is the “integral constraint™. B. It is in essence a
correction to the mean surface density of a galaxies which is over-estimated
due to clustering. The integral constraint is given by:

Zz ~\'.rr(0i) -
(1 +2(6,).Ner(6) (4.7)

where the Y, are sums over all the bins in angle. Since B depends on «(6)

B =

in Equation 4.7 and «(8) depends on B in Equation 4.5. it may be necessary

to iterate. Similar corrections must be made to Equation 4.3.

4.3 Results

The two-point angular correlation functions were computed for various red-

shift slices using Equation 4.4. The integral constraint. B. was found to be
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very close to unity (within 1 part in 10%) for all redshift slices. Therefore.
no integral constraint corrections were made to correlation functions. Simi-
larly. the random-data cross correlation effects (as measured by w4(#)) were
found to be negligible and were ignored. The angular correlation functions
were converted into projected spatial correlation functions «(rp). where r, is
the projected distance. This is the distance between two galaxies projected
onto the plane of the sky at the angular diameter distance. d . corresponding
to the central redshift of each redshift slice. A Hg=65 kms™'\Mpe™!. Q=1
cosmology was used to calculate the angular diameter distance.

The correlation function was measured for a wide variety of redshift
slices. Figure 4.3 shows four representative slices. The correlation func-
tions for the HDFN are shown as squares: those for the HDFS as triangles.
Note that it is impracticable to calculate the angular correlation function for
slices much narrower than the ones shown without running into problems
with small number statistics. Further. because of the uncertainties on the
redshifts. it would be difficult to compute a reliable spatial (as opposed to
projected spatial) correlation function.

The first thing one should note from Figure 4.3 is that. for most redshift
slices. the correlation functions show no difference within the errors. This is
also true for other redshift slices not shown on the figure. The only exception
was in the 0.4 < = < 0.8 redshift slice. where galaxies in the HDFN were
significantly more clustered than in the HDFS. This suggests the presence
of a structure in this redshift bin in the HDFN. As noted earlier. there is a
sharp peak centred at : = 0.475 in the spectroscopic redshift distribution of

the HDFN. The spatial scale of the structure (the HDF is ~ 1 Mpc across
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Figure 4.3: The project spatial correlation function for various redshift slices.
The correlation functions for the HDFN are shown by squares: the HDFS is
shown by triangles. The error bars show Poisson uncertainties.
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at that redshift) and the number of galaxies involved (~ 50 more galaxies in
the North than in the South) suggest a very poor galaxy cluster or a very
rich group.

More generally. the differences in the redshift distributions could be due
to cosmic variance in the large scale galaxy distribution. This hypothesis
was tested empirically in the following manner: The William Herschel Deep
Field (McCracken et al.. 2000. WHDF) extends to B = 28 and has good
coverage in the UBRIHK bands. It covers roughly 40 square arcminutes.
The WHDF was divided into 9 separate areas. each the same size as the
Hubble Deep Fields. The field-to-field variance was found to be 10% (rms).
smaller than. but not inconsistent with. the difference between the HDFN
and HDFS.

N-body simulations computed by Stadel (private communication) indi-
cate the variance in the mass distribution along lines of sight comparable the
HDF are about 20% out to = = 1. Assuming that galaxies trace the mass.
at least in a statistical sense. this variance in mass should translate into a
similar variance in the redshift distributions of the galaxies in the Hubble
Deep Fields. Again. this is consistent with the difference between the two
redshift distributions below = =1 as seen in Figure 3.3.

The second thing one should note from Figure 4.3 is that the galaxies
become muore clustered with increasing redshift. The hierarchal clustering
scenario, on the other hand. predicts the opposite trend. However. the clus-
tering observed is only on the scales of ~10 kpc. roughly the size of individual
galaxies. This suggests that we are looking at the initial assembly of galaxies

as galaxy fragments merge. Alternatively. it is possible that fragments of
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larger galaxies are being counted as separate galaxies, rather than as parts of
a whole. However. it should be emphasized that the galaxy catalog described
in Chapter 2 was constructed with great care with respect to deblending. both
automatically (with SExtractor) and manually (by scrutinizing each galaxy
individually).

The problem is typified by the objects shown in Figure 4.4. [t is clear
that the four objects are separate. although there are hints of faint filaments
connecting them. The morphology is the same in the three bands in which the
objects are detected. All four objects have photometric redshifts of : = 3.3:
the spectroscopic redshift of the brightest object is = = 3.210 (Steidel et
al.. 1996b: Zepf et al.. 1997). The question is: are these bright starforming
regions in one larger object or are they instead smaller galaxies in the process
of merging? At some level. it is a question of degree. If the fragments have
not already merged. they will soon. The same holds for the clustered objects
bringing up the correlation function at small separations at high redshift: it
is slightly irrelevant whether or not the objects are fragments of a merged

whole or fragments about to merge.
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B band

[ band

Figure 1.4: Four galaxy fragments. The four objects have photometric
redshifts of = = 3.3: the spectroscopic redshift of the brightest object is
=z = 3.210. Note the complete lack of detection in the " band due to inter-
galactic absorption. The boxes are 2.6 arcseconds on a side. corresponding
to 20 kpc at the redshift of the objects.



Chapter 5

Star Formation Rates

This chapter examines the evolution of the star formation rate density (SFRD)
as measured by the UV luminosity density. The first step is to measure the
UV luminosity function of galaxies for a series of redshift slices. The lumi-
nosity function describes the relative abundance of galaxies per unit volume.
as a function of magnitude. The luminosity function can be measured using
the either the 1/1; method or the stepwise maximum likelihood (S\W)IL)
method. This entails measuring absolute magnitudes for galaxies. which in
turn entails getting A-corrections. Further consideration must be given to
account for surface brightness effects and the effects of the redshift uncer-
tainties inherent in the photometric redshift method. With the luminosity
functions in hand. one can generate a luminosity density function which mea-
sures the amount of energy density of light from galaxies per unit volume
as a function of magnitude. Integrating over magnitude for the luminosity
function in each redshift slice. one obtains the luminosity density. Since star
formation rate density is directly proportional to the UV luminosity density

(with some corrections for dust extinction). one can then measure how SFRD

69
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evolves as a function of redshift.

5.1 The 1/V, method

The 1/1; method is well known (Schmidt. 1968) and has been described in
detail elsewhere so the following description will be brief. 1} is defined as
the volume accessible to a galaxy given its absolute magnitude and the limits

defining the sample in which it is found. Formally.

Imaz l‘
[ = / AP (5.1)
Zman d:
where d17/dz is the co-moving differential volume clement:
dV’ i7ed] )
_ = - e ()2)
dz  Hg(l + z)3(1 + 2gyz)12
The luminosity distance d; is given by equation 5.3:
dp = ¢ —{qoz + (qo — D[(1 + 2q02)"* = 1]} (5.3)
Hogq3

where Hy is the Hubble constant (assumed to be 65 kms™'Mpc™') and ¢ is
the deacceleration parameter (assumed to he %). Note that Equations 5.2 and
5.3 are considerably more complicated if A # 0. The limits. z,,,, and z,,.; are
defined as the smallest and largest redshift that a given galaxy could be at
and still make it into the sample. These limits can be fixed. as in a volume-
limited sample. For a magnitude-limited sample. they must be determined
for every galaxy. The lower bound. zp;n. is usually the lower redshift limit of
the sample or the redshift at which the galaxy becomes too bright to make it

into the sample (if the sample is defined with a bright magnitude limit). The



CHAPTER 5. STAR FORMATION RATES 71

upper bound. z,,;. is either the upper redshift bound of the sample or the
redshift at which the galaxy becomes fainter than the faint magnitude limit.
Given the absolute magnitude. M. of each galaxy and mypn,. the limiting
apparent magnitude of the sample. z,,,, can be determined by solving the

following equation:

Min = M+ “(:nuu:) + k(:m(u’)- (-)-l)

where p(znq,) s the distance modulus corresponding to 2. and k(z,4.) is

the k-correction term.

Finally, to determine the luminosity function. ®. one uses the equation:

i .\I-Aj‘i 1
oMo e

where A is the area surveved (in steradians) and A is the bin size used.

5.2 The SWML method

The Step-Wise Maximum Likelihood (SWML) method was developed by
Efstathiou. Ellis & Peterson (1988. frequently referred to as EEP). Again.
this method is described in detail elsewhere. and the following description
will be brief. The probability, p;. that a galaxy. i. with absolute magnitude
M; at redshift z; will be in a magnitude-limited sample is the value of the
luminosity function ®(\);) normalized by the integral over the part of the

luminosity function bright enough to be seen at z;. That is to say.

pi X /x () (5.6)

B(M)dM

[min(2)
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where M0 (z,) is the faintest absolute magnitude that a galaxy could have
at z; and still make it into the sample. The likelihood. £. that all of the .V

galaxies in the sample were bright enough to be included is the product of the
probabilities that each galaxy was bright enough to be included: £ = Hp,
Or. logarithmically:

(M)

N
Inf = Zln /x (3.

]
=1
—

B(M)dM

-‘Imm(-:)

AY
S Inb(M,) Z [ eQnay (5.8)

Memun (s J

One can then parameterize the luminosity function and maximize In £ with
respect to those parameters. [n the SWML method. the luminosity function
is parameterized as a series of .V, steps at magnitudes M of width AM. At
cach step. M. the luminosity function has the value ®y. [t is convenient to
define 11°(r). a boxcar function with the same width as one of the luminos-
ity function bins. and H(r) = A‘, S W (r)dr. its integral (which is a ramp

function). Formally:

. _ I. =AM2<r<AM/2 -
Wiz = { 0. otherwise (5.9)
0. _AM2> -
H(r) = r/AM +1/2. -AM/2< r <AM/2 (5.10)
1. o> AM/2

Then Equation 3.8 becomes

N N N,
Ing =Y W(M-M)lnd-Y In {Z &AM H(M; = Main(2))| (3.11)
1 t J
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Maximizing 5.11 with respect to the ®;'s. one obtains:

AY
WM, - M)
BeAM = — —
Y [H(.\[, = Mpin(2)) /3@, AMH(M, = Mynn(2,))
! J

(5.12)
Unfortunately. Equation 5.12 defines the ®;'s in terms of themselves. In
practice. however. one can assume an arbitrary shape for the luminosity
function. e.g. a flat line (¢, ...®y, =1). and iterate.
The luminosity function produced by solving Equation 5.12 must be
normalized. The ®,’s must be multiplied by

N

. - -1

1 N p

‘——' Z [Z (I)kA-‘[H(“[k - -\[mzn(:n)):| (313)
t k

where 1" is the effective volume of the sample. In general. the effective

volume is the 1, corresponding to the largest redshift in the sample. If there

are redshift limits ) and =, on the sample. then the effective volume is given

by

a2 dy’
V= —dz 3.14
. d:d (2.14)

where d17/dz is the co-moving differential volume element as before.

5.3 The k-corrections

[n the previous two sections. the question of k-corrections was glossed over:
this section describes them in excessive detail. When we observe a redshifted
galaxy through some filter. we are not looking at the same part of its spec-

trum that we would be if the galaxy was in the same restframe as we are.
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Furthermore. we are looking at smaller section of the spectrum. The k-
correction accounts for these two effects. There are few things in astronomy
that cause as much confusion as k-corrections. Some authors define the &-
correction as the shift in the centre of the bandpass and deal with change
in width separatelv. Here. they are treated together. Further. the equations
are different if the SED’s of the objects in question are measured in units
of power per unit frequency instead of power per unit wavelength. Here. F)
is used exclusively. Given the apparent magnitude of a galaxy. m. and a

redshift. z. the absolute magnitude. M of a galaxy is given by

M=m-p(z) = k(2) (5.13

(1)
—
(1)
~

The flux measured through a passband whose response function is given
(=]

by P(A) of a galaxy whose SED is given by T(\) at redshift = is:

/ MP(,\)d,\

(1 -+~ <
/P(,\)d,\

The k-correction is defined as the ratio (expressed in magnitudes) of the flux

F(z)=

(5.16)

of the galaxy through the filter when the object is at redshift = and the flux

when the galaxy is in the rest frame of the observer. = = 0.

k(:) = —2.5 loglo &

(0)
= 2.35log,g F(0) — 2.5logq F(2)

T(N(1+2)
T(\)P(\)dA f—(—(l—;—)P(,\)d,\
2.5logg —F— — 25 log
/ P(\)dA / P(\)dA
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T(\)P(A)dA
/T(,\/(l +2))P(A)dA

= 235log,

+ 2.5 log (1 + 2) (5.17)

In equation 5.17. the first term represents the shift in the bandpass and the
second term. the change in the width of the bandpass.

The responses of the HDF filters. P(A). are shown in Figure 2.1. When
the photometric redshifts were determined. a galaxy type was determined
as well. The SED of this best-fitting template is used for T()\) in Equation
5.17. The template is normalized to the photometry in the same way it was
during the photometric redshift procedure as described by Equations 3.10
and 3.11. Once this is done. the flux for any bandpass at any wavelength can
be determined using this normalized bandpass.

Alternatively. one could convert the UBRI photometry into fluxes. plot
those fluxes against the central wavelength of each filter (shifted to the rest
frame) and linearly interpolate or extrapolate to get the flux at the desired
rest wavelength. The fitting described above is close to being such an in-
terpolation or an extrapolation. In particular. when the absolute magnitude
at 25007 is sought. this is essentially an interpolation for galaxies between
z=0.2 and z=2.23. However. the intermediate step of template fitting makes
the procedure superior to simple linear interpolation. The SED’s of galaxies
— particularly early-tvpe galaxies — are not particularly well described by
linear segments. Figure 3.1 illustrates this. It shows the difference between
k-corrections determined by strict interpolation/extrapolation and the true
k-corrections. Linear interpolation can lead to magnitude errors of up 0.4

magnitudes. Extrapolation at higher redshifts can lead to even larger errors.
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Figure 5.1: The difference between an estimation of the flux at a rest wave-
length of 2500A by linear interpolation of ' BRI photometry and the true
flux determined directly from the template. The differences are small for late
tyvpes of galaxies but substantial for earlier types.
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5.4 Comparing methods and fields

As noted in Chapter 4. The HDFN and HDFS have different redshift distribu-
tions and (at least in one redshift slice) slightly different angular correlation
functions. It has been noted by several authors that the 1/1} can potentially
give biased results for spatially inhomogencous samples. This section exam-
ines the possibility by comparing the results of the 1/1; method to those of
the SWML method (which is generally agreed to be unbiased) in the HDFN
and HDFS. If the spatial inhomogeneity is large enough to cause biases in
the 1/1; method. they should show up when the two methods are compared
in the two fields.

Figure 5.2 shows the luminosity functions at 2500\ for both the fields
measured by both methods. Several redshift slices are shown. The luminosity
functions for the HDFN are similar to those for the HDFS. for the most part.
with the exception of the 0.5 < = < 1.0 slice. This is the slice that contains
an over-density of objects in the HDEFN. Even in this slice. it would appear
that a small vertical shift would suffice to match up the two luminosity
functions. That is to say. there are density differences between the fields.
rather than luminosity differences. While it is possible to distinguish the
luminosity functions for the different fields. it is considerably more difficult
to separate the lines corresponding to the luminosity functions measured by
the 1/1; method and those for the S\WML method.

Figure 3.3 also shows the luminosity functions as measured by the two
methods. This time. the results for the HDFN and the HDFES have been aver-

aged. The differences between the two methods are now even less significant.
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Figure 5.2: Comparing the luminosity functions of the HDFN and HDFS
measured by the 1/1; and the SWML methods. The error bars reflect Poisson
noise only. The redshift slices are noted in the upper right-hand corner of
each panel.
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The error bars in Figure 5.3 reflect the Poisson errors (1/v/N. where .V is the
number of points in a bin). Theyv also reflect the real. cosmic variance from
field to field. as measured by the absolute difference between the values for
North and South. divided by V2. These two errors are added in quadrature

to give the final uncertainty.

5.5 Surface brightness

As noted in Chapter 2. the galaxy sample is defined in terms of a limiting
surface brightness as well as a limiting magnitude. The surface brightness
limit for the Hubble Deep Fields is 25.8 magnitudes per square arcseconds.
as shown in Figure 2.6. Galaxies fainter than this limit are detected less than
90% of the time. Until now in this analysis. the effects of surface brightness
on the luminosity functions have been ignored. In a Euclidean geometry.
distance has no effect on surface brightness: in the real Universe. the surface
brightness of distant objects falls off as (1 + z)*. Clearly. there is a possibility
that surface brightness effects may alter the luminosity function. This section
explores this possibility.

[t would be difficult to include the effects surface brightness considera-
tions into the SWML method. One would have to include a surface bright-
ness distribution function into the maximum likelihood calculations. This
distribution function would have to be parameterized in some way and in-
corporated into Equation 5.11. While probably not impossible. it would be
extremely messy. Since the SWML and the 1/1, methods give very simi-

lar results when only the limiting magnitude needs to be considered. it may
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Figure 5.3: Comparing the 1/1; vs. SW)IL methods of measuring luminosity
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be assumed the two methods will give similar results when limiting surface
brightness is also considered.

To introduce the effects of surface brightness into the 1/1; method. the
definition of ., in Equation 5.1 was changed. For a given galaxy. g is

now the lowest of:
e the upper limit of the redshift bin in question (zy,).

e the redshift at which the galaxy’s magnitude becomes fainter than /=28

(zmag) .

e the redshift at which the galaxy's peak surface brightness drops below

1tr=25.8 magnitudes per square arcsecond (Zgyef).

The first two limits are easy to find: zy;, is defined by the bin in question and
Zmag 1S given by Equation 5.4. To calculate z4.. one must solve the following

equation:
Mlimit = Mpeak — 2.5 10g,0(1 + 2)* +2.5log o (1 + zgurf)* = K(3) + k(zgurr) (3.18)

where fipeqx and : are the peak surface brightness and the redshift of the
galaxy in question respectively. The presence of k-corrections in Equation
5.18 means that it must be solved by iteration.

Figure 5.4 shows the effects of surface brightness on z,,.. Panel (a)
Shows zpmg:(mag)=zmag plotted against photometric redshift. Panel (b) is
similar but here the vertical axis is zpnq.(mag.surf). the minimum of
and zg.f. The points in panel (b) are typically lower than that of panel (a):

the surface brightness cutoff can remove a galaxy from the sample at a lower
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Figure 5.4: The effects of surface brightness on ... On the axis labels.
Zphot denotes photometric redshift and z,,, denotes the maximum redshift
the same galaxy could have and still remain in the sample. as limited by
the parameters in brackets: magnitude (mag). surface brightness (surf) or
redshift bin limits (bin). The redshift bins are shown as a series of steps in
panels (a) and (b). Panel (d) shows that. if the limits of the redshift bins are

taken into account. adding a surface brightness constraint affects z,,,; only
slightly.
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redshift than the magnitude cutoft would. This is shown more clearly in panel
(c). which plots zm,, (mag, surf) against zpac(mag): pnac(mag) can be up to 3
times greater than z,,,,(mag. surf). These large changes in maximum redshift
would have comparable effects on the accessible volume. 1. for each galaxy
and consequently a non-trivial effect on the luminosity function. However.
the whole redshift sample has been sliced into redshift bins. The upper limits
of these bins. shown as a series of steps in panels (a) and (b) confine the z,,,. s
and consequently the 1;'s. When the upper limits are taken into account.
panel (c) becomes panel (d) which plots the minimum of zpay. 25urp. and
Iy against the minimum Zp,, and zp,. In panel (d). the effects of surface
brightness dimming are much less dramatic.

This is borne out by Figure 5.53. The solid line shows the luminosity
function calculated assuming only a magnitude limit. The dashed line shows
the effects of taking into account the surface brightness limit. The two are
extremely similar. Indeed. thev can only be clearly distinguished at the faint
end of the luminosity functions of the higher redshift bins.

Surface brightness dimming might have more subtle effects. As discussed
in Section 2.3. the photometry in the HDF's are total magnitudes measured
either by the Kron method or the corrected isophotal method. In principle.
these total magnitudes are not subject to surface brightness dimming effects.
Un-corrected isophotal magnitudes. on the other hand. are subject to these
effects. At higher redshifts. only the central portions of the galaxy are bright
enough to make it past the isophotal threshold. This means that the total
area over which the light is summed is diminished: the light from the edges

of the galaxy is missed. This effect is of course always present when doing
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isophotal photometry. It causes fewer difficulties when all the galaxies in the
sample are at small redshifts and (1 + z)* surface brightness dimming factor
is small. When the galaxies are at higher redshifts or. as in this analysis.
the galaxies are being artificially moved to higher redshift to see when they
might drop out of the sample. the missed light is more of a problem. With
the dimming. galaxies will drop out of the sample at a lower redshift: if the
Zmar S are smaller. each galaxy will be weighted more heavily in the 1/1},.
The isophotal method represents a worst-case scenario. an upper limit to
the effects surface brightness dimming has on photometry. Neither the Kron
method nor the corrected isophotal method (nor. for that matter. the fixed
aperture method) will be affected by surface brightness dimming to nearly
the same degree. if indeed at all.

The effects of surface brightness dimming on isophotal magnitudes and
hence on luminosity functions were measured in the following way. The red-
shift at which the galaxy would drop out of the sample. z;,, was determined
by solving Equation 5.4 by iteration as before. but using isophotal magni-
tudes instead of total magnitudes. Small sub-rasters (“postage stamps™) of
the original HDF images were made. centred on each galaxy in the sam-
ple. For each iteration. the photometry measured for the galaxy in question
was measured anew using the relevant sub-raster. To simulate the effects
of surface brightness dimming at z;, the redshift of the iteration. the lim-
iting isophote was raised by a factor of (1 + z;)*/(1 + z)*. where z is the
original redshift of the galaxy. The flux from the pixels within this isophote
were summed to determine a new magnitude. This magnitude was corrected

for distance and k-corrections as before. The limiting redshift determined
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using isophotal magnitudes is always less than that determined using total
magnitudes. Therefore each galaxy will have greater weight in the 1/1; and
therefore the luminosity function will be shifted upwards. The dotted lines
in Figure 5.3 show the luminosity functions calculated by this method. As
expected. the luminosity functions are slightly elevated. particularly at the
faint ends. However. the shifts are not large. As discussed above. this repre-
sents a worst case scenario:; total magnitiudes should not be affected in this
manner and certainly not to this degree. Thus. although one does need to
be cautious about surface brightness. ultimately it has very little effect on
the luminosity functions.

[t has been argued (Pascarelle et al.. 1998) that in order to compare the
UV luminosity densities at both high and low redshift properly. one must
apply the same intrinisc surface brightness cut to the sample at both high
and low redshifts. However Driver & Cross (2000) have shown that there is a
universal luminosity-surface brightness relation. Figure 3.6 shows that high
luminosity galaxies also have high surface brightnesses. This implies that an

absolute magnitude cut is also effectively a surface brightness cut.

5.6 Eddington corrections

[n the previous two sections. it is shown that it is not important which
method (1/V; ws. SW)MIL) one uses to calculate luminosity function and
that surface brightness effects can be safely ignored. This section discusses
factors that do affect the shape of the luminosity functions: the errors in the

photometric redshifts. the photometry and the galaxy tvpes. These errors
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propagate to errors in the luminosity functions in two wavs: First. they cause
errors in the absolute magnitude of each galaxy. Since M = m—pu(z)—=k(z.t).
if both m. u (which depends on redshift. =) and k& (which depends on galaxy
type. t) have errors. so will M. Second. the weighting each galaxy receives in
the 1/1; method is dependent on each galaxy’s z,,,. which in turn is affected
by errors in redshift and apparent magnitude.

The errors in the absolute magnitude will tend to flatten the luminosity
functions. Take. for example. the simplest case of two absolute magnitude
bins. one heavily populated and the other sparsely populated. Because of the
errors in the absolute magnitude. some fraction of galaxies will be scattered
from one bin to the other. If the fraction is the same for both bins. more
galaxies will scatter from the heavily populated bin into the sparsely popu-
lated bin than will scatter the other way. The result will be to equalize the
two bins. This effect. the Eddington bias. was first noted in connection with
stellar parallaxes (Eddington. 1913) and was later generalized (Eddington.
1940). Note that errors in the absolute magnitudes occur even if there are no
errors in the redshifts: errors in apparent magnitude cause similar difficulties.
Thus. the problem arises in spectroscopic survevs: Efstathiou. Ellis & Peter-
son (1988) discuss it in the context of the local luminosity function. The
errors in weighting are less serious: although they add to the uncertainty.
thev do not systematically affect the luminosity function.

Figure 5.7 illustrates the effects of observational errors on the luminosity
function. In all the panels. the solid line is the B luminosity function of
Loveday et al. (1992). The other lines show the effects of increasing errors in

the redshift. the magnitudes and the types. The bottom right panel shows
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the effects of the combination of all three errors. Note that one does not
expect the local luminosity function to be valid for the redshift slice shown
(1.5 < z < 3.0). Figure 5.7 is merely an illustration of the effects of errors.
In fact. this particular redshift slice exaggerates the effect of tyvpe error on
the k-corrections.

The Eddington bias can only be corrected statistically: individual galax-
ies cannot be corrected. just the final distribution. The procedure to correct

the bias is as follows:

e Measure the luminosity function as before. Call this luminosity func-

tion ®g(M).

e Add the effects of all the errors in redshift. magnitude and type to b,
(using a Monte Carlo routine) to produce a new (flatter) luminosity

function. Call this luminosity function &g(.\M).

e For each bin. correct ®4(M) by an amount equal to ®y(M) — dq(M).

Call this luminosity function & (.M).
e Again. add the effects of the errors to ®(.}M) to produce &} (.\M).

e Correct ®,(.M) by an amount equal to ®| (M) — ®()M) to produce
$y(.M)

e Repeat n times until one obtains a luminosity function ¢, (). which.
when the effects of the errors are added. reproduces ®,(.\) closely

enough that further iterations would be pointless.
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In practice only a few iterations (n < 3) are ever necessary. Each iteration
adds some degree of noise. so excessive iterations are not advisable. Figure
3.8 illustrates the effects of this procedure. The solid line shows the real
luminosity function (Loveday et al.. 1992). The dotted line shows this lu-
minosity function with the effects of the errors added. The other lines show
the effects of successive iterations of the procedure outlined above. By the

second and third iterations. the match is quite good.

5.7 Luminosity functions

The procedure described above was applied to the luminosity functions gen-
erated in the previous sections. As discussed in Section 3.4 the redshift error
is 0./z = 0.11 and the type error is gype = 7 templates (that is. about plus
or minus one Hubble type). For simplicity. an average magnitude error of
Omag = 0.1 magnitudes was adopted. As may be seen from the upper right
hand panel of Figure 3.7, the effects of a magnitude error of only opma,=0.1
will be quite small. Consequently. a more detailed treatment of the magni-
tude errors is not called for.

Figure 5.9 shows the results. A by-product of the Monte Carlo procedure
described in Section 5.6 is that one can accurately assess the uncertainties.
The error bars in Figure 5.9 reflect the effects of errors in redshift. type
and magnitude as well as 1/V/.V Poisson statistics. These errors are added in
quadrature with the cosmic variance measured by comparing the results from
the HDFN and HDFS. The luminosity functions for the three lowest redshift

slices show relatively little evolution. consistent with the results of Cowie.
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Songaila & Barger (1999). The luminosity function for the highest redshift
slice (3 < = < 6) lies about a magnitude brighter than those for the lower red-
shift slices: that for the second highest (1.5 < z < 3) another half magnitude
brighter still. This relatively small amount of evolution is at odds with the 3
magnitudes of luminosity evolution reported in Gwyn & Hartwick (1996). As
was helpfully pointed out by Bershady et al. (1997). the k-corrections used in
that article were based on SED’s that were somewhat too red. Bershady et
al.’s ground-based work (which is wide in skyv-coverage but shallow in depth)
is much more in line with the present luminosity functions.

Up until now. a Hy=65 kms 'Mpc™!.

Q' =1. \ = 0 cosmology has
been assumed. However. opinions diverge widely on the exact values of the
parameters (Sandage. 1999: Mould et al.. 2000: Perlmutter et al.. 1999. for
example). The details of the cosmology affect the determination of luminos-
ity functions with the 1/V, through Equations 3.2, 5.3 and 5.4. Therefore.
some discussion of the effects of cosmology on the luminosity functions is
warranted.

The luminosity functions were recomputed using four variant cosmolo-

gies. tweaking the various parameters to values that have been suggested by

various authors.

Ho=65 kms 'Mpc™'. Q=1

Ho=65 kms~'Mpc™. Q =0.3

Ho=65 kms 'Mpe . Q=0.3. A\ =0.7

o Hy=530 kms 'Mpc™'. Q=1
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The 1/1, method was used. corrected for Eddington effects as described
in the previous section. Figure 3.10 shows the results of these tests. Each
panel shows a different redshift slice. Luminosity functions computed with
different cosmologies are shown as different line types. Clearly. cosmology
does systematically change the positions of the luminosity functions.

The real question. however. is whether changing the cosmology signifi-
cantly changes the final results. Figure 5.11 shows that it does not. Each
panel shows the luminosity functions for different cosmologies. Although the
panels do show differences. overall the relative positions of the luminosity

functions for different redshift slices remain similar.

5.8 Luminosity density

Having computed the luminosity functions for a series of redshift slices. com-
puting the luminosity density of the Universe is quite easy. The luminosity
function gives the number of galaxies per cubic megaparsec at a given abso-
lute magnitude. Multiplyving the luminosity function by the flux correspond-
ing to this absolute magnitude. F (). one obtains the luminosity density
function. Summing over the luminosity density function gives the luminosity
density, L:

L= /‘x F(AM®(M)dM. (5.19)

Figure 3.12 shows the luminosity density function. F(M)®(M). Unlike
the luminosity functions. which are flat or rising at the faint ends. the lu-
minosity density function fall off at the faint ends. Faint galaxies. though

numerous. do not contribute much light. Thus. integrating over the section of
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F(M)®(\M) that is measured by the present sample should be a fairly com-
plete measure of total luminosity density. The luminosity density functions
of the highest redshift bin. however. is slightly incomplete at the faint end.
To extend the luminosity function. it was assumed that it is well described by
a Schecter function with a = —1 (that is to say. flat at faint absolute magni-
tudes). normalized to the faintest observed point of the luminosity function.
This correction amounts to 20% of the total luminosity density for the high-
est redshift bin. [t amounts to less than 1% in the lower bins. In contrast.
most spectroscopic samples require quite large extrapolations. The details of
these extrapolations can cause sizable differences. For example in the spec-
troscopic sample of Cowie et al. (1999) changing the faint end slope of the
luminosity function from a = -1.0 to a = —1.5 can cause a difference of a
factor of 1.4 in the resulting luminosity densities. which is larger than the
effect of ignoring the correction entirely in this photometric redshift sample.
The dashed sections in Figure 5.12 show extrapolations from the data.

The luminosity density was calculated at different wavelengths to make it
easier to compare the results with the luminosity densities given by different
authors. Figures 5.13. 5.14. 5.15. and 3.16 show the integrated luminosity
density at 1625, 2000A. 2500A. and 2800A respectively. In all four figures.
solid symbols indicate luminosity densities which have been corrected for dust
obscuration (as discussed below in Sec. 3.9). while open symbols indicate the
uncorrected luminosity densities.

At 1625A (Fig. 5.13). the luminosity density at high redshift is slightly
higher than the measurement of Madau et al. (1996). The difference may be

due to the more detailed consideration of accessible volumes in the present
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work. In the above discussion. each galaxy was given a weight according to
its accessible volume. This volume is no larger than that of the redshift slice
in question and is generally smaller. Madau et al. (1996) assume that ~...this
redshift interval has been uniformly probed...”. effectively equating the ac-
cessible volume with the volume of the redshift slice. Since each galaxy has
a weight equal to 1/1,. Madau et al.’s weights — and hence their luminosity
densities — will be generally smaller than those determined when magnitude
and surface brightness effects are taken into account.

At 20007 and 2500A(Figs. 5.14 and 3.13). the present determination of
luminosity density are generally consistent with that of Cowie et al (1999)
and the local measurement of Sullivan et al. (2000).

At 2800 A (Fig. 5.16) the luminosity density measurements are not
unlike those of Lilly et al. (Lilly et al.. 1996) and Connolly et al (1997).
However the slope of the redshift-luminosity density relation is somewhat
shallower than that found by Lilly et al. (Lilly et al.. 1996). A similar result

is noted by Cowie ef al. (1999) and Sullivan et al. (2000).

5.9 The effects of dust

The luminosity densities discussed above have not been corrected for effects
of internal dust absorption. These effects are sizable at the U\ wavelengths
being considered here. Ideally. one would like to apply a dust correction to
the UV [uminosity of each galaxy individually. However. for the most part.

it is not possible to measure the extinction in a galaxy using only broad band
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colours.! Therefore. only an average correction can be applied.

Naively. one would expect that different types of galaxies would have dif-
fering amounts of dust absorption. One would expect later types to be more
dusty. earlier galaxies. less so. To investigate the amount of dust absorption
as a function of galaxy type. three samples were examined: the U\ -selected
sample of Sullivan et al. (2000). the sub-sample of the Canada-France Red-
shift Survey (CFRS) survey discussed by Tresse et al. (1996) and the survey
of local galaxies of Kennicutt (1992). These three samples have all have pho-
tometry or visual morphologies. which can be used to determine type. and
Ha and H3 equivalent widths which can be used to measure extinction.

Extinction, parameterized by the colour excess. E(B — 17) can be deter-
mined by comparing the measured values of the Balmer line fluxes. F{Ha)

and F(HJ). to their expected values:

F(Ha) N 10-0.1:‘0 « F(Ha)
F(H‘j) observed - 107044y F(HJ) emitted
—  10-94(dAa-Ay) F(Ha)
F(HJ) emitted
BBk, v F(Ha) -
— 1O OHE(B-V)(Na-Xy) o T2 (5.20)
F(H‘j) emitted

where A, is the extinction in magnitudes and X(\) = A,/E(B — V") is the

extinction law. Equation 5.20 can be rearranged to give

2.5 log (£l Filfla) )
- ) lobserved F(HI) lemitted =
-1 = : 5.21
E(B-V) Y (5.21)

'The exception is the special case of starburst galaxies. which have very similar intrinsic
SED’s. It is possible to relate the UV spectral slope of starburst galaxies to their extinction
(Meurer et al.. 1999).
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The ratio of the emitted Balmer line strengths is known theoretically to be
F(Ha)/F(HJ3) = 2.86. for case B recombination and a nebular temperature
of 10 000 K and a density of 100 ecm™* (Osterbrock. 1989). The extinction
law is well known at optical wavelength: Seaton (1979) gives X, —.\'; = 1.19:
Calzetti (1997) gives a similar value. Thus if F(Ha)/F(H.3) can be measured
for a galaxy. its extinction can be known.

The Ha and H.3 equivalent widths must be corrected for stellar absorp-
tion. More properly. this is the drop in the galactic continuum underneath the
nebular emission lines due to Balmer absorption in the stellar atmospheres.

The sample of Sullivan et al. (2000) and Trever et al. (1999) is selected in
the UV with a filter centred at 2000A. The median redshift of the sample is
about = = 0.1. From the information in these papers. it is possible to derive
E(B — V") for each galaxy in the sample. They also list galaxy type. deter-
mined by comparing the rest-frame UV-B colour to the spectral templates
of Poggianti (1997). These tyvpes were adopted. rather than re-determining
the type based on the templates described in Section 3.3.

The sample of Tresse et al. (1996) consists of those galaxies in the CFRS
sample with redshifts less than = = 0.3. Their Table 2 lists A;-(= 3.2x E(B-
17)), as calculated from Ha and H.J (corrected for stellar absorption). so no
further calculations are needed to determine the dust content. The type of
each galaxy was determined by comparing its given 1" — I colour to spectral
templates. Again, the templates used were those adopted by the authors (in
this case the GISSEL models (Bruzual & Charlot. 1993) were used) rather
than the templates used in this thesis.

Kennicutt's (1992) sample is a set of local. = < 0.02. galaxies. The
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tabulated values of Ha and H.7 equivalent widths were corrected for stellar
absorption. Regrettably. there was insufficient information to make individ-
ual corrections for each galaxy: an average correction of 5\ was applied.
On the other hand. corrections were made for the contamination of the Ha
line for the nearby [NII] line. The corrected Ha and H.3 were used to de-
termine E(B — 17) using Equation 5.21. Kennicutt gives visually classified
morphologies for all the galaxies in his sample.

Figure 5.17 shows E(B — 17) plotted against galaxy type for the three
samples. There is a considerable amount of scatter: E(B — 17) ranges from
0 to 0.8: this corresponds to a range in 4y from 0 to 2.56. in agreement
with other authors. The surprising thing about Figure 5.17 is that there
does not appear to be any correlation of extinction with galaxy tvpe. This is
true if type is determined by colour (as in the Sullivan et al. (2000) and the
Tresse et al. (1996) samples) or by visual morphology (as in the Kennicutt
(1992) sample). Although the scatter for each tvpe is large. the median is
remarkably constant. As shown in Table 5.1, the median values of E(B —-1")

for each of the three samples are quite similar.

Table 5.1: Median E(B — 17) for various samples

| Sample E(B-1V)|ogp-1 |
Sullivan et al. (2000) 0.30 0.13
Tresse et al. (1996) 0.30 0.22
Kennicutt (1992) 0.33 0.12

A dust correction of E(B—-17)=0.3 was adopted for all galaxies. Adopting

the Calzetti (1997) reddening law. this translates to an extinction at 2500 of
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Figure 5.17: E(B —17) as a function of galaxy type for different samples. [n
the Sullivan et al sample. (2000) galaxy type is determined by rest U\V/(2000)-
B colour. In the Tresse et al. (1996) sample. galaxy type is determined by
rest 1" — [ colour. In the Kennicutt (1992) sample. galaxy type is based on
visual morphology (not colour). There does not appear to be a correlation
of E(B — V") with galaxy type. The horizontal lines show the median values
of E(B-1").
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Ass00 = 1.14 magnitudes. This amounts to a correction to the U\" luminosity
density of about a factor of three. Although it would be preferable to apply
an individual correction for each galaxy. this is not feasible unless Hoe and H.3
are measured for each galaxy. This is obviously not feasible for a photometric
redshift survey. The dust-corrected luminosity densities are shown as filled

squares in Figures 3.13. 3.14. 5.15. and 35.16.

5.10 Star formation rates

The far UV light of a galaxy is dominated by the brightest. bluest stars of
the main sequence. Because these stars have a short life-time. and therefore
must have been recently formed. the UV luminosity of a galaxy is a good
measure of the star formation rate (SFR) of a galaxy. UV luminosity. Ly,

is directly proportional to SFR:

SFR (M.yr™') = constant x Ly (ergs s™'Hz™!) (5.22)

(S]]

The value of the constant in Equation 5.22 must be determined from theo-
retical models of galaxy spectral evolution. Fortunately. the constant is not
sensitive to the details of the construction of these models. nor is it sensitive
to the prior star formation history of a galaxy. Unfortunately, it is sensitive
to one’s choice of initial mass function (IMF). The choice of IMF is the largest
single source of uncertainty in the measurement of star formation rates. The
constant depends somewhat on exactly which part of the UV continuum is
being measured. Values of the constant are summarized in Table 5.2 for
the Scalo (1986) and Salpeter (1953) IMF's as given by Madau. Pozzetti &
Dickinson (1998).
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Table 5.2: Conversion of U\ density to SFR
| IMF Wavelength | constant |
Scalo 15004 2.86x10%8
Scalo 2800\ | 1.96x 107
Salpeter 15004 1.25x 107
Salpeter | 2800A 1.27x 1028

The UV luminosity densities at 2500 from Figure 5.15 were converted
into star formation rate densities by adopting a Salpeter IMF. The results
are shown in Figure 5.18 as solid squares. Since the conversion is a simple
multiplication. the relative evolution of the SFR density is exactly the same
as the that of UV luminosity density. That is to say. it is fairly constant at
high redshift. and drops slowly below : = 1.5

Star formation rates have been measured from dust-corrected UV lumi-
nosities by other authors. The high redshift results of Madau et al. (1998)
and Steidel et al. (1999). as well as the local results of Sullivan et al. (2000)
are also shown in Figure 5.18 as various four-sided points. Except for the
highest redshift point of Madau et al.. they are consistent with the results of
the present photometric sample.

There are several ways to measure the SFRD at other wavelengths. Star
formation rates have been measured using observations at sub-millimetre
wavelengths. When dust in galaxies absorbs light at U\ wavelengths it is
heated. The dust then radiates thermally at a broad range of wavelengths
from the far-infrared to the sub-millimetre (8-1000um) with a peak at ~

60pm. The integrated luminosity over these wavelengths is related to star
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Figure 5.18: Evolution of the star formation rate density of the Universe
as measured by different methods. The SCUBA sub-mm measurements are
shown as circles. Ha measurements are shown as triangles. The 15um mea-
surements are shown as stars. U\ measurements are shown as various four-
sided symbols.
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formation rate by
SFR (M.yr™') = 4.5 x 107" x L(IR)(ergs s™!) (5.23)

(Kennicutt, 1998). The advent of the Sub-millimetre Common User Bolo-
metric Array (SCUBA) has made it possible to measure the flux at 850m.
Measurements at this wavelength can be extrapolated to measure the full in-
tegrated IR flux and hence the star formation rate. As an interesting® aside.
because the sub-mm images are of such low resolution. it is often hard to
make reliable optical identifications. This means that it is sometimes hard
to assign a redshift to the objects. However. radio identifications have been
made at 2lem. so it is possible to determine “millimetric redshifts™. A red-
shift is determined by comparing the flux ratio F(850um)/F(21lcm) to the
flux ratio that one obtains by redshifting a template galaxy (Arp 220). The
sub-mm measurements of the SFR from Hughes et al (1998) and Barger.
Cowie & Richards (2000) are shown on Figure 5.18 as circles.

Similarly. one can extrapolate from the flux at 15pum to measure the
total luminosity from dust and hence measure star formation rates. This
was done by Flores et al. (1999) who used the Infrared Space Observatory
(ISO) to obtain images of a CFRS field. The resulting star formation rates
at = < 1 are shown as stars in Figure 3.18.

Finally. star formation rates have been measured using Ha fluxes. Al-
most all the UV’ light shortwards of the Lyman limit emitted by voung hot
stars in a galaxy is absorbed by interstellar hydrogen and re-emitted in recom-

bination lines. Thus. measuring the strength of these lines is a measurement

%interesting at least to photometric redshift aficionados
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of the UV luminosity shortwards of 912, which is a measurement of the star
formation rate. In principle any recombination line could be used. However.
the Paschen lines lie in the infrared and are difficult to measure. and the
Lyman series are strongly affected by dust. Thus most such measurements
are done using the strongest Balmer line. Ha. which is only weakly affected

by dust. Ha luminosity L{Ha) is converted into a star formation rate thus:
SFR (M:yr7') = 7.9 x 107* x L(Ha)(ergs s~") (5.24)

(Kennicutt. 1998). Gallego et al. (1995) made a local determination of the
SFR from Ha measurements. At slightly higher redshifts. Tresse & Maddox
(1998) did the same for a sample of CFRS galaxies at z < 0.3. At higher
redshifts. the Ha line moves into the infrared. making observations more
difficult. However. two measurements have been at = ~ 1: Glazebrook et
al. (1999) used the CGSH infrared spectrograph on UKIRT to observe CFRS
galaxies and Yan et al (1999) made measurements using slitless spectroscopy
with NICMOS on HST. The star formation rate determined by these surveys
are shown as triangles on Figure 5.18

All the measurements discussed above assume or have been corrected to
a Hy=65 kms™"Mpc™'. Q = 1. A = 0 cosmology. The general shape of Fig-
ure 5.18 is not changed by altering this cosmology. Star formation is directly
proportional to luminosity density. Luminosity density is directly propor-
tional to the square of the luminosity distance d; and inversely proportional
to the comoving volume element dV’/dz. That is to say. L x d3 (dV7/dz)"".
Although dV/dz is very sensitive to cosmology. this sensitivity is partially

cancelled out by the d2 term. Thus. changes in Hy alter the SFRD by a
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Figure 5.19: The effects of cosmology on estimates of the evolution of the
star formation rate density. The same as Figure 5.18 but with the addition
of lines showing the effects of differing cosmologies as labeled. Changing the
values of Q and A\ has little effect on estimates of the star formation rate.
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factor of Hy/65. which translates to a simple vertical shift in Figure 5.18.
The effects of changing €2 and A are shown in Figure 5.19. The solid lines
show the evolution of the SFRD for various cosmologies. as labeled. Even at
high redshift. the difference between the two extremes (Q=1. A=0 vs. 0=0.3.
A=0.7. k=0) is smaller than the typical uncertainties of each measurement.
The different measurements of the SFRD shown in Figure 5.18 are quite
consistent. with one or two exceptions. The highest redshift point of Madau
et al. (1998) was discussed earlier. There is also a general disagreement at
low redshift between the U\ measurements and Ha measurements. However.
given that all the methods of measuring the SFRD are subject to systematic
uncertainties on the order of a factor of two. Figure 5.18 shows a remarkable
consistency. Although several authors have claimed that the star formation
seen in the sub-millimetre occurs in a separate population of nnusually bright
and dusty objects. visible only in the sub-mm. Adelberger & Steidel (2000)
have shown that a single population of normal starburst galaxies can account
for all the sub-millimetre observations as well as the UV observations. [ndeed.
Figure 5.18 shows that the sub-mm and UV’ observations give consistent
answers even though they measure star formation in very different ways.
The general picture shown in Figure 5.18 would appear to be one where
the Universe forms stars at a constant rate until a point around = ~ 1.5 when
star formation begins to decay. But if the same data are plotted against the
age of the Universe instead of redshift. as shown in Figure 5.20. a different
picture emerges. Plotting in this manner compresses the high redshift points
(where the SFRD appeared flat) considerably. Now it appears that the best

description of the star formation history of the Universe is an exponential
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decay with a time constant of 7 >~ 4 Gyr.

That the SFR should decay exponentially is perhaps not surprising. If
the rate at which gas is converted into stars is proportional to the amount
of gas available in an individual galaxy. then the amount of gas will decline
exponentially. If M is the mass of gas in a galaxy and C = 1/r is a

proportionality constant. then one can write:

dMyas

~CM,qs.
dt CA, (

(1)
(3]
o
-~

The solution to this differential equation is Mg, x exp(=Ct) x exp(—t/7).

Since the rate at which stars are formed is the same at which gas is depleted

: M e .
the star formation rate. SFR = %t‘m = —=2= will also decline exponen-

tially in this simplified case.
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Chapter 6

Merging

This chapter examines the change in the number density of galaxies using
the V7/15,,; statistic and the B band luminoesity function.

The V/V qr statistic is a robust way of measuring the density and/or
luminosity evolution of a population of objects. In this chapter. it is used as
a first attempt to get some idea of the nature of the density evolution. While
the V7/1 4 statistic is robust. it lacks subtlety. To investigate the merging
history of galaxies more carefully. one must instead examine the evolution of
the luminosity function.

In the simplest case. all galaxies would have a fixed absolute magnitude.
In this case. it would be easy to calculate the merger rate. One would just
measure the space density of galaxies at = = 5 (as measured by the luminosity
function). and again at z = 0. The difference would be due to the mergers: if
there were twice as many galaxies at : = 5 than at = = 0. then every galaxy
must be the product of the merger of two progenitors. In this case. even
though the number density of galaxies would decline with time. the number

of stars (as measured by the luminosity density) would remain constant.

118
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In reality. the situation is much more complicated. In addition to fading.
galaxies also age with time. becoming redder. As time goes on. the red
galaxies will become more numerous at the expense of the blue galaxies.
Furthermore. the total number density of galaxies cannot be calculated. The
luminosity function does not drop off at the faintest observable magnitudes:
any integral over a faint end extrapolation will be infinite. Despite these
complicating factors. it is still possible to deduce the merger rate from the
evolution of the B band luminosity function by introducing a simple model
for the data.

Working in the B band represents a compromise. Ideally. one would like
to work in an infrared band. such as K. which is an excellent tracer of total
stellar mass. and is not much affected by transitory bursts of star formation.
Working in A". however. represents an extrapolation from the HST F814\V
filter of a factor of 2 in wavelength. even at = = 0. Thus. in order to mini-
mize the k-corrections. one would like to work in the ultraviolet. Measuring
magnitudes at 1300A. as in Chapter 5. one does not have to extrapolate the
SED of a galaxy beyvond the F814W filter until : = 4.5. But UV flux closely
traces star formation and the number of hot stars. rather than the stellar
population in general. The B band is intermediate to these two extremes:
it is more quiescent than the 1500 and requires smaller k-corrections than
the A" band. Furthermore. generating luminosity functions in B allows one
to compare results with the large number of B band luminosity functions in
the literature.

For this chapter. the galaxy sample was split by colour into a red sample

and a blue sample. The template fitting method described in Section 3.3
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determines a galaxy type at the same time it measures a photometric redshift.
This assigned type is used to make the colour cut. Those galaxies whose
photometry best matches the SED of a Sbe galaxy or earlier are assigned
to the red sample. Those with later types are assigned to the blue sample.
This cut at Sbe is the same one adopted by the Canada-France Redshift
Survev (Lilly et al.. 1995a. CFRS). so data from that survev can easily be
incorporated to the present analvsis. Locally. Sbe is roughly the median
colour: splitting at this type divides the sample into two roughly equal groups
at low redshift. At high redshift of course. most galaxies are blue: by : ~ 3.
there are no red galaxies at all. Type can only be determined for the galaxies
out to : = 4.5: at higher redshifts. the galaxies become R band drop-outs.
Without the colour information afforded by R — I. the tyvpe assigned by
the template fitting method is meaningless. Therefore. those galaxies with
= > 4.5 were excluded from the sample. Since there are only 8 such galaxies
in the total sample of 1694. it is unlikely that this will have much of an

impact on the results.

6.1 The V/V,,,, statistic

The V7/V 4, statistic is a measure of the radial position of an object within
the volume available to it in a sample. It is related to the 1/, method for
determining luminosity functions discussed in Chapter 5. 1 is the volume
enclosed within the radius at which the object lies: V4. is the volume within
the maximum radius at which the object could lie and still be included in the

sample. The value of 17/1},,, for a given galaxy can vary anywhere from zero
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to one. A value of zero for 17/1],,, means that galaxy lies directly on top of
the observer or at the inner limit of the sample. A value of one means that
the object was almost too distant to make it into the sample. If the objects in
a sample are evenly distributed in space and if the luminosity function of the
population does not change over the region being surveved. then the mean
value of V'/V},4, should be (1/1},,,) = 0.5: the distribution of 17/1},., should
be a flat. boxcar distribution from 0 to 1. If the distribution of 17/}, is not
flat. then either some evolution eith_er in luminosity or density is occurring
or the volumes have not been calculated correctly.! This is most obvious
for a purely volume-limited sample in a Euclidean cosmology. Clearly. if the
objects are evenly distributed in this space. half the objects will lie in the
closest half of the volume and half the objects will lie in the far half.

The V/1 . method was devised by Schmidt (1968). who used it to show
that quasars are not uniformly distributed in space. but were more common
at the high redshift end of his sample. The method was used more recently
to show that gama ray bursters lie outside the galaxy (Meegan et al.. 1992:
Schmidt et al.. 1988) before any GRB redshifts had been measured.

For a given object. the volumes are calculated using Equation 6.1:

1= /" 4. (6.1)

min Az

The limits depend on the sample criteria. Although the original V/1},,;
(Schmidt. 1968) statistic was defined in terms of a purely magnitude-limited
sample, V7/V .. can be used for any sample whose limits are defined in any

way using any criteria, provided those limits are well-defined. As long as

'For example. if the wrong cosmology is assumed.
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exactly the same cuts that are applied to the sample are applied to the
volumes. V/1 .. is a valid statistic. In general. z,,;, will be zero for both 1~
and V7,,;. However, if the sample has a lower redshift limit then z,,,, will be
that limit. For V". z,,; is the redshift of the object in question. For 1},,..
Zmar 1S the highest redshift that the object could be at and still be included
in the sample. If the sample is volume-limited. then z,,,; will be the high
redshift limit. If the sample is magnitude-limited. then z,,,; is determined
using Equation 5.4. If the sample is surface brightness-limited. then z,,,; is
determined using Equation 5.18. More generally. a sample can be defined by
a combination of these limits: in which case. z,,,; will be the smallest of the
limits.

[t was shown in Section 3.5 that surface brightness effects are not impor-
tant for the 1/1; method because the galaxies were split into multiple redshift
bins. Panel (d) of Figure 5.4 shows this clearlv. However. in the case of the
V'/Vinaz method. these redshift bins are not present and surface brightness
limits are relevant and cannot be ignored. In panel (c) of Figure 5.4. it can
be seen that — in the absence of bins — the maximum redshift determined
by the limiting magnitude and the maximum redshift determined by both
the limiting magnitude and the limiting surface brightness are significantly
different.

Because 17/1 4z is a ratio. one does not have to worry about the angular
size of the sample. Further, in the case where the k-corrections are negligible
and where the volumes are in Euclidean space. it is not even necessary to
know the distances to the objects. In the more general case. the fact that

it is a ratio means that V7/1,,,; is a more robust statistic when there are
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uncertainties in the redshifts of the objects in the sample.
The uncertainty associated with the average value of /1., . 0.1,

is given by:

OV Vinaz) = A% (6.2)
where N is the number of objects in the sample.

The 17/1 7,4, statistic was measured for the HDF sample. split by colour
as described above. Figure 6.1 shows the results. The left panel shows the
range of 17/1,,,, for the blue galaxies. The average value of (17/1},,.) =
0.33 £ 0.01 shows that there are more blue galaxies in the further half of
the sample. The Kolomogorov-Smirnoff test was applied to the sample. The
probability that the V7/1,,,. distribution is consistent with a uniform dis-
tribution is 4.04 x 107", indicating that evolution is definitely occurring.
The right panel shows the 17/1,,, distribution for the red galaxies. The red
galaxies are clearly evolving the other way: with more red galaxies in the
near half of the sample. the average value is (17/1 4 ) = 0.44 £ 0.02. The
overall picture is that the blue galaxies are steadily increasing in number
with distance. while the red galaxies are decreasing in number. If distance
is viewed as the converse of the age of the Universe. then the blue galaxies
are decreasing in number with time and the reds are increasing. This result.
although robust. is somewhat vague. There is no indication whether the blue
galaxies are disappearing because they are becoming red galaxies or whether
theyv are decreasing in number densities due to mergers. For a more detailed

picture, it is necessary to turn to an analysis of the B luminosity functions.
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6.2 B band luminosity and luminosity den-
sity functions

The B band luminosity functions (LF's) were generated using the 1/}
method described at length in Chapter 5. The accessible volumes were cal-
culated in exactly the same way. using the Isy = 28 limit but ignoring the
effects of surface brightness. The Eddington corrections described in Section
3.6 were applied as before. Absolute B,p magnitudes were calculated in the
same manner as the 25004 magnitudes were calculated. using the appropri-
ate h-corrections derived from the templates. The main difference is that the
sample was split by colour. Figure 6.2 shows these luminosity functions.
The Hubble Deep Fields sample a relatively small volume at low red-
shift. Further. bright galaxies are relatively rare. Consequently. the bright
end of luminosity functions measured in the HDF's at low redshift are not
well-defined. To remedy the situation. the LF’s were supplemented by lu-
minosity functions measured from the Canada-France Redshift Survey (Lilly
et al.. 1995b. CFRS-VI). The "best”™ Schecter functions listed in Table 1
of CFRS-VT were shifted from Hy=30kms™'Mpc~'to Hy=65kms™'Mpc™t.
The Schecter functions were only used in the absolute magnitude range in
which they are valid. These CFRS luminosity functions were used indepen-
dently of the HDF luminosity functions to measure the evolution of the num-
ber density. where one follows each absolute magnitude interval separately.
On the other hand, to measure the evolution of the luminosity density. it is
necessary to integrate over the function as a whole. For this purpose. the

two luminosity functions were merged. In the case of overlap between the
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Figure 6.2: The B band luminosity functions for different redshift slices.
The heavy lines at the bright ends of the lower redshift slices show the CFRS
extensions. The dashed lines at the faint ends show an a = —1 extrapolation.
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HDF luminosity functions and those from the CFRS. the former were used.
Figure 6.2 shows the extensions to the HDF luminosity functions as heavy
lines. At the faint end. the luminosity functions were extended by assuming
a Schecter function with @ = —1: that is to sav. the LF was assumed to be
flat.

The B band luminosity functions were converted into luminosity density
functions by multiplying the luminosity function by the ux corresponding to
each absolute magnitude. as described previously in Section 5.8. Figure 6.3
shows the luminosity density functions. Now the importance of extending the
HDF luminosity functions brightwards with the CFRS luminosity functions
becomes apparent. Especially in the lowest redshift bin. the peak of the
luminosity density function — which contributes the most to the integrated
luminosity density — lies in the CFRS extension. At high redshift. the details
of the extrapolation at the faint end of the luminosity density function have a
small effect but are not particularly important. Assuming a = —1.5 instead
of a = —1 changes the integrated luminosity density by 25%. For the lower
redshift bins. changing the extrapolation has no significant effect.

Integrating over the B band luminosity density function. one obtains
the total luminosity density. As mentioned earlier. both the HDF and CFRS
luminosity functions are combined to get the luminosity density. Figure 6.5
shows the evolution of luminosity density with redshift. Least-squares fits to
the data are shown. The luminosity density due to blue galaxies increases
with redshift. while that from red galaxies decreases with redshift. Overall.
the total B band luminosity density drops by a factor of ~ 2.5, from = =3

to z = 0.2. as calculated from the fit.
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To better trace the evolution of the number density of galaxies. one must
plot the luminosity functions in slightly different way. Normally. luminosity
functions are shown as number density plotted against absolute magnitude
for various redshift cuts. as shown in Figure 6.2. Instead. one should plot
number density against redshift for various absolute magnitude cuts. Figure
6.4 shows the evolution of number density in this way. The left-hand panels
show the number density of blue galaxies steadily increasing with redshift.
while the right-hand panels show that the red galaxies are steadily decreasing
in number at higher redshifts. Each panel shows a least-squares fit to the
data. The ratio of number density of galaxies at = = 5 over that at = = 0.2

as determined from the fit is also noted in each panel.

6.3 Interpretation

There are three processes affecting the number and luminosity density of

galaxies. as illustrated schematically by Figure 6.6:

e Merging converts two fainter galaxies into a single brighter one. Merg-
ing causes a drop in the number of distinct galaxies but does not cause
a drop in the total luminosity density. In an individual merger. the
number of galaxies involved goes from two to one. but no stars are
lost so the net effect on the luminosity density is nil. Indeed. if there is
merger-induced star formation. the total luminosity of the final product

will increase.

e Fading changes a bright galaxy into a fainter one. Disk galaxies will

fade as thev deplete their reservoir of gas and their star formation
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rates fall. A galaxy with a simple. single burst population will fade
more rapidly as its more massive stars die off. Fading decreases the
total luminosity density. but leaves the total number density of galaxies

intact.

e Aging turns a blue galaxy into a red galaxy. Aging will occur when a
galaxy is stripped of gas and dust and can no longer form new stars.?
Aging increases the number density of red galaxies at the expense of
blue galaxies. Aging and fading are different aspects of the same pro-
cess: as galaxies become redder through aging. thev will also become

fainter.

Clearly. fading and aging must be occurring to some degree. On the
whole. galaxies cannot continuously pump out stars at a constant rate for all
time. Even if individual galaxies brighten due bursts of star formation. and
even if the star formation rates of some galaxies remain relatively constant
over the age of the Universe. Figure 6.5 shows that the total amount of B
band light from all galaxies has decreased by a factor of two or three since
z = 3. Therefore. some fading is occurring.

Further. the amount of B band light from blue galaxies has decreased
bv a factor of three or four since z=3. while the light from red galaxies is
increasing, from no measurable light at z=5 to about a third of the total at

low redshift. Therefore some aging is occurring. Plausibly, reverse processes

2Note that not all such evolved galaxies are elliptical in morphology. Even if a galaxy
has a significant disk. as long as its red bulge dominates (ie. it is of type Sbc or earlier)
it will still be classified as a red galaxy.
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may be occuring too. Old red galaxies may be rejuvenated by starbursts and
become bluer. The net trend. however. is that galaxies are growing older.

Some merging must be occurring too. The brightest blue galaxies (the
top left panel of Fig. 6.4) do not appear to evolve in number density at all.
Since they are being depleted by aging and fading, their numbers must be
replenished at the same rate by the merging of fainter blue galaxies.

The fainter blue galaxies show a significant drop in number. Although
some fading is occurring, as evidenced by the factor of three drop in luminos-
ity density of the overall population shown in Figure 6.5. the drop in number
density of individual objects is greater still: a factor of 8 to 18. as shown in
the lower left-hand panels of Figure 6.4. Some aging is occurring too: the
red galaxies in the corresponding magnitude bins are steadily increasing. But
their numbers are relatively small (note the log scale) and should not have
a large effect on the numbers of blue galaxies. Therefore. the fainter blue
galaxies are being depleted by merging.

The red galaxies show a ten-fold increase in numbers since : = 2 (the
highest redshift at which red galaxies are measurable). However merging also
affects the red galaxies: the faintest magnitude bin remains almost constant.
even though it must be gaining some galaxies through the aging of blue
galaxies.

It is worth noting that. locally, the brightest red galaxies have the same
absolute magnitudes as their blue counterparts: Mg = —23. According to
the PEGASE galaxy stellar population models (Fioc & Rocca-Volmerange.

1997). as a galaxy with a simple, single burst population changes in colour
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from blue to red it will fade by 2 magnitudes.> Therefore. if red galaxies
formed solely through the aging of blue galaxies. there would have to be a
population of Mp = —25 bright blue galaxies. because aging also implies a
fading of 2 magnitudes. Thus it would take 7 or so of the brightest Mg = —23
progenitors to produce one of the brightest present day red galaxies. Alter-
natively of course. the progenitors of the brightest elliptical galaxies could be
single. massive objects whose B band light is almost completely absorbed by
dust. These objects would be visible at submillimetre wavelengths but not
in the optical. However. Adelberger & Steidel (2000) have shown that the
vast majority of the observed 850um flux can be attributed to fairly normal
galaxies that can be detected in the UV.

The balance is different for the different absolute magnitude bins. The
change in number density is greater for the faintest galaxies in the sample.
those with magnitude —17 > Mg > —19. than for the galaxies with —19 <
Mpg < =21. This suggests that merging affects the number density of smaller
galaxies more than the larger galaxies. However. this does not necessarily
mean that faint galaxies are involved in more mergers. Since mergers turn
two fainter galaxies into a brighter one. the brighter magnitude bins gain at
the expense of the fainter bins.

These qualitative statements can be put on a more quantitative footing
with a simple model. The basic idea is to replace each of the bhoxes in

the diagram in in Figure 6.6 with the number density. .V. of an absolute

3Here “from blue to red” means from a typical blue galaxy. of type Im (B — R=0.5 in
the Vega system, 1"~ [ 15=0.17) to the corresponding typical red galaxy. an Sa (B - R=1.5
Vega. 1" - [,5=0.70).
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magnitude bin and replace each of the arrows in the diagram with a rate-
of-change term. d.N/dt. in a differential equation describing the evolution of
galaxies. An arrow leaving a box means a decrease in the number density in
that absolute magnitude bin: an arrow entering a box means a corresponding
increase.

Assume the following:

e A merger causes two galaxies of the same magnitude to become a single

object that is 0.75 (=2.5 log(2) ) magnitudes brighter.

e All galaxies fade at the same rate — that of the decrease in total

luminosity density.

e Aging can be described simply as the movement of a galaxy from a
blue bin to a red bin and is independent of fading. Further. the aging

process remains constant with redshift.

e [nitially. there are no red galaxies at all.

Then one can calculate a detailed balance. Note that only the forward pro-
cesses (aging and fading) are considered. Including the reverse processes
(rejuvenation and rebrightening through star bursts) is functionally equiva-
lent to reducing the strength of the forward processes. Moving diagonally in
Figure 6.6 is equivalent to a vertical (fading/brightening) move followed by
a horizontal (aging/rejuvenation) move.

Brightening and fading are. of course, incremental processes. Reconciling
this with the discrete magnitude bins is handled in the following way: If a

process causes a change in magnitude of d.\/ and the bins are AV wide. then
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a fraction 6.M//AM are deemed to have moved into the next bin and the rest
(1 ~dM/AM) are deemed to remain in the original bin.

Formally:

o let Ny, be the number of blue galaxies with —23 < Mg < =21.
let Vi be the number of blue galaxies with =21 < Mg < —19.
let Vi3 be the number of blue galaxies with —19 < Mg < —17.
let V.29 be the number of red galaxies with =23 < Mg < —=21.
let N1y be the number of red galaxies with —21 < Mg < —19.

let .V;15 be the number of red galaxies with —19 < Mp < —17.

e let M be the merger rate for galaxies as measured in units of mergers
per individual galaxy per gigayear or — equivalently — the fraction of
the galaxy population that undergoes a merger per Gyr. M depends

on redshift:

FRY Y
.\[(:)={.\10x(1+-) if z <1 (6.3)

Myx8 if:>1

e let B, the brightening parameter. be the ratio of the increase in lu-
minosity due to merging (measured in magnitudes) divided by the
width of each magnitude bin. Since it is assumed that a galaxy dou-
bles in brightness after a merger and the bins are 2 magnitudes wide.

B =2.5log(2)/2 = 0.38.

e let F. the fading parameter. be the ratio of the decrease in luminosity
(measured in magnitudes) per gigavear divided by the width of each

magnitude bin. The global decrease in luminosity density from = = 5.0
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to : = 0.2 is a factor of ~ 2.4 over a span of 6.9 Gyvr. Since it is assumed
that all galaxies fade at the same rate. F = 2.5log;4(2.4)/6.9Gyr/2 ~

0.069Gvr™!.

e let A. the aging parameter be the fraction per gigavear of blue galaxies
that become old enough (or bulge-dominated enough) to be classified

as red galaxies.

e let the age of the Universe. ¢. and redshift. z. be related by

1

t(z) = Hy /(;: [Q/r — ko + .\1:2]-1/2 dr. where r = 1—% (6.4)

~

A Hy =65kms™"\Mpe™. Q = 1. .\ =0 cosmology is assumed.

Then one has:

Merging : Fading : Aging :
% ™~ / .
numeric out to in from out to in from out to in from
losses brighter fainter fainter brighter red blue
(Z'Vt'” = - —‘)_L Ny —B -‘2[- Ny +B %_L Nizo —F N = ANy
%!tm = - %L Voo — B-)L Voo +B %L-\"’ms —FNpo +F Ny —ANyy
diug = ANy —BY Vs +BE Ny —FNos +FNew —AN,
n = =5 .Vpig =5-.Vp18 -Voie Vois  FLE Ve —AlVers
(—1—)1%22 = - ‘17{ Ny —B ;‘QLA";‘.".’ +B %£~\.r20 ~FNix +A. Vb2
d%fm = "'—2[‘ Vg —B%L Vg +B %L-Vrls -FNog +FNen +ANbp
%‘%m = —5Vrs —B"\jl‘ A +B‘¥‘-‘\"r16 —FNos +FNoyp +.A Vb8
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The five free parameters in this equation are the initial (z = 5) values of
the number densities in each magnitude bin for the blue galaxies. Vya. Nig
and .V;g. the aging parameter. 4. and the merging parameter. M. For a
given set of parameters. Equation 6.5 can be solved. predicting the evolution
of the number density of galaxies as a function of redshift. In principle. since
it is a system of first order linear differential equations. Equation 6.3 can
be solved analytically using eigenfunctions for any fixed set of parameters.
In practice, the equation was solved numerically using a fourth-order Runge
Kutta method.

In reality. there are more than just 3 magnitude bins: the luminosity
function extends to much fainter magnitudes. The number of galaxies in the
next fainter bin (=17 < Mg < —13) is in fact included in these calculations
(Va1 and N, in equation 6.5) but not compared to the observations. The
exact values of V6 and .V, g have almost no effect on the final results.

The 3-dimensional parameter space was explored thoroughly. For each
point in the parameter space. the predicted number densities at different
redshifts were compared to the observations shown in Figure 6.4. The differ-
ence between the predictions and the observations was quantified using a \?
statistic. The best values of the parameters are found by minimizing \?.

Figure 6.7 shows slices through the 3-dimensional parameter space. In
each panel. one of the five parameters (\Vya. Vyog. Npis. Ao My) is varied
throughout its range. For each panel. \* is minimized with respect to the
other four parameters and plotted on the vertical axis. Figure 6.7 allows one
to examine the sensitivity of the fit to each of the parameters. The fit is

relativelyv insensitive to initial (z = 3) values of the number densities. but
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fairly sensitive to the evolutionary parameters 4 and /.

The best fit for the parameters gives \?=27. There are 34 data points
in Figure 6.4 and five free parameter in Equation 6.3 so there are 34 — 5 =
29 degrees of freedom. This means that the reduced \* is 27/29 = 0.93.
reassuringly close to the expected value of 1. Figure 6.8 shows the best
model fit to the data of Figure 6.4. The curves accurately describe the data
within the uncertainties.

[t is important to note that this simple description is not a “model”
in the same sense as hicrarchical clustering simulations are “models”. For
example. in the simple case where all galaxies have the same magnitude. and

aging and fading can be ignored. Equation 6.5 simplifies to

d.N M
—_— ==\ .
dt 2 (6.6)
Which has the simple solution:
N(t) = Noe M2 (6.7)

In this case. deriving the merger rate is quite simple. The ratio of the number
density at two different epochs gives the merger rate. While Equation 6.5
is considerably more complex than Equation 6.6. the spirit is the same: the
intent is to deduce the merger rate from the data. not to see if a given theory
fits the data.

Figure 6.9 shows the relative importance of the different evolutionary
effects for each colour-magnitude bin. Rate of change for each of the three
processes, either positive or negative, is plotted against redshift. Rate of

change is measured by the size of the relevant terms in Equation 6.5 for the
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best fitting parameters. For example. the negative merging terms for the
brightest blue galaxies are —%L.Vb'_)g - B%‘L.\'bgz while the positive fading
term for the faintest red galaxies is +F .V,y. From Figure 6.9 it can be seen
that merging (the solid line) is the dominant process. more important than
either fading (dashed line) or aging (dotted line).

[ntegrating over the merger rate from = = 3 to the present. one finds that.
on average, a present day galaxy is the product of 3.2 galaxies. This result is
in line with analysis of the merger trees of the semi-analvtic models of Taylor
& Babul (in preparation) and Somerville et al. (2000). Tavlor & Babul follow
present day galaxies backwards in time. noting when a major merger occurs.
A major merger is defined as one where the galaxy being accreted has a mass
at least 50% of that of the main galaxy. Based on their results. a present
day galaxy undergoes an average of 2.2 such mergers since z=6. implving the
average number of progenitors is 3.2, remarkably similar to the observations.
Figure 6.10 shows the distribution of the number of major mergers for 100
simulated galaxies. Somerville et al. (2000) followed dark matter halos in
a similar fashion. Their Figure 6 shows the probability that a present day
galaxy had N progenitors at z=2 as a function of N. The distribution has
a mean of N=2.3 and peaks at N=2. Of course. these theoretical results
from hierarchical clustering models are not directly comparable to the data
at hand. The underlying assumption in deducing the merger rate from the
data is that only galaxies of equal mass merge. while in the more detailed
models. a range of galaxy masses are involved in a merger. Also note that it
is the dark matter halos which are being followed in the merger trees. not the

galaxies themselves. although one can assume that the galaxies themselves
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merge shortly after their halos. Notwithstanding these caveats. the general

agreement between the models and the data is interesting.
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Chapter 7

Morphologies

This chapter examines the evolution of the morphologies of galaxies. An
objective measure of morphology. “lumpiness”™ (denoted L) is introduced.
To avoid the observational effects caused by redshift. the UBRI images of
the Hubble Deep Fields are used to make rest B images of the fields by
applying k-corrections on a pixel-by-pixel basis. L is then measured for the

galaxies in this rest B image.

7.1 The L parameter

Traditionally, the appearance of galaxies. described by Hubble type. has been
measured by eve. Expert observers would examine an image of a galaxy and
classify its morphology based on various distinguishing characteristics (van
den Bergh, 1998). Although these characteristics (presence/prominence of
spiral arms. size of bulge. disturbed shape etc.) are generally agreed on by all
the experts concerned. there is no way to quantify the Hubble type directly

and objectively.

47
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One aspect of the appearance of a galaxy that changes in a systematic
way along the Hubble sequence is a galaxy’'s “lumpiness”. Elliptical galaxies
have a smooth appearance. while late type spirals have numerous knots of star
formation. These knots are essentially local peaks in the spatial luminosity
distribution of a galaxy. Hence. one can define a “lumpiness” parameter.
L. as the number of local maxima associated with an object. An elliptical
galaxy would have L = 1. while a star-forming galaxy with many HII regions
might have L = 50. L is not an absolute number for a given galaxy. Different
images of the same object may give different values of L as more lumps are
revealed. For example. a higher resolution image or an image with a longer
exposure time of the same galaxy may vield a higher value of L. This is not
a concern. of course. for the Hubble Deep Fields where the image quality is
consistent.

To measure L for a given galaxy image. one must decide what are the
criteria that define a local maximum. That is to sayv. how many neighbouring
pixels should be considered when measuring a local maximum and what is
the minimum contrast that pixel must have with respect to its neighbours.
Further, one must decide what parts of the image of a galaxy are actually
associated with that galaxy and are not sky or parts of other nearby galaxies.
To measure L for the Hubble Deep Field galaxies. two approaches were used:

In the first approach. the image is smoothed with a 5 x 3 kernel. Then.
each pixel within the isophotes of the galaxy in question is examined in turn.
Each pixel is deemed to be a local maximum if it is the brightest pixel in a
5 x 5 pixel area. The isophotes in question are those produced by SExtractor

when the initial catalog was generated (see Chap. 2). This method is quite



CHAPTER 7. MORPHOLOGIES 149

simple but will not detect as lumps those maxima which lie near a galaxy in
space, but not quite near enough on the image to be within its isophote.

The second approach is somewhat different. The image is processed
using SExtractor with its deblending contrast parameter (see section 2.2) set
to a very low level (107% instead of 0.005). This means that every luminosity
enhancement is detected as a separate object. Note that, since SExtractor
convolves the image with a kernel as part of the detection process. spurious
noise peaks are not detected. To measure L for a given galaxy in the original
(normally extracted) catalog. one adds up the number of detected objects
that are near that galaxy. An object is "near” a galaxy in the original catalog
if the difference in photometric redshifts is less than Az = 0.1. Further. it
must lie less than 13 kpc in projected separation from the catalog galaxy
or lie within 15 kpc of an object which is “near” a catalog galaxv. That is
to say. the neighbour-of-a-neighbour is also a neighbour. This method takes
advantage of the fact that. for photometric redshifts. the internal scatter
(Zphot 1O Zphet) is much lower than their external scatter (Zpnor tO Zypec)-

Of course. since the deblending parameter has been set so low. many
more objects will be detected. most of which will not be in the original cata-
log. To determine which galaxies are neighbours. photometric redshifts must
be assigned. For the most part. these new objects lie within the isophotes of
a galaxy in the original catalog. That is to say. it is not a new object but
rather part of an old object which is now more segmented. In this case. the
photometric redshift of the lump is just the same as the original galaxy. Less
often, the newly-found lump is an object that lies outside the isophote of any

galaxy in the original catalog. These galaxies were detected originally but
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did not make the /=28 magnitude cut. For these objects. photometry was
done using the same algorithm as described in Chapter 2 and photometric
redshifts were generated as before. The quality of these second run photo-
metric redshifts is generally poorer than those of the first run: the galaxies
are fainter. and sometimes the object is not detected in all 4 bands. On a
few occasions. it was impossible to determine a photometric redshift at all
because the galaxy was only detected in the / band and the lower limit on
its R — I colour was not large enough to identify it as an R band dropout.
However. since these galaxies are a small minority. the inclusion of these
lower quality photormetric redshifts in the analysis should not alter the final
conclusions.

In this second method of determining L. all lumps near a given galaxy are
counted properly: this justifies the additional complications. In particular.
objects like those shown in Figure 4.4. which are not uncommon at high
redshift. are properly described. In fact. although the two methods often
give different values for L for the same galaxy. the overall conclusions on the
evolution of morphology are the same. regardless of which method is used.
Figure 7.1 shows four examples of this technique implemented on the [ band
image of the HDFN.

As a first test. the second method of measuring L was applied to the [
band images of the two HDF's. Lumpiness was measured for each galaxy in
the catalog described in Chapter 2. The galaxy catalog was split into three
groups: galaxies with but a single local maximum. those with two to four
local maxima and those with five or more. For each of these groups. number

counts were calculated. Figure 7.2 shows the results. At bright magnitudes.
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v ~

Figure 7.1: Four examples of lump finding and grouping. The circles show the
central galaxy. The rays link the centre to the various sub-lumps. The red-
shifts of the objects are (clockwise from the upper left) z = 0.199. z = 0.089.
z = 3.216. and z = 3.181.
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most galaxies have multiple maxima. At faint magnitudes most have but a
single maximum. The main conclusion to be drawn from this graph is that

lumpiness correlates strongly with magnitude: bright objects are lumpier.

7.2 Rest B images

The problem with working solely within one observed band is that that band
is sampling different parts of the spectrum at different redshifts. Since galax-
ies do not generally have the same appearance at different rest wavelengths.
it is not valid to compare the morphology of galaxies viewed in the same
band but at different redshifts. For example. an [ band image of a galaxy at
= = 0 shows that galaxy at ~ 8000A. This wavelength is dominated by the
light of older stars. which are. generally speaking. evenly distributed about
the galaxy. At : = 2. the [ band shows the galaxy at ~ 2700A. At this
wavelength. most of the light comes from tight knots of voung stars and HII
regions. lending the galaxy a much less regular appearance. Thus. a galaxy
at z = 0 might have a lumpiness of L = L. while the same galaxy viewed in
the / band at : = 2 might have L = 30. Therefore. it highly desirable to
construct a image where all the galaxies are viewed at the same wavelength.

The B band was chosen for much the same reasons discussed in Chapter
6. It represents the best compromise between straying too far into the UV
where the light is dominated by transient features while limiting the required
amount of extrapolation bevond the observed wavelengths.

To make a rest B band image of the Hubble Deep Fields. each pixel must

be individually k-corrected to the B band based on its photometric redshift.



CHAPTER 7. MORPHOLOGIES

153

= 1l T 1 l’ T T T l T

i ® — L=1
.08 A .. 2<L<4
-1 - 8- L>4
E .
0 - ‘g---& )
n -
w104 = E--—_ L3 =
o c ,/ E
: P b
E i _// )
) r ' i
S I |
5 100 [
210 3
£ 3
E ]
3 i

102 T S S S— *
20 22 24 26 28

magnitude Ig;
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magnitudes. the galaxy counts are dominated by galaxies with a single local
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If a pixel lies within the isophote of a galaxy whose redshift is known. it is
assigned that redshift. If a pixel does not lie within an isophote. it is assumed
to be a sky pixel and is assigned a redshift of = = 0. Similarly. if a pixel lies
within the isophote of a galaxy whose redshift is not known (for example if
the galaxy was so faint a photometric redshift could not be measured) it is
assigned a redshift of = = 0. [f a pixel's redshift is - = 0. then it does not
need to be k-corrected at all: here the observed B image is the same as the
rest B image.

Several different methods of increasing complexity were tried in order
to k-correct the non-zero redshift pixels. The simplest is to take the image
of the galaxy in the band nearest the correct rest wavelength. Thus if the
galaxy lies at - = 0.89. the B band image would be used: if the galaxy lies
at = = 0.35 the 4500 x (1 + 0.33) = 6075\ or R band would be used. This
method is robust in as much as it uses the original unmodified images. While
ideal in this respect and also very simple. this method cannot be used bevond
> ~ 1. when B shifts bevond the I band.

The next simplest method is to use the flux in each band at each pixel
to construct a spectral energy distribution for that pixel. This SED can
be transfered to the rest frame by dividing the wavelength of each band by
(1 + z). Given flux as a function of rest wavelength. one can interpolate or
extrapolate as appropriate to the B band (4500A). This is still fairly simple.
However, Figure 3.1 shows that this is not always very accurate. As was
shown in Section 35.3. k-correcting using template fitting is superior. if more
complicated.

A template type must be determined for each pixel in order to make the
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k-correction. A type is assigned at the same time the photometric redshift
is measured for a galaxy. In principle. one could use this type to k-correct
each pixel belonging to that galaxy. While this method is relatively simple.
using it will not actually change the appearance of the galaxy in question.
[t will merely make the galaxy brighter or fainter as a whole. rather than
smoothing out any peaks.

Therefore. it is necessary to determine a type for each pixel of each
galaxy to determine the A-corrections. A spectral energy distribution was
constructed for each pixel. The templates described in Section 3.3 were com-
pared to this SED using \? fitting. Redshift was not left as a free parameter:
the fitting was done at the redshift of the galaxy.

Initially. only the flux of the pixel in question was used to determine the
template. However, it was found that there is not always enough signal in
a single pixel to determine a type robustly. Near the fringes of a galaxy in
particular, sky noise can have a non-negligible effect on the flux of a single
pixel. altering the SED — and hence the derived type — significantly. This
shows up on the rest B images as isolated spikes. pixels with very different
fluxes than their neighbours. Therefore. the average flux of the 9 nearest
pixels (in a 3 x 3 grid) in each band are used to make the SED and this
SED is used to determine the tvpe of the central pixel. This smooths the A-
corrections and eliminates the spikes. Note that the k-corrections could not
meaningfully be determined on a smaller scale in any case since the FWWHM
of the HDF's is about 3.5 pixels. In some cases. even with the increased
signal-to-noise. there was no measurable flux in two or more bands and a

type could not be measured. In this case. the type of parent galaxy was used
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to determine k-corrections for that pixel.

Once the template type was fit to the fluxes in a pixel. the rest B flux
was determined by interpolating or extrapolating as required along the SED
of the template to 4300A. Finally. the (1 + z)* surface brightness dimming
correction was applied to each pixel. This whole procedure is analagous to
determining the absolute magntiude for a galaxy as a whole. The template
fitting A-correction procedure is the same in both cases and the (1 + z)* term
corresponds to the distance modulus.

Figure 7.3 shows an example of the rest B image. The original observed-
frame B image is shown in the left panel and the rest-frame B image is
shown in the right. The rest B image is noticably smoother and brighter.
The galaxies are smoother. because rest B is redder than the observed frame.
They are brighter because of the brightness dimming correction. Lyman
break galaxies have large positive k-corrections: the galaxy at z = 1.540
lying near the right bottom corner of each panel in Figure 7.3 is invisible in

observed B but is quite prominent in rest B.

7.3 Results

The lumpiness parameter was measured on the rest B images described
in the previous section. Figure 7.4 shows the results for bright galaxies.
[t shows the lumpiness of each galaxy brighter than [ = 25 (the limiting
magnitude of Abraham et al . 1996) as points. The median value of L is
plotted as a heavy line. Based on this plot. the lumpiness of galaxies would

appear to correlate strongly with redshift. The median value of lumpiness
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08:363

Figure 7.3: A section of the rest B image of the HDFN. The left panel shows
the original. observed B, image while the right panel shows the rest B image
of the same image section.
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Figure 7.4: The lumpiness of galaxies as a function of redshift for I < 25. The
points are individual galaxies. The heavy line shows the median lumpiness.
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goes from L = 2 at low redshift to L = 8 at high redshift. a four-fold increase.

The correlation shown in Figure 7.4 is potentially misleading. The HDF
sample is magnitude-limited. This means at each redshift a different range of
absolute magnitudes will be present in the sample. At high redshifts. only the
brightest galaxies will be present. These galaxies may or may not have the
same value of L as their fainter counterparts. For example. bright galaxies
will have a larger surface area and the potential for more local maxima. This
will tend to exagerate the lumpiness at high redshifts.

In short. lumpiness is expected to increase with:

e increasing apparent brightness
e increasing absolute brightness

e increasing redshift.

That is to say L = L(I.Mg.z). Since it is fairly difficult to view a four-
dimensional surface. to disentangle these effects one must slice the sample
by each of these three parameters and note the trends within each slice. The
following three figures (Figs. 7.5. 7.6. 7.7) show slices of the four-dimensional
surface.

Figure 7.5 shows the lumpiness of galaxies as a function of apparent [
magnitude for different slices in redshift and in absolute B magnitude. Fol-
lowing the individual lines for each slice as denoted by the different symbols
in each panel, one can see the correlation of L with apparent magnitude.
Clearly, the brighter galaxies do indeed have higher values of L. This effect
is purely an observational one.

Figure 7.6 shows the lumpiness of galaxies as a function of absolute B
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Figure 7.3: The lumpiness of galaxies as a function of apparent / magnitude.
The different panels and point types indicate different absolute magnitude
and redshift ranges. as labeled. By following lines from a single z — Mg bin.
it can be seen that lumpiness correlates with apparent magnitude. Brighter
galaxies are lumpier.
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Figure 7.6: The lumpiness of galaxies as a function of absolute B magnitude.
The different panels and point types indicate different apparent magnitude
and redshift ranges. as labeled. By following lines from a single = — [ bin.
it can be seen that lumpiness correlates with absolute magnitude. Brighter
galaxies are lumpier.
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Figure 7.7: The lumpiness of galaxies as a function of redshift. The different
panels and point types indicate different apparent magnitude and redshift
ranges. as labeled. By following lines from a single Mg — I bin. it can be
seen that lumpiness correlates with redshift. albeit slightly. High redshift
galaxies are lumpier.
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magnitude for different slices in redshift and apparent magnitude. Again.
by following each slice. one can see that at a given redshift and for given
observational conditions. L correlates with absolute magnitude. Intrinsically
bright galaxies are lumpier. Faint galaxies tend to be single compact sources.

Finally. Figure 7.7 shows the lumpiness of galaxies as a function of red-
shift for fixed slices in apparent and absolute magnitude. Overall. the trend
of increasing lumpiness with increasing redshift is apparent. Galaxies at high
redshift are more irregular than those at low z. This correlation. however. is
not nearly as striking as it was in Figure 7.4. In particular. the trend in the
22 < [ < 24 panel suggests the reverse. Further. the intrinsically faintest
galaxies (—19 < Mg < —17. shown by open triangles) show little trend with
redshift. The bulk of these faint galaxies have L = 1. [n short. although the
trend for high redshift galaxies to have more disturbed morphologies is real.

it is exaggerated by observational effects. When these effects are removed.

the correlation is moderated considerably.
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Conclusion

8.1 Summary

The photometric redshift method was used in the HDF's down to a magnitude
limit of /=28. The large sample and the unprecedented depth of the Hubble
Deep Fields allow one to trace the evolution of several properties of galaxies
from = = 5 to the present in a statistically significant manner. This thesis
studied several such aspects.

The clustering of galaxies was examined by measuring the projected spa-
tial correlation function. The clustering signal is rather weak in the small
area of the Hubble Deep Fields except on the scale of individual galaxies.
There is a slight increase in clustering around z=0.5 in the HDF-North rel-
ative to the HDF-South. When the redshift distributions of the HDFN and
the HDFS are compared, one finds a significantly greater number of galaxies
at this same redshift. which also shows as a very narrow peak in the spectro-
scopic redshift distribution. This suggests the presence of a structure (on the

scale of a very weak cluster or a very strong group) in the HDF-North. The

164
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size of this inhomogeneity is not out of line with the predictions of numerical
simulations of structure formation.

The star formation rate density (SFRD) was determined by measuring
the UV-luminosity density. After correcting for dust extinction. the star for-
mation rate was found to decrease exponentially with time with an e-folding
period of about 4 Gvr. This result. based on a single method of determining
the SFRD and measured from a homogeneous sample extending from z =0
to = = 4.3. is consistent with the various results in the literature. which
are based on a wide variety of methods and samples at different redshifts.
Further. three low-redshift samples of galaxies were used to study the depen-
dence of the amount of dust extinction with galaxy type. Although there is
considerable scatter. the average extinction is the same for all galaxy types.

The B band galaxy number and luminosity densities were studied simul-
taneously to examine the merging history of the Universe. While the total
B band luminosity deunsity of the Universe decreases only slightly with time
since = = 4.3, the number density of galaxies drops considerably more. This
difference in rates of declines makes it possible to quantify the merger rate.
[t was found that. on average. a present day galaxy is the product of ~ 3
progenitors.

The morphology of galaxies was quantified using a “lumpiness” parame-
ter. L. L was measured on rest-frame. B band images made by k-correcting
each pixel of each galaxy. It was found that L increases with increasing
apparent brightness. increasing absolute brightness and increasing redshift.
The first correlation is an observational effect while the second two are phys-

ically meaningful. While the brightest high redshift galaxies have disturbed
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morphologies. the more typical object is more uniform and compact.

8.2 Future work

There are several obvious extensions to this thesis concerning high redshift

galaxies and photometric redshifts:

8.2.1 Galaxies at 1 < z<?2

Although over 300 redshifts for Lyman break (z > 2) galaxies have been
measured by Steidel et al. (1998) and considerably larger number have been
studied at = < 1. very few galaxies have been observed at intervening red-
shifts. The galaxies in this gap are interesting because they lie at a transition
point in galaxy evolution. The galaxies at higher redshifts are all very voung
star-forming galaxies. Those at lower redshifts are more evolved objects.
The galaxies at = ~ | are basically similar to those at = = 0. albeit slightly
vounger (on average) and hence bluer and brighter. While all galaxies at
= > 2 are actively forming stars. many at : ~ 1 are already passively evolv-
ing. The intermediate redshift galaxies presumably are at an intermediate
state of evolution. Of particular interest is when the first evolved (that is to
say. non-star forming) objects appear.

Very few redshifts have been measured in this range because of the lack
of spectral features in galaxies at these redshifts in the optical region used
by most telescopes. Therefore. it is necessary to follow the usual lines used
for redshift determination ([OII}. {OIII] Balmer lines) into the infrared.

Infrared spectroscopy is considerably more time-consuming than optical
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spectroscopy. Further. most galaxies do not lie at redshifts 1 < : < 2. In
any magnitude-limited sample. the bulk of galaxies lie at low redshift. It is
necessary to separate the high redshift galaxies from these less interesting
objects with photometric redshifts. Galaxies at higher redshifts (z > 2) are
relatively easy to select. At those redshifts. intergalactic Hydrogen causes a
very pronounced break in the SED’s of galaxies which is easily measurable
with broad band filters. Simple colour cuts are all that is required to select
: > 2 galaxies. At lower redshifts one must use photometric redshifts to
select one’s sample.

This project was attempted (as part of this thesis) at CFHT using OSIS-
IR multi-object spectroscopy. The required exposures were quite long (10 or
so 43 minute integrations per mask). Regrettably. the bias level of the Red-
eve detector used on this instrument was not stable over the long integrations
and so the individual images could not be co-added. With the advent of in-
frared spectrographs on 8-metre telescopes. this project becomes much more

feasible.

8.2.2 Dust at high redshift

Currently. most high redshift determinations of the SFRD (including those
in Chapter 5) are made by measuring the UV flux of galaxies which is a
measurement of the number of massive stars into those galaxies. which in
turn is a measure of star formation. These measurements are susceptible to
uncertainties due to dust obscuration of the UV’ light.

However. if Ha is observed. one can make a measurement of the star

formation rate which is not subject to dust obscuration to nearly the same
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degree. Further. if both the H.3 and the Ha line are observed it is possible to
make a direct measurement of the dust obscuration. as discussed at length
in Section 3.9

An application for time on NIRSPEC on Keck (through GEMINI) has
been submitted for this project. Obviously. the small fraction of a night that
will be available for this project on Keck is insufficient for an extensive survey.
However. a small sample of galaxies in the Hubble Deep Field North has been
assembled. The galaxies are chosen to have A" < 20.5 and to have measured
spectroscopic redshifts in the range 2 < : < 2.9 (at higher redshifts. the
He line is shifted into a region of greatly reduced atmospheric transmission).
Further. the redshift has to be such that neither the Ha line nor the H.7 line
lies on top of one of the OH night sky emission lines. Avoiding the night sky
lines in this way dramatically decreases the required exposure times. There
are 4 galaxies in the sample. two of which lie close enough to each other that

they can be observed in a single pointing.

8.2.3 Large scale structure in the ACS parallel fields

When the Advanced Camera for Surveys (ACS) is installed on HST in 2001.
one of its projects will be the ACS default pure parallel program (Sparks
et al., 2000). In this project. parallel observations will be made through
the HST equivalents of the SDSS griz filters with the ACS while other HST
instruments are making primary observations. This will generate a large
number of fields comparable in depth to the Hubble Deep Fields. Potentially
all of the aspects of galactic evolution investigated in this thesis (clustering.

star formation. merging and morphology) could be further investigated in
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these fields. Larger samples along several different lines of sight would greatly
improve the study of each of these four galaxy properties. The absence of a
U filter makes photometric redshifts slightly harder to measure at verv low
redshift. On the other hand. the presence the : (F830LP) filter makes it
possible to follow the Balmer break in galaxies to higher redshifts.

In particular. one interesting result from this thesis is the difference
in number counts and photometric redshift distributions between the HDF
North and the HDF South described in Chapter 4. However. this pair of
observations gives only a single measure of the variance. The large number
of diverse lines of sight afforded by the ACS parallel program will greatly ex-
pand on this result. The number and redshift of these over dense regions is a
measure of the evolution of the hierarchical clustering of galaxies. Currently.
there are several theoretical N-body/semi-analytic model projects underway
whose goal is to predict the amount of variation along such lines of sight
(Colberg et al.. 1998. among many others). It will be very interesting to

compare the results from the ACS fields with these simulations.

8.2.4 Improved spectral templates

As discussed in Section 3.2.2. one of the major problems when doing photo-
metric redshifts is the lack of adequate templates. The ideal set of templates

would:

1. span the full range of galaxy types. from the bluest irregulars to the

reddest ellipticals.

2. have a large spectral range. from the A" band to the Lyman break.
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3. be empirical or at least accurately match the SED’s of real galaxies.

Currently. the available sets of templates meet 2 out of 3 of these crite-
ria. The theoretical templates (Bruzual & Charlot. 1993. for example) are
available for a range of galaxy types and have excellent spectral coverage but
do not always match the observed SED’s. The empirical templates (Coleman
et al.. 1980: Kinney et al.. 1993. for example) are available for many galaxy
tvpes but only extend bluewards to 1200A and redwards to 10000A.

Besides photometric redshifts. improved empirical templates would also

be useful for:

—

. Making galaxy number count predictions.

()

. Comparing local galaxy SED’s with those at high redshift.

w

. Comparing with theoretical model galaxy spectra.

These ideal templates can be generated in two ways:

First. templates can be generated from observations of high redshift
galaxies. Ironically. the UV spectra of high redshift galaxies have been stud-
ied more thoroughly than those of nearby galaxies because it has been shifted
into the more easily observed optical region of the spectrum. The photome-
trv of a high redshift galaxy can be converted into a observed-frame SED. If
the redshift of this object is known, this SED can be converted into a rest-
frame SED. By combining the rest-frame SED’s of several galaxies at different
redshifts. a library of SED’s with full spectral coverage can be made. Multi-
passband (UBVRIJHK) photometry is available for over 100 high-redshift

galaxies with spectroscopic redshifts in the Hubble Deep Fields alone. There
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are also numerous other surveyvs which can be incorporated into such a study.
Note that the data set does not need to be homogeneous in any way. This
means that archival data from many sources can be used.

Second. templates can be measured locally at the missing rest wave-
lengths. There exists a lot of broad-band photometric data in the infrared
for local galaxies. This can be matched with the optical fairly easily although
there are some concerns about correctly matching apertures. The U\ portion
is harder to measure directly since it cannot be measured from the ground.
Some data from the Hopkins Ultraviolet Telescope have been published for
elliptical galaxies (Brown et al.. 1997). Unpublished data (Ferguson 1999.
private communication) is also available. Again. it is a question of carefully
matching the photometric data from different spectral regions in order to

produce a complete SED.
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